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Abstract

This thesis presents a multi-wavelength study of compact objects in globular clusters
and in the disk. It is divided into two sections, and contains seven independent chapters,
linked by the general theme of the study of the evolution and distribution of recycled pulsars
and low mass X-ray binaries.

Part I deals with pulsars in globular clusters. Clusters appear to contain large numbers
of pulsars, and this section is devoted to analyzing the pulsar content of the globular cluster
system. The smearing of a pulsar signal in a binary orbit is analyzed numerically, and
empirical relations between the observing time and the parameters of detectable binaries
are presented. It appears that current searches should already have found a large fraction
of cluster pulsars.

In Chapter 3, sensitive VLA images of four clusters are presented. No emission is
detected from the dense cluster Liller 1, which suggests that the pulsar population of a
cluster is not dependent only on its density. Seven unidentified sources are detected in or
near the cores of three clusters. There appears to be no large population of pulsars in tight
binaries.

In Chapter 4, the ultra-short period binary 4U 1820-30 in NGC 6624 is detected at
1.4 GHz. The source is confirmed to be several arc seconds away from the cluster core,
implying its negative period derivative cannot be due to gravitational acceleration by the
cluster. It is suggested that identification of cluster X-ray sources via their radio emission
is a potentially powerful tool.

In Chapter 5, a statistical analysis of all previous pulsar surveys, as well as new VLA
and Westerbork observations, is used to derive the cluster pulsar luminosity function and
the cluster density weighting function. The derived luminosity function .is very similar to
that of disk pulsars, and the density weighting function scales significantly less steeply
than predicted by the tidal capture model. It is suggested that this may be due to the
importance of single star-binary interactions.

Part II presents optical spectroscopy of a variety of compact binaries in the disk.
Chapter 6 presents observations of the X-ray nova A0620-00. The mass of the compact
object is confirmed to be above the maximum allowed mass for a neutron star, and therefore
must be a black hole. More stringent limits are placed on the black hole mass by analysis
of the emission lines from the disk.

Chapter 7 presents spectroscopy of the recurrent nova U Scorpii, which has been argued
to be a very massive white dwarf, M ~ 1.4 Mg. As a candidate for a white dwarf which

may collapse to form a neutron star, this object is highly interesting for understanding
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the evolution of millisecond pulsars and LMXBs. From analysis of the absorption lines,
an upper limit is placed on the mass of the white dwarf: M < 0.9Mg (30). Hydrogen
is also detected in absorption, suggesting that the observed high helium abundance in the
emission lines is not due to the nature of the companion. Thus it appears there is no viable
model for this interesting source.

In Chapter 8, radial velocities of nine disk LMXBs are presented. These are considered
in the light of the direct formation model for LMXBs, where the neutron star is formed
by the supernova explosion of a massive star in a binary system. With the inclusion of a
random kick given to the neutron star at birth, the observations are found to be consistent

with this model.
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Chapter 1

Introduction

1.1 Historical overview

1992 represents the twenty-fifth anniversary of the discovery of pulsars (Hewish et al.
1968), the tenth anniversary of the discovery of the first millisecond pulsar (Backer et al.
1982), and the fifth anniversary of the discovery of the first cluster pulsar (Lyne et al. 1987).

The first extra-solar system X-ray source, Sco X-1, was discovered in 1962 (Giacconi
et al. 1962), and several more compact sources were discovered in the next few years. The
binary nature of the galactic X-ray sources was suggested very early, when Sandage et al.
(1966) pointed out the similarity between the spectrum of the optical counterpart to Sco X-1
and that of old novae. Several authors quickly realized that binary systems containing
accreting compact objects provided an efficient mechanism for converting gravitational
potential energy into radiation ( “We have such a large amount of gravitational energy
in such a binary system; we must use it! of course!” — Ginzburg, quoted in Gursky &
Ruffini 1974). The discovery of pulsars (Hewish et al. 1968) provided the first observational

detection of a neutron star.

As no binary motion could be detected in the optical spectra of the Galactic X-ray
binaries, the binary model languished until the discovery of the eclipsing binary system
Cen X-3 (Schreier et al. 1972). Subsequently, most Galactic compact X-ray sources were
identified as binary systems where matter is being transferred from one star to a compact

star (a white dwarf, neutron star or black hole).

With the completion of the Uhuru all-sky X-ray survey, two classes of bright X-ray
binaries were identified: the low mass X-ray binaries (LMXBs), where the mass-transferring
star is a low mass star, typically with mass less than 1 Mg, and massive X-ray binaries,

where the companion mass is typically more than 10 Mg.

The first pulsar in a binary system, PSR 1913416, was discovered in 1975 (Hulse &
Taylor 1975), and the first millisecond pulsar, PSR1937+21, in 1982 (Backer et al. 1982).
Subsequently, it was realized that the millisecond and binary pulsars form a distinct class of
objects known as “recycled” pulsars, so-called because the neutron star was spun-up by the
accretion of matter from a binary companion. This led to the suggestion that these systems
could be the descendants of the X-ray binaries, after mass transfer onto the neutron star

has ceased. It is now widely believed that the high-mass binary pulsars like PSR1913+4-16
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are the descendants of the massive X-ray binaries, while PSR1937+21 and the low-mass

binary pulsars descend from the low mass X-ray binaries.

The next important step came with the discovery of the first cluster pulsar, PSR 1821-
24 in M28 (Lyne et al. 1987). The high incidence of X-ray binaries in globular clusters had
long been noticed: though they contain only 1073 of the stars in the galaxy, clusters contain
10~! of the LMXBs. This and the proposed evolutionary link between the two classes of
objects led to the discovery of a point radio source in M28 (Hamilton et al. 1985), and the
subsequent discovery of the pulsar. Since then several intensive searches towards clusters

have been made, and so far 27 cluster pulsars are known.

The prevalence of pulsars and X-ray binaries in clusters has been attributed to the
efficiency of stellar captures in the high densities found in clusters. In the simplest model,
primeval neutron stars, born in the first wave of star formation, tidally capture field stars,
and later mass transfer spins up the neutron star. However, several lines of reasoning have
led some authors to propose that the neutron stars are not formed in supernova explosions,

but are instead the result of accretion-induced collapse of white dwarfs.

1.2 Aims of this thesis

Many questions still remain concerning the origin and evolution of millisecond pulsars
and LMXBs. This thesis represents several attacks on the general problem of the evolu-
tionary link between LMXBs and pulsars, in the Galactic disk and the globular cluster

system.

The first part investigates the question of the number of pulsars in globular clusters in
several fashions. The strong association of LMXBs with clusters, and the large numbers
of cluster pulsars being discovered, both indicate the efficiency of tidal capture in globular
clusters. The number of pulsars in a cluster with central density p. is expected to scale as
p2. However, pulsar searches, particularly those from Arecibo, are finding pulsars in very
sparse clusters, indicating that the number of pulsars is not scaling with central density as

expected.

Strong selection effects hamper pulsar surveys, which affect all attempts to extrapolate
these surveys to the whole cluster system. One of these is the fact that pulsars in tight
binaries are difficult to find using standard pulse search techniques. The binaries formed
by tidal capture are very tight, P < 1d, so the speed of the pulsar varies considerably over
a typical integration. This problem is attacked in this thesis in two ways: by analyzing
the extent of the pulse smearing and suggesting ways to ameliorate the problem, and by

searching for pulsars using radio imaging, which is immune to this effect.
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I then present an analysis of all the current pulsar searches, and present an estimate
for the total pulsar population. This is very dependent on the assumptions made about
the pulsar luminosity function, so I attempt to measure both of these quantities from the

data.

Part II contains three chapters on X-ray binaries in the disk. As presumed progenitors
for the disk millisecond pulsars, these objects can provide us with important clues to the
evolutionary history of recycled pulsars. I present spectroscopy of the black hole candidate
A0620-00, and confirm that the central object must be a black hole. I present spectroscopy
of the recurrent nova U Scorpii, which has been suggested to be a candidate for a white dwarf
about to collapse to form a neutron star. Finally, I present an analysis of the kinematics
of the disk LMXBs, in an attempt to discriminate between two possible models for their

origin.

1.3 Structure of this thesis

This thesis is organized in two parts, the first dealing with pulsars in globular clusters,

the second with low mass X-ray binaries and similar objects in the disk.

Chapter 2 is an analysis of one of the selection effects that hampers searches for pulsars
in the tight binaries that are formed in globular clusters. I present the results of numerical
calculations of the extent to which a pulsar signal in a binary is smeared out by the effect of
orbital motion, and suggest strategies for maximizing the probability of finding pulsars in
tight binaries. I present empirical relations between the observing time and the parameters
of the binaries which can be found. I conclude that the current pulse searches are already

finding a reasonable fraction of tidal capture binaries in clusters.

Chapters 3 and 4 present the results of observations made with the Very Large Array,
New Mexico. These observations are not searching for pulsed emission from cluster pulsars,
but instead are looking for the time-averaged, integrated emission, which is immune to the
binary smearing discussed in Chapter 2. In Chapter 3, I present deep images of four clusters,
which suggest that there is not a large undiscovered population of pulsars in tight binaries,
as would be expected in the standard model for their formation. Further, the absence of
emission from the dense cluster Liller 1 indicates that the number of pulsars is not scaling
as expected with central density. I identify several new sources, and put an upper limit on

the number of previously undetected tight binary pulsars.

In Chapter 4, I present a sensitive image of the low mass X-ray binary 4U 1820-30 in
NGC 6624. Our improvement of the X-ray position has interesting implications for models

for the system. I also discuss the use of radio observations such as these in identifying
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LMXBs in the crowded cores of clusters. I suggest that radio observations may be a

powerful tool for discriminating between neutron star binaries and white dwarf binaries.

Chapter 5 presents some more observations of the integrated radio emission from glob-
ular clusters, using data taken with the VLA and with the Westerbork Synthesis Radio
Telescope, The Netherlands. I then present a statistical analysis of the distribution of pul-
sars within the globular cluster system. Such an analysis is intimately tied up with the
luminosity function of the pulsars; the method presented here determines this luminosity
function as well as the density scaling. I conclude that the luminosity function of the cluster
recycled pulsars is similar to that of disk recycled pulsars, and that the simple model for

the scaling of pulsars with clusters parameters is not sufficient.

Section II deals with low mass X-ray binaries in the disk. Chapter 6 presents spectro-
scopic observations of the black hole candidate A0620-00. This object, which appeared as
a nova in 1917 and 1975, is one of the best black hole candidates known. Qur spectroscopy

confirms that the mass of the central object is at least 3.3 M, and therefore it must be a
black hole.

In Chapter 7, I present spectroscopy of the recurrent nova U Scorpii. This object has
been suggested as a candidate for accretion-induced collapse, being a white dwarf just below
the Chandrasekhar limit. I measure the velocities of both the emission and absorption lines,
and conclude the white dwarf is in fact not very massive. This means that a good candidate

for a white dwarf capable of undergoing accretion-induced collapse has yet to be found.

In Chapter 8, I present spectroscopic observations of disk LMXBs. We discuss their
distribution and kinematics in terms of the direct formation model, where the neutron star
is formed directly by a supernova explosion instead of via AIC. I conclude that the data,

though poor, are consistent with this interpretation.
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Part I

Pulsars in Globular Clusters



Chapter 2

On the detectability of pulsars in close binary systems

Helen M. Johnston and Shrinivas R. Kulkarni

Abstract

Globular clusters appear to contain a large number of radio pulsars and low mass X-
ray binaries (LMXBs). These are believed to have been formed by tidal interaction of
degenerate stars with field stars. Some analyses of cluster pulsar surveys indicate there is
a large population of pulsars in clusters, with the discovered pulsars forming only the tip
of the iceberg. However, most of the current pulsar searches are severely biased against
finding pulsars in tight binaries because of the changing velocity of the pulsar. Recently
several groups have attempted to improve this situation by using pulsar analysis codes which
assume that the pulsar frequency changes linearly with time. This corresponds to assuming
the acceleration of the pulsar is constant over the observation interval. A related problem
is the search for coherent pulsations from LMXBs. Detection of such pulsations would
provide the definitive proof that the LMXBs are the progenitors of the cluster pulsars. In
this paper, we address both these issues. We introduce an efficiency factor 4 to describe the
amount by which the Fourier amplitude of the pulsar signal is reduced by binary motion,
and explore the extent to which this amplitude can be recovered by using acceleration codes.
We present the results of numerical calculations of v as a function of pulsar spin period,
binary orbital period, companion mass and orbital inclination. We examine the advantage
of using acceleration codes over standard pulse search techniques in this parameter space.
We suggest strategies for maximizing the probability of finding pulsars in tight binaries.
Finally, we show how current surveys are already placing interesting constraints on the

tidal capture model of cluster pulsar formation.

t This paper originally appeared in ApJ, 368, 504 (1991)



2.1 Introduction

The high incidence of low-mass X-ray binaries (LMXBs) in clusters, and the suggestion
of an evolutionary link between millisecond pulsars and LMXBs, led to the discovery of a
point radio source in the core of M28 (Hamilton et al. 1985), and subsequently coherent
pulsations were found from this object (Lyne et al. 1987). Since then, several searches
have been or are being made of globular clusters, and to date there are twenty known
pulsars in clusters (see Phinney & Kulkarni 1992, henceforth PK92, for a recent review).
The standard model for the formation of these pulsars is that ‘primordial’t neutron stars
tidally capture non-degenerate field stars (Fabian, Pringle & Rees 1975; also see below),
and eventually become visible as binary millisecond pulsars. However, most of these tidal
binaries have small orbital periods and are not detected in standard pulse surveys. This
selection effect is so severe that further progress in understanding the formation of cluster
pulsars requires a thorough understanding of the portion of parameter space covered by

current pulsar searches, and what techniques can be used to improve this coverage.

The orbital period distribution of cluster pulsars and LMXBs provides a crucial key
to our understanding of the formation of these objects. Consider first the standard model.
Tidal capture of a single star by a neutron star can only occur if the distance of closest
approach is less than about three stellar radii (e.g., Verbunt 1988, 1990). The initial binary
is highly eccentric, but circularizes with a final orbital radius up to twice the capture
distance. Verbunt (1988) combines estimates of the number of giants in clusters, together
with the fact that the larger radius of giants leads to enhanced capture rates, to predict
that about 10% of neutron star captures will occur with giants, the rest with main sequence
stars. This has important implications for the distribution of initial orbital periods, as even
the widest tidal captures on main sequence stars have orbital periods < 1d. For example,
a 1.4 Mg neutron star which captures a 0.8 Mg main sequence star and eventually achieves
a circular orbit at the maximum orbital radius of 6R. ~ 5 Ry, will have an orbital period
of 099 (Table 2.1); for less massive secondaries the periods will be even shorter. Hence the
ratio of the number of ‘tight’ binaries (those with orbital periods less than a few days) to
the number of wide binaries (including single pulsars) is expected to be about the ratio of
the number of captures of main sequence stars to captures of giants, i.e., about 9. Following

Kulkarni, Narayan & Romani (1990), we denote this ratio by 5.

As we shall see, tight binaries are very difficult to find using pulse searches, and so

t ‘Primordial’ neutron stars, here and in previous literature on this topic, refer to neutron stars
that were created in the early history of the cluster. These are distinguished from neutron stars
that may have been created in recent times via accretion-induced collapse of massive white
dwarfs, etc.
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a prediction that 8 ~ 9 means there are an order of magnitude more pulsars in globular
clusters than can be observed with standard pulse searches, which only search through
dispersion measure and pulsar period. However, this in turn would imply that clusters
contain an exceedingly large number of pulsars. Kulkarni, Narayan & Romani (1990)
extrapolated the success of the major pulsar surveys of clusters to the entire cluster system,
and concluded that there are ~ 200(1 + §) to 1000(1 + 3) pulsars in the globular cluster
system, or about 20 to 100 per rich cluster if 3 ~ 9. In the standard theory, even in
the cores of dense clusters only about 10% of the primordial neutron stars undergo tidal
capture. Thus a prediction of as many as 100 pulsars per rich cluster means there should
be as many as 10% neutron stars per rich cluster. While this number is not ruled out by
current dynamical studies of clusters, it appears to directly contradict recent theoretical
studies of the evolution of globular clusters (Chernoff & Weinberg 1990), which find that
only clusters with very steep initial mass functions (IMFs) can survive the first epoch of

star formation. Steep IMFs, however, produce very few neutron stars.

Bailyn & Grindlay (1990) present this as a strong objection to the standard model,
and suggest that the cluster pulsars were formed by the accretion-induced collapse (AIC) of
white dwarfs. In this model, a white dwarf captures a main sequence or giant companion,
and subsequent accretion pushes the white dwarf over the Chandrasekhar mass and forms
a neutron star. However, theoretically it is unclear whether the AIC mechanism works
at all. Also, these accreting white dwarfs should be visible as cataclysmic variables, but
searches for these objects in globular clusters have been singularly unsuccessful (Verbunt
et al. 1989).

Currently, the only observational constraint we have on 3 comes from VLA imaging
of the cores of clusters. Imaging searches are not affected by the acceleration of pulsars in
binaries, and so should detect all pulsars, regardless of whether they are in binaries or not.
Kulkarni et al. (1990) mapped four clusters, and concluded that 3 < 1.

The orbital period distribution of known cluster pulsars is not in agreement with either
model — there are many more long period binaries and single pulsars than predicted (Ro-
mani 1990). Additionally, recent theoretical work suggests that the tidal energy deposited
in the secondary star during tidal capture causes the star to expand, overflow its Roche
lobe and form a common envelope with the neutron star. Whether the eventual outcome is
complete destruction of the non-degenerate star or the formation of a tidal binary system
depends on the relative values of various timescales (Ray, Kembhavi & Antia 1987). Thus

the simple tidal capture theory of Fabian et al. (1975) may need substantial revision.

Furthermore, the standard model predicts that since these binaries are formed by tidal
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capture, the number of pulsars in clusters should scale as the square of the cluster central
density, which varies by a factor of 10% between relatively sparse clusters like M53 and M13,
and dense, post-core collapse clusters like M15. However, there is no evidence for such a
steep trend in the number of recycled pulsars with central density (PK92). It appears that
primordial binaries in clusters may play a larger role than was previously thought (PK92;
Phinney & Sigurdsson 1990).

From this discussion, it is clear that it is important to observationally determine the
orbital period distribution of cluster pulsars. This can be done in two ways: by improving
pulse search techniques, and by doing deep VLA imaging of clusters to find point sources.
We are carrying out a program of VLA observations. In this paper we discuss ways to

improve pulse searches to maximize the probability of detecting pulsars in tight binaries.

In standard pulsar searches, there are two unknown parameters which must be searched
for — dispersion measure (DM) and pulsar period. Propagation of the pulsar signal through
the interstellar medium results in a frequency-dependent dispersion of the signal. The first
step in standard pulse searches is to de-disperse using a variety of trial dispersion mea-
sures, and then search each data stream for a pulsed signal by taking its Fourier power
spectrum and looking for significant, harmonically related peaks representing coherent pul-
sations. Pulsars in compact binaries are missed in this scheme as the changing velocity of
the pulsar leads to a changing pulse period, and hence blurring of the peak in the power
spectrum. Recently, several groups have attempted to improve this situation by using codes
which assume a constant acceleration over the portion of the orbit observed (Middleditch &
Priedhorsky 1986; Hertz et al. 1990; Anderson et al. 1990). Correcting for such an acceler-
ation consists of stretching (or compressing) the time bins in the data stream quadratically
by an amount given by the assumed acceleration, rebinning the data into equal time steps,
and searching again for peaks in the power spectrum. This adds another parameter to the
search, as many different accelerations must be tried, and so this technique is expensive in
computer time. However, when the dispersion measure of the pulsar is known, as is the
case for a cluster when at least one pulsar in the cluster has already been found, the search
is reduced to manageable proportions. This kind of search resulted in the discovery of the
8h binary pulsar in M15, 2127+11C (Anderson et al. 1990). Since these searches have the
limitation that the assumed acceleration must be constant (or else the number of orbits to
be searched increases enormously), they are still severely limited in their sensitivity to the

very short period binaries which are so interesting for theories of tidal capture.

All this discussion is fully applicable to the problem of searches for coherent pulsations

from LMXBs. LMXBs are supposed to be the progenitors of millisecond and binary pulsars.
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However, the most important proof of this hypothesis, i.e. the detection of coherent X-ray
pulsations as the accreting neutron star is spun up, still eludes us. Many of the earlier
searches for coherent pulsations were flawed because they did not recognize the limitations
introduced by binary motion. Recently, several groups, notably Hertz et al. (1990), have
started using acceleration searches to look for millisecond pulsations from LMXBs. Here

we investigate the parameter space covered by such searches.

The goal of this paper is to quantitatively investigate the limitations of standard pulse
searches. In § 2.2 we introduce an efficiency factor 4 to describe the ease with which binary
pulsars can be found, and present the results of calculations of v as a function of pulsar spin
period P, and binary orbital period P,, both for standard pulse searches and for searches
using sophisticated acceleration codes. In §§ 2.3 and 2.4 we suggest two strategies which
maximize the probability of finding pulsars in close binaries, and present empirical relations
between the optimum observation time and the parameters of a binary orbit. We conclude

in § 2.5 with a discussion of what current searches can already tell us about 3.
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2.2 The detectability of pulsars in binary systems

The signal from a pulsar is a broad-band signal pulsed at the rotation period of the
pulsar, P,. Because a pulsar signal is typically not sinusoidal, but has a small duty cycle,
the power spectrum has several harmonics. Standard pulse searches take advantage of
this small duty cycle by performing ‘harmonic summing’ of the power spectrum of the de-
dispersed time series. Duty cycles range between 1% and 50%, with a mean value of 4%
(Srinivasan 1989), and so the Fourier transform has between 1 and 50 harmonics. Harmonic
summing consists of summing the power in the Fourier transform at frequency v with those
at frequencies 2v,3v,4v,...nv. The detection sensitivity is increased by up to /n, where

n is the number of harmonics used in the harmonic summing.

Consider an isolated pulsar with a rotation period P,. The pulsed signal, Sp(t), can

be represented as a sum of Fourier components:

Sp(t) = Z ar exp(tkwyt + 11i), (2.1)
k=1

where w, = 27 /P, is the angular frequency of the pulsar, and aj exp(i9x) is the complex

amplitude of the k** harmonic. Let P(w) be the Fourier power spectrum of this signal:

2

T
P(w) = |FISp(D]* = '/0 Sp(t) exp(—iwt)dt| ; (2.2)

here T is the length of the observation. P(w) then consists of n spikes of height a? at
frequency wp, 2wp, ... MWp.
Now consider a pulsar whose distance to the observer d(t) is changing with time ¢. The

pulsar signal emitted at time t is received at time ¢ + d(t)/c by the observer. Thus the

received signal Sp(t) can now be written as

Sr(t) = {2 ay exp [ikwy(t + d(t)/c) + itx]. (2.3)

k=1
Expanding d(t) in a Taylor series, we can write

2 t3

t .
d(t) = do + Uot + ag-— + ]ogi

5 +... (2.4)

where v(t) = dd/dt, a(t) = d*d/dt? and j(t) = d3d/dt® are the instantaneous velocity,

acceleration and rate of change of acceleration, respectively, and do = d(0). Then we can
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rewrite equation (2.3) as

ikwpdo

z‘kw,,aoﬂ] o {ikwp j0t3]

R ; Yo pdol
Sr(t) = Z are?* exp [ ] exp {lkwpt(l + p )] €xp [ 91 3'c

k=1 ¢

(2.5)
We see that do merely results in a phase gradient wydp, i.e., only results in the shifting
of the pulse pattern. The second factor, kw,(1 + vg/c) is the familiar Doppler effect, and
results in the displacement of harmonics from kw, to kwy(1 + vo/c). This effect is not
measurable, since the period of a pulsar, unlike for instance the frequencies of spectral
lines, is not known a priori. The higher order factors in the Taylor expansion result in
time dependent phase errors which degrade the amplitude of the harmonics in the power
spectrum. In the next section we investigate the effects of these phase errors, and explore

to what extent the Fourier amplitudes can be recovered by sophisticated algorithms.

2.2.1 Standard pulse searches

In order to keep the discussion simple, we consider only one representative harmonic
(say the mt*) of the pulsar signal. Let ST (¢) represent this component of the received
signal. Since the pulsar signal is simply a linear sum of harmonics, the following discussion
1s valid for each harmonic separately, and we can combine the results for all harmonics at
the end. Using the Taylor expansion for d(¢) (eq. [2.4] ) and then Fourier transforming

results in

tmwpdp

FISRO] = amexp (22 4 iy, )

T y t2 - t3 -
X /0 exp (zmcwp [(1+ %)ct + % + '7—03!— +.. ]) exp(—iwt) dt

(2.6)
where m is the harmonic number. The velocity is essentially constant over the integration

time T if the acceleration term is small, i.e.,

2
mwpagT

2. 2.7
2c <en (2.7)

Equation (2.7) can be interpreted physically: here ‘small’ means that the distance the
pulsar has travelled over the integration time due to acceleration, agT?/2, is much less

than the distance between the emitted wavefronts, cP,/m.

This condition means that when the pulse train is folded back on itself by the pulse

period P,, no wavefront has accumulated enough phase error to blur the folded profile. The
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condition is clearly satisfied for a single pulsar moving at constant velocity, and for pulsars
in wide binaries. Then under this condition, we can neglect the higher order terms. The
harmonic is Doppler shifted to a new Fourier frequency wy(1 + vo/c), but the amplitude
is completely recovered. Thus standard searches can account for any linear motion of the

pulsar, but not accelerations or higher order terms.

We now consider the astrophysically interesting case of a pulsar in a binary orbit,
explicitly evaluating the factors in equation (2.6). Let the angular frequency be w, = 27 /P,
where P, is the orbital period, and let M; be the mass of the pulsar and M; the mass of
the companion. Then the line of sight velocity of the pulsar is given by

v(t) = Asin(w,t + ¢). (2.8)

Here ¢ denotes the phase of the orbit at the start of the observation, and the amplitude A

is derived from elementary mechanics:

om M, (Guﬁ+Mﬂﬁ>m..
Sin ?

A== oy (2.9)

P, M+ M,

where i is the inclination angle of the orbital plane. As before, we can expand v(t) in a

Taylor series, and explicitly evaluate do, v, etc.:

A
do = —(1 -
0 wo( cos @)

vo = Asing (2.10)
ag = Aw, cos ¢
jo= —-Awg sin ¢.
Now define ¥ to be
1 T imwp a0t2 j0t3
7(a2,T):-f‘/() exp( . (v0t+——2!—+—3—!—-+...—a2t) dt|. (2.11)

By comparing this with equation (2.6), it will be seen that v is the ratio of the height
of the power of the peak in the Fourier power spectrum when the pulsar is accelerated,
to the height when the pulsar has constant velocity. Thus v measures the decrease in the

amplitude of the peak caused by the phase errors from the pulsar’s motion.

The free parameter a; is chosen so as to maximize 5. The pulsar will now be detected

at the frequency
W' = muw, (1 + 363) : (2.12)
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Physically, a; represents some sort of mean of the velocity of the pulsar over the integration
time T. If the pulsar had been single, moving at constant velocity vg, all the power would
have been collected in one frequency bin in the power spectrumt, at wp(l+wvg/c). When the
pulsar is in a binary system, however, the continuously changing velocity means power is
collected in frequency bins between wy(1+ ¥min/c) and wp(1l+ Umax/c), where vmin and vmax
are the minimum and maximum line of sight velocities of the pulsar over the integration
time. The heights of the peak in each bin between these two frequencies are given by
equation (2.11), setting as = v for vmin £ ¥ < Umax. The pulsar will be detected, then, at
the frequency where y(ag,T) is maximum, i.e., where the Fourier transform of the signal
has the most power. We call this the velocity of detection of the pulsar, even though, as is
clear from the above discussion, the pulsar is actually being detected at several velocities.
In the current work, which is simulating the effect of pulsar search codes, we have to
explicitly vary a; to find the maximum <. In a real pulsar search code, of course, this is

done automatically by the Fourier transform.

For agT?/2 small, it is clear that v(7') is maximized by setting az = vyo. Then o’ =
mwy(1 + vo/c) and we recover our previous result. When the higher order terms are not
small, then a; is neither the mean velocity nor the starting velocity. The meaning of a3
can best be illustrated by considering a particular case. Figure 2.1 shows the v(t) curves
for two pulsars, with P, = 0903, and P, = 091, and T = 1000s. For T < P,, only a portion
of the orbit is seen, and the mean velocity of the pulsar will not necessarily be zero. If we

define
v'(t) = Asin(wot + ¢) — a2 (2.13)

to be the velocity residuals around the value a3, then

() = /0 o) dt

Acos¢p  Acos(w,t+ @)
= - — aot.
Wo Wo

(2.14)

Then we can write v using equation (2.11), and in order to maximize this, we have to solve

T : ' 2
/ exp (M) dt
0 [+

t In practice, the peak may be spread over two bins, since the FFT algorithm evaluates the
power spectrum at discrete frequency intervals. However, this power can be fully recovered
with additional computation. Thus for the purpose of this paper we will assume that the peaks
are centered in single bins.

Oy _

Sar = o =0 (2.15)
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for a3. This integral is not analytic, and so we have to find the solution numerically.
Figure 2.1 shows the result of two representative calculations. The solid line shows v(t) =
oy in each case, where a; has been calculated according to the above prescription. For
comparison, the arrow at the left of the plot shows v, the mean velocity over the integration
time, and vg is given by the y-intercept.

We have calculated the quantity v(7') for a 80 x 80 grid of values in the (P,, P,) plane.
We used an observation time T = 1000s, a mass for the companion star of 0.3 Mg, a
pulsar mass of 1.4 Mg, and an inclination angle ¢ = 30°. v was calculated for initial orbital
phases at 10° intervals from 0° to 180° (clearly there is symmetry from 180° to 360°) and
averaged. We have taken m = 4 as a typical value for the detected harmonic. This is a
reasonable choice, especially for fast pulsars and the sampling rates employed in current
pulsar searches. The number of harmonics that are detected depends on the ratio of the
sampling frequency to the pulsar rotation frequency. The sampling rates of current pulsar
surveys vary between 2 kHz and 5 kHz, and thus only 2 to 5 harmonics of a 2 ms pulsar are
detected with such surveys. Hence we have chosen m = 4. However, if a different harmonic
is desired, the spin period P, can be multiplied by the appropriate factor m/4: all other
factors remain constant. The results of this calculation are plotted in Figure 2.2, along

with the contour at ¥ = 0.5, which we take as the limit of detectability.

We have chosen v = 0.5 as our ‘detection limit’ for detecting pulsars. This is an
arbitrary choice, as ¥2 only represents the decrease in the height of the power spectrum
peak. A very bright pulsar, such as PSR1937+21, which is a 200 mJy source, is detected
at several hundred o in Arecibo data, and so could conceivably be detected even when
badly smeared by acceleration. However, typically pulsars are detected at only a few o,
frequently 2 o in each of several harmonics, and so a reduction of a factor of 2 in the peak

height effectively means that the pulsar will be undetected.

Now in equation (2.3), we wrote the received pulsar signal Sg(t) as a sum of harmonics
S%(t). In detecting a real pulsar, ‘harmonic summing’ is performed, where the power in
bins corresponding to each harmonic of the pulse frequency is added to increase the signal
to noise ratio. In our scheme, ¥ can be computed separately for each harmonic n. Hence

the efficiency for detecting the pulsar is the average of the v? for all the harmonics.
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2.2.2 Searches using an acceleration code

Now consider the case where a code is used which allows an acceleration search to be
made. Only accelerations which are constant over the observation time can be searched for,
which amounts to finding the best fitting straight line to the v(t) curve. Here again, ‘best’
means that fit which maximizes y(7T). When no acceleration code is used, the best fitting
line is constrained to be horizontal; when an acceleration code is used, the restriction on
the slope of the line is lifted. In other words, we are adding a second parameter to the
search, which can account for some of the higher order terms in equation (2.11). We extend

our definition of the efficiency factor v to be

1 T 1w agt? jot3
(g, a9,T) = T /0 exp ( . £ (vot + —(2)!— + —J-%—!— R agt)> dt|. (2.16)
The velocity residual about our best-fit line is given by
V(1) = Asin(wot + @) — art — oy (2.17)

and d'(t) is defined analogously to equation (2.14) as the integral of v'(t).

With this extra parameter, we can now completely recover the amplitude when ag7?/2

is not small but jo73/6 is small, i.e.,

mwy, _7'0T3

2r. 2.18).
6c <er ( )

The physical reasoning behind this inequality is the same as that of equation (2.7). In this
limit, clearly v(aq,az,T) is maximized by setting as = vp and a; = ao.

In the general case when jo7T2/6 is not small, @; and a; will not necessarily be equal to
ao and vg. There is no simple prescription for finding ¢ and as, and indeed it is possible to
arrive at different values, depending on the details of the algorithm. This corresponds to the
freedom, in a real pulsar code, to choose to stretch the data quadratically from the first bin,
or the last, or any other. But whatever values of @; and «; are used, these will correspond
to (respectively) the effective acceleration and effective velocity of the pulsar recovered by
the code. The real parameters of the orbit, of course, can be found by re-observing the

system and tracing out the orbit.

So for any given set of orbital and observational parameters, we use equation (2.16)
to calculate ¥(T), and vary o; and ay to maximize y. Figure 2.1 also shows the best fit
with two parameters to the two pulsars discussed before, as the dashed line. Clearly using

two parameters greatly reduces the velocity residuals (the distance between the sine curve
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and the solid straight line, in one case, or the dashed straight line, in the other) and thus
increases y(7T'). It is important to note that in general a;, the velocity of detection of the
pulsar, will not be the same when using an acceleration code as when using a standard
code. This is also illustrated in Figure 2.1. When using a standard code, the pulsar is
detected at the velocity of the intercept of the horizontal line with the y-axis; when an

acceleration code is used, the intercept of the other straight line is the detection velocity.

Figure 2.3 shows the results of our calculation as a function of P, and P,, when using an
acceleration code, averaging over orbital phase as before. The line is a contour at vy = 0.5.
For comparison, the contour ¥ = 0.5 from Figure 2.2, with no acceleration code, is also
shown; the area between the two lines is the additional portion of the (P,, P,) parameter
space which we can explore by using an acceleration code. The two lines are not parallel,
because using an acceleration code gives more advantage at long P, than at short. This can
be understood by reference to Figure 2.1. Clearly the approximation that the acceleration is
constant is much better for long orbital periods than short ones. Conversely, the advantage
of using an acceleration code is greater at short spin periods than long ones. For a fixed
P,, and hence fixed d(t), the phase error is greater for short periods (eq. [2.6] ), and so

using an acceleration code gives a greater advantage than for long P,.
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2.3 Improving the odds: Repeated observations

The calculations so far have all been averages over orbital phase. We have assumed a
fixed inclination angle for the system as this is not a variable which can be altered by the
observer. A system which is exactly face on to the observer, i = 0°, produces no blurring of
the pulse peak, as there is no change in the radial velocity, and so a pulsar will be detected
in a binary system of any period; conversely, an orbit whose normal is perpendicular to
the line of sight, ¢ = 90°, produces maximum acceleration along the line of sight, and so
the worst blurring. We have chosen ¢ = 30° as an intermediate case. However, the orbital
phase of the start of the observation, ¢, can be altered, even when the orbit is not known.
Specifically, there are some portions of the orbit where the projected velocity is more nearly
linear with time than others, and pulsars which are observed at an optimal time in the orbit
can be discovered even when on average they would not be. This means that it can be
advantageous to observe a cluster several times, in order to maximize the probability that
a pulsar in a binary orbit will be observed at a favorable portion of its orbit. Figure 2.4
shows a graphical representation of this; we have plotted here the probability that, in five
observations of a binary orbit with parameters P, and P,, at least one of the observations

will have 4 > 0.5, again assuming an integration time of 1000 s.

In fact, the advantage of using repeated observations is not as great as might be ex-
pected, because 7 falls quite steeply towards smaller pulsar and orbital periods. Thus there
is a relatively small portion of the (P,, P,) plane where, for a fixed integration time, the
pulsar is observable in one portion of its orbit and not in another. For pulsars in this part
of the plane, observing several times can be vital, but in general a better technique is to
vary the integration time to maximize the chance of finding a given pulsar, as discussed in

the next section.

The advantage of repeated observations is amply illustrated by the discovery of the
tight binary pulsar in Terzan 5 (Lyne et al. 1990), though for somewhat different reasons.
In this case, the pulsar was discovered in a 2500 s data stream without an acceleration code.
From the parameters listed in Table 2.2, it can be seen that the pulsar should not have been
found in such a long integration time, as the pulsed signal should have been smeared out
over many bins. In fact, because the system is eclipsing, the pulsar was only bright during
part of that integration time, and so the peak showed up in the power spectrum, even
though as soon as the data stream was folded, the drift of the peak due to the acceleration
became obvious. Additionally, this pulsar is not seen at all during some orbits, and so

repeated observations are even more necessary.
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2.4 The optimum integration time

So far in all our discussion we have assumed a constant integration time, 7' = 1000 s.
However, v is a function of the length of the observation. There are two competing factors
at work when trying to detect pulsars in compact binaries: reducing the observation time T
allows pulsars in tighter binaries to be found, but since the detection limit of a survey goes
as T'/2, only bright pulsars will be found. This means there is no one optimum integration
time for finding all pulsars, and so the best strategy is to observe for long integration times,
to detect faint single pulsars and wide binary pulsars, but to analyze the data in smaller

segments as well, in order to detect bright pulsars in compact binaries.

For any given binary period and spin period, however, there is an optimum integration
time. y(T') decreases as T approaches P, (7y is 1 at short integration times because a straight
line can fit arbitrarily well to a portion of a sine curve of zero length, while as T approaches
P,, v approaches zero), and so the detection efficiency goes down with increasing T. The
signal in the pulsar peak, then, goes as y(T)T, while the noise goes as T'/2. Hence the

maximum signal-to-noise ratio occurs at the maximum of f(T) = y(T)T'/2.

We plot a sample of these three functions in Figure 2.5 for P, = 1d and P, = 1 ms,
for code both with and without acceleration. The dashed line shows «(T), the dot-dashed
line shows 71/2 and the solid line shows v(T)T'/2. In this example, Tyes, = 3755 for the
unaccelerated code, and Tpese = 2420 s for the accelerated code, an increase of a factor of

6.5 in observation time and hence a factor of 2.5 in flux sensitivity.

We can calculate the optimum observation time Ties¢ as a function of P, and P;; this is
plotted in Figure 2.6, as a ratio of Tyest/ P,- Thus an ideal pulsar search code would search
the parameter space of T in addition to dispersion measure, spin period and acceleration.
Clearly this becomes prohibitively expensive of computer time, except in cases where one
of these, presumably the dispersion measure, is known already. For example, a typical
data stream for a globular cluster observation at Arecibo is 4000 s long. To detect a
pulsar of period 1 ms in a 091 orbit, Thes, = 460s. (From Arecibo, this allows a flux limit
of about 4 mJy to be reached, which at a distance of 5 kpc corresponds to a luminosity
L4oo = 100 mJy kpc?.) Thus if the data stream is halved three times, and the data analyzed
in 4000 s, 2000 s, 1000 s and 500 s segments, this results in a factor of a few (~ 3) increase
in computing time, on a job which already consumes about 33 NCUBE CPU hours for 1000
acceleration trials when the dispersion measure is known (S.B. Anderson, pers. comm.).
Such an increase is acceptable in this case, but not if a dispersion measure search is needed
as well. A 4000 s data stream is sensitive to a 1 ms pulsar in a 1.87 d orbit around a 0.3 Mg

companion when using an acceleration code (see eq. [2.22] below); a 2000 s stream to 0477
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orbits, and a 500 s stream to 0913 orbits. In fact, figure 2.5(b) shows that f(T) = vT/2
does not fall steeply past the maximum Tyest, S0 it may not be necessary to search all 15

subsegments in this example.

Tvest/ P, changes as a function of both spin period and orbital period. The change as
a function of spin period is easy to understand. For a given binary period P,, the pulsar
moves a distance d(T") over the integration time, and this extra distance gives rise to a
greater phase error for smaller pulsar periods P, (see equation [2.6] ). So to reach the
same v(T), we can integrate for a greater fraction of the orbital period as the spin period
goes up. Perhaps less intuitively, the fraction of an orbit that one can integrate over also
depends on the orbital period. We have also repeated our calculations of Tyes¢ for a variety
of companion masses M;, and a variety of inclination angles ¢; m is the harmonic number.

Empirically we find this dependence to be
Toest _ -3 (Po>“/3( P, )1/2 (4)1/2( M, )-2/5 ( sin 4 )—1/2
Po - 6894 % 10 ]. d 1 ms m 03 M@ sin 300 (2-19)

when using no acceleration code, and

Thest -2 (Po>_2/9 ( Pp )1/3(4)1/3 ( M, )—4/15 ( sin i )-1/3
—— =44 1 — — 2.2
P, 448210 1d 1ms m 0.3 Mg sin 30° (2.20)

when using an acceleration code; or in other words (taking P, to the right hand side)

PN\23/ P 1/2 7 4\ 1/2 M, -2/5
T; est = 2 -2 =P _) ( ) s oN—1/2 21
best 985(1d> (1ms> (m 0.3 Mg (sin) (2.21)
when not using an acceleration code, and
P, 7/9 Pp 1/3 4 1/3 M, ~4/15 o1/
Thest = 1948 (ﬁ) <1 ms) (;{) <0.3 M@) (sint) (2.22)

when using one. These empirical relations are good to at least 2% for the unaccelerated
case and 10% for the accelerated case (slightly worse for the power law in M3). Thus for
a given sample time T and a given pulsar search code, it is possible to -lefine a surface
that represents the portion of the (P,, P,, M2,1) parameter space that has been searched

for pulsars.

In Table 2.2 we have calculated Tpest for the binary pulsars with known parameters.
The first four columns show the pulsar name, orbital and spin periods, and measured mass
function (from PK92 or the discovery telegrams). The next two columns show the mass
we assumed for the companion, and the derived orbital inclination from this mass. Finally,
we show the optimum integration time Tyest for both standard and accelerated codes, in
seconds. Note that this is assuming a circular orbit, whereas several of these systems have

measured non-zero eccentricities.
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2.5 Discussion

We have shown that, while standard pulse searches can probably not detect pulsars in
the tightest binaries, significant improvements can be made to the searching algorithms in
order to cover the widest range of pulsar parameters. The optimum strategy would be to
observe for long integration times, and to analyze the data in segments in a range of sizes.
This strategy allows detection of any pulsars in wide binaries, and bright pulsars in close
binaries. Less productively, but still potentially important, is the technique of observing
the same cluster several times at staggered intervals to maximize the chances of detecting

a pulsar in a favorable portion of its orbit.

We now discuss how much of the parameter space (spin period and orbital period)
can be explored with current pulse searches. According to the standard tidal model, 90%
of the captures involve main sequence stars. In Table 2.1 we have used the mass-radius
relation from Allen (1973) and calculated the orbital period of a neutron star-main sequence
binary with separation a = 6R., corresponding to an initial impact parameter of 3R, (the
maximum). We then calculated Thess from equation (2.22), for a pulsar with P, = 1 ms and
P, = 5ms, in both cases assuming ¢ = 60°. The next two columns show the acceleration a
in cms™? for the system, and the minimum number of acceleration steps N, that need to
be made. The steps have to be spaced such that a signal at the Nyquist frequency that is
detected in one bin in one acceleration trial is broadened into no more than two bins in the
next trial: 6a = ¢/2n%r, where 7 is the sampling interval, here assumed to be 500 us, and
n is the total number of samples in the data stream, n = 2Tpest/7. The factor of 2 arises
because accelerations from —a to +a must be searched. We used Ty for P, = 5ms, the

longer of the two.

In the last five columns, we have repeated the same calculations for a smaller orbital
separation of 3R,, approximating the separation at which the main sequence star fills its
Roche lobe. These two orbital periods, then, represent the range of initial periods we can
expect for main sequence binaries. We assume (and reasonably so) that binaries with initial
impact parameter less than 1.5R, result in physical destruction of the non-degenerate star.
It is gratifying to note that the resulting orbital periods are in the range of the orbital
periods of known LMXBs (Parmar & White 1988).

From Table 2.1 we see that acceleration searches will result in the coverage of a sig-
nificant portion of the parameter space occupied by the classical tidal binaries. The true
picture is even more optimistic than this. Mass segregation heavily favors the capture of
stars close to the turnoff mass (0.8 Mg) (Verbunt 1988, 1990) and PK92 argue that the spin

periods of cluster pulsars cannot be below 3ms. Thus the optimal integration times are



24

typically quite long: between 1000s and 2000s. Indeed, the cluster pulsars that have been
found so far have resulted from analysis of data of about this duration. Thus a thorough
analysis of the existing data should reveal the hypothesized population of main-sequence

tidal binaries.

In fact, much of the above discussion is more applicable to LMXBs than to radio pulsars,
since radio pulsars become detectable when all mass transfer has ended. The situation with
cluster pulsars is probably even better. The orbital periods of such systems will evolve
as mass is transferred from the non-degenerate star to the neutron star and as angular
momentum is lost via gravitational radiation and magnetic braking (see Verbunt 1988,
1990). The mass transfer in these systems is stable, since the mass ratio, ¢ < 0.8/1.4, is
significantly less than the critical value of 0.66 above which mass transfer becomes unstable,
leading to a spiral-in (see Bailyn et al. 1990 for a recent discussion of this important point).
Hence the binary separation will increase with time. This is offset by angular momentum
losses which are somewhat uncertain. In all likelihood these losses will not dominate the
increase in orbital separation due to mass transfer, and probably the orbital period will
only increase and at best remain constant. If so, the optimal integration times shown in

Table 2.1 are pessimi.stic.

Consider this discussion in the context of the Arecibo cluster search. One tape of data
is 1360 s long. This length of data is sufficient to detect the 110-ms single pulsar 2127+11A
and the binary pulsar 2127411C (Anderson et al. 1990). It can be seen that with this
integration time and use of an acceleration code, pulsars with luminosity comparable to
PSR 2127+411C and with spin periods as fast as 5 ms in the the narrowest binaries with stars
of spectral type earlier than about KO should have been detected. This is for the average
orbital inclination angle, cosi = 0.5, which means we can detect half of the binaries of this
spectral type if orbits are oriented randomly, more than half of earlier type binaries, and less
than half of later type. Hence we can detect a substantial fraction of main sequence-neutron

star binaries with P, > 5ms.

Now we don’t know what fraction of pulsars have spin periods of less than 5ms, al-
though PK92 argue that the minimum period is likely to be 3 ms unless accretion occurs at
super-Eddington rates. But unless this fraction is very large, then we should have already
detected a reasonable fraction of tidal capture binaries in clusters, if the simple tidal capture
model is correct. That we have not seen a huge population of short period pulsars already

indicates that the simple tidal capture theory is in need of revision.

As remarked above, the range of optimal integration times are comparable to the range

of durations of data which have led to the discovery of the current crop of cluster pulsars.
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Thus, by a thorough reanalysis of the existing data we should be in a position to obtain
quantitative limits on 3; the rather modest values of N, make it feasible to carry out such
an analysis. Motivated by this, we are currently in the process of reanalyzing the Arecibo
data. The discussion applies equally to the putative progenitors of cluster pulsars, the
LMXBs. Considerable data collected by the EXOSAT satellite are now available. Our
work shows that a comprehensive search for coherent pulsations is within our reach and
given the importance of this problem we strongly suggest that such searches be carried out

in the near future.

This work was supported by NASA grant NAG5-1350. HMJ would like to thank A.

Picard for helpful discussions during this work.
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Table 2.1 P, and Tyes for tidal capture theory

a=6R, a=3R,

Spectral Mass Radius| P2 Toest (8) o N, | P, Thest (8) a N,
type (Mg) (Rg) | (d) P,=1ms P,=5ms (cms™?) (d) P,=1ms P,=5ms (cms™?)
G0 1.10 1.05 {1.155 1620 2760 760 1550{0.408 720 1230 3050 1230
G5 093 0.93 (1.005 1520 2600 820 1470/0.355 680 1150 3270 1150
KO 0.78 0.85 |0.907 1470 2510 820 1370]0.320 650 1120 3270 1100
K5 069 0.74 |0.751 1310 2240 960 1280{0.266 580 1000 3830 1020
MO 047 0.63 [0.625 1260 2150 900 1100{0.221 560 960 3580 880
M2 039 0.50 [0.452 1030 1760 1180 970{0.160 460 780 4710 760
M5 021 0.32 {0.238 740 1260 4820 690]0.084 330 560 6550 550

@ Orbital period. Assumed orbital inclination is 7 = 60°.



Table 2.2 Disk and cluster pulsars in binary systems
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Pulsar P, P, f(M)? MY i€ Thest, ()

(ms) (d) (Mp) (Mg) (© unacc. acc.
1820~11 279.8 358 0.068 1.4 35 1.79 x 10°  9.85 x 10°
1913416 59.0  0.32 0.13 1.4 46 680 2310
2303+46  1066.4  12.3 0.246 1.4 63  2.97x10* 9.66 x 10*
0655464 195.7  1.03 0.017 0.7 37 3910 1.09 x 10*
0820402 864.8 1232 0.003 0.3 43 1.22 x 108  5.34 x 10
1831-11 520.9 1.8 1.2x107* 0.3 14  2.05x 10* 3.97 x 10*
1855409 54 123 52x10~% 0.3 55 4080 2.57 x 104
1953429 6.1 117 27%x107% 0.3 41  2.17x10*  1.66 x 10°
1957420 1.6 038 5.0x10"% 0.08 16 640 2350
M15C 30.5  0.33 0.15 14 49 910 2820
M4 11.1 191 0.008 0.3 72 228 x 10*  2.63 x 10°
TRZ5A 11.6 0.075 3.2x10™* 0.089 90 290 810

a Mass function.

b Assumed companion mass

¢ Derived orbital inclination
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Figure captions

Figure 2.1 — v(t) curve for two pulsars with a binary period (a) P, = 0.03d, and (b)
P, = 0.1d, and an observation time 7' = 1000s. The orbital phase is ¢ = 0.1. The dashed
line shows the mean velocity v = as, which is the mean velocity when zero acceleration is
used. v'(t) (eq. [2.16] ) is then the difference between the sine curve and the solid line. a;
is indicated on the y-axis, as is vg: note that the two are not equal. The distance travelled
by the pulsar is then the area between the two lines. The dotted line shows the best fitting
line assuming constant acceleration, v’ = o}t + a4. The fit is much better for longer orbital
periods. o in this case is indicated as the y-intercept; note that it is not the same as ay

in the unaccelerated case.

Figure 2.2 — Greyscale plot of v as a function of P, and P,, in the absence of an ac-
celeration code. We used an observation time 7" = 1000s, the fourth harmonic m = 4, a
mass for the companion star of 0.3 Mg, a pulsar mass of 1.4 My, and an inclination angle
i = 30°. The plotted value is an average of v over orbital phase ¢, as described in the text.
The contour is plotted for v = 0.5.

Figure 2.3 — As for Fig. 2.2, but assuming an acceleration code. The dashed contour
shows v = 0.5 from Fig. 2.2, for comparison: the area between the two contours is the

additional phase space that becomes available by using acceleration codes.

Figure 2.4 — Greyscale plot of the probability that, in five observations of a binary pulsar
with parameters P, and P,, at least one of the observations will have v > 0.5, using an
acceleration code. By catching the pulsar in an optimum phase of its orbit, binary pulsars
which would not “on average” be found, can be located. Re-observing the same cluster at
random orbital phases can improve the chances of finding a marginal pulsar dramatically.

The dashed contour shows the corresponding line when not using an acceleration code.

Figure 2.5 — Plot showing f(T) = vT/?, for a pulsar with P, = 1d and P, = 1 ms, for
code both (a) without and (b) with acceleration. The dashed line shows v(T), the dot-
dashed line shows T'/2 and the solid line shows y7%/2. Note that the scales are different;
the best observation time when using an acceleration code (the maximum in f(T)) is 2420 s,

while it is 375 s in a standard pulsar code.

Figure 2.6 — Greyscale plot showing the quantity Thest/P, as a function of spin and
orbital period, both (a) without and (b) with an acceleration code. Thest Was calculated by

finding the maximum of ¥(T)T/2, as illustrated in Fig. 2.5.
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Figure 2.2
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Figure 2.3

Mean ¥(1000), with acceleration
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Figure 2.4

Probability of detection in 5 trials, with acceleration
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Figure 2.5a
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Figure 2.6a

Ratio Tp,../P,, without acceleration
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Figure 2.6b

Ratio T,,./P,, with acceleration
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Chapter 3

Deep VLA images of globular clustersJr

Helen M. Johnston and Shrinivas R. Kulkarni
and
W.M. Goss

Abstract

We present sensitive high resolution images of four globular clusters made with the
VLA at 1.4 GHz. We detect a variety of objects: known pulsars, an X-ray binary, and two
planetary nebulae. Surprisingly, we do not detect any emission from the rich cluster Liller 1.
If Liller 1 is truly one of the densest clusters in the galaxy, then our results suggest that the
pulsar population in a cluster is a function not merely of the structural parameters. We
also report the detection of seven unidentified sources in or near the cores of three clusters.
Some of these may well be unrelated background sources, but it is probable that some may

be associated with the low-luminosity X-ray sources identified by the Finstein satellite.

1 This paper originally appeared in ApJ, 382, L89 (1991)
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3.1. Introduction

Despite the discovery of over 25 cluster pulsars to date, the origin and evolution of these
objects is a matter of controversy. The principle observational issues are: the total number
of cluster pulsars, the discrepancy between the birthrates of cluster pulsars and cluster
LMXBs, and the binarity of cluster pulsars. In the simplest model, primeval neutron stars
tidally capture cluster stars, and later mass transfer spins up the neutron star (Verbunt
1990). However, the large abundance of detected cluster pulsars has led some authors to
suggest an alternate model, the accretion-induced collapse (AIC) of an accreting white

dwarf into a neutron star.

Both models predict that most of the resulting millisecond pulsars will be in binary
systems. However, standard pulse searches are insensitive to pulsars in tight binaries be-
cause of the Doppler smearing of the pulse (Johnston & Kulkarni 19901). Kulkarni et al.
(1989) parametrize the tight binary fraction by defining 3 to be the ratio of pulsars in tight
binaries to those in wide orbits (including single pulsars). Radio imaging searches are the

best way to constrain 3, since they are sensitive to all pulsars.

We generalize the dependence of the number of pulsars in a cluster ¥, as N, o« M pg;
the standard model predicts & = 1. However, the discovery of pulsars in sparse clusters like
Mb53 and M13, where essentially no two-body captures should occur over a Hubble time,

suggests a much smaller value of a.

In an analysis of all published surveys of globular clusters, Johnston et al. (1991)1
concluded that the observations are best fit by a model with a = 0.5, a dependence sig-
nificantly less steep than predicted by the standard model. Fruchter & Goss (1990), from
analysis of VLA data, also arrive at a similar result. Tidal interactions with primordial
binaries (with their attendant large cross-sections) appear to satisfactorily account for the
inferred o (Phinney & Kulkarni 1992).

Motivated by these considerations, we undertook to image clusters with the following
goals in mind: (%) to constrain the number of pulsars in tight binaries which are undetectable
by standard pulse searches; (7i) to test how the number of pulsars in a cluster varies with
cluster parameters such as density; and (iii) to attempt to detect pulsars which have been
ejected by interactions with tight binaries to the outskirts of the cluster (as is indeed
observed in M15; Anderson et al. 1990; Phinney & Sigurdsson 1991). Four clusters were
imaged: two (M15 and M13) were known to contain pulsars, and two (Liller 1 and M22)

are rich, nearby clusters without any prior detections.

} See Chapter 2.
1 See Chapter 5.
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3.2. Observations

The data were taken in four sessions between 1990 April 9 and 1990 April 14 with the
NRAO VLAl in A configuration. The data were taken in spectral line mode, using eight
channels of width 6.25 MHz centered at the standard ‘L’-band frequencies of 1465 MHz
and 1515 MHz. A total of 6.5 h was spent on each cluster, with phase calibrators observed
every 20 m. The data were calibrated and imaged using NRAQO’s AIPS package. One image
was made for each field, summing the spectral channels, in order to achieve a large field of

view.

The resulting maps are shown in Figure 3.1, and a list of detected sources is shown
in Table 3.1 and are discussed below. The first four columns show the cluster name, the
RMS noise, the distance and the core radius of the cluster. The last four columns show
the detected sources, their offset from the cluster core, and the measured flux density. The
predicted noise for each image is 24 uJy; the achieved noise, after CLEANing, was within

a factor of 2 of this for all clusters. Here we discuss the sources located in each cluster.

M13. Three sources were detected at the 4 o level within the core. At the position of the
pulsar, PSR1639+36A, (indicated by the cross) we marginally detect (at a level of 2.70) a
source with a flux density of 90 uJy; this indicates a spectral index for the pulsar of —3.0,
given its 430 MHz flux density of 3mJy (Kulkarni et al. 1991).

Liller 1. No point sources were detected within the central 100” x 100", to a flux density
limit of 0.18 mJy (40). At the position of the X-ray source MXB 1730—3351, also known
as the “Rapid Burster” (Lewin et al. 1976) no source is detected at a level of 135 uJy (3 o).

M22. Two sources were found near the cluster core. Near the position of the planetary
nebula/IR source 18333-2357, we detect a radio source with an integrated flux density of
248 uJy. The source, probably the radio counterpart of the planetary nebula, is marginally
resolved, with a size of 2”76 x 1”72 and a position angle of 160°. The difference between our
position and the 20 pm position (Gillett et al. 1989) is Aa = +3”1, A§ = —1"1, consistent

with the +£2” (1 0, each axis) 20 um positional error.

M15. Five sources are detected within the central 100”. Three of these are known
sources: the LMXB AC 211, the planetary nebula K648 (Gathier et al. 1983), and the
pulsar PSR21274+11A. No source is detected at the position of M15C to a level of 129 uJy
(30).

t The VLA is operated by Associated Universities Inc., under cooperative agreement with the
National Science Foundation.

1 It has been kindly pointed out to us by L. Lubin that we incorrectly referred to this object as
MXB 1728-34 in the original paper.
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There is an intriguing bright source 94" west of the core, (‘S1’; Table 3.1). We made
an image of this field at 5 GHz using archival data (taken on 1983 Mar 15 with the VLA in
C configuration), and detected three sources at 5 GHz: K648, (4.69 £ 0.08 mJy); AC 211
(0.45 4+ 0.04 mJy); and S1 (5.65 + 0.2mJy). This indicates a spectral index (v) for S1 of

a = +0.4, quite unusual for an extragalactic source.
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3.3. Cluster pulsars
3.3.1 Pulsars in binaries

The current observations allow us to constrain the number of as yet undetected pulsars
in clusters. If we assume that all the unidentified sources in the cores of the clusters are
undiscovered pulsars in tight binaries, then we have four unidentified sources in the cores
of four clusters containing three pulsars of similar fluxes: M15A, M13A and M13B. The
latter does not yet have an accurate timing position, but from our Arecibo observations
of this source we know that M13B is about as bright as M13A at 1400 MHz. Hence we

assume that one of the sources in our image is the B pulsar.

From the counts of Condon & Mitchell (1982), the expected number of background
sources over the central 100” x 100" seconds of four clusters is 0.89. This indicates 8 < 3,
allowing for Poisson statistics. This is consistent with results of other recent imaging
surveys (Kulkarni et al. 1991; Wijers & van Paradijs 1991), and indicates that there is no

large undiscovered population of pulsars in tight binaries in clusters.
3.3.2 The density scaling of cluster pulsars: A third parameter?

The lack of flux from Liller 1 is surprising in comparison with other dense clusters.
Liller 1 is supposed to be one of the densest clusters in the galaxy (Webbink 1985), but it is
heavily obscured, and so the derived structural parameters could be wrong. Assuming it is
dense, we can compare our upper limit on any pulsar of S1400 = 0.18 mJy with other clusters.
The flux density of the brightest pulsar in M15, Trz 5 and 47 Tuc, would correspond, at
the distance of Liller 1, to S1400 = 0.3, 2.0 and 0.2mJy respectively. Alternatively, we can
look at the integrated emission from dense clusters. 47 Tuc is now known to contain at
least eleven pulsars (Manchester et al. 1991), with an estimated 2.2 mJy of integrated flux
at 1400 MHz (Johnston et al. 1991). At the distance of Liller 1 we would see 0.75mJy
of integrated flux from the detected pulsars alone. Fruchter & Goss (1990) measured the
integrated emission from Trz 5 (S1400 = 1.9 mJy) and NGC 6440 (S1400 = 1.45mJy), both
dense clusters. We made a low resolution map of Liller 1 by using a Gaussian taper of

30 kA; our limit on the integrated flux is Sy400 < 0.45mJy (3 0).

This must mean that either the cluster parameters for Liller 1 are grossly incorrect,
and it is not as dense as assumed, or N, is not a function of cluster density only. The
characteristics of the 47 Tuc pulsars, particularly their short periods and binarity, suggest
that N, also depends on a third parameter. Sigurdsson & Phinney (1991) identify the
third parameter (the first two being M., p.) as the time since the cluster underwent core

collapse. Clusters containing many pulsars, like 47 Tuc (and possibly M15), may be at the
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peak of their pulsar forming activity, while in clusters like Liller 1 the neutron stars have
long since formed tight binaries, and any pulsar activity is no longer visible. A prediction of
this model is that clusters on the way to core collapse will be forming many tidal products,
including mass-transfer X-ray sources. ROSAT should provide a useful test of this model

in the near future.
3.3.8 The spectral index of cluster pulsars

We measure spectral indices of @ = —1.8 for M15A, and —3.0 for M13A. The lack of
detection of the M15B and M15C pulsars puts limits on their spectral indices of @ < —2.2.
This confirms that in general the recycled pulsars in clusters have very steep spectral indices.
In fact, this is the main drawback of using 1.4 GHz imaging to constrain the cluster pulsar
population. Our inability to detect M15C means that we cannot say anything about the
presence of similar pulsars in the outskirts of other clusters. For this reason, lower frequency
observations are to be preferred, although at lower frequencies confusion due to background

radio sources is a severe problem.
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3.4. Other sources
3.4.1 Planetary nebulae

The two known planetary nebulae in globular clusters — K648 in M15, and IRAS
18333-2357 in M22 (Gillett et al. 1989) — were detected, the M22 nebula for the first time
in the radio. In our images, K648 is unresolved. The nebula in M22 is marginally resolved,
with a much smaller size than the 10” x 7 measured by Gillett et al. (1989) in [OIII}; a
discrepancy of this size is not unusual (Zijlstra 1989). The position angles of the radio and
optical images are similar.

Assuming that K648 is optically thin with an electron temperature of 10* K, we derive

an ionized mass M; = 1.6 x 1072 Mg and n, ~ 1.1 X 10* cm—3

, in good agreement with
Gathier et al. (1983). For the M22 nebula, we derive M; = 2 x 10=* Mg and 7. ~
9 x 10% cm™3. The ionized mass is in agreement with Gillett et al.’s estimate of 3 — 10 x
10~* Mg, although our estimate of the density is higher because we assumed a smaller

angular diameter.

The flux density we derive from the 5 GHz image is slightly higher than Gathier et al.
(1983)’s measurement, and is in excellent agreement with a spectral index of —0.1, as
predicted for an optically thin nebula (Pottasch 1984). Our new observations and re-
analysis of old 5 GHz data lay to rest speculations about the flux density of this nebula
and its variability (cf. Johnson et al. 1979; Kwok et al. 1981; Mross et al. 1981; Birkinshaw
et al. 1981; Isaacman 1984)

3.4.2 Low mass X-ray binaries: A new diagnostic?

Two clusters in our sample contain known LMXBs — M15 and Liller 1. We detect
only the former in continuum radio emission. This detection of AC 211 in M15, confirming
the detection by Kulkarni et al. 1991, brings the number of cluster LMXBs detected in the
radio to three, the others being 4U 1850-08 in NGC 6712 (Lehto et al. 1990) and 4U 1820-
30 in NGC 66241, As deeper and deeper radio images of LMXBs (cluster and disk) are
made, most seem to be detected at the sub-mJy level (Penninx 1989). [We do note that
MXB 1730-335 in Liller 1 is one LMXB without detectable radio emission. It is worth
pointing out that this object is the only X-ray source to exhibit Type II bursts. Perhaps
the cause of the rapid succession of bursts also precludes the emission of radio continuum

radiation.]

t Radio emission was marginally detected by Grindlay & Seaquist (1986); multi-frequency ob-
servations by Fruchter & Goss (1990) suggest that, while some of this flux may arise from the
two pulsars (Biggs et al. 1990), the LMXB is probably contributing to the radio emission.
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M22 (NGC 6656) also contains four low luminosity X-ray sources discovered by the
FEinstein satellite (Hertz & Grindlay 1983), whose nature is unclear. It is possible that
a significant fraction of these may be chance superpositions of foreground or background
objects on the cluster. However, those in the core region are almost certainly associated
with the clusters. There are two appealing possibilities: these low-luminosity sources could

be cataclysmic variables or quiescent LMXBs.

If they are LMXBs, they are very likely to be sources of radio continuum radiation.
It is possible that some of the faint radio sources we detect could be associated with the
dim X-ray sources. This suggestion is motivated by the observed radio emission of known
accreting neutron star binaries (see above). We have proposed to use the ROSAT satellite
to verify this by obtaining HRI images of these clusters: positional coincidence of the X-ray
emission with the radio emission would be strongly suggestive that the dim sources are

accreting neutron star systems.

Our estimate of the background source contamination comes from Condon & Mitchell’s
(1982) source counts. These only go down to 200 uJy, which is the level of interest here, and
so their counts may not be reliable at this level. In a future paper we will calculate source
counts in our images for regions well outside the cluster cores, and compare this with the
density of sources near the cores; this will be an important confirmation that these sources

are indeed associated with the clusters.

SRK is supported by an NSF Presidential Young Investigators award and a Packard
fellowship. SRK’s and HMJ’s research at the VLA is in part supported by the Dudley
Observatory.
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Table 3.1. Globular cluster sources detected at 20 cm

Cluster RMS d Te ID Aa® Abe 51400
(1dy) (kpc) (") @ (") (mJy)
M13 = NGC 6205 33 7.1 45 Core 16h39m54519  36°33'16"3
PSR1639+36A 6.7 -21.4 0.09
S1 0.6 13.0 0.16
S2 -6.4 -33.5 0.16
S3 -30.4 -4.9 0.14
Liller 1 45 7.9 1 Core 17830™ 750 —33°21'17" -
M22 = NGC 6656 40 3.1 63 Core 18h33™m21512 —23°56'44"2 -
IRAS 18333-2357 -15.2 -65.3 0.25
S1 2.9 -10.7 0.52
M15 = NGC 7078 43 9.7 1 Core 21h27™33%35 11°56'48"8 -
AC 211 -1.2 2.2 0.91
PSR21274+12A -1.5 0.7 0.20
K648 14.5 25.5 5.28
S1 -93.8 16.7 3.28
S2 11.3 -28.0 0.18
S3 4.2 -25.5 0.18

@ The first line for each cluster shows the core position from Shawl & White (1986). Sub-

sequent entries are the offsets from this position Aa = aobj — Qcorey A6 = dobj — bcore-
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Figure caption

Figure 3.1 — VLA radio maps of three globular cluster fields. M15 (top two panels), M13
(bottom left) and M22 (bottom right). The first M15 map is a 64” x 64” 5 GHz image, the
others are 100” x 100” maps at 1400 MHz. The circle indicates the size of the core (see
Table 3.1), except for M15, which is a core-collapsed cluster. Contours are drawn at levels
of 4, 5, 6, 8, 10, 15, 200, where o is the rms noise listed in Table 3.1; the first contour
for the 5 GHz M15 map is 3¢ instead of 40. In M15, the source S1 is 94" west of the
core and is not shown on the maps. The 5 GHz map clearly shows the asymmetry of the
planetary nebula; AC211 is also detected. The map for Liller 1 is not shown; no sources
were detected to a flux density limit of 0.18 mJy (4 o). The beam size is typically 1”5, and

the cell size is 0”5. The bandwidth smearing is less than 0.5 pixels for all images.
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Figure 3.1
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Chapter 4

Deep VLA images of globular clusters: NGC 6624;Jr

Helen M. Johnston & Shrinivas R. Kulkarni

Abstract

We present a sensitive radio image of the bright X-ray source 4U 1820-30 in the globular
cluster NGC 6624. We confirm that the source is several arc seconds away from the cluster
core. This implies that the observed negative orbital period derivative cannot be due to
gravitational acceleration by the cluster. This work brings to three the number of cluster
X-ray sources detected in the radio. Identification of cluster X-ray sources via their radio
emission can be profitably used for precision optical identification and to elucidate the

nature of the enigmatic low luminosity cluster X-ray sources.

t To be published in ApJ (Letters).
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4.1 Introduction

The bright X-ray binary 4U 1820-30 in the globular cluster NGC 6624 (Giacconi et al.
1974) was discovered to have an orbital period of 685 s (Stella et al. 1987), making it the

shortest known binary period.

The short orbital period implies a very low mass companion, with the mass transfer
driven by gravitational radiation; a helium degenerate dwarf filling its Roche lobe would
have a mass of 0.055Mg (Stella et al. 1987). For such low mass secondaries, the thermal
timescale is much longer than the mass transfer timescale. The star expands while losing
mass, which drives the binary to longer periods. Using detailed models for the structure of
the secondary star, Rappaport et al. (1987) showed that the period should be increasing at
a rate of at least P 2 0.06 msy ™.

Surprisingly, Tan et al. (1991) found P = —0.074 £ 0.013 ms y~?, calling into question
the basic model for the evolution of such systems. Alternatively, the negative period deriva-
tive is perhaps not intrinsic to the system, but is produced by gravitational acceleration
by the cluster, as is is seen with the negative rotation period derivatives of several cluster
pulsars (see Phinney & Kulkarni 1992). The cluster’s gravitational potential accelerates a
binary, which results in a P/P of —a/c. The acceleration, a can arise from attractions by
passing stars and from the combined effect of all stars in the cluster. In general, the latter
will dominate (Phinney 1992), and the acceleration is zero at oo or when the star and the
cluster core are both located on the tangent plane of the sky. It reaches a maximum value
for a radial distance somewhere between the plane of the sky and the outer radius of the

cluster; the exact location of this maximum depends on the structure of the cluster.

The position given by Hertz & Grindlay (1983) for 4U 1820-30 is 274 + 1” from the
core of NGC 6624 as given by Shawl and White (1986). Hertz & Grindlay (1985) claimed
that Shawl & White’s core position was biased by several bright stars near the core, and
give a core position which differs by 4”7. Using their position for the optical core, the
X-ray position is 3”4 £ 1” from the core. Phinney (1992) gives a rule of thumb formula for

the maximum acceleration, which is accurate to 10% for plausible cluster models:

M -
[Omas 1.6 x 1071 —Ty(< Ry)y ™! (4.1)
c L,v

where Iy (< R, )is the mean V-band surface brightness of the cluster interior to the pulsar’s

projected position, measured in units of 104L®V pc~2.

Using a surface brightness profile
of the cluster (Djorgovski, pers. comm.) and M/L ~ 1 (Pryor et al. 1989), we find

the maximum acceleration observable at a distance of 2”74 from the cluster core to be
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|amax]/c = 8.3 x 1071°y~!, more than two orders of magnitude lower than the observed
|P|/P of 1.1 x 10~7y~!. Using the cluster core as defined by Hertz & Grindlay (1985)
the discrepancy is even worse: |@max|/c = 7.0 x 1071%y~1. Van der Klis et al. (1992)
have constructed a multi-component mass model of the cluster to calculate the maximum
acceleration observable as a function of distance from the cluster core. They also conclude
that the observed P can only be explained by acceleration by the cluster if the X-ray binary

is located very close (< 1”) to the cluster core.

Since Hertz & Grindlay’s (1983) position for the X-ray source was only 2 — 30 from
the cluster core, and previous radio detections of the source have been contradictory (see
§4.2), it is therefore of interest to confirm the position of 4U 1820-30. We present here high
resolution VLA observations of NGC 6624.
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4.2 Observations and Discussion

Observations were taken with the VLAt in A configuration on 1991 August 4. The
data were taken in continuum mode, with two 50 MHz IFs centered at the standard L-
band frequencies of 1465 and 1515 MHz, and a total of 4.8 h of on-source integration was
achieved. The data were calibrated using NRAQO’s AIPS package. The field was mapped
and cleaned using the AIPS task MX, using natural weighting of the uv points. The noise
level in the final map was 25 uJy, close to the theoretical noise limit of 17 uJy.

A source was detected near the X-ray position of Hertz & Grindlay (1983; see Fig. 4.1).
The measured position, assuming that the calibrator source 1748-253 is located at a =
17048™453789, § = —25°23'17743 (1950) is:

o = 18120™m275719 £ 03006, 6 = —30°23'15780 £ 0708 (1950),

consistent with the X-ray position (Table 4.1). The measured integrated flux density was
51,4 = 0.558 + 0.06 mJy.

This source has been detected in the radio several times before. Grindlay & Seaquist
(1986) marginally detected a source with S3.4 = 0.49 + 0.12mJy, at a position 0”6 south
of ours. Geldzahler (1983) detected a 2.44 mJy source 6”3 from the cluster core. Machin
et al. (1990) failed to detect any source near the cluster core, to a level of 87 uJy. Our
position and flux are consistent with Grindlay & Seaquist’s detection, given their large
error bars. The disagreement with Geldzahler’s results is very puzzling. Machin et al.’s

lack of detection, taken at face value, implies that the source is highly variable.

Using Shawl & White’s (1986) position, the distance of 4U 1820-30 from the core is 6 =
27 £ 0"8; using Hertz & Grindlay’s (1985) position, 0 = 2”71 £ 0”7. At these distances
from the core, |amax|/c = (8.0 £ 1.3) x 107y~ and |amax|/c = (9.0 £ 1.4) x 1071%y~!
respectively (lo errors). The error in both of these quantities is dominated by the error
in the position of the optical core; thus only more accurate optical work can improve on
this result. However, both values are still well below the observed |P|/P of 1.1 x 10~ 7y,

implying that the observed period derivative cannot be due to acceleration by the cluster.

1 The VLA is operated by Associated Universities Inc., under cooperative agreement with the
National Science Foundation.
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4.3 Radio studies of cluster LMXBs: A powerful probe

This work brings the number of cluster LMXBs detected in the radio to three, the
others being 4U 1850-08 in NGC 6712 (Lehto et al. 1990), and AC211 in M15 (Kulkarni
et al. 1990). As deeper and deeper radio maps of LMXBs are made, most seem to be
detected at the sub-mJy level (Penninx 1989). If this is generally true, then we have a
new and powerful probe to study cluster LMXBs. Arc-second accuracy positions can be
obtained immediately, enabling optical identification, a task that is difficult in the crowded
cores of clusters. The energy emitted at radio wavelengths is a tiny fraction of the total

energy being emitted by these objects.

The most interesting aspect of this radio-X-ray connection is in understanding the
nature of the low luminosity X-ray sources. The cluster X-ray source population falls into
two distinct categories: a high luminosity population, the LMXBs, with L, 2 103 ergs~1,
and a low luminosity population, with L, < 10%*® ergs™! (Hertz & Grindlay, 1983). The
nature of the dim sources is quite unclear. It was early suggested that they are mass-
exchange close binary systems (Hertz & Grindlay 1983). However, optical searches for
the counterparts of these objects have been unsuccessful (Margon & Bolte 1987; Shara
et al. 1988). It is possible that a significant fraction of these are chance superpositions
of foreground or background objects on the cluster. However, those in the core region
of the cluster are almost certainly associated with the clusters. There are two appealing
possibilities: these dim sources could be cataclysmic variables or quiescent LMXBs. The
latter alternative is supported by the fact that the X-ray luminosity of these cluster sources
is an order of magnitude greater than CVs in the disk (Verbunt, van Paradijs & Elson
1984). In either case, the dim sources could well be the “missing” progenitors of the cluster
pulsars. Unfortunately, their dimness and lack of good positional accuracy has precluded

further detailed studies of this enigmatic class of radio sources.

It now appears that most LMXBs can be detected at the mJy level (Figure 4.2). In this
figure we display a histogram of the radio luminosity of all detected LMXBs, L; 4 = 475} 4d?
where 51 4 is the flux density at 1.4 GHz in mlJy, and d is the distance to the source in
kpc. If it is true that most or all accreting neutron stars are also radio emitters at the
level of 2 100 mJy kpc?, then radio observations could discriminate between the two types
of sources, since the radio luminosity of known CVs is several orders of magnitude smaller
than that of the LMXBs (Chanmugam 1987; see Fig. 4.2).

Our deep radio imaging work on clusters favors the idea that the dim sources are

accreting neutron star systems. Earlier we reported detection of two unidentified radio
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sources in M22 and M3 (Johnston, Kulkarni & Goss 1991T), with luminosities of 50 and
270 mJy kpc? respectively. Both of these clusters contain low-luminosity X-ray sources
discovered by the Finstein satellite (Hertz & Grindlay 1983), and as can be seen from
Figure 4.2, the luminosities of these objects is not inconsistent with that of known sources.
Preliminary analysis of ROSAT PSPC data (G. Hasinger & F. Verbunt, pers. comm.) on
M22 find that the previously known Einstein IPC low luminosity source coincides with one
of our radio sources (source ‘S1’ of Johnston et al.). It would be interesting to see if this

correlation holds true for the dim sources in other clusters as well.

We thank Frank Verbunt and Giinther Hasinger for providing data in advance of pub-
lication, and for bringing this object to our attention. We thank George Djorgovski for
providing unpublished surface brightness profiles of NGC 6624. We also thank the Perkin
Fund for support of our work at the VLA, and the NSF and the Packard foundation for

general support of our research program.

T See Chapter 3.
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Table 4.1 Previous detections of 4U 1820-30

Resolution Offset from optical core® Flux
Band (@] a’) (" (mlJy)  Reference
Einstein HRI 2x2 -164£10 -18+£10 — Hertz & Grindlay 1983

20cm, VLA B array 6x6 -6.24+04 -09+04 2.44+0.04 Geldzahler 1983
20cm, VLA A array 2x2 —-2.640.12 0£0.12 0.49 4 0.12 Grindlay & Seaquist 1986

20cm, VLA C array 18 x 10 b b 0.95 4 0.15 Fruchter & Goss 1990
6cm, VLA D array 18 x 10 b b 0.38 + 0.035 Fruchter & Goss 1990
20cm, VLA A array 2 x 2 — — < 0.087 Machin et al. 1990

20cm, VLA A array 3.5x 15 —-2.6+0.08 —-0.640.08 0.558 % 0.06 This work

4 Offset from the optical core position (Shawl & White 1986): o = 18720™m27892, 6 = —30°23/15"/ 2.

5 Integrated flux measurement only, thus flux also includes contribution from the two pulsars (Biggs
et al. 1990). '
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Figure captions

Figure 4.1 — VLA radio map of NGC 6624. The inner 20" x 20" is plotted, with contour
levels at —3, 3, 4, 5, 6, 8, 10 and 15 times 25 uJy beam~! (the rms level of the map). The
positions plotted are the position of the optical core position from Shawl & White (1986;
marked “Core (SW)”); the optical core position from Hertz & Grindlay (1985; “Core (HG)”)
the Einstein X-ray position from Hertz & Grindlay (1983; “HG”); the VLA detection by
Grindlay & Seaquist (1986; “GS”) and the detection by Geldzahler (1983; “G”). The error

bars represent the positional errors in the original measurements.

Figure 4.2 — Radio fluxes of known LMXBs and CVs: (a) Atoll sources. (b) Z sources.
(c¢) Cataclysmic variables. The units of luminosity are mJy kpc?, and the bars show the
range in luminosity observed, due mainly to variations in the radio flux rather than distance
errors. References: LMXB fluxes and distances: Penninx 1989. CVs: AM Her — Dulk et al.
1983; AE Agr — Bookbinder & Lamb 1987; RS Oph (in quiescence) — Hjellming et al. 1986,
Cassatella et al. 1985; GK Per — Reynolds & Chevalier 1984; HR Del — Hjellming & Wade
1971; V1500 Cyg — Seaquist et al. 1980; SU UMa — Benz et al. 1983.
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Figure 4.1
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Figure 4.2
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Chapter 5

The statistics of pulsars in globular clusters

Abstract

More than eighty globular clusters have now been surveyed for pulsars, either by single
dish pulse searches, or using imaging techniques; nearly thirty cluster pulsars have so far
been discovered. An interesting question for theories of pulsar formation is how the number
of pulsars in a cluster scales with cluster parameters such as central density or cluster mass.
However, any analysis of this scaling is inextricably tied up with the pulsar luminosity

function, since the detected sample is heavily biased towards the brightest pulsars.

We have searched a total of nineteen clusters, eight at a wavelength of 20 cm using the
VLA in C configuration, and twelve at 50 cm using the Westerbork synthesis array. Both
surveys reached equivalent fluxes at 430 MHz of a few mJy, assuming a spectral index for

recycled pulsars of —2.5. One new source was detected in the cluster NGC 6517.

We present a statistical analysis of all the current cluster pulsar surveys. We determine
the luminosity function of cluster pulsars to be dN/dL x L~2, and conclude that the
number of pulsars scales significantly less steeply than predicted by the tidal capture model.
We suggest that this may be due to the importance of single star-binary interactions in

globular clusters.
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5.1 Introduction

The current count of globular cluster pulsars stands at 27, with more still being reported
(Phinney & Kulkarni 1992; henceforth PK). The high luminosity of these objects and the
great distances to globular clusters suggest that the discovered pulsars form only the “tip
of the iceberg,” with many more faint pulsars being undiscovered. Estimates of the total
number of cluster pulsars N, have ranged from 2 x 102/ f (Wijers & van Paradijs 1991) to
2 x 10%/f (PK), and more if beaming is taken into account. Already these numbers are
becoming uncomfortably large for the “standard model”. In this model, neutron stars, born
in the first wave of star formation, tidally capture field stars. Subsequent mass transfer
from the companion onto the neutron star results in X-ray emission, during which time the
neutron star is visible as a Low Mass X-ray Binary (LMXB). This accretion also spins up

the neutron star, which eventually appears as a millisecond pulsar.

This model has been successfully used to explain the distribution of LMXBs in clusters.
Clusters, containing only 1073 of the stars in the Galaxy, contain at least 10% of the
LMXBs. This high abundance has been attributed to the efficiency of tidal capture in the
cores of clusters (Fabian, Pringle & Rees 1975). Verbunt & Hut (1987) showed that the
distribution of LMXBs in clusters was consistent with the standard model, with LMXBs
being preferentially associated with the clusters having the highest rate of tidal captures.
Clearly, if cluster pulsars are the descendants of the LMXBs, they too must follow a similar

distribution.

Obtaining a census of the cluster pulsars is not simple. Unlike LMXBs, which are
detectable anywhere in the Galaxy, pulsars are intrinsically faint. In addition, there are
many selection effects. These include sampling time and interstellar scattering, which dis-
criminate against finding fast pulsars; dispersion measure limitations, which select against
distant pulsars or pulsars in regions of high electron density; the Galactic background radia-
tion, which reduces sensitivity; and blurring of the pulse peak due to motion of the pulsar in
tight binary systems. Most of these effects are most pronounced in the dense clusters near
the Galactic centre, which are expected, in the standard model, to be producing pulsars at
the highest rate. Thus establishing the size of the underlying population is fraught with

difficulty, and is necessarily going to involve large extrapolations to the unseen population.

Several authors have attempted to estimate the size of the underlying population
(Kulkarni, Narayan & Romani 1990; Fruchter & Goss 1990; Wijers & van Paradijs 1991;
Phinney & Kulkarni 1992). These methods have depended on assumptions about the shape

of the luminosity function and the density weighting function, or have depended on a small
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number of observations. Qur goal is to analyze all the current pulsar surveys and de-
rive both the luminosity function and the density weighting from the observational data

themselves.

We present here radio observations of nineteen globular clusters from the VLA and
Westerbork. This brings the total number of clusters searched for pulsars to 84. We discuss
the predictions of the way the number of pulsars should scale with cluster parameters in
§5.2. We present new radio observations of globular clusters in §5.3 and discuss the details
of previous surveys. We then discuss what is known about the luminosity function of the
cluster pulsar population (§5.4) and the manner in which the propensity of a cluster to form
pulsars depends on the cluster density (§5.5). We then present a self-consistent method
to derive both of these dependencies from the observational data (§5.6), and discuss the

reasons for the differences between various estimates of the pulsar population (§5.7).
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5.2 Predictions of the standard model

The standard model involves the formation of LMXBs through the tidal capture of
low mass stars by neutron stars, and subsequent spin-up of the neutron star by accretion
and reappearance as a millisecond pulsar. In this model, the number of pulsars should
be proportional to the number of tidal captures that are taking place. The number of

two-body captures can be expressed as
Np=npsnvoVT (5.1)

where n,s; and n are the number densities of neutron stars and non-degenerate stars, v is
the relative velocity of the two stars, o is the cross-section for tidal capture, and T and
V are the time and volume over which the process is acting. Since the neutron stars are
mostly confined to the core due to mass segregation, we can take v = o, the core velocity
dispersion of the cluster, n « p. the core density, and n,sV = N,; = vM;, where v is the
specific incidence of neutron stars in the cluster, and M, is the total cluster mass. The
cross-section o scales as 07214 (Lee & Ostriker 1986), so the total number of two-body
tidal captures is

N, oxv Myp.o V1T, (5.2)

T is usually assumed to be constant and set to the age of Galaxy. The assumption of
constant 7T is certainly questionable since clusters evolve considerably over the age of the

Galaxy.

Several lines of reasoning — the discovery of primordial binaries in optical spectroscopic
surveys (Pryor et al. 1989), the discovery of pulsars (Kulkarni et al. 1991) or pulsar-like
emission (Fruchter and Goss 1992) in low density clusters, etc. — have highlighted the
dominant role of three-body (primordial binary and neutron star) collisions in all but the

densest clusters. The cross-section for two-body encounters is

2G(m1 + m2)> ~ 7l'd2G(m1 + m2)

v2d v2 (53)

oy = 7d? (1 +
where the second term in the parentheses is due to gravitational focussing, and will dom-
inate for the small velocities found in globular clusters. Capture occurs when d < 3R.,
where R, is the radius of the non-degenerate star (see, e.g., Verbunt & Hut 1987). The
cross-section for single star-binary interactions, on the other hand, is o3 ~ maa., where a,
is the characteristic radius, a, ~ GM;,;/0? (Hills 1975). For a 1.4 Mg neutron star encoun-
tering a binary containing a binary containing two 0.8 M stars in a typical cluster with

o, = 10kms~!, ¢, ~ 25 A.U. Since a, the orbital radius of a binary, is much greater than

R., the radius of a typical star, we can see that, provided the binary fraction is reasonable,



67

three-body interactions will dominate over two-body captures. In dense clusters, stellar
encounters destroy or harden (i.e., reduce a) wide binaries, reducing the efficiency of single
star-binary encounters. This can be effectively parametrized by making the dependence of
Ny on p. less than linear in equation (5.2). We generalize the dependence of N, on p. as
pe:

N, x v Myp¥a " MT. (5.4)

The specific incidence of neutron stars v is related to the initial mass function (IMF)
of the cluster stars. Assume a power-law differential IMF, N(m) « m~(1+%) dm, valid for
m > my, the minimum mass. The number of neutron stars per unit initial mass of the

cluster at birth is then
r—1 my

z-1
v = (m) Mz (5.5)
where we assume that stars with m > 8 My evolve to neutron stars. For a proto-cluster
with Salpeter IMF, z = 1.35, total mass 10 Mg and m; = 0.08 M, we obtain v = 0.6%
and N,, = 6 x 103 primordial neutron stars. If cluster pulsars have similar velocities to

those observed for field pulsars, ¥ ~ 200 kms™! (Anderson & Lyne 1983), then a significant

fraction of the neutron stars born in a cluster may escape at birth. Typical escape velocities
for non-core collapsed clusters range from 20-70 km s~!; this would imply that the fraction
of neutron stars retained by the cluster is typically 0.1-0.3. Thus our typical cluster would

be expected to retain ~ 10 neutron stars.

The shape of the cluster IMF is very poorly understood, and it is not even clear, on
observational or theoretical grounds, whether the IMF can be characterized by a simple
power law. Variations in the IMF between clusters have been reported, some of which are
probably genuine, e.g., in the LMC, clusters with z of ~ 0.3 to 2.5 have been found (Elson
et al. 1989; Mateo 1988]‘). However, here one must be cautious of the many observational
studies which suffer from improper accounting of the distortions to the observed MF intro-
duced by mass segregation, e.g., McClure et al. (1986) found a trend of z with metallicity,
but their conclusions were based on luminosity functions obtained at distances of several

core radii from the cluster centers.

Given the current observational situation, we will use the bare minimum number of
parameters to derive the number of pulsars: p., M; and a. For lack of detailed data
and understanding, we assume v and T are the same for all clusters. Note in particular
that we are omitting the o 1'1* dependence (eq. [5.4] ), in order to minimize the number

of parameters. This could make a difference, as low density clusters tend to have low

t Richtler et al. (1991) recently attributed these earlier results to problems with crowding and
incompleteness, and claim that all IMFs are consistent with a Salpeter slope.
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core velocity dispersions as well, which would thus tend to reduce the dependence on p..
However, the size of this effect is not large: typical velocity dispersions for core collapsed
clusters are 10 — 15 km s~!, while for low density clusters 0. ~ 4 —8kms~!, so o4 varies

by a factor of 3 between clusters, while p. varies by a factor of 1000 or more.

5.3 New observations and description of previous surveys
5.3.1 VLA data

Observations were taken on 1990 November 25 and 1990 December 2 with the VLA in
the C configuration. The data were taken in continuum mode, with two 50 MHz IFs centered
at the standard ‘L’-band frequencies of 1465 and 1515 MHz. Eight clusters were observed
for 1.6 h each, with phase calibrators observed every 20 m. The data were calibrated and
imaged using NRAO’s AIPS package.

Maps of each field were made and cleaned using MX. The noise levels in the final maps
were between 80 and 110 uJy/beam. The only cluster showing detectable emission at the
core was NGC 6517 (Figure 5.1). The flux density of this source and 3o upper limits on

the flux density from the other clusters are shown in Table 5.1.
5.3.2 Westerbork data

Twelve clusters were observed with the Westerbork Synthesis Radio Telescope (WSRT)
at 610 MHz. Since many of these sources are southern sources, a full 12 h integration could
not be achieved. Each source was observed at least twice, resulting in integration times of
14 to 24 h per cluster. The data were calibrated using the DWARF reduction package. Data
from the redundant baselines were used to remove telescope dependent errors. The maps
were then self-calibrated in an iterative fashion to reach the final noise levels of typically
0.5mJy/beam.

Only one cluster shows detectable emission within the central 100" x 100”: NGC 4147,
which has a 25mJy source 40” east, 68" south of the cluster core. However, since this
represents a distance of 26 core radii from the core, the source is unlikely to be associated

with the cluster. Flux limits on the emission from these clusters are shown in Table 5.1.
5.3.3 Previous pulsar surveys

Our new observations bring the total number of clusters searched for pulsars to 84.

The last two columns of Table 5.2 show S430, the faintest flux to which each cluster has

1 The VLA is operated by Associated Universities Inc., under cooperative agreement with the
National Science Foundation.
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been searched at 430 MHz (assuming a spectral index (v*) of @ = —2.5 where the survey
was not at 430 MHz) and the survey involved. This forms the observational data on which
we are basing our statistical analysis. Here we briefly summarize the major cluster surveys

that are included in our analysis.

Arecibo. All clusters observable with the Arecibo dish (0° < § < 37°) were searched at
1400 MHz with a sampling time of 507 us. This resulted in the discovery of PSR2127+11A,
and PSR1908+400 in NGC 6760. A second search at 430 MHz resulted in the discovery of
seven more pulsars. Partial details of the two surveys may be found in Wolszczan et al.

(1989) and Anderson et al. (1990a).

Jodrell Bank. A total of 65 clusters were observed using the 76 m Lowell telescope, at two
different frequencies: 610 MHz and 1420 MHz, using a sampling interval of 300 us (Lyne
et al. 1988; Lyne & Biggs 1989). This resulted in the discovery of PSR1821-24 in M28,
and PSR1620-26 in M4.

Parkes. Southern globular clusters are being searched by the Parkes telescope at 1400 MHz
and 600 MHz, using 300 us sampling. Partial details of the survey may be found in Manch-
ester et al. (1991) and Robinson et al. (1992). The survey has resulted in the discovery of
many pulsars, including ten in 47 Tuc (Manchester et al. 1989; Biggs et al. 1990; D’Amico
et al. 1990; Manchester et al. 1990; Lyne et al. 1990).

VLA surveys. There have been four surveys of clusters using the VLA. (i) Hamilton et al.
(1985) imaged twelve clusters at 1400 MHz, to a flux limit of 0.7 mJy; they detected one
point source in M28, which led to the discovery of the first cluster pulsar. (%) Fruchter &
Goss (1990) imaged seventeen clusters at 1400 MHz to a similar flux level, and found five
point sources, four of which have since been shown to be pulsars. The fifth one is likely
to be a pulsar as well. (7ii) Kulkarni et al. (1990) imaged four clusters at 1400 MHz to
levels between 0.1 mJy and 0.3mJy. They identified already known pulsars in M15, M4
and M28, and located an intriguing point source in M3 which has yet to be identified. (iv)
Johnston et al. (1991) imaged four clusters at 1400 MHz to levels between 0.1 mJy and
0.2mJy. They found several sources in M13 and M22, not yet identified. The VLA surveys
show that there cannot be a large number of tight binaries and limit 3 < 2 (Johnston et al.
1991).
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5.4 The luminosity function of recycled pulsars
5.4.1 Ages and birthrates of cluster pulsars

The most model independent method of determining the number of cluster pulsars
involves the birthrate, B. If every cluster pulsar is visible for a Hubble time and has a
measured age, then on average we expect to see BT pulsars with ages less than 7. The
ages of cluster pulsars are relatively easy to determine: the characteristic age, 7. = P/ 2P,
forms a good estimate of the pulsar’s true age. Such would not be the case if magnetic field
decay was taking place in these pulsars, in which case 7, would form an upper limit to the
true age. However, the observational evidence seems to indicate that magnetic field decay
is not taking place in these pulsars. In the disk, the white dwarf cooling age in binary
pulsars in the disk is consistent with the characteristic age (Kulkarni 1986); 7. for the
binary pulsar in M4 is close to the timescale invoked to explain the observed eccentricity
(Rappaport, Putney & Verbunt 1989); and the gravitational decay timescale of the binary
in M15 (Anderson et al. 1990a) is comparable to .. Thus we assume that the characteristic

ages of cluster pulsars are good measures of their true ages.

For very young pulsars, however, 7. can provide a misleading estimate of the pulsar’s
age. The initial spin period of recycled pulsars is expected to be given by equating the
Alfvén radius of the neutron star to the Keplerian period of the inner edge of the accretion
disk:

P, =19x10"3B"s. (5.5)

The dipole magnetic field of a pulsar in units of 10° G is given by
B =10"%pp (5.6)

where P is the pulsar period in seconds. Hence the characteristic age of a recycled pulsar
at birth will be
r.=P/2P =7.1x105P~/3 y, (5.7)

i.e., if cluster pulsars are born on the rebirth line, then the ages of young pulsars (7. < 10® y)
will be overestimated: a 3ms pulsar will have an apparent age at birth of 5 x 10”y. Thus
if, for instance, the brightest pulsars have true ages of 10%y but apparent ages of 5 x 107y,
the birthrate will be underestimated by a factor of 50. However, since this only applies to

the youngest pulsars, we expect this to be a rare problem.
5.4.2 The luminosities of cluster pulsars

The principal problem with the birthrate method is that there are severe luminosity

selection effects present, as only the very brightest cluster pulsars are visible. This is
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illustrated in Figure 5.2, where we show the histogram of the luminosities of all cluster
pulsars, Lj3gp = S430d?, where Sy30 is the flux density at 430 MHz and d is the distance to the
source in kpc. The minimum luminosity of any cluster pulsar is 30 mJy kpc? (PSR1516+02B
in M5). This is much brighter than the minimum luminosity of the observed sample of disk
recycled pulsars, which itself is probably biased towards the brighter pulsars. Thus any
estimate of the total number of cluster pulsars requires a large extrapolation to these

undetected pulsars.

This selection effect could affect the birthrate calculations in one of several ways. If the
luminosity of a pulsar is uncorrelated with its age, then we can use the observed pulsars to
calculate the underlying luminosity function. The total number of pulsars N, is then given
by dividing the birthrate of the observed (bright) pulsars by the fraction of the total pulsar
population this sample represents, as given by the luminosity function. On the other hand,
if luminosity is correlated with age, so that pulsars beyond a certain age are no longer
detectable, then only the number and birth rate of the bright, young pulsars is relevant,

and the birthrate can be estimated with minimal correction for sample incompleteness.

In Figure 5.3 we plot the luminosities and ages of recycled pulsars both in the disk and
in clusters. Ages for many of the cluster pulsars are not available since P has not yet been
measured; in other cases (e.g., M15) the period derivatives are known to be corrupted by
dynamical effects (Wolszczan et al. 1989, Phinney 1992). As can be seen from the figure,
any trend of pulsar luminosity with age is at best modest. Thus we need to determine the
luminosity function of the underlying population in order to determine the total number

of cluster pulsars.

The shape of this luminosity function is not well understood. For lack of any better

information, most authors adopt a power-law luminosity function
dN/dL «x L™". (5.8)

Slow pulsars in the disk are well fitted by a luminosity function of this form with v = 2
(Manchester and Taylor 1977). Note that a function of this form can be produced by a
luminosity-age correlation: a luminosity decay law L 11/ (=7 would give such a power

law luminosity function. Thus for v = 2, the implied luminosity decay law is ¢~!.

The number of recycled pulsars is too small for reliable determination of the exponent
7. Kulkarni, Narayan & Romani (1990, henceforth KNR) attempted to combine pulsar
observations with a model for pulsar evolution to construct a luminosity function, which

turns out to be almost a power law of the form (5.8), as follows.
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For disk pulsars, an empirical relation has been found between the mean observed
400 MHz luminosity of a pulsar, L,,, and the quantity @ = 1og(P_15/3P3), where P is
the pulsar period in seconds, and P_15 is the period derivative in units of 10715 ss™1.
Proszynski & Przybicien (1984), suggested a relation of the form log L, = 3Q + A, and
KNR found that for recycled pulsars (disk and cluster), A = 1.1, as opposed to 1.6 for slow

pulsars.

KNR constructed a model luminosity function by assuming pulsars are born on the
rebirth line uniformly spaced in log Bg in the range —1 < log By < 1, and evolved the
population under assumption of constant By. This defines an initial P and P for each
pulsar, and hence a mean luminosity L,,. The spread in luminosity about the mean was
adapted from a relation given by Narayan & Ostriker (1990). The resulting population was
found to have a luminosity distribution with ¥ = 2 and a turnover at Lygo ~ 3 mJy kpc?.
This is remarkably similar to the luminosity function of the single, slow pulsars. In §5.6 we

will investigate this luminosity function as well as several power law exponents.

Notice that, in order for the pulsar population to be finite, a minimum luminosity
L,.in needs to be specified. The minimum luminosity observed for a disk recycled pulsar
is 12mJy kpc? at 436 MHz (PSR2303+46); the faintest field slow pulsar is 0.3mJy kpc?
(Dewey et al. 1985). The former is almost certainly biased towards bright pulsars, while
the latter seems to represent a real cut-off in the luminosity function. The total number
of pulsars derived from luminosity function extrapolations is extremely sensitive (factors of
ten or more) to the choice of L,;;,. We have chosen L,;, = 1 mlJy kpc? for the rest of this

work.
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5.5 Density dependence of the cluster pulsar birthrate

That the rate of cluster pulsar formation is less dependent on cluster density than
predicted by the two-body capture model is clear even from simple arguments. Consider
the pulsars in M4 and M28, with characteristic ages 7. = 3x 108y and 3 x 107 y respectively
(McKenna and Lyne 1988; Foster et al. 1988). If a group of clusters has been producing
pulsars at a constant rate for time 7', then the expected number of pulsars of age less
than t is ~ N(t/T), where N is the total number of pulsars, and T is the time over which
the cluster has been at its current density (PK). For M28 and M4, T' ~ 3 x 10%y, so
PSR1620 — 26 in M4 implies 10 similar pulsars in similar clusters, and PSR1821 — 24 in
M28 implies 100 similar pulsars i.e., birthrates of 3x10~% y~! and 3 x10=8 y~! respectively.

M15 has a density at least 100 times as great as M4 or M28. If the number of cluster
pulsars scaled linearly with density, then the birthrate of pulsars in dense clusters like M15
should also be 100 times larger. However, M15 has three pulsars with ages 7, ~ 3 x 10%y
(Anderson et al. 1990a) implying a birthrate of 3 x 1078 y~! if the cluster central density
has not changed dramatically over the last 108 y. The formation rate of pulsars in M15 is
certainly not larger by a factor of 100 than the rate in M4 or M28, so the dependence on

density must be less than linear.

So what evidence we have points to cluster pulsars being less concentrated in dense
clusters than would be predicted by the standard model, @ < 1, and having approximately
a power-law luminosity function, with ¥ ~ 2. Because these two parameters are tied
up together, we would like to estimate both at once from the observational data in a
self-consistent fashion. For example, if we have detected five pulsars in a sparse cluster
at a distance of 3kpc, and five pulsars in a cluster with twice the central density at a
distance of 6 kpc, then we need to know the shape of the underlying luminosity function
to determine the scaling of N, with cluster density. For a v = 2 luminosity function,
improving the survey luminosity limit by a factor of 2 doubles the number of pulsars that
could be detected, implying that the density scaling must be linear. For ¥ = 1.5, improving
the luminosity limit by a factor of 2 only increases the number of pulsars by /2, so the
density dependence indicated is less than linear. We present a method for estimating both

o and 7 in a self-consistent fashion in the next section.
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5.6 A self-consistent estimate of the cluster pulsar population

In order to quantify the dependence of N, on cluster parameters, we present here
a statistical analysis of cluster search data which we use to determine both the pulsar
luminosity function and the density weighting function. It is a generalization of Verbunt
and Hut’s (1987) diagram for LMXBs, in which they assigned a weight to each cluster
based on the 2-body tidal capture model, and showed that the distribution of LMXBs in
clusters was (roughly) consistent with this model: @ = 1. Unlike the situation for LMXBs,
which could have been detected anywhere in the galaxy, this method cannot be used as is
for cluster pulsars, because of their intrinsic faintness. This means that the weight assigned
to each cluster must depend not only on the birthrate of pulsars, but also on the fraction
of all pulsars which could have been discovered by the surveys. This fraction will be large
for nearby clusters, where even intrinsically faint pulsars could have been detected, or for
clusters surveyed to low flux levels by e.g., Arecibo or the VLA. Turning a survey flux limit
into a fraction of the pulsar population requires knowledge of the underlying luminosity

function.

Hence we need a two-dimensional diagram, to simultaneously explore both the weight-
ing function assigned to the clusters, and the luminosity function of the pulsar population.
In Verbunt & Hut’s diagram, each cluster was assigned a weight w; proportional to the
number of two-body tidal captures, then each cluster was assigned a segment on a line
between 0 and 1 with length proportional to w;. With the correct choice of weighting func-
tion the LMXBs were uniformly distributed along this line. For the pulsars, we have two
dimensions: a width, proportional to w;, and a length, proportional to the fraction of the
pulsar population surveyed (see §5.6.1). With the correct choice of weighting function w;,
parametrized by a (see eq. [5.3] ), and luminosity function, parametrized by v (eq. [5.8] )
the pulsars should be uniformly distributed within the area defined by the pulsar surveys.
In fact, since we do not have very many pulsars, we will not perform two-dimensional tests
of uniformity, but will restrict ourselves to one-dimensional tests of the weighting function

and luminosity function separately.
5.6.1 Choice of luminosity function

For each cluster, we have to determine the factor by which the observed number of
pulsars needs to be corrected to account for the pulsars too faint to have been discovered.
In order to do this, we need to know the shape of the underlying luminosity function. We
first assume a luminosity function, then test whether our results have the right statistical

properties.
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For every cluster 7, we assign a number z; equal to the fraction of all pulsars that could
have been discovered in that cluster with a survey of limiting luminosity L; = Sy30d? (see

Table 5.2):
2 = N() Li)
P N(> Lm,'n)
1 [>®dN

=% ), at ¢t

(5.9)

where Ny = N(> L) is the total number of pulsars. For a power law luminosity function,

T; = L(l’“*)/Lm,-n(l_"). Then for each pulsar j in cluster i, we assign a number

i NG L)

z] = NG Ton) (5.10)

where L{ is the luminosity of the j’th pulsar in cluster ¢ (Table 5.3). By construction,
Lf > L; for all j (since the pulsars have been discovered! f ). If we have chosen the luminosity

function correctly, then the a:{ ’s will be uniformly distributed along the segment [0, z;] i

This procedure is best illustrated by means of an example. Consider M15 (NGC7078),
which has been surveyed to a flux limit of 0.5mJy (Table 5.2), which corresponds at a
distance of 9.7 kpc to a luminosity limit of 47mJy kpc?. M15 contains five pulsars, with
luminosities of 188, 66, 94, 56 and 47 mJy kpc? (Table 5.3). These are plotted in Figure 5.4,
with the pulsars as filled squares on the z-axis, and the luminosity limit as the thick vertical
line. Only pulsars with luminosities to the right of this line could have been detected. The

intersection of the dotted line then represents z; for the cluster, the fraction of all pulsars

t But see below for caveats regarding this statement.

1 This is the same technique used when we want to generate a distribution of y’s with a given
probability distribution p(y) = f(y). We take a uniform deviate z, with p(z)dz = dz for
0 < z < 1, 0 otherwise. Then the probability distribution of y(z) is given by

Ed_:c-
dy’

So if we want p(y) = f(y), then we need to solve

p(y) = p(z)

dz
d_y = f(y)

whose solution is z = F'(y), where F(y) is the integral of f(y). Thus
y(z) = F~(2)
transforms the uniform deviate z into one distributed as f(y) (see Press et al. (1986), §7.2.)

We are inverting this procedure: we test our assumption of the form of f(y) by seeing if the
z’s are uniformly distributed.
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that could have been found. Note that this fraction depends strongly on which luminosity
function is used, but in either case is small (just 8% of all pulsars could have been detected
for the KNR function, 15% for the other). We also plot two integral luminosity functions,
the solid line being the KNR luminosity function ¥ ~ 2) and the dot-dashed line a y = 1.5
power-law. We then transform the observed luminosities into the xf ’s by means of the
luminosity function, as shown by the dashed line for M15C. The resulting acf ’s are shown as
the filled squares on the left axis (for KNR), or the crosses on the right axis (for v = 1.5).
If the luminosity function is correct, then these points should be uniformly distributed
between 0 and z; (the dotted line); note that this is certainly not the case for the observed
luminosities. This condition is clearly better filled by the KNR function. A Kolmogorov-
Smirnov (K-S) test yields probabilities that the distribution is uniform of 0.74 and 0.15

respectively, so both are acceptable fits for this one cluster alone.

Since few clusters contain many pulsars, however, we test all clusters together. The

quantity

2 =

(5.11)

8 | 8
- et

for all pulsars j should be distributed uniformly along the segment {0, 1]. This is illustrated
by the strips at the bottom of Figure 5.5: the exponent of the luminosity function which has
been used is indicated at the right. Clearly both the y = 1.5 and ¥ = 1 luminosity functions
have too many pulsars clustered towards the faint end of the surveys (K-S probabilities 105
and 10! respectively). Both the y = 2 and the KNR luminosity function (essentially v = 2

with a turnover at faint luminosities) are acceptable (K-S probabilities 0.09 and 0.22).

The principal problem with this method is that the fluxes of pulsars from pulse surveys
are notoriously difficult to measure. This is compounded by the fact that the pulsars tend
to be discovered only when they are scintillating up, and so are brighter than their average
state:]L PSR0021-72C in 47 Tuc, for instance, varies by more than a factor of ten in intensity
from one observation to another (Manchester et al. 1991). This problem of measuring fluxes
is particularly apparent in the case of the other 47 Tuc pulsars, where in 80 observations,
some pulsars were detected as few as 2 or 3 times (Manchester et al. 1991). We have
assumed that these observations are in the strong-scintillation, narrow bandwidth limit,
with observation time much less than the scintillation time, so the distribution of intensities
is an exponential distribution (Rickett 1977; see p. 494), s0 § = Siim /[~ In(P(> Siim))],
where Si;., is the detection threshold. Thus we have taken S = Sim/ In(Nobs/Ndet), With
Nobs = 80 and Ny from Table 1 of Manchester et al.

t Thus producing an effect similar to the Malmquist bias.
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5.6.2 Choice of weighting function

We now consider the weights assigned to the other dimension of our test, w;. These

weights have the form

w; = M.p2. (5.12)

This requires that we know the cluster parameters M, and p.. These are derived from the
measured optical surface brightness profiles, by use of King (1966) models. We present
these derived parameters in Table 5.2 (from Chernoff & Djorgovski 1989).

We have made several modifications to these derived parameters. These all relate to
the core-collapsed clusters, both because of observational difficulties in measuring these

properties, and because of evolutionary effects.

The core densities of clusters are estimated using King models (King 1966). Since King
models are not applicable to core-collapsed clusters, the central density of these clusters is
very poorly determined: naive application of the King formulae leads to nominal densities
as high as 10'! Mg pc™3. Thus we have set the central densities of all clusters classified
by Chernoff & Djorgovski (1989) as core-collapsed to be p, = 106 Mg pc=3. This is the
maximum central density measured for any non-core-collapsed cluster, and represents the
density at which the probability of a single neutron star tidally capturing a main sequence
star in a Hubble time is unity (PK). Similarly, we have arbitrarily set the core mass M,
equal to 0.02 M;, assuming the fraction of the mass in the core is the same for all core

collapsed clusters.

Since the number of neutron stars in the cluster depends on the initial conditions,
not the present conditions, it is important to account for quantities which have been sig-
nificantly altered over the cluster history. Chernoff & Djorgovski (1989) found that the
core-collapsed clusters are much more concentrated towards the Galactic center than the
King model clusters, suggesting that the dynamical history of the cluster is dependent on
Galactic location. Theoretically, this has been explained as the result of interaction of the
cluster with the Galactic tidal field, which strips stars from the cluster’s tidal radius. This
evaporation unbinds weakly bound clusters, and drives more concentrated clusters towards
core collapse (Chernoff, Kochanek & Shapiro 1986; Chernoff & Weinberg 1990). We have
simulated this effect by taking M; = 5M?" for clusters with Rgc < 2.2kpe, assuming

clusters near the Galactic center have lost 80% of their mass due to tidal stripping.

Hence for each cluster i, we can assign a density weight w; as given by equation (5.12)

with a choice of a, and a luminosity function weight z; given by equation (5.9) with a
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choice of 4. This defines for each cluster an area in the two-dimensional diagram:

a; = w; T

_ N(> L) (5.13)
VNG Loin)-

Now assign each pulsar j the corresponding quantity af :

-y

N> Lf) (5.14)
VNG Loin)-

If segments of length a; are laid end-to-end, they form a line of length
X =X z; (5.15)

the fraction of all pulsars, over the the total number of clusters n, that have so far been
detected (for the assumed density and luminosity function weighting). If we have chosen
a and v correctly, then the pulsars, at positions a{ along this segment, will be distributed

uniformly.

The quantity af is not as sensitive as 27 (eq. [5.11]) to errors in the choice of luminosity

function. Since these result only in clustering of the pulsars z] within each z;, an error in
the choice of v will lead to bunching of the pulsars along the segment X, but not to large
gradients of pulsars along X. We showed in §5.6.1 that the distribution of the quantity
2J was a more sensitive way to test errors in the luminosity function exponent 7, and

concluded that the KNR luminosity function gave the most acceptable fit.

The quantity a{ is much more sensitive to errors in the choice of weighting function w;,
but caution must be used. The test is very sensitive to the ordering of clusters in construct-
ing X. While the correct choice of a and v will always result in a uniform distribution of
pulsars, the fact there are only a few or no pulsars in most clusters means that a random

shuffling of the order of clusters can make almost any choice of weights appear uniform.
As an example, consider two hypotheses about the distribution of pulsars in clusters:
(1) All clusters contain equal numbers of pulsars: w; = 1 for all 7; and

(2) Only clusters with central densities p. > 10° M pc™3 contain pulsars: w; = 0 for all
clusters 7 with p.; < 105 Mg pc™3, 1 otherwise.

To discriminate between these two hypotheses, clearly the optimal choice is to order the

clusters by density. Then if (2) is true, weighting by (1) will put all pulsars on one side of



79

the segment, a clearly non-uniform distribution. Ordering by anything other than density
would scramble the clusters, which can only make the distribution more uniform. If (1)
were true, then weighting by (2) would give an enormous concentration of clusters at the
low-density end (since a; = 0 if w; = 0), again clearly non-uniform.

Thus we have assigned each cluster a value a; as given by equation (5.13), and ordered
the clusters by central density p. in férming the segment X (eq. [5.15] ). Two examples
of X are shown on the right hand side of Figure 5.5, for @« = 1 and a = 0.5. Clearly the
a = 1 weighting function has too many pulsars in clusters with low weight (K-S probability
3 x 1078). Our preferred choice is @ = 0.5 (K-S probability 0.12).

If LMXBs are the progenitors of the cluster pulsars, they should be distributed in the
same fashion; recall that Verbunt & Hut (1987) found that for the LMXBs, a = 1 gave
a good fit, while for the pulsars we find a must be less than 1. In Figure 5.5, we plot
down the right hand side of the figure the positions of cluster LMXBs. Their distribution
is consistent with either @ = 1 or o = 0.5 (K-S probability 0.52 and 0.90 respectively).
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5.7 The total number of cluster pulsars

For our preferred density weighting scheme and luminosity function, we find the fraction
of all cluster pulsars that has been observed to be X = 1.3 x 1072, which, since there are
27 observed pulsars, means there are N, ~ 2000/ f pulsars in the entire globular cluster

system.

Previous estimates of N, have ranged from 2 x 102/ f to 2x 103/ f, where f is the beam-
ing fraction, assumed to lie between 0.2 and 1. Here we summarize the various methods
that have been used and the estimates of NV, that were reached, and discuss the reasons for

the large discrepancies.

The Birthrate Method. PK used the birthrate method, discussed in §5.4.1, where if a group
of clusters has been producing pulsars at a constant rate for time 7', then the expected
number of pulsars of age less than t is ~ N,(t/T). The few measured Ps indicate high
birthrates in M28 (. = 3 x 107 y; Foster et al. 1991), M4 (7, = 3 x 108 y; McKenna & Lyne
1988) and M15 (7, ~ 3 x 108 y; Prince et al. 1991) and M13 (7. ~ 10° y; Kulkarni et al.
1991). This has to be balanced by the non-detections and the choice of T. PK obtain a
rough estimate N, ~ 2 x 10%/ f pulsars over the whole cluster system, over Hubble lifetime;

here f is the mean beaming factor and is expected to be between 0.2 and 1.

The Luminosity Function Method I. KNR used the semi-empirical luminosity law described
in §5.4.2 to model the true underlying pulsar population in clusters. By comparing the
estimates of the number of detectable pulsars with the actual detections, KNR estimated
N, ~ 1000(1 + 3)/f (this value interpolated to a = 0.5 to facilitate consistent comparison
with other estimates.) Here § is the ratio of the number of pulsars in tight binaries to
pulsars in wide binaries (including single pulsars), and is a correction factor to account
for pulsars undetectable in standard pulse surveys. The VLA surveys show that there
cannot be a large number of tight binaries and limit 8 < 2 (Johnston et al. 1991). It is
interesting to note that KNR could not reproduce the young ages of the observed sample.
This suggests that luminosity evolution may in fact be taking place, which implies an even

higher birthrate and hence a substantial cluster pulsar population.

The Luminosity Function Method II. Fruchter & Goss (1990, henceforth FG) imaged 17
globular clusters with the VLA and detected pulsar-like emission (i.e., steep spectrum
emission close to the core) in five clusters. Assuming the standard luminosity function, vy =

2, Linin = 3mJy kpc? and a = 0.5, they estimate N, ~ 500/ f(3/ Lmin) to 2000/ f(3/ Limin)-

The Luminosity Function Method III. Wijers & van Paradijs (1991; hereafter WvP) used

the integrated flux from three globular clusters containing at least one detected pulsar to
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constrain the underlying population. The basis of this powerful method is the statistic,
fi = Ly /Ly, the ratio of the luminosity of the brightest (detected) pulsar to the integrated
luminosity. The underlying pulsar population was assumed to be restricted to the same
region of the B— P diagram as in KNR; here B is the dipole field strength of pulsars. The use
of the model luminosity law Lm(P,P) (see §5.4.2) then specified L4, The value of L,
was assumed to be 0.076 mJy kpc? at 1400 MHz, and 1 mJy kpc? (by a v~2 extrapolation)
at 400 MHz.

The method was applied to three clusters for which VLA data, at 1400 MHz were
available (Terzan 5, NGC 6440 and NGC 6539). f; for two of these clusters is between
0.6 and 0.5 (after accounting for measurement errors). Recent observations (Fruchter &
Goss 1992) reveal two pulsar-like source in Terzan 5, one in the core and the other outside
the core (the famous eclipsing pulsar) and diffuse emission from the core region with steep
spectrum and hence attributable to a sea of faint pulsars. f; for the whole cluster is < 0.3

and the f; for the core region alone is < 0.4.

For each cluster, the total luminosity of the cluster was fixed to the observed luminosity
and pulsars drawn from a variety of luminosity functions, dN/dL « L. The luminosity
function with ¥ = 1.5 gave the maximum number of pulsars satisfying the observed f;
values. Assuming o = 0.5, N, (based on data excluding Terzan 5) was constrained to be
less than 300/f to 700/ f, significantly less than the estimates of KNR and FG. Note that
this estimate, as well as that of FG, is independent of 3 because it is based on imaging

observations.

Thus estimates for N,, the total number of pulsars in the cluster system vary widely:
from the low estimate of 300/ f (WvP) to 2000/ f (PK and this work, §5.6) with KNR and
FG (1990) in between at ~ 1000/ f. Some of this difference arises because not all methods

are attempting to infer the same quantity. There are two questions one can ask:

o What is the number of active pulsars, N} (pulsars above a minimum luminosity thresh-
old)?

o What is the total number of pulsars produced in the cluster system so far, N;?

Some general comments are in order. WvP and FG are attempts to measure Ny,
whereas the birthrate method yields Nzﬁ. To the extent that the statistical relations used
to derive the KNR luminosity function (L & f(P, P)) are correct, then using the KNR
luminosity function gives N;;; this comment applies in particular to our two-dimensional
scheme. Finally, N; > N7 which explains why the birthrate estimate and estimates using

the KNR luminosity function are systematically larger than WvP.
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The principal weakness of all luminosity methods is their sensitivity to the choice
of L,in. Let us consider the case where the observed luminosity function arises due to
luminosity decay in time. Then a cutoff of Lyin implies a cutoff in time. For example,
let the pulsar’s luminosity decay as L(t) = Lotg(t + td)‘5; tq is the decay timescale, which
we (arbitrarily) choose to be 107 y. This correspond to a differential luminosity function
dN/dL « L=(+9/8 = [=7, Then with § = 1 (or v = 2), after 101° y, the pulsar has
decayed to 1073 of its original luminosity. With é§ = 1.5 (¥ = 5/3) the same pulsar would
have decayed to a similar luminosity in only 10° y; with § = 2 (y = 3/2), the pulsar is only
3 x 10% y old.

This means that if luminosity decay is taking place, then the figure of 300 pulsars that
WvP estimate for the cluster population, using v = 3/2 (8§ = 2), refers only to pulsars born
in the last ~ 3 x 108 y. This is illustrated in Table 5.4 where we show the results of a
simulation in which pulsars were generated every 7, y, subject to Poisson statistics between
now (t = 0) and a Hubble time (¢ = —10'° y). Each pulsar is born with a luminosity
Ly, and decays according to the decay law indicated in the first two columns. We have
tabulated the values of f; and fi2, the ratio of the brightest pulsar to the total cluster flux,
and of the brightest pulsar to the second brightest, for the 10t*, 50t and 90** percentiles.
The first section shows the result when we assume L,,;, = 10~3Lg; the second is where we

do not constrain L, ;.

In order to satisfy the observed f; ~ 0.4 to 0.7, it can be seen that for v < 2 luminosity
functions, large values of N, are indicated when the luminosity is allowed to decay with no
lower threshold. Only for the ¥ = 2 luminosity law do we find the inferred N, is the same
in either case. If v < 2 then the f; test shows that typically clusters cannot have more
than 10-30 pulsars whereas for steeper luminosity laws the number of pulsars per cluster

is large and somewhat unconstrained (30 to 300, depending on choice of L;y).

Because WvP wanted the probability that all three clusters simultaneously violate their
quoted values of 1,5, to be less than 0.023 (20), they chose a probability p for each cluster
to be p = 0.283, corresponding to a level of 28% in Table 5.4. In order to satisfy the
observed f; ~ 0.5 to 0.7, it can be seen that very small numbers of pulsars are required, if
Lpin is held fixed. However, if L,,;, is allowed to vary, then large numbers of pulsars are

possible.

From Table 5.4, we can also conclude that the ¥ = 2 luminosity function is the only
luminosity function for which Ny ~ N;. For other choices (y < 2), we find N} < N/. This

explains the agreement between FG, KNR and our work.

It still remains to be understood why WvP and the other estimates do not agree on
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N, for the choice of v = 2, our preferred luminosity function. This could be small number
statistics or due to subtle selection effects. We believe that this arises because of a subtle
selection effect that is present in the data used by WvP. The three clusters for which WvP
had data were the three brightest pulsars in a sample which was already biased towards rich
clusters (the FG survey). This introduces a major bias in the results. Our simulations show
that the clusters with the highest total radio luminosity also tend to have the highest f;
ratios, regardless of which luminosity function is being used. This means a more complete,
unbiased sample is required in order for this potentially powerful technique to tell us about
the underlying pulsar population. Clearly, these issues only highlight the importance of
expanding the application of the powerful f; test from the current sample of 2 to a larger

number.

In summary, the currently favored luminosity function, from a variety of evidence, is
dN/dL « L=? and the choice of the weighting function is ox M.p0-°. With this choice of
luminosity function and weighting function, the inferred number of pulsars produced in the

cluster system (active or otherwise) is 2000/ f.

This dependence of N, on p. is purely phenomenological, containing no physics. What
mechanism could cause this dependence to be less steep than the o = 1 predicted by tidal
capture theory? We suggest that the solution to this problem is three-body interactions
(PK). Wide binaries can exist in low density clusters, and have large cross-sections for
interaction there. However, in dense clusters such binaries are easily disrupted, and so the
rates of interaction are lower. This weakens the dependence of pulsar formation on p.. As
shown above, our preferred solution is N,  p%®. Note that we can also get a satisfactory
fit by allowing N, x p.M;+ CM,, where C is a free parameter. This function also reduces
the steep dependence of N, on p..

Note in Figure 5.5 that 47 Tuc is clearly anomalous, producing a large bunching of
pulsars at one place. While the distribution is still consistent with being uniform, this
may be a suggestion that our model is too simplistic. Since we know that globular clusters
evolve considerably over their lifetime, it seems reasonable that the number of pulsars in
a cluster is time dependent (corresponding to relaxing the assumption that T is constant
in §5.2). Sigurdsson & Phinney (1991) suggest that during the onset of core-collapse, the
pulsar formation rate is greatly accelerated. As the core starts to collapse, binaries are
“burnt” in encounters, gradually hardening the binaries until the time-scale for interaction
becomes very large or until an encounter ejects the binary from the core completely. At
this stage core-collapse recommences, and further pulsar formation is unlikely. This model

predicts that the number of pulsars in a cluster is strongly dependent on the past history
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of the cluster, in particular the time since core collapse. Further evidence is suggested by
clusters like Liller 1, a dense, core-collapsed cluster, whose integrated flux is very small
(Johnston et al. 1991). In this model, Liller 1 would represent a cluster long past core

collapse, whose pulsars have faded to lower luminosities.
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Table 5.1. New observations

VLA observations

Cluster d(kpc) re(") S1400(mJy) (30) S430 (mJy)?
NGC 6325 6.2 c <0.28 <6.3
NGC 6333 = M9 7.5 16 <0.25 < 5.6
NGC 6355 7.1 c <0.33 <74
NGC 6517 6.1 c? 0.26 5.8
NGC 6528 6.8 7 <0.30 <6.7
NGC 6553 5.7 28 <0.32 <71
NGC 6642 5.5 c? <0.28 <6.3
NGC 6712 6.2 40 <0.26 <5.8

Westerbork observations

Cluster d(kpc) re(") Se10(mdy)(30) Saz0 (mJy)®
Pal 2 13.6 5 <1.6 <3.8
NGC 4147 , 17.3 3 <18 <43
NGC 5024 = M53 18.5 22 <15 <3.6
NGC 5904 = M5 7.6 25 <1.7 <4.1
NGC 6325 6.2 c <19 <4.6
NGC 6342 11.6 c <21 <5.1
NGC 6356 16.7 10 <36 <8.5
NGC 6426 17.5 16 <14 <33
NGC 6717 7.8 c? <16 <3.8
NGC 6779 9.8 32 <13 <3.0
NGC 6934 14.9 16 <15 <35
NGC 7089 = M2 11.9 18 <3.3 < 8.0

¢ Flux at 430 MHz, assuming a spectral index (v*) of @ = —2.5.
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Table 5.2. Globular cluster parameters and search limits

IAU Rg. d S8 Survey
Cluster name log(r./pc) log(p./ Mepc™2) (kpc) (kpc) log(M;/ Mg) (mJy)
NGC 104 0021-723 -0.25 5.048 8.1 4.6 6.06 1.5 Pl
NGC 288 0050-268 0.45 2.049 12.1 8.2 4.45
NGC 362 0100-711 -0.42 5.456 9.9 8.7 5.72
NGC 1261 0310-554 0.19 3.599 18.3 16.1 5.49
Pal 1 0325+794 -0.23 2.739 20.3 13.7 3.43
AM 1 0354-498 1.05 0.325 117.9 116.4 4.23
Eridanus 0422-213 0.81 0.493 90.2 84.7 4.06 cee e
Pal 2 04434313 -0.48 5.219 22.2 13.6 5.28 1.0 A
NGC 1851 0512-400 -0.64 5.724 17.2 12.0 5.70 5.0 P2
NGC 1904 0522-245 -0.30 4.747 19.5 13.0 5.50 10.8 J1
NGC 2298 0647-359 0.01 3.463 16.2 10.6 4.87 e e
NGC 2419 0734+390 1.00 1.664 994 914 6.09
NGC 2808 0911-646 -0.19 5.134 11.6 9.5 6.15 cee e
Pal 3 10034003 1.08 -0.303 91.5 879 4.25 24 A
NGC 3201 1015-461 0.18 3.422 9.5 5.0 5.26 e e
Pal 4 11264292 1.36 -0.245 96.2 93.3 4.69 cee e
NGC 4147 12074188 -0.58 4.459 19.9 17.3 4.77 43 W
NGC 4372 1223-724 0.38 2.636 7.6 4.9 4.89 e e
NGC 4590 1236-264 0.27 2.860 10.1 9.6 5.10 7.0 J2
NGC 4833 1256-706 0.30 3.447 74 58 5.47 e e
NGC 5024 13104184 0.30 3.515 19.2 18.5 5.86 0.7 A
NGC 5053 1313+179 0.98 1.019 16.7 15.8 4.84 e e
NGC 5139 1323-472 0.65 2.702 7.0 5.2 6.16 e e
NGC 5272 13394286 0.20 3.718 12.6 10.4 5.94 0.7 A
NGC 5286 1343-511 -0.18 4.627 77 9.7 5.67 e e
NGC 5466 1403+287 0.98 1.001 16.4 15.8 5.08 20 A
NGC 5634 1427-057 0.18 4.163 20.7 25.0 6.15 7.0 J2
NGC 5694 1436-263 -0.22 4.911 254 313 583 80 J2
NGC 5824 1500-328 -0.42 4.990 18.0 24.6 5.76 30.0 J2
Pal 5 15134000 1.22 -0.431 16.5 21.4 4.41 e
NGC 5897 1514-208 0.66 2.015 6.7 11.8 5.18 cee e
NGC 5904 15164022 -0.03 4.697 6.6 7.6 5.91 0.5 A
NGC 5927 1524-505 0.03 4.083 5.1 8.8 5.61 e
NGC 5946 1531-504 -2.35 9.493 51 9.2 5.32
NGC 5986 1542-376 0.21 3.795 4.7 10.5 5.67 el
Pal 14 16084150 1.16 0.031 69.9 75.3 4.33 20 A
NGC 6093 1614228 -0.61 5.678 3.1 8.0 5.54 19.0 J2
NGC 6101 1620-720 0.79 1.634 11.6 16.1 4.88 cee e
NGC 6121 1620-264 —0.24 4.373 6.8 2.1 5.15 3.7 V4
NGC 6139 1624-387 -0.31 4.869 29 81 5.49
NGC 6144 1624-259 0.41 2.646 29 95 5.14 v e
NGC 6171 1629-129 0.08 3.459 3.9 6.2 5.13 9.0 J2
NGC 6205 1635+365 0.19 3.975 89 7.1 5.82 20 A

NGC 6218 1644-018 -0.19 4.457 5.0 5.3 5.39 9.0 J2
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Table 5.2. — Continued

IAU Rge d Saz0  Survey
Cluster name log(r./pc) log(p./ Mepc™3) (kpc) (kpc) log(M;/ Mg) (mJy)
NGC 6229 16454476 0.19 3.800 30.9 31.6 5.67 30.0 J2
NGC 6235 1650-220 0.06 3.711 23 9.5 4.77 30.0 J2
NGC 6254 1654-040 0.04 3.837 5.3 4.5 5.39 9.0 J2
NGC 6256 1656-370 -2.36 8.548 2.0 9.1 4.36 e
Pal 15 1657-004 1.38 -0.166 62.3 69.7 4.58 e
NGC 6266 1658-300 -0.48 5.702 3.0 6.1 5.84 14.0 P2
NGC 6273 1659-262 0.11 4.418 2.5 10.6 6.22 14.0 P2
NGC 6284 1701-246 -2.30 9.236 2.2 103 5.21 7.0 J2
NGC 6287 1702-226 -0.26 4.364 22 7.2 5.03 7.0 J2
NGC 6293 1707-265 -2.43 9.635 1.6 7.7 5.23 14.0 P2
NGC 6304 1711-294 -0.39 4.813 29 6.0 5.23 32.0 J2
NGC 6316 1713-280 -0.21 4.826 4.2 12.8 5.78 9.0 J2
NGC 6325 1714-237 -2.52 9.518 2.8 6.2 4.83 46 W
NGC 6333 1716-184 -0.24 4.761 22 7.5 5.48 56 V5
NGC 6341 1715+432 -0.53 5.700 9.8 7.7 5.62 1.7 V4
NGC 6342 1718-195 -2.25 9.141 3.4 11.6 5.27 51 W
NGC 6352 1721-484 0.21 3.278 34 6.6 5.02 e
Ter 2 1724-307 -2.31 8.435 1.4 10.0 4.37 40.0 J2
NGC 6355 1720-263 -2.46 9.841 1.8 7.1 5.33 74 V5
NGC 6356 1720-177 -0.09 4.679 8.3 16.7 5.98 85 W
NGC 6362 1726-670 0.47 2.491 5.5 7.7 5.10 e =
NGC 6366 1725-050 0.39 1.653 54 4.0 4.19 120 J1
HP 1 1727-299 -2.34 9.292 0.9 9.5 5.16 14.0 P2
Liller 1 1730-333  -2.42 11.045 1.2 79 5.58 4.0 V3
NGC 6380 1731-390 -2.71 9.819 50 4.0 4.56 9.0 V1
Ter 1 1732-304 -2.29 8.029 1.9 10.6 4.04
NGC 6388 1732-447 -0.38 5.938 5.6 13.5 6.40
Ton 2 1733-390 0.13 2.930 1.5 8.7 4.56
NGC 6397 1736-536  -2.97 10.808 6.9 2.2 4.77
NGC 6401 1735-238 -0.31 4.475 1.8 7.1 5.19 e
NGC 6402 1735-032 0.39 3.511 4.5 10.2 6.13 23.0 V2
NGC 6426 17424031 0.13 3.271 11.1 17.5 5.16 1.0 A
Ter 5 1745-247 -0.37 5.875 18 7.1 5.00 12.0 P2
NGC 6440 1746-203 -0.61 5.887 21 7.1 5.88 14.0 P2
NGC 6441 1746-370 -0.40 5.833 3.3 11.7 6.22 14.0 P2
Ter 6 1747-312 -2.21 8.703 4.0 12.8 4.96 25.0 J1
NGC 6453 1748-346 -2.29 9.297 2.1 10.7 5.32 oo e
NGC 6496 1755-442 0.28 2.725 3.2 6.3 4.33 oo e
Ter 9 1758-268  -2.47 8.430 19 7.0 3.90 40.0 J2
NGC 6517 1759089  -2.53 9.869 3.8 6.1 5.16 58 V5
NGC 6522 1800-300 -2.49 9.886 23 6.6 5.28 14.0 P2
NGC 6528 1801-300 -0.63 5.390 2.1 6.8 5.07 6.7 V5
NGC 6535 1801-003 -0.08 2.883 43 6.9 4.27 7.0 J2
NGC 6539 1802-075 —0.32 4.402 6.0 3.1 4.87 14.0 P2

NGC 6541 1804-437 -0.22 4.498 2.8 7.0 5.58 134 V1
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Table 5.2. — Continued

IAU Ree d S430  Survey
Cluster  name log(re/pe) log(pe/ Mopc™) (kpe) (kpe) log(M;/ Mo) (mJy)
NGC 6544 1804-250 -2.90 10.870 6.2 2.6 5.05 14.0 P2
NGC 6553 1806-259 —0.11 4.609 3.2 5.7 5.72 7.1 V5
NGC 6558 1807-317 -2.37 9.111 0.9 8.8 4.88
Ter 11 1809227 0.76 1.568 15.1 23.7 4.60
NGC 6569 1810-318 —0.07 4.361 1.0 8.9 5.48 300 J2
NGC 6584 1814-522 0.41 3.062 7.8 15.0 5.49 v e
NGC 6624 1820-303 —2.41 9.656 1.5 8.0 5.30 50 A
NGC 6626 1821-249 -0.50 5.547 3.2 5.8 5.62 34 V4
NGC 6637 1828-323 -0.05 4.278 2.3 10.3 5.56 30.0 J2
NGC 6638 1827-255 -0.39 4.901 2.5 6.7 5.08 15.0 Ji
NGC 6642 1828-235 —-2.57 9.494 36 5.5 4.65 6.3 V5
NGC 6652 1832-330 -0.46 5.077 6.0 14.3 5.44 15.0 J2
NGC 6656 1833-239 -0.02 4.283 58 3.1 5.79 36 V3
Pal 8 1838-198 0.63 1.873 19.8 28.1 5.15 16.0 J2
NGC 6681 1840-323 -2.35 9.389 2.1 9.3 5.23 16.0 J2
NGC 6712 1850-087 0.08 3.900 4.2 6.2 5.26 58 V5
NGC 6715 1851-305 -0.18 5.122 13.2 215 6.19
NGC 6717 1852-227 -2.42 9.229 26 7.8 4.84 3.8 W
NGC 6723 1856-367 0.20 3.498 2.7 9.2 5.41 cee
NGC 6749 19024017 0.69 2.019 7.7 12.8 4.91 20 A
NGC 6752 1906-600 -2.70 10.556 59 4.1 5.33
NGC 6760 19084009 -0.20 4.248 6.0 4.1 5.08 25 A
Ter 7 1914-347 0.85 1.519 284 364 4.81 40.0 J2
NGC 6779 19144300 0.18 3.375 9.8 9.8 5.28 20 A
Pal 10 19164184 0.36 2.441 8.7 10.6 4.65 40.0 G
Arp 2 1925-304 1.14 0.065 20.4 28.3 4.53 R
NGC 6809 1936-310 0.39 2.978 4.7 5.1 5.35 7.0 J2
Pal 11 1942-081 0.43 1.541 8.3 13.8 3.63 400 G
NGC 6838 1951+186 —0.02 3.669 74 44 4.98 19.0 V2
NGC 6864 2003-220 -0.35 5.128 12.0 18.5 5.70 12.0 J1
NGC 6934 2031+072 0.06 3.997 12.1 14.9 5.61 1.0 A
NGC 6981 2050-127 0.42 2.528 12.7 17.0 5.15 7.0 J2
NGC 7006 20594160 0.58 2.343 36.3 39.1 5.39 400 G
~NGC 7078 2127+119  -2.33 10.054 10.4 9.7 5.95 05 A
NGC 7089 2130-010 0.01 4.530 10.9 11.9 6.00 30 A
NGC 7099 2137-234 -2.46 9.673 72 7.2 5.18 19.0 V2
Pal 12 2143-214 0.47 1.366 16.0 19.4 4.04
Pal 13 2304+124 0.42 0.768 25.7 244 3.09
NGC 7492 2305-159 0.67 1.257 18.7 19.1 4.31 40.0 G

Table 5.4 — Cluster parameters used in determining the statistics of the cluster pulsar
population. The columns show the cluster name and IAU designation, the logarithm of
the core radius (in pc), the logarithm of the core density (in Mg pc™3), the distance from

the Galactic centre (in kpc), the distance from the sun (in kpc), the total mass (in Mg)
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(from Chernoff & Djorgovski (1989), Djorgovski, pers. comm.). The last two columns show
the minimum flux density surveyed at 430 MHz, transformed assuming a spectral index
(v*) of @ = —2.5 when the observing frequency was not 430 MHz, and the survey which
attained this limit. The letter indicates the telescope used in the survey (A=Arecibo,
G=Greenbank, J=Jodrell Bank, P=Parkes, V=VLA, W=Westerbork) and the number

indicates the reference:

A — Kulkarni et al. 1992, pers. comm. V1 — Fruchter & Goss 1990

G — Backer, D.C. & Dey, A. 1988 V2 — Hamilton, Helfand & Becker 1985
J1 — Biggs, Lyne & Brinklow 1989 V3 — Johnston, Kulkarni & Goss 1991
J2 — Lyne & Biggs 1989, pers. comm. V4 — Kulkarni et al. 1990

P1 — Manchester et al. 1991 V5 — This work

P2 — Manchester et al. 1991, pers. comm. W — This work
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Table 5.3. Pulsar fluxes

Cluster d (kpc) Pulsar S430 (mJy) Reference
NGC 104 = 47 Tuc 4.6 0021-72C 8.6 Manchester et al. 1990
0021-72D 3.4 Manchester ef al. 1991
0021-72E 3.2 » »
0021-72F 2.5 ” »
0021-72G 1.6 ? ”
0021-72H 2.3 ” ?
0021-721 2.6 ” ?
0021-72J 2.9 » ?
0021-72L 1.8 » ?
NGC 5024 = M53 18.5 13104-18 1.0 Kulkarni et al. 1991
NGC 5904 = M5 7.6 1516+02A 1.0 Wolszczan et al. 1989
15164+02B 0.5 ” ?
NGC 6121 = M4 2.1 1620-26 15.0 Lyne et al. 1988
NGC 6205 = M13 7.1 1639+-36A 3.0 Kulkarni et al. 1991
1639+4+-36B 2.0 Anderson et al. 1992
Ter 5 7.1 1744-24A 12.0 Lyne et al. 1990
NGC 6440 7.1 1745-20 25.0 Manchester et al. 1989
NGC 6539 6.0 1802-07 18.0 D’Amico et al. 1990
NGC 6624 8.0 1820-30A 5.0 Biggs et al. 1990
1820-30B 6.0 ” ?
NGC 6626 = M28 5.8 1821-24 27.0 Foster et al. 1991
NGC 6760 4.1 1908400 10.0 Anderson et al. 1990b
NGC 7078 = M15 9.7 2127+11A 2.0 Wolszczan et al. 1989
2127+11B 0.7 Anderson et al. 1990a
2127+11C 1.0 Prince et al. 1991
2127+11D 0.6 ” ”
2127+11E 0.5 ” »

Table 5.3 — Fluxes of the detected cluster pulsars. The columns show the cluster name

and distance (in kpc), then the pulsar name, mean flux at 430 MHz (in mJy), and the

reference. For the 47 Tuc pulsars, whose fluxes at detection are dominated by scintillation,
we have taken S = Siim/ In(Nobs/Ndet) (see §4.1), where Sy, is the detection limit of the
610 MHz system (Manchester et al. 1991), Sim = 2.5mJy (6 mJy at 430 MHz, for =25,
Nobs = 80 and Nge; from Table 1 of Manchester et al. PSR0021-72K has since been found
to be a harmonic of PSR0021-72D and thus has not been included in this list.
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Table 5.4. Luminosity function simulations

Lin = 1073Lg Loin free

Decay dN/dL Tr h fi2 Npsr f fi2 Npsr

law (107 y)[10% 50% 90%|10% 50% 90% 10% 50% 90%|10% 50% 90%

e 33 {0.1 0.2 03[1.0 1.5 3.9(300(0.1 0.2 03]1.0 1.8 4.6/300
10 /0.1 0.2 05/1.1 2.0 58(100[0.1 0.2 0.5]1.1 1.9 6.4/100
33 {0.1 03 07{1.1 2.0 94{30|0.1 0.3 0.7/1.1 1.911.8{30
— 102 04 0.7/11 20 10.1/10|0.2 04 0.7]1.1 2.1 8.0|10

=15 [-5/3 33 [0.2 05 0.7/1.0 1.0 1.0{30(0.2 0.4 0.7/1.0 2.3 10.7/300
10 (03 05 09|10 1.0 1.0|10}0.2 0.5 0.8]1.2 2.7 17.7[100
33 |04 0.7 1.0{1.0 1.1 13| 3]0.2 0.5 09|12 2.7 48.9{ 30
— * 07 1.0{11 — —1|11]03 05 09|11 3.024.0| 10

t=2 L[-3/2 33 |03 06 0910 1.0 1.0{10{0.3 0.6 0.9|1.0 3.3 26.7/300
10 {04 08 1.0/10 1.0 — | 3|03 0.6 1.0|/1.2 3.9 50.9/100
33 * 07 1.0/10 — —|{1]03 06 1.0[1.2 3.8190.| 30
— * * 10|/— — —103(03 06 1.0|1.2 4.370.1}10

e~t/ta [~1 33 | * 09 10— — —[2]05 09 10[{1.0 7.4 — [300
10 * 04 10| — — — 07| * 10 10[27 — —|100
33 * * 10— — —1j02|* * 10403 — — |30

* Total integrated flux from cluster too small

— fi2 > 100

Table 8.4 — Table showing the results of Monte Carlo simulations of a pulsar population

with a luminosity decay law L(t) = Lotq(t + tq)~%, which corresponds to a luminosity
function dN/dL L~(+8)/6 — =7 Columns 1 and 2 show the time decay/luminosity

decay law; col. 3 the mean time between births (in units of 107y). We tabulate fi, the
ratio of the flux of the brightest pulsar to the total flux, fi2, the ratio of the flux of the

brightest pulsar to the second brightest, and np,,, the total number of pulsars generated.

The first set of columns show the 10t*, 50t* and 90" percentiles of these values, fixing the

minimum luminosity Ly, to be 0.1% of Lg; the second set shows the results when we do

not constrain L,iy,-
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Figure captions

Figure 5.1 — VLA radio map of NGC 6517. The inner 240” x 240" is plotted, with
contour levels at —3, 2.5, 3, 4, 5 and 8 times 87.8 uJy,beam™! (the rms level of the map).
The position plotted is the position of the optical core from Shawl & White (1986).

Figure 5.2 — Histogram of the luminosities of all cluster pulsars. The units of luminosity
are mly kpcZ.
Figure 5.3 — Luminosity as a function of spin down age for disk and cluster recycled

pulsars: cluster pulsars are shown as open boxes.

Figure 5.4 — Diagram illustrating the statistical testing of our choice of luminosity func-
tion. The solid line is the KNR luminosity function (in integral form), the dashed line a
v = 1.5 power-law, with L,.;, = 1 mJykpc? for both. The filled squares on the z-axis
represent the five M15 pulsars (Table 5.3), and the vertical line represents the luminosity
limit of the Arecibo survey. If our choice of luminosity function is right, the points on the

y-axis will be uniformly distributed. See §5.1.

Figure 5.5 — Two-dimensional version of the Verbunt and Hut (1987) diagram, for de-
termining the luminosity function and density weighting of cluster pulsars, from PK. The
assumed luminosity function (from KNR) is plotted at the top of each figure. The boxes
represent the clusters, ordered by density (densest clusters at the top), where the width of
each box is proportional to the predicted number of pulsars N, = M p?, and the length
is proportional to the fraction of all pulsars that would have been found, calculated from
the flux limit of each survey using the luminosity function. The known cluster pulsars are
shown as crosses. The strips at the bottom of each figure test the luminosity function,
and to the right the density weighting function. The first strip in each group represents
our preferred weighting scheme; the others are shown for comparison. The cluster with
the longest box is M4, where the deep VLA images by Kulkarni et al. (1990) reached a
flux limit of 24 uJy, which corresponds at the distance of M4 (2.1 kpc) to a luminosity of
0.41 mJy kpc?, only slightly above the assumed minimum luminosity of 0.1 mJy kpc?. The
box extends past the plotted edge of the diagram to 0.45, i.e., 45% of all pulsars in this

luminosity function would have been seen in M4 by a survey this deep.



ZO0=—>Z—rOMO

96

Figure 5.1
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Figure 5.2
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Figure 5.3
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Figure 5.4
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Figure 5.5
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Part 11

Low-Mass X-ray Binaries in the Disk
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Chapter 6

The black hole A0620-00 and its accretion disk]L

Helen M. Johnston, Shrinivas R. Kulkarni and J. B. Oke

Abstract

We present optical spectroscopic observations of the X-ray nova A0620-00 taken in 1986
March. Our radial velocity data confirm the results of McClintock & Remillard (1986) that
the minimum mass of the central object, 3.2 Mg, is above the maximum allowed mass for
a neutron star, and hence the compact object must be a black hole. We also present new
observations of emission lines arising from the accretion disk. These show the characteristic
double-peaked profile associated with disk emission, although the peaks are asymmetrical
and vary systematically over the orbit. Analysis of these profiles enables us to obtain the
velocity at the outer edge of the optical emission region of the disk. This velocity, combined
with the orbital velocity of the companion, puts a new lower limit on the mass of the central
object: p <0.07, My > 9.3 Mg if My = 0.7Mg, > 4 Mg if My = 0.25 Mg, where M, is the
mass of the companion, x is the mass ratio M2/(M; + M) and the limits are 3 o limits.
These limits can be improved with higher resolution data and a better knowledge of the

mass of the companion.

t This paper originally appeared in AplJ, 345, 492 (1989)
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6.1 Introduction

A0620-00 is the best black hole candidate so far discovered (McClintock 1986). Spec-
troscopic studies by Oke (1977), Murdin et al. (1980) and others found that the optical
spectrum consisted of a K4 V-K7 V stellar spectrum plus an emission line component from
an accretion disk. The K4-K7 spectrum is thought to arise from the less massive sec-
ondary star and the accretion disk is assumed to be centered on the more massive primary
star. McClintock & Remillard (1986; hereafter MR) analysed spectral and photometric
data from the system, from which they found the orbital period to be 7.75 hours, and from
dynamical arguments determined a lower limit on the mass of the primary of 3.20 M. This
limit exceeds the maximum mass of a neutron star under any present model, and thus they

concluded that the compact primary in A0620-00 is in fact a black hole.

There are only three good candidates for stellar mass black holes known at this time,
of which A0620-00 is the best. The system warrants further study, particularly because of
peculiarities which have led to some doubts about present models for the system. Since the
1975 outburst, A0620-00 has been unobservably faint in X-rays, and yet there is still optical
emission from the accretion disk. Thus while the secondary is supposed to be losing mass,
the primary i.e., the black hole, appears not to be accreting. De Kool (1988) has produced
a model where a low M can account for this lack of X-ray emission. However, verification
of this model is not possible without an independent measure of M. Additionally, the
pairing of a K star with a black hole is not an expected one, requiring the mass ratio of the
precursor to be as high as 40:1. Hence we decided to do spectroscopic monitoring of the
system to verify the claims of MR. We present two conclusions in this article. We confirm
MR’s determination of the velocity curve and hence the mass function of the compact
object. Then, from new observations of emission lines from the accretion disk, we present
an improved lower limit on the mass of the central object. This limit only strengthens the
now commonly accepted view that A0620-00 contains a black hole, subject to the caveats

at the end of the paper.
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6.2 Observations

Spectra were obtained using the Double Spectrograph (Oke & Gunn, 1982) at the
Cassegrain focus of the Hale 5 m telescope on the nights of 1986 March 1, March 7 and
March 8 UT. For the night of March 1, eleven 1200 s exposures were obtained under
excellent seeing conditions (< 1”), using only the red camera of the Double Spectrograph.
The resolution of the data was 15 A and the dispersion 6.1 A/ pixel. For the nights of March
7 and 8, both cameras were used; eight 1200 s spectra were obtained under moderate (1”-
2") seeing conditions. For the blue camera, the wavelength coverage was 3750 A to 5450 A
with a dispersion of 2.1 j&/ pixel and a resolution of 7.5 A. The resolution of the red camera
was 9.3 A, and the dispersion 3.1 A/pixel. Spectra of two K stars were also obtained as
velocity standards. All the object exposures were accompanied by short arc lamp exposures.

A complete journal of observations is given in Table 6.1.

The data were reduced using the FIGARO data reduction package, devised by Keith
Shortridge at Caltech and the Anglo-Australian Observatory. Wavelength calibration was
done by fitting a fourth order polynomial to the comparison arc lines immediately preceding
the object exposure. The RMS residual was found to be better than 0.1 A.
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6.3 Radial velocity measurements

We assumed the photometric period of 09323014 found by MR in order to calculate
the relative phase for each spectrum. Following the technique of Tonry & Davis (1979),
we cross-correlated the 19 red spectra against the comparison K stars, using only those
portions uncontaminated by either emission lines or sky lines. This restricted the range to
4900-6510 A for the night of 1 Mar, and 5300-6510 A for the nights of 7 and 8 Mar (see
spectra in Fig. 6.1). The data were binned onto a logarithmic scale, a low order polynomial
fit to the continuum was subtracted, and the spectra were apodized with a cosine bell
covering 10% of the spectrum, prior to the correlation. The position of the correlation
peak was measured by fitting a parabola to the central five pixels of the highest peak. The
heights of the peaks ranged from 0.35 to 0.8, with a typical value being 0.6, and a typical
noise level of 0.15. We then fit the velocity data to a sine curve with a period of 094323014
using the method of least-squares (Fig. 6.2). The calculated velocity minimum falls within
3.5 minutes of that determined by MR’s ephemeris. The semi-amplitude of the velocity
variation, K, is 468 + 44 kms™! (10).

MR claimed substantial improvement in the velocity measurements by correlating the
individual spectra against a rest-frame stack of all spectra instead of against a K star.
We tried this approach (in fact the fit shown in Fig. 6.2 used the rest frame stack as
the template) but did not achieve the big improvement that MR claim. Indeed, we do
not expect to see any improvement in the scatter, as the errors in velocity in the initial
determination are almost entirely due to the noise of the object spectrum rather than that
of the K dwarf template. We found K = 462 + 44 kms™!, consistent with that obtained
by using the K star velocity standards. It is this value of K that we use in the rest of
the discussion. The systemic velocity is 22 kms™!. We then calculated the orbital phase
of each observation, defined by the photometric variations measured by MR; the origin
of the orbital phase (¢ = 0.0) is defined to be secondary photometric minimum, which is
inferred to be when the K star is directly behind the compact object. This agrees with
our velocity curve: ¢ = 0.75 corresponds to the maximum velocity. These are the phases
tabulated in Table 6.1 and used in the rest of the discussion; this definition is the same as

the photometric phase of MR.
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6.4 Emission line analysis

Oke (1977) found that the spectrum of A0620-00 could be separated into two compo-
nents, a cool K star plus a power law component F\ o A%, with a = 2.0. This power law
component together with the Balmer series emission lines were attributed to an accretion
disk. To date no systematic study has been made. Murdin et al. (1980), observing the
system during 1976 and 1978, noted that the Balmer emission peaks were double, with a
separation of 1080 kms™!, and variable. MR reported gross variations in the shape of the

HB emission lines over the orbit, but they saw no systematic orbital variation.

We have 19 observations of the Ha line, covering the entire orbit, 8 observations of H3
from the nights of 7 and 8 Mar 1986, and 11 observations of the Ca II A\ 8498,8542, 8662
triplet from the night of 1 Mar 1986. Figure 6.3 shows our observations of the disk emission
lines, arranged in order of phase of the K star orbit as calculated in §6.3. Clearly the
variation of the shape of the emission lines is not random over the orbit. All lines show
the double-peaked profiles associated with emission from extended rotating accretion disks
(Smak 1981). However, the two peaks are not symmetric, as is the case when the disk
emission is assumed to be cylindrically symmetric. Note that, as the nights were not
photometric, there could be variations in the total flux in the emission line, but this should

not influence the shape of the line profiles.

We therefore added the 19 spectra together, after normalising each to the local contin-
uum, to produce an average Ho profile over the orbit (Fig. 6.4). This profile is symmetric
(due to our having achieved a complete orbit coverage), and so we fit this to a profile of the
form described by Smak (1981). We assume that the disk is cylindrically symmetric and
optically thin, and that the volume emission from the disk varies as a function of radius r
as f(r). Assuming that the disk is flat and Keplerian enables us to calculate u, the radial

velocity. Then the observed emission line profile F(u) can be shown to be

Tz r3/2f(r) dr

Fu) (1= u?r)ii2

(6.1)
where u and r are dimensionless and normalized to their values at the outer edge of the disk,
71 is the ratio of the inner and outer radii of the disk, and 7, = min(1,»~?). Observations of
CVs show that f(r) ~ 7= with 1 < & < 2 is a good approximation for f(r). Incidentally,
if the emission is optically thick, equation (6.1) still applies with f(r) denoting the surface
brightness. We calculated this profile for half-integral values of a between 0.5 and 2.5,
and then broadened each profile by a Gaussian of FWHM Au to allow for the effects of

finite spectral resolution, and compared each to our stacked profile. Here Au is an effective
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instrumental resolution since we are adding together two data sets of different resolution.
The best fit was found to have a = 1.5, vgisk = 550 kms™!, Au = 470 kms~!, r; = 0.10.
This value for o was then assumed for the following analysis. Incidentally, this was also
the value found by Filippenko et al. (1988) in their study of disk emission from the bizarre
object SS 433.

To try to reproduce the observed asymmetry in the spectra, we considered models
where the presence of the K star disturbed the disk. The simplest model to imagine is a
“hot spot” on the disk which orbits with the K star but at some fixed angle from it. We

relaxed the assumption of cylindrical symmetry in the disk emission, by assuming

f(r, @) ~ r7%(1 + B cos(é — Yo — ¥ns)) (6.2)

where 1) is the orbital phase of the observation, and s the (assumed constant) phase of
the hot spot with respect to the K star, so ¥ = g + ¥ns is the orbital phase of the hot
spot. The observed line profile is then
-2 21/2] %= . 2| Z a2, Lo 1%
F(u) « u [—(1—-:1: ) ] — Bsinpu —5(1-—1: ) +5arcsma:
T1

T1

(6.3)

2

T3

27 %=
+ Beospu? [z_]

. 1/2
where ¢, = min(u, 1), z1 = ur]’".

The free parameters of this model are thus vg;k, the projected velocity of the outer
edge of the disk, ry, the ratio of the radii of the inner and outer edges of the disk, 3, the
amplitude of the hotspot, and ¥y, the phase of the hot spot with respect to the K star.
We wrote a computer program which allowed all these parameters to be varied and the
computed profiles compared to all 19 Ha spectra. The parameters were manually tweaked
to minimise the total sum of the squares of the deviation of the model from the observed
profile. The resulting best fit is shown plotted with the spectra in Figure 6.3. The best fit
values were vgisx = 540 £ 15 kms™!, ry = 0.09, 8 = 0.21, 9ns = 0.02. Au was 590 kms™!
(phase 0.5 to 1.0) and 360 kms™! (phase 0.1 to 0.5), or 2.3 pixels. The 10 error on vgisk

was estimated from single spectrum near phase 0.5.

As an alternative, we also tried a model where f(r, ¢) consisted of a single delta function
hot spot on the disk in addition to the r~® contribution from the rest of the disk; however,
the fit was not satisfactory, as this model predicts a third peak moving across the centre of

the profile as the hot spot moves across the line of sight.
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We had approximately half-orbit coverage in each of HF and the Ca II AX8498,8542,
8662 triplet, so we performed the same analysis with them. The resulting best fits are also
plotted in Figure 6.3. The fits were consistent with those obtained from Ha. However, the
signal-to-noise ratio on both of these was much worse than for Ha. The line ratios for the
calcium triplet were found to be 1.05:1.05:1 for AX 8498:8542:8662, which implies the lines
are optically thick. For comparison, the line strengths for optically thin emission are 1:9:5
(McGregor, Persson & Cohen, 1984). The line ratio for Ha/HS could not be measured as
no flux standard was observed. However, if the Balmer lines are also optically thick, this
could explain why our model (i.e., eq. [6.3] ) fits the Ha profile rather better than the H3
profile; with optically thick lines, the emission is coming from a completely different region

of the disk and so an independent fit should be made.
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6.5 The mass of the black hole

We find for the mass function f(M) = 3.30 £ 0.95 Mg, in agreement with MR’s value.
However, we can now put a better lower limit on the mass of the black hole, M;, by using
our measurement of the projected velocity at the outer edge of the disk, vgisk. The ratio of
this to the projected velocity of the K star, K, is independent of sin ¢, provided the accretion
disk is in the orbital plane of the binary. We therefore investigate possible configurations

of the system which could reproduce our observed value, vgisx/K = 1.17 £ 0.12.

As a first estimate, we assume that the material in the disk is moving in circular orbits
around the black hole, with velocities given by Kepler’s law. We then impose the constraint
that the radius of the outer edge of the disk must be less than the distance from the black
hole to the L, point of the system, calculated from the expression for the gravitational

potential
GM] GM2

Q2 2 _ 2
= (22 + y2)1/2 B [(z — a)? + y2]1/2 Y [(” —pa)” -y ] (6.4)

where a is the separation between M; and Ms, u = M,/(M; + M3), Q is the angular

frequency of the orbit, and M; is at the origin. We need to choose a mass for the K star
for the following discussion: a liberal estimate for its spectral type is K2-K7 V, which for
a star on the main sequence corresponds to a mass of 0.5 to 0.8 M. The preferred value
(Oke 1977) is a K5 V star, with mass of 0.7 Mg, so we assume this value for M;. For
varying values of Mj, we can calculate the velocity of the companion and the distance to
the L; point, and hence the velocity at that radius from Kepler’s law. Comparison of the
ratio of these two with our observed value puts a lower limit on the mass of the black hole
and an upper limit on #: p < 0.048, M; > 14.0 £ 4.2 Mg, ¢ < 40° £ 5° for My = 0.7 Mg,

where the higher value of M; and the lower value of i arise from the lower limit on vgjsk-

Note that this is a very conservative lower limit, as a circular orbit of this radius will
not fit within the Roche lobe of the compact object. It is also clear that the assumption
of circularity is not valid for such large orbits. In order to improve our estimate, we
considered the largest stable orbit that can exist in a system with mass ratio u. Following
Paczyniski’s (1977) method, we performed restricted three-body simulations to find the
largest stable streamlines in a binary system, by finding the largest non-overlapping, stable,
simple periodic orbits of test particles. Table 6.2 shows the results of these calculations.
The columns give p, the distance to the Ly point, the intercept of the largest stable orbit
with the positive z-axis p;, the mean velocity vgisk, the maximum and minimum velocities
Umax ald Umin, and the ratio of the disk velocity to the K star velocity vgjsk/K. The unit

of length is a and the unit of velocity is a{2. In these units, the velocity of the K star is
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K =1 — p. From our observed value for vgisk/ K, ¢ < 0.01. For the smallest possible mass
for the K star, My = 0.25 Mg (see MR ), this means M; R 25 Mg (1 o), with correspondingly
higher limits for greater values of M;. An absolute lower limit can be found by using a value
for vgisk/ K which is 3 o higher than our measured value; this yields u < 0.07, M; > 9.3 Mg
if My = 0.7Mg, and M; > 4 Mg if M, = 0.25Mg. For such large masses for the black
hole, we actually need a small K star mass in order to fit the K star within its Roche lobe.
We also note that for a disk of this size, we expect to see variations in the disk velocity
on the order of 40 kms™! over the orbit; our observations do not rule out this value, but

higher resolution observations might see this.
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6.6 Discussion

We repeated MR’s analysis of the radial velocity data for A0620-00 and confirm their
conclusion: that the velocity semi-amplitude of the dwarf companion leads to a value for the
mass function which is above the maximum mass allowed for a neutron star. From analysis
of the emission lines, presumed to arise from the accretion disk, we have derived an upper
limit on the mass ratio and a minimum mass for the compact object which depends only
on My: p <0.07, M1 > 4 Mg if My = 0.25Mg, > 9.3 Mg if M, = 0.7M;.

This limit arises from simple dynamical and geometrical constraints on the shape of
the system. Indeed, these arguments would not give rise to interesting limits in most binary
systems because the accretion disk is usually deep inside the Roche lobe of the compact
object. It is only because the observed velocity at the outer edge of the disk is so close
to the observed velocity of the companion star that we can use these two measurements
to constrain the mass of the compact object. This interpretation is supported by the fact
that in our model for the system, the point on the disk brightest in Ha leads the K star
by 0.02 of an orbit, or about 7°. In contrast, studies of CVs have usually found that hot
spots caused by an accretion stream impacting on the disk have much larger vy, usually
Yhs & 45° (Warner 1976; Flannery 1975).

We therefore conclude that the central object of A0620-00 is indeed a black hole,
and perhaps even a rather massive black hole. Further high-resolution observations of the
system are warranted, as there are several predicted effects which it should be possible
to observe, none of which were seen at the resolution of our data. We should be able to
observe the variation of the disk velocity between vpnjn and vmax that our model predicts,
and perhaps even the orbital motion of the black hole itself, reflected in variations of the
central velocityi. The errors on both velocity measurements are limited by the data, so
higher resolution observations could also improve the velocity measurement and hence the

mass determination.

The assumptions made in arriving at these limits are reasonable. However, a better
understanding of a disk so close to the Roche lobe is needed before we accept the mass
limits quoted here as being absolutely firm. For example, we have assumed that the disk
and the K star are coplanar. If the disk was tilted at a smaller angle to our line of sight
than the plane of the orbit, then the ratio of the disk velocity to the K star velocity would

be artificially reduced. However, the angle of tilt would need to be large, on the order of

t Since this paper was published, Haswell & Shafter (1990, ApJ 359 L47) detected the motion
of the black hole in the motion of the emission lines, and measured the mass of the black hole
to be > 3.8 Mg, with a most likely value ~ 7Mg.
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30°. Also, it is highly unlikely that a thin disk would develop out of the plane of the binary
orbit, unless perhaps the K star was spinning very rapidly on an axis not aligned with the
axis of the system. However there is no evidence for such high velocities in the Na D lines of
the K star spectrum. Other scenarios can be imagined which might make our inference of
the mass wrong, such as winds, outflows, non-Keplerian disks, and so on. Such possibilities

need to be investigated.

We would like to thank R. Romani and E.S. Phinney for their constructive criticism,
and A. Picard for his help with the programming. SRK’s research is partly supported by
a grant from the Sloan Foundation and a Presidential Young Investigator award. JBO’s

research is partly supported by a grant from NSF (AST-84-15404).
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Red camera

UT start Mean Wavelength Resolution
UT date  Object exposure phase range (A) (A)
1 Mar 1986 A0620-00 2h59m36s  0.501 4640 - 9490 15
? ” 32427 0.554 ? ”
” i 34704 0.596 ? ”
? ” 41027 0.653 ? ?
? 7 43354 0.704 ? ”
? ” 45632 0.752 ? i
” K 51913 0.801 ? ”
” ” 54204 0.850 ? ”
? ? 6 0448 0.899 ? ”
” 7 62729 . 0.948 7 7
? ” 647 16  0.990 ” ?
? Hy 117 - K3-K5 comparison 2 53 11 ? 7
7 Mar 1986 A0620-00 33017 0.142 5280 - 7740 9.3
? ? 40005 0.206 ? ?
? i 42556 0.261 ? ”
8 Mar 1986 7 30430 0.182 5210- 7670 9.3
? ” 32100 0.239 ? ?
7 7 35653 0.295 ? ?
”? ? 42247 0.350 ? 7
” ? 448 31 0.406 7 ”
” HD36003 — KO comparison 2 50 29 ? ”
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Table 6.2 Parameters for the largest stable orbit for a range of u

H L, P1 Vdisk Vmax Umin vdisk/ K
0.10 0.7090 0.4346 1.4054 1.6070 1.2882 1.5616
0.07 0.7395 0.4458 1.4207 1.5655 1.3351 1.5277
0.05 0.7652 0.4920 1.3248 1.4967 1.2046 1.3945
0.04 0.7809 0.5035 1.3209 1.4743 1.2107 1.3760
0.03 0.7996 0.5171 1.3151 1.4487 1.2157 1.3558
0.02 0.8235 0.5340 1.3088 14171 1.2248 1.3355
0.01 0.8581 0.5579 1.2971 1.3750 1.2329 1.3102
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Figure captions

Figure 6.1 — Spectra of the K comparison star Hy 117, summed spectra of A0620-00
in the rest frame of the K companion at low and high resolution, and HD 36003, over the
wavelength range used for the cross-correlation. H3 and Ha in emission are seen at the left

and right of the plot. The vertical scale is arbitrary.

Figure 6.2 — Radial velocities of the K dwarf derived from correlation with the stacked
spectrum, as described in the text. The scatter from the fit has not been reduced from the

fit obtained from correlating against K standards by changing the template.

Figure 6.3 — Variation of the disk emission lines over the orbit. The two sets of three
columns show Ha, HB and the Ca II AX8498,8542,8662 triplet. The fit calculated as
described in §6.4 is shown as the solid line. The data were normalised by a low order
polynomial fit to the local continuum and then a constant 1.0 was subtracted from all
spectra. The horizontal scale is +£2500 km s~ for Ho and H/3, and for the Ca lines —5000
to 7000 kms™! in the frame of A8542, or about 8399.7 A to 8741.4 A on a logarithmic scale.
The first Ca spectrum shows the three individual lines as well as their summed profile. The
vertical scale is 0 to 2.0 for Ha, and 0 to 1.0 for the other two lines.

Figure 6.4 — The summed profile of all Ha spectra. Each spectrum was normalised by
a low order polynomial fit to the local continuum before summing, and the low resolution
data was rebinned to the same scale as the high resolution data. The Smak profiles with
a =1, 1.5 and 2 are shown as dashed, solid and dot-dashed lines respectively. The value
a = 1.5 was adopted throughout the subsequent analysis.
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Figure 6.2
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Appendix: Further observations of A0620—-00

We present new, higher velocity resolution data of the system A0620-00, the motivation
being both to improve the errors on the velocity of the companion and hence improve our
measurement of the mass ratio, and possibly to measure the variations in the disk velocity
and even the orbital motion of the black hole itself, thus unambiguously determining its

mass.

We observed A0620-00 on the night of 13 February 1989 UT, using the Double Spec-
trograph on the Hale 5-m telescope. We used a 1200 lines mm ™! grating in the red camera,
yielding a resolution of 1.8 A. Conditions were less than ideal, with ~ 3" seeing, so it should
prove possible to obtain better data. The data from the blue camera will not be discussed
as the signal-to-noise ratio was too poor; the wavelength coverage of the red data was 5985-
6640 A. Nine 1800 s exposures were taken, together with spectra of four K dwarf radial

velocity standards. Data reduction followed exactly the procedure described in Chapter 6.

Figure A1 shows a substantially improved radial velocity curve for the secondary. The
sine curve was fit assuming the photometric period from MR of 7575234. The velocity
semi-amplitude is K = 453 + 11 kms™!, giving a value for the mass function of f(M) =
3.1 £ 0.2 Mg (10), the best determination of the mass function so far. Figure A2 shows
the Ha lines as a function of orbital phase. As before, we found we needed to include
an azimuthal term in the standard Smak profile in order to fit our data. However, the
amplitude of this term was substantially reduced, from 21% to 9%, and was consistent
with zero at the lo level. This would seem to indicate the disk is still varying on several
year timescales. The full details of the fit are presented in Table Al, with the values
obtained from the 1986 low-resolution data for comparison. The velocity at the outer edge
of the disk was measured to be vgisx = 580 £ 20 kms~! (1¢), giving vaisx/K = 1.28 £ 0.08.
This puts a 1o upper limit on g of u < 0.01, or a 3o upper limit of p < 0.07, as before.

The quality of the present data prevented us from measuring the disk orbital motion.

Thus, our original analysis would appear to be borne out. Our observations yield the
best determination of the mass function, showing that the central object of the A0620-00
system is almost certainly a black hole, possibly even a very massive black hole. It must
be noted, of course, that scenarios can be imagined where the above analysis, assuming a

Keplerian disk in the orbital plane of the system, might break down.
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Table A1 Parameters derived from fit

Low resolution

High resolution

K ....... 460 £ 40 kms™?
f(M).... 3.30 £ 0.95 Mg
Vdisk « - - - 540 + 40 kms™!
Bovininn. 0.21 + 0.05
Vhe «oen-. 0.02 +0.18

453 £ 11 kms™!

3.1 +£0.2 Mg

580 + 20 kms™!
0.09 £+ 0.08
0.02+0.15
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Figure captions

Figure A1 — Radial velocity of the K dwarf of A0620-00 derived from a correlation with
a comparison K5 V star. The error bars are measurement errors derived from the width of

the cross-correlation peak.

Figure A2 — Variation in the Ha emission of A0620-00 over the orbit. The histogram
shows the data, the solid line the model fit. The data were normalized by a low-order poly-

nomial fit to the local continuum and then a constant 1.0 was subtracted. The horizontal
scale is £2500 kms™1!.
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Chapter 7

Spectroscopy of the recurrent nova U Scorpii

Helen M. Johnston and Shrinivas R. Kulkarni

Abstract

U Sco, the recurrent nova with the shortest known recurrence time, has been argued to
be a strong case for a very massive accreting white dwarf undergoing thermonuclear explo-
sions. Such massive white dwarfs have also been proposed as the progenitors of millisecond
pulsars in the disk and in globular clusters. We present optical spectroscopic observations
of the system and measure both emission- and absorption-line velocities. We derive an
upper limit to the mass for the white dwarf of < 0.9 Mg (3 0) in direct contradiction to
the thermonuclear instability models. Hydrogen is seen in absorption for the first time,
strongly suggesting that the donor is reasonably normal. This, and the observed high
helium abundance in the emission spectrum, pose additional difficulties to the accretion

instability models. Thus it appears there is no viable model for this interesting source.

t To be published in ApJ, 1 September 1992 issue.
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7.1 Introduction

Recurrent novae form a class of objects intermediate between the dwarf novae and
the classical novae, both in terms of the amplitude of the eruption, and the time between
successive outbursts. It is now believed that classical novae, which by definition erupt only
once, represent thermonuclear explosions on the surface of a white dwarf. Dwarf novae,
which undergo eruptions on timescales of days to months, are believed to be powered by
accretion instabilities, either as a result of an instability of the disk, or because of an increase
in the amount of material being transferred from the secondary. For recurrent novae, both
kinds of models have been suggested to explain the 10-80 y outburst recurrence timescale
(see Webbink et al. 1987 and Webbink 1990 for reviews).

U Scorpii is a recurrent nova, with the shortest known recurrence interval as well as
the fastest known development time. Five outbursts have been observed since 1863, with
the interval between the last two outbursts being only 8 y, raising the possibility that some
outbursts may have been missed. The observed high helium abundance of the ejecta poses

difficulties for the accretion instability models.

In the framework of the thermonuclear explosion model, the frequency of outburst
requires that the white dwarf be massive. When the pressure at the base of the envelope of
the accreted matter, P ~ GM,,s AM/ 47rRﬁ,d reaches a critical value, nuclear ignition takes
place; here M,,4, R4 are the mass and radius of the white dwarf, and AM is the mass of
the accreted matter. Since the material is degenerate, thermonuclear burning is unstable.
The extraordinarily short recurrence timescale observed for U Sco requires the white dwarf
to be very close to the Chandrasekhar limit, M,,4 ~ 1.38 Mg for acceptable accretion rates
(Starrfield, Sparks & Shaviv 1988; Duschl, Livio & Truran 1990).

Such massive white dwarfs have also been invoked as the progenitors of millisecond
pulsars (e.g., Bhattacharya & van den Heuvel 1991). In this model, it has been hypothesized
that accreting massive white dwarfs collapse to neutron stars when their mass exceeds the
Chandrasekhar limit. This mechanism has been invoked to account for the large observed
abundance of millisecond pulsars in the disk and in globular clusters. However, the model
is controversial, especially with regard to the paucity of observed massive white dwarfs and
the physics of collapse. U Sco, as a possible extremely massive white dwarf, is therefore a

prime candidate for testing such a model.

Schaefer (1990) recently determined the photometric periods of three of the recurrent
novae. U Sco was found to be an eclipsing system, with a period P = 192344 + 040025,

providing a perfect opportunity to measure the mass of the white dwarf, and test the above
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theoretical predictions. In this paper we present observations which directly contradict

these predictions.
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7.2 Observations

Spectra were obtained using the Double Spectrograph (Oke & Gunn 1982) at the
Cassegrain focus of the Hale 5 m telescope during two observing seasons (Table 7.1). The
data were reduced using the FIGARO data reduction package. Wavelength calibration was
performed by fitting a third order polynomial to the comparison arcs taken immediately
after each exposure. The stability of the spectrograph was checked by comparing the shift
between arc exposures; in no case was the shift greater than 0.2 A. The RMS residuals of
the wavelength fits were in all cases better than 0.5 A, except for the nights of 1991 July
11-12, for which the RMS residuals were 0.77 A.
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7.3 Results

Most of the results discussed below are based on the blue spectra (Figure 7.1). In the
red spectra (Fig. 7.2), we only detected He II A6562 in emission, and a blend of Na D and
He I A5875 in absorption. Because of the lower spectral resolution and the blending, we

could not use these spectra to obtain velocities, so they will not be discussed further.
7.3.1 Er ission features.

In the best spectra, we detect in emission He II A4686. We also detect lines at AA4200,
4339, 4542, 4860 and 5413 (Fig. 7.3; Table 7.2). There is some question as to whether
the second and fourth of these are Hy and Hf, since the resolution of our spectra are
not sufficient to enable us to distinguish the contribution of the relevant H and He II
contributions to the features with approximately the same wavelength. The other three
lines are from the Pickering series of ionized helium: A5411 (ny = 7), A4542 (ne = 9) and
A4200 (ny = 11). This makes it virtually certain that at least some He II A4860 (n; = 8)
and A4339 (ngy = 10) is present. Thus we agree with Hanes (1985) in assigning these lines
to ionized helium and not to hydrogen (Duerbeck & Seitter 1990).

7.8.2 Absorption features.

We detect in absorption the Ca H and K lines and several lines of the Balmer series
of hydrogen (Hvy, Hé). HB and Ha are not seen, being overwhelmed by the He II emission
lines. Given the peculiar emission spectrum, it is of some interest that we are detecting
hydrogen in absorption, not helium. It is unlikely that these lines are actually the Pickering
series of ionized helium, as we do not detect the intermediate lines, e.g., at 4025 A. Based
on the observed line ratio of the calcium lines to Hé (which should not be very much
affected by the presence of a hot continuum) of ~ 0.5, as well as the absence of the G band
(A ~ 4200) we estimate the spectral type of the companion to be somewhat earlier than the
GO £ 5 estimated by Hanes (1985); our preferred value is F8+2 (see e.g., Jacoby, Hunter &
Christian 1984). This implies a secondary mass of ~ 1.1 — 1.3 M. Schaefer (1990), from
the colors at minimum light, preferred a spectral type G3-6 (M2 ~ 0.9 — 1.0 Mg).

We also detect several lines of neutral helium in absorption, at A4471, A5875 (blended
with Na D), and A3888 (blended with H({). The detection of He I A3888 is reasonably
secure, because of the strength of this feature relative to H§ and Hy. These lines are
transitions in the triplet series of neutral helium from the metastable 23S level or the 23P
level. Collisions rapidly convert helium atoms from the triplet branch to the singlet branch,

which then rapidly decay by radiation to the ground state. Thus the He I lines must arise
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in regions of low density, N < 4 x 10® cm™3 (Osterbrock 1989). The lines are not resolved
in our spectra and are therefore unlikely to arise in the disk. On the other hand, since the
velocity of the lines is not high, v ~ 120 km s™!, these lines are unlikely to arise in the shell
of previous nova eruptions. Such lines have been seen in LMXBs: AC211 (Naylor et al.
1988), X0921-630 (Branduardi-Raymont et al. 1983) and X1822-371 (Mason et al. 1982).
In AC211 these lines are assumed to arise in the disk; in U Sco, on the other hand, these
lines appear to follow the calcium absorption lines, presumed to arise in the atmosphere
of the companion. Taken together, this suggests that the helium lines are arising in some
sort of corona around the secondary star. Higher resolution observations should be able to

measure a difference in width between the stellar and the nonstellar lines.

It is quite possible that none of the absorption lines are coming from the secondary
star. However, the fact that the calcium lines are resolved (Table 7.2) would suggest that
they are stellar; we also detect the Mg b band, which is a certain indication of stellar origin.

Therefore we are confident that we are indeed seeing lines from the stellar companion.
7.3.3 Emission line velocities.

The spectra were first normalized by a seventh order polynomial fit to the continuum.
The velocity was determined by fitting Gaussian profiles to all emission lines present, keep-
ing the wavelength ratios fixed to the known values. The errors quoted are formal errors of
the fit assuming Poisson errors on the object spectrum, added in quadrature to the error

on the wavelength calibration.

Because the error in Schaefer’s period (P = 192344 £ o,, where g, = 090025) was
large enough to preclude unambiguous phase connection of the 1990 with the 1991 data,
we needed a better determination of the orbital period of the system. R. Wade (personal
communication) observed an eclipse on 1990 June 1.20. Using this time, Schaefer’s eclipse
ephemeris and our absorption line velocities, it is possible to refine the period. We searched
periods within +100 of Schaefer’s period, and two solutions with acceptable 2 values
were found: P; = 19225806 + 09000129, and P, = 19221163 £ 09000055. The former
has 263 periods between the two eclipses, and the latter 264. P; is 3.4 0, smaller than
the photometric period, and P, is 50, smaller. Thus a priori P, is the preferred period.
However, Y2 for the fit to the absorption line radial velocities is 0.9 for P, as opposed to
2.1 for P;, favoring P,. Given the radial velocity uncertainties and the continuous phase
coverage of Schaefer’s photometry, we prefer the longer period P;. In Table 7.3 we show
the solutions for both the emission and absorption line systems for both periods, with and

without the constraint that the y-velocities of the two systems should be the same.
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The emission-line velocities were fitted to a sine curve with these two orbital periods.
The best fit with P = 19221163 is shown in Figure 7.4 (x2 = 3.7), and the results are
shown in Table 7.1.

The full width at zero intensity of the He IT 4686 emission line ranges from 33 to 49 A,
with a mean value of 44 A. The shape of the line varies systematically with the orbit,
indicating the presence of an S-wave component. The blue wavelength side is enhanced
when the emission lines are moving toward us, so our derived amplitude is probably an
upper estimate for the velocity of the white dwarf. The variation of the equivalent width

of the line does not appear to be correlated with orbital phase (Figure 7.5).
7.8.4 Absorption line velocities

For each spectrum, we measured the absorption line velocity (Table 7.1) using the
cross-correlation technique of Tonry & Davis (1979). The emission lines were excised and
replaced by a polynomial fit to the continuum. The cross-correlation was performed over
the range 3800-5450 A, except where the wavelength coverage fell slightly short of this
(1990 June 22 and 1991 July), in which case the region was 200 A shorter. We used the
spectrum from 1990 June 23.2551 as the template, being the spectrum with the highest
signal-to-noise ratio; the velocity of this spectrum was determined using profile fitting to the
absorption lines. The position of the correlation peak was measured by fitting a parabola
to the central 5 pixels of the highest peak. The heights of the peaks varied from 0.32 to
0.80. The error on each measurement was obtained using Monte Carlo simulations, by
measuring the RMS of the shift in the peak when spurious peaks, derived from the noise

in the cross-correlation spectrum, were added to it.

The data and the best fit solution are plotted in Figure 7.4, and the results shown
in Table 7.1. The best fit had x% = 0.9, using the period P;. The preferred period P,
had x2 = 2.1, higher but still acceptable. With the preferred period, the phase lag of the
emission lines with respect to the absorption lines is 0.4, close to the expected value of
0.5. With the shorter period the lag is 0.24. This is not unusual, especially with LMXBs,
e.g., in Cen X-4 (McClintock & Remillard 1990), and presumably indicates the emission is

coming from a “hot spot” on the disk.

In case our cross-correlation was being biased by the neutral helium absorption lines,
which may not be associated with the companion, we also measured the velocities when
these lines were excised and replaced by the continuum fit. In all cases, these velocities are

consistent with the original cross-correlation velocities, so the small K we measure is not
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due to contamination by nonstellar lines. Similar results are obtained when we measure

only the velocity of the calcium lines.

The discrepancy between 7, and v, was worrying. We repeated the fit to both sets of
velocities, subject to the constraint that 7, = .. The resulting fits are shown in Table 7.3.
The xZ% of the constrained fit was only marginally worse than without the constraint, and

the velocity amplitudes were consistent within the errors.
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7.4 Discussion

We have established U Sco to be a double-lined spectroscopic binary. Since emission
lines are not necessarily reliable indicators of the motion of the primary (Horne & Marsh
1986; see also our remarks about the S-wave component above), we begin by considering
only the motion of the secondary, as represented by the absorption line system. Using our
preferred value P, = 19225806, we measure the mass function to be f,(Myq) = 0.0054 Mg,
Taking the companion mass to be M; = 1.3 Mg (appropriate for an F5V, the most massive
of the suggested spectral types for the companion), and sin¢ = 1, since the system is
eclipsing, we infer M4 = 0.23 + 0.12Mg. Using the shorter period P, = 19221163, we
find f,(Myq) = 0.032Mg, and M,y = 0.46 £ 0.15 Mg. If M, is really as low as 0.23 Mg,
then the white dwarf progenitor evolution must have been aborted soon after it left the
main sequence; a 3 Mg star, for instance, has a core mass of 0.3 Mgwhen it leaves the main

sequence. The unusually long period of U Sco is also consistent with this inference.

Thus an upper limit to the mass of the white dwarf is given by the lower value of the
period, although this is not the value favored by the photometry (Schaefer 1990). Using
the shorter period, we find a 3 ¢ upper limit to the mass of the white dwarf of 0.9 Mg,

If we assume the velocity of the emission lines represents the velocity of the white
dwarf, then the ratio of the velocity amplitudes gives us the mass ratio: K,/ K, = Myq/Ma.
Taking the preferred value for the period P;, and again assuming M; = 1.3 Mg, we find
M4 = 0.29+0.14 Mg, in excellent agreement with our first determination. For the shorter
of the period P, we derive M,4 = 0.60 £ 0.14 M. In the latter case, the white dwarf
appears to be very ordinary; in the former case, which is preferred by the photometry, the

white dwarf appears to be undermassive.

It has been pointed out (R.F. Webbink, personal communication) that the six high
emission line velocities all fall within phase 0.1 of eclipse, as defined by the absorption line
ephemeris, and thus may be contaminated. If these velocities are removed, a sine fit to the
remaining twelve velocities with P = 19221163 gives an amplitude of 48 + 23kms™1, in
phase with the absorption line system. However, the systemic velocity is —66 £ 20kms™!,
very different from 7, = 71 + 8 km s~! measured for the absorption lines. Thus we do not
believe this solution is physical. In any case, provided the absorption lines are associated
with the companion, the mass function from the absorption lines provides an upper limit

on M,4.

We note that we have also finally detected hydrogen in the spectrum of the companion.

This in turn suggests that the anomalous emission spectrum is not due to anomalous com-
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position of companion. This finding exacerbates the objections to the proposed accretion

instability models.

Our observations suggest that neither of the two proposed models for the outburst
of U Sco is viable. The white dwarf is not massive, as demanded by the thermonuclear
models. The composition of the secondary does not appear to be anomalous, as required
for the accretion models. In passing, we also note that this means that the high mass white

dwarfs demanded by the AIC model have yet to be discovered.

We thank Ron Webbink for helpful comments on an early draft of this paper. We also
thank Jim Houck, Michael Strauss, Alain Picard, and George Djorgovski for obtaining some
of the spectra, and Wal Sargent, Jesse Greenstein, and T. Prabhu for helpful discussions.
We acknowledge the Packard foundation and the NSF for the support of this research.
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Table 7.1 Journal of observations

Emission line Absorption line
Number UT date velocity (kms™!) velocity (kms™1)

1 1990 Jun 21.2490 -39 £ 35 46 £+ 36

2 1990 Jun 21.2730 -89 £ 35 143 £ 54

3 1990 Jun 22.2085 -54 + 35 154 + 37

4 1990 Jun 22.2289 -18 + 35 95 4 42

5 1990 Jun 22.2491 -10 + 35 219+ 68

6 1990 Jun 23.2144 128 + 34 82+ 20

7 1990 Jun 23.2346 168 + 34 93+ 21

8 1990 Jun 23.2551 222 + 34 93+ 14

9 1990 Jun 24.2410 167 £ 34 9427

10 1990 Jun 24.2617 169 + 34 53+ 19

11 1990 Jun 24.2824 177 £ 34 29+ 33

12 1991 Jun 10.2161 6 £ 34 230 + 47

13 1991 Jun 10.3608 -190 £+ 34 112+ 31

14 1991 Jul 11.2351 -91 + 34 30 £ 30

15 1991 Jul 12.1874 -19 £ 35 54 + 38

16 1991 Jul 12.2065 -36 £ 35 29 + 56

17 1991 Aug 8.2033 -177 £ 35

18 1991 Aug 8.2252 -111 + 36 —-11 +61

Notes — All exposures except the first two were 1500 s in duration; the exposures from
1990 June 21 were 1800 s long. The wavelength coverage for the blue camera was 3800 -
5500 A with a dispersion of 2.1 A pixel ™!, and a 1” slit. A variety of setups was used for the
red camera: for 1990 June the wavelength coverage was 5400 — 10260 A with a dispersion of
6.1 A pixel™!; for 1991 June/July 5460 - 8000 A, dispersion 3.2 A pixel™!; for 1991 August
5570 - 6880 A, dispersion 1.6 A pixel 1.
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Table 7.2 Line widths and intensities

FWHM* Eq. width
Line (A) (A)
Absorption lines
He I A3888 5.9 2.2
Ca K 23933 6.7 2.8
Ca H A3968 9.4 0.7
Hé 4.5 1.7
H~y 8.0 1.1
He I A4471 4.5 0.6
He I A5015 6.0 0.3
Emission lines
He II A4200 7.6 0.6
He II 24338 6.9 0.6
He II A4542 8.1 1.5
He 11 A4686 10.7 13.4
He II 24860 9.2 2.5
[O III] A5007 5.9 1.0
He II A5412 12.2 2.9

¢ The instrumental resolution was 4.5 A.
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Table 7.3 Orbital parameters for U Sco

P, = 19221163 Py = 19225806
Parameter free constrained free constrained
K,(kms™1) 64 + 14 72+ 16 35+ 17 42419
Yo(kms™1) 71+£8 52+ 10 76 £ 11 64 + 13
Tg,(JD-2448000) 63.2296 £ 0.0041 63.2085 £ 0.0050 63.2839 £ 0.0060 63.2635 + 0.0085
X2 0.96 2.7 2.1 2.5
K.(kms™1) 145+ 13 145+ 14 156 + 19 158 + 21
Ye(kms™1) 24 £ 16 52+ 10 38 + 11 64 + 13
TS,C(JD—2448000) 63.555+0.034 63.534+0.045 63.759+£0.032 63.748 +0.042
X2 3.7 2.7 2.4 2.5

@ To is the time of spectroscopic conjunction.
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Figure captions

Figure 7.1 — All eighteen blue spectra, plotted in order of phase; the phase of the obser-
vation is shown at left, and the figure at right identifies the observation (col. 1 of Table 7.1).
The spectra have been normalized by a polynomial fit to the continuum. The spectra of
1991 July 11-12 have a slightly different wavelength coverage. Note that the spectra vary

in quality considerably because of different seeing conditions.

Figure 7.2 — A red spectrum from the night of 1991 June 10. The only stellar features
are He IT A6562 and a blend of Na D and He I A5875.

Figure 7.3 — Two of our best blue spectra, taken on the night of 1990 June 23 and
1991 June 10, with the emission and absorption lines identified. The lines at A\4046 and
A4358 are due to poor night sky subtraction. Gaussian profile fits to the lines with fixed

wavelength ratios are also shown.

Figure 7.4 — Sine fits to the emission lines (filled circles, solid line) and absorption lines
(open squares, dashed line), using P = 19221163. The z-axis shows phase as defined by the
absorption line ephemeris.

Figure 7.5 — Equivalent width of He IT A4686 as a function of orbital phase. No significant

variation is seen.
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Figure 7.2
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Figure 7.3
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Figure 7.4
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Figure 7.5
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Chapter 8

The kinematics of low mass X-ray binaries

Abstract

There are two competing models for the formation of low mass X-ray binaries (LMXBs)
in the disk: the direct formation model, where the neutron star is formed by the supernova
explosion of a massive star in a binary system, and the accretion-induced collapse model
(AIC), where accretion pushes a white dwarf over the Chandrasekhar mass, whereupon it
collapses to form a neutron star. Cowley and coworkers have argued that the kinematics

and distribution of LMXBs in the Galaxy favor the latter model.

We explore the possibility that the direct formation model could also be consistent
with the observations. We present new spectroscopic observations of disk LMXBs which
we use to measure their radial velocities. We collect together from the literature a reliable
list of LMXB velocities. We present numerical simulations of a supernova explosion in a
tight binary system, with and without an extra velocity “kick”, of the kind thought to be
associated with the birth of pulsars. We conclude that the observed velocities, scale height,

and period distribution of disk LMXBs are also consistent with such an origin.



146
8.1 Introduction

Low mass X-ray binaries (LMXBs) are systems consisting of a neutron star accreting
matter from a low mass (S 1 Mg) companion, in an orbit with period between 0.2h and
10d or longer. The presence of a low mass star so close to a neutron star is surprising.
Neutron stars are usually thought to be the remnants of a Type II supernova explosion of
a massive star, with M; & 8 M. At the current orbital separation, the secondary star in
LMXBs is within the main sequence radius of the neutron star progenitor, let alone the
stellar radius immediately before the supernova explosion. In addition, in the formation of
a 1.4 Mg neutron star from a 8 Mg primary, more than half the mass of the binary is lost,

and so the system should have become unbound.

Two solutions to this problem have been proposed. The first proposes that the binary
began as a very wide system. When the primary fills its Roche lobe, its envelope engulfs
the secondary. During this common-envelope phase, the two stars spiral together. The final
system consists of the highly evolved core of the massive star, and the essentially unevolved
secondary. The evolved core then undergoes a Type II supernova explosion, leaving a
neutron star as a remnant. If the binary survives, it can eventually become visible as an
LMXB when the secondary fills its Roche lobe and begins transferring matter onto the

neutron star. We will refer to this as the direct formation model.

The alternate hypothesis, known as the Accretion Induced Collapse (AIC) model, is
that the neutron star is not born explosively. In this scenario, if a white dwarf, with mass
close to the Chandrasekhar limit, accretes enough matter to drive it over this limit, it can
implode and form a neutron star. The only mass lost from the system in this case is the

difference in binding energy between a white dwarf and a neutron star,

3GM?
AM - m ~ 0.18 M@ (8.1)

(Verbunt, Wijers & Burm 1990). This then obviates the problem of the supernova explosion
disrupting the binary.

Helfand, Ruderman & Shaham (1983) invoked AIC to explain the presence of low-mass
white dwarf in a wide binary around a neutron star in PSR1953+29. They argued that
AIC is necessary to explain not only the survival and circularity of the binary, but also the
small distance of the system from the Galactic plane (I = 0°4); the mass loss associated
with the birth of the neutron star in the direct formation model would have left the system

with a velocity v ~ 100 kms™1.

This scenario received support with the discovery of apparently young, high field pulsars

in binaries with old companions. Since the magnetic fields of neutron stars were thought
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to decay on timescales of order 107 y, the discovery of high field pulsars in binaries such as
PSR0820+402 and Her X-1 suggested that these neutron stars must have formed recently
via AIC.

Observational support for the AIC model is found in the distribution of LMXBs in the
Galaxy (Fig. 8.1). While the massive X-ray binaries are clearly a disk population, being
concentrated close to the galactic plane ({|b|) = 3°2) and spread along the galactic equator,
the LMXBs are concentrated towards the bulge and have a wider latitude distribution
((|6]) = 7°0). These characteristics suggest they belong to an old population, which is
allowed (but not demanded) by the AIC model. Support for this was found by a study
of the kinematics of disk! LMXBs by Cowley et al. (1987). They found that the LMXBs
have a large velocity dispersion and a small galactic rotation, again suggesting that they

represent an old population.

However, there are serious problems with the AIC hypothesis. First, the conditions
required for collapse are very stringent. Most accreting white dwarfs, in cataclysmic vari-
ables, appear to be being eroded in mass with each outburst rather than gaining mass.
Theoretical calculations indicate that only very massive white dwarfs just below the Chan-
drasekhar limit and accreting at very high rates (M 2 107 Mg yr~!) will grow in mass,
and therefore be candidates for AIC. However, the existence of such white dwarfs has yet
to be demonstrated. The recurrent novae were considered to be the best candidates for
such objects, but spectroscopy of the recurrent nova U Sco (Johnston & Kulkarni 19921)
put an upper limit of 0.9 My on the mass of the white dwarf in this system. Thus no good

candidates for the massive white dwarfs needed for AIC have yet been found.

Furthermore, there are philosophical objections to the AIC formation mechanism for
the neutron stars in LMXBs. The low mass black hole binaries, such as A0620-00, cannot
have formed via this route. The lower limit for the mass of the black hole in this system is
3.3 Mg, and so it clearly cannot have been formed by accretion onto a 1.4 Mg white dwarf
from a companion with mass £ 1 Mg. Under the AIC model, such a system requires a
completely different mechanism, either the direct formation of the black hole, or possibly
triple star evolution, where the current low mass secondary was originally the distant third
star orbiting around a massive, close binary (Eggleton & Verbunt 1986). The direct forma-
tion model, on the other hand, can encompass systems like A0620-00 by a straightforward

extension to higher mass progenitors.

T A confusing turn of phrase, but one we will use to distinguish the LMXBs under discussion
from globular cluster LMXBs, whose formation mechanism is probably entirely different, due
to the efficacy of tidal capture in clusters.

1 See Chapter 7.
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Secondly, one of the motivations for the AIC model was the need to explain apparently
young neutron stars in old binaries, in the light of the belief that pulsar magnetic fields
decay with age. This belief arose from population studies of galactic pulsars, where the
spindown age, dependent on the magnetic field, was much older than the “kinematic age”
as measured by the height above the disk (see Bhattacharya 1989 for a review). However,
as the velocities of more pulsars have been measured, the discrepancy between these ages
has essentially disappeared. New statistical studies favor models without field decay (Bailes
1989; Bhattacharya et al. 1991). In addition, Her X-1, one of the prototypical examples
for a neutron star formed by AIC, is at such a large distance from the galactic plane that
Verbunt et al. (1990) concluded that the neutron star must have formed from a massive
progenitor, acquiring a large velocity from the mass loss associated with the supernova

explosion.

Thus the evidence in favor of an AIC origin for the neutron stars in LMXBs appears
to rest on their sky distribution and their kinematics. However, the kinematics analysis
(Cowley et al. 1987, 1988) was based on a modest number of velocity determinations, quite
a few of which are unreliable (see § 8.3). Here we explore the possibility that both the
kinematics and sky distribution could be consistent with the direct formation model. In
§ 8.2, we present the results of a program to increase the number of disk LMXBs with
measured radial velocities. We have observed a total of nine objects, and present new
velocities for seven of them. In § 8.3, we present a list of reliable velocities compiled from
the literature. In § 8.4, we discuss the direct formation model in more detail. We present
the results of simulations of supernovae in close binary systems. The results are discussed
in § 8.5.
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8.2 Observations

Spectra were obtained using the Double Spectrograph (Oke & Gunn, 1982) at the
Cassegrain focus of the Hale 5 m telescope, during five observing runs from August 1989
to August 1991. A complete log of observations is shown in Table 8.1. A variety of
instrumental setups was used, resulting in dispersion ranging from ~ 12 A to ~ 1.1 A;
our preferred setup resulted in a resolution of 4 A in the blue camera, and 3 A in the red
camera. A total of nine objects was observed at least twice, in order to remove the effects of
the orbital motion. Exposure times were 1800s or (in some cases) 2400s. As we were only

interested in velocities, a narrow slit (1”) was used, and the data were not flux-calibrated.

The data were reduced using the FIGARO data reduction package (Shortridge 1986).
Wayvelength calibration was done by fitting a 3rd order polynomial to the comparison arc
lines obtained immediately after the object exposure. Comparison of arcs taken for different
objects show that the instrument is extremely stable, with shifts typically less than 0.2

pixels, so instrument flexure is not a problem.

Velocities were obtained by either using cross-correlation with a radial velocity stan-
dard, or by profile fits to the emission lines. In the former case, the data were binned onto
a logarithmic scale, a low order polynomial fit to the continuum was subtracted, and the
spectra were apodized with a cosine bell covering 10% of the spectrum. The position of the
correlation peak was measured by fitting a parabola to the central 5 pixels of the highest
peak, and the error determined using the technique of Tonry & Davis (1979). For the emis-
sion lines, the spectrum was normalized by a 7th order polynomial fit to the continuum.
The center of the emission line was then determined using Gaussian fits to all emission
lines present. The errors quoted are formal errors of the fit assuming Poisson errors on the

object spectrum.

8.3.1 Reliability of the velocities

There are many observational problems associated with measuring the radial velocities
of these objects. All the objects are faint, typically my & 18. In some cases the only
observable features were in emission, and velocities measured from emission lines are sus-
ceptible to many effects which distort the velocity, such as outflows, asymmetries of the line
due to disk structure, etc. In addition, we know a priori that all these objects are binary,
and we therefore expect the velocities to be contaminated by the binary motion. Where
we have enough data, we performed a sinusoidal fit to our measured velocities using the
known orbital period; our only other recourse is to average a sufficient number of spectra

that the orbital motion is taken out.
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In particular, at least one object (AC211 in M15) shows large velocity differences
between the He II A\4686 emission line, which has a base approximately at rest with respect
to the :ster and a peak redshifted by ~ +100kms~!, and the He I A4471 absorption
line, which has a velocity of ~ —150kms~! with respect to the cluster (Naylor et al.
1988). Naylor & Charles (1989) argue that the latter represents the true velocity of the
object; Bailyn, Garcia & Grindlay (1989) argue that the absorption lines arise in an outflow
from the outer Lagrangian point. If other LMXBs show similar discrepancies, then using
emission lines to derive the space velocity of the system could give completely erroneous
results. However, as no other LMXBs with measured absorption and emission line velocities
show such a discrepancy (the apparent discrepancy in Cen X-4 found by Cowley et al. 1988
having disappeared on further analysis by McClintock & Remillard 1990), and since Naylor
et al. did not present a full orbital solution for the emission lines, we will reserve judgement

on this issueT.

Variations in =y, the systemic velocity, have also been seen in some cataclysmic variables,
notably the SU UMa class of dwarf novae. Z Cha shows narrow Balmer absorption whose
~v-velocity varies by 200 km s~ from the systemic velocity during supermaximum; WZ Sge
showed a similar effect during outburst (Vogt 1981). In these cases, the dynamics of the
system are better understood, and the absorption can be modelled as arising in material

moving in non-circular orbits around the primary.

8.3.2 Individual objects

Representative spectra of the objects are shown in Figure 8.2. Here we discuss features

of individual objects.

e X0042+327. — The optical identification of this object is uncertain (Charles et al.
1978). No emission lines were seen in the spectrum; absorption lines consistent with
the spectrum of a G0-G8 star (Ca H and K, Hy, Hé) are seen. The velocities are
based on cross-correlation with a dG8 radial velocity standard. The two determined

velocities (from 1989 and 1991) were very different, and so no average velocity is given.

o X0142+614. — No lines were seen in these spectra, therefore no velocity could be

determined.

o X0614+091 = V1055 Ort — The C III/N III blend (~ A4640) is clearly visible. No
other identifiable features are present, so since the shape of this blend is highly variable

(e.g., Canizares, McClintock & Grindlay 1979), no velocity can be measured.

1 It is conceivable that U Sco represents another case (see Chapter 7, § 7.4). Higher quality data
are needed to resolve this.
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o X1728-169 = GX9+9 — The optical counterpart of this object is the southern compo-
nent of a close triple (Schaefer 1990); the triple is labelled as star DMB in the finding

chart of Doxsey et al. (1977). Our spectra show He II and He in emission.

o X1813-140 = GX17+2 — The identification of this object with the X-ray binary is
made on the grounds of coincidence with a VLA radio position (Hjellming & Wade
1971; Braes & Miley 1973). No emission lines are seen in our spectra, which show
strong Ca H and K lines, the Na D line, and other features typical of dwarf G stars.

Thus the association of this object with the X-ray source is doubtful.

o X1837+049 = Ser X-1 — Variable, weak He II emission is seen in this object, as well
as the A4640 blend.

o X1908+005 = Aql X-1 — Variable He 11, Ha, HZ and the A4640 blend are seen.

e X1916-053 — The optical counterpart of this object is a 22nd magnitude star right
next to a much brighter object (Walter et al. 1982). A single spectrum of this object

showed no identifiable features.
o X1957+115 — We see He II and A4640 emission, as well as HS in a single spectrum.

o X2129+47 = V1727 Cyg — This object showed A4640 and He II emission during
outburst (Thorstensen et al. 1979), but has shown no emission since (Thorstensen et al.
1988). The quiescent spectrum also resembles a late F star, instead of the expected low-
mass dwarf. Chevalier (1989) suggests the optical counterpart is either an interloper
along the line of sight, or is possibly the third star in a triple system. Our spectra show

strong Ca H & K and hydrogen absorption features of the F star.

Table 8.1 shows our observed velocities, together with the features which were used to

determine them.
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8.3 A definitive list of LMXB velocities

In Table 8.2 we collect together a list of radial velocities for LMXBs that we consider
reliable. The measurements for individual objects are discussed below. Our criteria were
strict, demanding a full orbital solution so that the systemic velocity is well determined.
Thus, in the light of the sparse data available, we will not use the velocities determined in
this work for X0042+4327, GX9+9, GX17+2 or Ser X-1. Nor will we include the velocities
determined by Cowley et al. (1987) and Cowley et al. (1988) for the following objects:
X1254-690, X1627-673, X1636-536, X1755-338. Several of their velocities were based on

sparse data, and turned out to be inconsistent with later, more detailed studies.

o X0748-676 — X0748-676 was discovered as a bright X-ray nova by EXOSAT in Febru-
ary 1985. Crampton et al. (1986) measured a velocity of v = +20 + 64kms~! using
the He IT A4686 line, from spectra taken one month after outburst. The distance was

derived from the X-ray luminosity.

o X(0921-630 — The optical counterpart of this object shows emission lines of He II
24686, HG, the C II/N III blend at A4640, and some of the higher Balmer lines.
Cowley et al. (1982b) measured v = 52+ 8kms~! using the base of the He II emission

line, and determined a distance of 7kpc from the absolute magnitude of the companion.

o X1455-314 = Cen X-4 — Cen X-4 has been observed twice as an X-ray nova, in 1969
and 1979. McClintock & Remillard (1990) observed late-type absorption lines in the
quiescent spectrum, as well as emission lines of Ha, HB and He II. They measured
a systemic velocity of v = 137 £ 17kms™! from the absorption lines, and deduced a

distance of 1.2 kpc from the X-ray luminosity.

o X1516-569 = Cir X-1 — Cir X-1 has been argued to be associated with the nearby
(~ 25' distant) supernova remnant G321.9-0.3 (Clark, Parkinson & Caswell 1975).
Nicolson, Feast & Glass (1980) measured a high velocity for the Ha emission, v = 240+
15km s~!, supporting this theory; from the X-ray luminosity as well as HI absorption,
Goss & Mebold (1977) determined a distance to the source of 9 kpc.

e X1556-605 — Emission lines of He II A4686 and Ha are seen in this source; Motch
et al. measured v = 295 + 25km s~!, very different from the v = —24 km s~ measured
earlier by Cowley et al. (1987). The distance is estimated to be ~ 10 kpc from the total

X-ray luminosity.

o X1617-155 = Sco X-1 — The first non-solar X-ray source discovered, Sco X-1 is as-

sociated with a 12th magnitude blue emission-line star. Lines of He II, the hydrogen
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Balmer series, and some metallic lines are seen: from the motion of the He II line,
Cowley & Crampton (1975) measured v = —139 &+ 3kms~!. The distance is poorly
known: while many workers assume d ~ 500 pc, Penninx (1989) argues it is more likely
to be d = 2kpc.

X1656+354 = Her X-1— Hutchings et al. (1985) measured v = —~57 + 6 km s~! using
the Balmer lines, Ca II and He I in absorption. Thomas, Schmidt & Schoermbs (1986)

estimated the distance to be 5kpc from the optical luminosity.

X1659-487 = GX339-4 — Cowley, Crampton & Hutchings (1987) measured the veloc-
ity from emission lines of He II, He I and the Balmer lines to be v = 20£10kms~!, and
estimated a distance of 4 kpc from the X-ray luminosity and reddening. This object is
a black hole candidate, but pending confirmation of the mass of the primary we have

included it in our list.

X1702-429 = GX349+02 — Penninx & Augusteijn (1991) identified the optical coun-
terpart of this source as an 18th magnitude star, and measured v = —310 £+ 30 kms™!
from the velocity of the Ha line. The distance, estimated from the X-ray and UV
brightness, is 9.2 kpc (Penninx 1989).

X1728-247 = GX1+4 — Davidsen, Malina & Bowyer (1977) found the optical coun-
terpart of GX144 to be a symbiotic star, and measured v = —100 % 50 kms~!. The
spectral type of the companion and the extinction imply a distance of 8.5kpc, which

would put the object at the Galactic center.

X1735-444 — Smale & Corbet (1991), from a detailed study of the Ha emission line,
measured v = —1524+20km s™!, very different from the —254 km s~! derived by Cowley
et al. (1988). The distance, from X-ray properties, is taken to be 1kpc.

X1822-371 — Measurements of the broad He II A4686 line by Cowley, Crampton &
Hutchings (1982a) give v = —91 & 8 kms~!; spectrophotometry indicates d = 9kpc
(Mason et al. 1982).

X1908+005 = Aql X-1 — Chevalier & Tlovaisky (1991) recently discovered a 19 h orbital
period for this system; we fit a sine curve of this period to our six data points, and
found v = 148 + 16 kms™!, with a velocity semi-amplitude K = 53 £ 25kms™! (very
uncertain because of the small number of points). Thorstensen, Charles & Bowyer

(1978) give a distance of 2.5 kpc from the spectral type of the companion.
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o X1957+115 — We derive a velocity v = —285 £+ 23kms~! for this system, by fitting
a sine wave to the eight velocities listed in Table 8.1; the velocity semi-amplitude is
K =106 + 29kms™!. Margon, Thorstensen & Bowyer (1978) estimate a distance of

7kpc from the properties of the companion.

o X2142+380 = Cyg X-2 — This object shows hydrogen Ca Il and metals in absorption,
as well as He II, H3 and some other Balmer lines in emission. Cowley, Crampton &
Hutchings (1979) derived v = —222 + 2kms™! using both emission and absorption

feaures; the spectral type of the companion indicates a distance of 7.9 kpc.

The list of velocities and periods given in Table 8.2 forms the input for our study of the
kinematics of these objects. In Figure 8.3, we plot the observed radial velocities projected
onto the galactic plane. Clearly their motion is not simple galactic rotation. In the next
section, we describe in detail the direct formation model for the formation of LMXBs. Qur
goal is to see if the observed kinematics and distribution of these objects, even though

un-disklike, could be consistent with a Population I origin.
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8.4 The direct formation model for LMXB formation
8.4.1 Common envelope evolution

It is now widely accepted that cataclysmic variables (CVs), close binary systems consist-
ing of a white dwarf and a mass-transferring companion in orbits with periods P ~ 0.1-14d,
are the outcome of common envelope evolution. The initial binary is wide, with orbital
periods of order 102 — 10* d. The primary evolves to fill its Roche lobe, and begins transfer-
ring matter onto the companion. Since mass transfer is from the heavier star to the lighter
star, this quickly becomes a runaway process. The giant’s envelope engulfs the companion,
and a common envelope is formed. Each embedded star feels a frictional drag from the
envelope, which extracts energy from the binary and imparts it to the envelope, so the two

stars spiral together. The energy lost in the spiral-in is

GM.M, + GM M,

Ao, = — 2ay 2a;

(8.2)
where M, and M, are the initial masses of the primary and secondary, M, is the mass of
the final core of the primary, and a; and ay are the initial and final orbital separations. We

can write the initial binding energy of the envelope as (Webbink 1992)

_ GMM,
E=-55 (8.3)

where M, = M; — M, is the mass of the envelope, 1, is the Roche lobe radius of the initial
giant, and A is a measure of the degree of central concentration of the envelope. Then if the
orbital energy is transferred to the envelope with some efficiency a, we can use equations
(8.3) and (8.2) to estimate the final orbital parameters. For example, consider a 10 Mg
primary in a 500 R orbit with a 0.5 Mg companion evolving to a 1.4 Mg neutron star.
If we take A ~ 1 and @ ~ 0.5, then the final binary will have orbital separation 5 Rg,

corresponding to an orbital period of 099.

The duration of the common envelope phase is short, typically ~ 10y (Hjellming &
Taam 1991), and neither star accretes a significant amount of mass during this phase. The
resulting system consists of the degenerate core of the primary plus the secondary in a
tight orbit. When the secondary overflows its Roche lobe, either due to evolution or loss of

angular momentum, the binary becomes visible as a CV.

The scenario for forming the neutron star in LMXBs is similar, except that the neutron
star is formed after the ejection of the envelope. The core of a massive (~ 8 — 12 M) star
is exposed by common envelope evolution. The helium core has mass & 3 Mg, and the

carbon-oxygen core produced by helium burning has a mass above the Chandrasekhar
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limit (van den Heuvel 1981). This core collapses violently to a neutron star, which we

assume to have a mass M, = 1.4 Mg, expelling the remainder of the mass in a shell.

Note that the conditions for forming a visible LMXB after the spiral-in phase are very
stringent. The initial orbital separation a; must be large enough that the primary does not
fill its Roche lobe until the core has had time to grow to ~ 3 Mg, or it will not form a
neutron star. This means the orbit must be wide enough to accommodate the primary while
it is on the giant branch, ¢; 2 300 Rg. Conversely, a; must not be so large that the primary
never fills its Roche lobe and initiates the common envelope phase: a; < 1000 Rgy. The
initial orbit must have enough energy to expel the envelope, a condition which depends
on the initial masses and separation, but also on the envelope concentration A and the
efficiency of the ejection a (eqns. [8.2] and [8.3]). Additionally, if the final system is to be
stable while the secondary is transferring mass to the newly-formed neutron star, the mass
of the secondary must not be higher than the mass of the compact remnant: M; < 1.4 Mg,
which constrains the initial mass ratio ¢ = M,/M; < 0.14 (Webbink 1992). Thus there is a
very narrow range of initial binaries that can lead to LMXBs in this model. On the other
hand, the birthrate of disk LMXBs is very low (~ 10~7y~!) so a very rare scenario will

suffice.

Because typically less than half of the mass of the system is lost (3 Mg + 0.5 Mg —
1.4 Mg + 0.5 Mg), the system will remain bound. The binary as a whole will receive a
large velocity as a result of the mass loss:

M; - M,

—mvl (84)

Vg =

where My and M, are the initial (post-common envelope phase) masses of the primary and
secondary, M, = M; — AM is the mass of the compact remnant, and v, and v, are the
initial orbital velocity of the primary and final system velocity (in the rest frame of the
initial binary). Thus for the system above, if M. = 1.4 Mg, the binary after the supernova
explosion has a velocity 84% of the original velocity of the primary; for a 0.5d initial orbit,

v1 = 60kms~! so v, = 50kms~1.

Thus mass loss alone will produce substantial system velocities for tight binaries. How-
ever, there is growing evidence that neutron stars may at birth receive an additional “kick”
in a random direction, presumably arising from a small (~ 1%) asymmetry in the core
collapse. Field pulsars have velocities of up to several hundred kilometers per second (An-
derson & Lyne 1983; Cordes 1986). Several authors have suggested that these velocities
are due to the orbital motion of the neutron star progenitor in a binary which is disrupted

by the supernova explosion. However, Dewey & Cordes (1987), in a detailed Monte Carlo
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simulation of the observed pulsar population, concluded that the observed velocities cannot
be explained only by the breakup of binaries, and require an additional kick at the birth of
the neutron star of order 100 km s~!. Bailes (1989) found that this model also reproduces
the observed velocity-magnetic moment correlation. Such a kick had also been postulated

earlier from a study of pulsar scale heights (Gunn & Ostriker 1970).
8.4.2 The numerical experiment

Such a kick, imparted to the collapsing core in the proto-LMXB, could account for
the high velocities observed. We performed the following numerical experiment to test
the effect of the mass loss from the binary, with and without an additional kick given to
the neutron star. Our object was to compare the outcome with the observed period and
velocity distribution observed in the disk LMXBs.

We begin with two stars, masses M; and M,, with My > Mj, in a circular orbit with

period P;. The initial orbital separation can then be trivially calculated from Kepler’s law:

The primary then ejects an amount of mass AM = M; — M., and receives a kick velocity
of magnitude v in a random direction. We assume the explosion and ejection of mass is
instantaneous, and neglect the effect of the expelled shell on the secondary. Immediately

after the explosion, the primary (now greatly reduced in mass) is moving at velocity
v = Vv1+ vk, (8.6)
and the secondary is moving at velocity
Vo = Vg = ——=Vy, (8.7)

where v, vo are the center-of-mass velocities of the two stars immediately prior to the
explosion, and the primes denote the values immediately after the explosion. We can then

calculate the velocity of the center of mass of the new system
M.+ Mavy = (M. + M2)vs (8.8)

and the total energy of the system

F =

M (V] - vs)? + My(vh — vs)? B GMCMQ' (8.9)
2 2 a;
If E > 0, the system is unbound. For E < 0, we can calculate the new orbital parameters.

We can also calculate the new angular momentum of the binary. The final orbit is usually
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highly eccentric; we assume it circularizes (conserving angular momentum) before the object
becomes visible as an LMXB. We checked our algorithm by reproducing the results of
Sutantyo (1978) and Bailes (1989).

Since a steep mass function ensures that most progenitors will be at the lowest end
of the mass range, we assume that just prior to the explosion M; = 3 Mg, corresponding
to an initial mass (before spiral-in) M;; ~ 10 Mg. We assume the remnant always has
mass M. = 1.4 Mg, and consider three values for the kick velocity: 0 kms™! (no kick: only
the effect of the mass loss is relevant), 100kms~! and 200kms~1. For each combination
of initial orbital period P; and kick speed vy, we varied 6, the angle between vy and v,
in the orbital plane, between 0° and 180° in steps A(cos§) = 0.1, and ¢, the angle out of
the orbital plane, between 0° and 360° in steps of 20°. The final parameters of all systems

which remained bound were then recorded.

Figure 8.4 shows the results of these calculations. We have assumed M, = 0.5 Mg,
and initial binary periods between 0.03 d and 30d. The filled circles represent the observed
radial velocities and periods of disk LMXBs (Table 8.2), for those systems where both
quantities are known; note that the observed velocities are 1-dimensional velocities, whereas
the calculated velocities are 3-dimensional. Typical values for the systemic velocity after
the supernova explosion are 60 km s~! when no kick is given to the neutron star, 110 kms™!
for a 100 kms™! kick, and 170km s~! for a 200 kms~! kick.

The observed velocities and periods will be altered from their “birth” values in two
ways. The periods of the systems will have evolved after the initial circularization. Since
mass transfer is from the lighter star to the heavier, conservation of angular momentum
drives the system to longer periods; for short period systems, however, the effects of grav-
itational radiation and magnetic braking dominate, causing the period to decrease. The
critical period separating the two cases is on the order of P; ~ 1d, and depends somewhat
on the masses of the two stars (Pylyser & Savonije 1988). This means that the spread in

periods in Figure 8.4 is wider than it was when the systems were born.

Secondly, under the direct formation scenario, the observed velocities also include a
component of galactic rotation. However, the size of this contribution depends on where
they were born, which may be quite far from their current position. At a speed of
100kms™!, the system will travel 1kpc in 107y. So assuming an average lifetime for
these systems of a few times 107 y, we have calculated the minimum and maximum galactic
rotation (using the rotation curve of Clemens 1985) in a circle of radius 3 kpc around the
current position of the X-ray binary (see Fig. 8.3), and subtracted these extreme values

from the observed velocities: this gives the range in birth velocity plotted in Figure 8.4.
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Thus our simulations of the direct formation model predict:

e large systemic velocities, v ~ 100 — 200 km s™!;

e a thick z-distribution, of a few kpc. If the LMXBs have relaxed, then the z scale height
at the solar circle will be about 1kpc, and about a quarter that at the Galactic center
(see, e.g. Paczynski 1990). If the LMXBs as a system have not relaxed, then their scale
height will be correspondingly larger; and

e orbital periods in the range 0.01 — 100d.

Figure 8.5 shows the histogram of observed velocities, corrected for galactic rotation.
The mean one-dimensional velocity has magnitude around 100kms™!, with a long tail.
This can be compared to the observed velocities of pulsars, which have a mean velocity of
200kms~!. In this model, these pulsars represent neutron stars which have escaped from
binary systems at birth with a kick on the order of 100 — 200 kms~! (Dewey & Cordes

1987); thus we expect them to have a higher mean velocity.

The z-distribution of the LMXBs has a mean thickness of 0.8kpc (Fig. 8.6). Thus
the observational data, though extremely sparse, are in qualitative agreement with the

predictions of the direct formation model.
8.4.3 Solar motion solutions

Cowley et al. (1987) found a solar motion relative to the LMXBs of U = —66 +
43kms~!, compared with U = —180 £ 40kms~! for metal-poor globular clusters (using
velocities from Harris & Racine 1979; Cowley et al. find U = —225+45), and U ~ 15kms™!
for local disk stars (Mihalas & Binney 1981, Table 6-3). Here U is the linear velocity of the
sun in the direction of galactic rotation with respect to these objects, and is the quantity
denoted v, by Mihalas & Binney. Cowley et al. concluded that the LMXBs represent an
intermediate population (“Pop. 1.5”) between the classical halo population, as represented

by the metal-poor clusters, and the disk population.

We repeated this analysis for our revised list of velocities. Following Kinman (1959),
the motion with respect to the sun of an object at galactic coordinates (I,b) with radial
velocity v, is

Ucos A=, (8.10)

where A is the angle between the direction to the cluster and the direction of solar motion
(assumed to be at right angles to the galactic center and in the galactic plane): cos A =
sinlcosb. For the fifteen objects listed in Table 8.2, we find U = —148 + 64kms~!. Thus
the disk LMXBs do appear to be rotating less than classical disk populations. However,
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this difference is probably not significant, as the number of objects is so small (15). For
comparison, we selected the fifteen globular clusters nearest to the LMXBs in [/ and b,
and repeated the velocity analysis; the measured value of U dropped from —180kms™! to
~51 £ 22kms~1. As another test, we drew samples of 15 objects from model populations
of objects with disk rotation plus a random velocity of 200 km s~1; while the whole sample
had U = —22 + 13kms™!, 8% of the samples had |U| 2 120kms™!.
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8.5 Discussion

It appears, then, that the direct formation scenario can reproduce many of the prop-
erties of the observed LMXB population, with the inclusion of velocity kicks on the order
of 100 — 200 kms™!, values which are independently indicated by pulsar statistics. The
observations are not consistent with AIC formation of the neutron stars in these binaries
if they are born in the disk and receive no velocity kick at birth. However, if AIC involves
a kick, or if the LMXBs are not disk objects but are part of an old population, then the
observations cannot distinguish between these scenarios and the direct formation model.
The kinematics and distribution of the LMXBs have been taken to mean that they belong
to an old population. While the data are consistent with this interpretation, we consider
this far from proven. Thus (in the absence of kicks during AIC — see below) the high
velocities of LMXBs could either represent velocities given to the neutron stars at birth in

the disk, or could represent primordial velocities of halo objects.

Due to the paucity of observational data, as well as unknown evolutionary effects
that operate after the supernova explosion, it is virtually impossible to make more precise
statements about the degree of correspondence between the direct formation model and
the data. Unfortunately, these data will not improve substantially over what is presented
here: there are far too few LMXBs with optical counterparts; the ones that exist are faint;

and we can only measure one component of the velocity.

If the direct formation scenario is true, then the formation of LMXBs is part of a
continuum, lying between CVs and the low-mass black hole binaries such as A0620-00.
The white dwarf in a CV is formed by the spiral-in process, being just the stripped core
of the giant star, and does not require a further explosion. Thus the CVs should not have
acquired a large velocity at birth, and CVs should be found close to the plane. In Figure 8.6,
we plot the height above the plane z for CVs with known distances (from Berriman 1987),
as well as the same quantity for LMXBs.

The black hole binaries should also be found closer to the plane than the LMXBs, as
they do not receive an asymmetric kick at birth: thus the only velocity they acquire is
due to mass loss. Figure 8.1c shows the galactic distribution of the five good black hole

candidates.

Because AIC does not impart a large velocity to the system (eq. [8.1] ), the formation
of an LMXB by common-envelope evolution followed by collapse of the white dwarf would
leave the system close to its starting place. Of course, if the kicks being posited in the
explosive formation of neutron stars also occur in their AIC formation, then we can say

nothing about the origins of the systems we see based only on their kinematics. However,



162

one of the motivations for the introduction of the AIC model was that it did not produce
high velocities. Bailyn & Grindlay (1990) argue that the fraction of newly-born neutron
stars retained by a typical globular cluster is so low (< 15%) that the cluster is almost
certainly disrupted by the mass loss associated with the supernova explosions. They thus
suggest AIC as an alternative hypothesis, as the fraction of (slow-moving) neutron stars
retained by the cluster will be much higher. Helfand et al. (1983) also suggested the lack of
a velocity kick as an attractive feature of the AIC model for explaining the wide low-mass

binary pulsars. If AIC is also associated with a kick, this argument is no longer valid.

The spread of LMXBs away from the plane is thus adequately explained in this model.
The concentration towards the bulge, on the other hand, is not predicted by this model.
Figure 8.7 shows the cumulative distribution of |{|, for LMXBs (solid line) and for three
Gaussian disk models with different scale radii. Clearly even the best fitting disk model
(with Ro = 6kpc) has an excess of sources towards the bulge. Future work should perhaps
consider the kinematics of a population given large random velocities in this manner while
in the galactic gravitational potential, to see if the concentration towards the bulge can be

reproduced.

We would like to thank Frank Verbunt and Ed van den Heuvel for helpful discussions
during this work. This research has made use of the Simbad database, operated at CDS,

Strasbourg, France.
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Table 8.1. New velocity measurements

Resolution (A)  Heliocentric  Lines

Object UT Date Blue Red velocity (km/s) measured
X0042+327 1989 Aug 28.378 4.2 12.2 2139 dG abs. in blue
1991 Aug 7.454 4.2 3.1 —146 £+ 44
X0614+091 1989 Nov 19.353 4.2 12.2 - C III/N III A4640 blend

GX9+9 1991 Aug 8.210 4.2 3.1 42 + 53 He II, Ha
1991 Aug 9.212 4.2 3.1 45 + 36
3.1

1991 Aug 9.235 4.2 -30 £ 39
GX17+4+2 1990 Jul 17.317 4.2 12.2 58 + 33 dG abs.
1990 Jul 19.302 2.2 1.6 -10 £ 34
1991 Aug 7.251 4.2 3.1 -2+33
1991 Aug 9.263 4.2 3.1 -19 £33

Ser X-1 1991 Aug 7.288 4.2 3.1 46 £ 41 He IT
1991 Aug 8.245 4.2 3.1 —86 £ 55
3.1

1991 Aug 9.296 4.2 1+ 60
Aql X-1 1989 Aug 29.278 4.2 12.2 195+ 37 He II, Ha, Hp
1990 Jun 22.425 4.2 12.2 91+ 60
1990 Jul 17.357 4.2 12.2 196 + 47
1991 Aug 8.274 4.2 3.1 135+ 22
1991 Aug 8.301 4.2 3.1 132 + 32
1991 Aug 9.333 4.2 3.1 115+ 31
X19574+115 1989 Aug 29.306 4.2 12.2 -268 £ 58 Hell
1990 Jun 22.459 4.2 12.2 -365 £ 50
1990 Jul 17.391 4.2 12.2 —-260 + 39
1990 Jul 19.438 2.2 1.6 —205 £ 36
1991 Aug 8.345 4.2 3.1 —281 £ 42
1991 Aug 8.407 4.2 3.1 —58 £ 48
1991 Aug 9.360 4.2 3.1 —470 £ 55
1991 Aug 9.421 4.2 3.1 —-408 £ 70
V1727 Cyg 1990 Jul 17.419 4.2 12.2 86 + 35 F abs.
1990 Jul 18463 1.1 1.6 9+10
1990 Jul 19.403 2.2 1.6 -8+ 21
1990 Jul 19.472 2.2 1.6 17+£19
1991 Aug 7.415 4.2 3.1 -3 +28
1991 Aug 7.485 4.2 3.1 -60 £ 27
1991 Aug 8375 4.2 3.1 -63 £33
1991 Aug 8.438 4.2 3.1 -85+ 31
1991 Aug 9.391 4.2 3.1 —107 £ 29
1991 Aug 9.435 4.2 3.1 —-78 £ 29
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Table 8.2. Radial velocities of disk LMXBs

l b Orbital Heliocentric ~ Distance
Object (®) (°) period (d) velocity (km/s) (kpc) Reference
0748-676 280.0 -19.8 0.159 +20 £ 64 6 7
0921-630 2818 -9.3 8.99 +52+8 85 5
1455-314 = Cen X-4 332.2 +23.9 0.629 +137 £ 17 1.2 13
1516-569 = Cir X-1 322.1 0.0 16.6 +230 £ 15 8 9,15
1556-605 324.1 -5.9 e +295 + 25 10 14
1617-155 = Sco X-1 359.1 +23.8 0.788 —-145+3 2 2,16
16564354 = Her X-1 58.2 +37.5 1.7 -57+6 5 10,19
1659-487 = GX339-4 3389 4.3 0.618 20410 4 6
1702-429 = GX349+02 349.1 +42.7 . -310 £ 30 9 16,17
1728-247 = GX1+4 1.9 +4.8  304. -100 £ 50 10 8
1735-444 346.1 -7.0 0.194 —-152+ 20 1 18
1822-371 356.9 -11.3 0.232 -91 9 4,12
19084005 = Aql X-1 35.7 4.1 0.791 +148 + 16 2.5 1,20,21
19574115 51.3 -9.3 0.389 —277 £ 48 7 11,21
21424380 = Cyg X-2 87.3 -11.3 9.842 —-222+2 8 3

Table 8.2 — Periods, distances and radial velocities of disk LMXBs. Periods are from Lewin
& van Paradijs (1992), except for Aql X-1 (ref. [1]); the references in column 5 are to the following
list.

1. Chevalier & Ilovaisky 1991 12. Mason et al. 1982

2. Cowley & Crampton 1975 13. McClintock & Remillard 1990

3. Cowley, Crampton & Hutchings 1979 14. Motch et al. 1989

4. Cowley, Crampton & Hutchings 1982a 15. Nicolson et al. 1980

5. Cowley, Crampton & Hutchings 19825 16. Penninx 1989

6. Cowley, Crampton & Hutchings 1987 17. Penninx & Augusteijn 1991

7. Crampton et al. 1986 18. Smale & Corbet 1991

8. Davidsen, Malina & Bowyer 1977 19. Thomas, Schmidt & Schoermbs 1986
9. Goss & Mebold 1977 20. Thorstensen, Charles & Bowyer 1978
10. Hutchings et al. 1985 21. This work

11. Margon, Thorstensen & Bowyer 1978
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Figure captions

Figure 8.1 — Galactic distribution of X-ray binaries: (a) Massive X-ray binaries. (b)
Low mass X-ray binaries. (c¢) Black hole candidates (A0620-00, GS2000+25, GS2023+4338,
Cyg X-1, GX339-4). Data from Lewi:. & van Paradijs 1992. Note that the Magellanic
Clouds are very clear in the distribution of HMXBs.

Figure 8.2 — Spectra of the sources observed in this program. (a) X0042+327. (b)
X0614+091. (c) X1728-169 = GX9+9. (d) GX9+9, red spectrum. (e) X1813-140 =
GX17+2. (f) X1837+049 = Ser X-1. (g) X1908+005 = Agl X-1. (h) Agl X-1, red
spectrum. (i) X1957+115. (j) X1957+115, red spectrum. (k) X2129+47 = V1727 Cyg.
(1) V1727 Cyg, red spectrum.

Figure 8.3 — Measured radial velocities (from this work and the literature) of “disk”
LMXBs, projected onto the Galactic plane. The dashed circle represents the solar circle;
for each LMXB, the symbol is plotted at its galactic position, and the vector represents the
heliocentric velocity of the object, pointing away from the Sun (symbol @) for a redshift.
For a single source (X0748-676), we have indicated the 3kpc circle which represents the
distance the binary could have moved at a speed of 100kms™! in 107y (see text). The
arrow at the right represents the solar galactic rotation.

Figure 8.4 — Median speed of the binary after the supernova explosion as a function of
final orbital period, compared with the observed LMXBs (filled circles; Table 8.2). Three
different values for the kick velocity were used: Okms™! (dot-dashed line), 100 kms™!
(dashed line) and 200 kms™! (solid line). The thin error bar at the left edge represents
the range of velocities for vy = 200kms~!. The vertical bars on the filled circles represent
a range of galactic rotation corrections, assuming the binary was born within 3kpc of its
current location.

Figure 8.5 — Histogram of the observed velocities of LMXBs, corrected for Galactic rota-
tion. A range of corrections has been used, corresponding to a range of initial birthplaces,
as in Fig. 8.4; each object velocity was distributed over several bins corresponding to this

range in velocities.

Figure 8.6 — Height above the plane for (a) Cataclysmic variables; (b) LMXBs. CV
data is from Berriman (1987); most of his distances are uncertain by a factor of 2, but that
is not enough to explain the discrepancy between the two classes of objects. Note also that
the CVs do not form a complete sample.

Figure 8.7 — Cumulative histogram of the longitudinal distribution of LMXBs (solid
line), compared to Gaussian distributions. Three values of the scale length Ry are shown:
Ry = 8kpc (dashed line), Ry = 6 kpc (dot-dashed line), and Ro = 4kpc (dotted line). Note
the excess of LMXBs over the number expected in a disk model at small |I|, towards the
Galactic bulge.
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Figure 8.1
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Figure 8.2a & b
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Figure 8.2 c & d
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Figure 8.2 e & f
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Figure 8.2 g & h
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Figure 8.2 1 & j
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Figure 8.2 k & 1
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Figure 8.3
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Figure 8.4
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Velocity corrected for Galactic rotation (km/s)
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Figure 8.6
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I am a poure dyvel, and my name ys Tytyvyllus. ..

I muste eche day ...brynge my master a thousand pokes
full of faylynges, and of neglygences in syllables and wordes.
— The Myrroure of our Ladye (c. 1475 - 1530)



