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ABSTRACT

Photoelectric and photographic spectrophotometry
have been utilized to infer some of the properties of the
nuclear regions of eight Seyfert galaxies and two additional
objects displaying somewhat more normal spectra. The obser-
vations were principally made during 1966 and 1967 and
cover much of the region between 33002 and 10,0003. For
each of the objects, absolute continuous energy distributions
are obtained. In addition, the relative and absolute
emission-line intensities and profiles were derived from
the observational data. It is found that the emission-line
profiles, and the profiles of the Balmer line cores can be
consistently interpreted in terms of mass-motions and/ox
turbulence within the emitting regions. The wings of the
Balmer lines are difficult to interpret in this fashion
and evidence is presented which indicates that the relevant
broadening mechanism is électron scattering. This process
requires that the emission nuclei possess significant
optical depth in the Balmer lines. The anomalously steep
Balmer decrements which are observed, as well as the
presence of the Balmer wings, may also be consistent with
such optical depth. BAbsorption lines seem to be extremely
weak, or absent, in the nuclear spectra and the continuous

energy distributions bear little resemblance to those of



normal nuclei. The presence of a relatively flat non-
thermal component to the observed spectrum is indicated.
Approximate forms for these non-thermal spectra are derived
from the observational data and auxiliary calculations. It
is found that this non-thermal flux constitutes a large
part of the blue and ultraviolet fluxes observed in the
Seyfert nuclei. It is this component which is responsible
for the unusually blue colors of these objects and for the
weakness of the absorption lines. This non-thermal compo-
rent may also be responsible for the observed wide ranges of
ionization. Rough calculations indicate that sufficient
ionizing flux will result from an extrapolation of the
optical non-thermal spectrum to the far ultraviolet.

It is concluded that the Seyfert nuclei are
objects characterized by large internal velocity dispersions,
a sizeable non-thermal component, and significant optical
thickness in the Balmer lines. The levels of ionization
are quite mixed in the line-emitting regions and the source
of this ionization is either synchrotron photons or the
conversion of the kinetic energy of cloud motions into
ionization energy by means of cloud interactions. Of the
two, the former seems the more likely. Finally, the sources
of the excitation are considered, but no clear distinction
between the various mechanisms is possible on the basis of

the available data.
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I. INTRODUCTION

A. General Properties of Seyfert Galaxies

The spectra of many galaxies show one or more
emission features in addition to the usual absorption
spectrum. The most commonly encountered of such emission
features is the A 3727 doublet of blﬂ . Approximately
half of the spiral galaxies observed by Mayall (1939)
showed such emission in the nucleus ©oY the spiral arms.
Page (1952) has noted that those galaxies in which he
observed this @Iﬂ emission also showed Hee in emission.
Galaxies possessing strong and rich emission spectra are,
however, rare. In this latter group are to be found such
objects as the N-type galaxies, some of the compact
galaxies described by Zwicky (1964, 1966), the emission-
line Haro galaxies (Haro 1956, DuPuy 1968), and the Seyfert
galaxies. Some of the quasi-stellar sources may also
belong to the group of emission-line galaxies.

The Seyfert galaxies derive their name from the
work of Carl K. Seyfert (1943) in which the nuclear emission
in six spiral galaxies, NGC1l068, NGC1l275, NGC3516, NGC4051,
NGC4151, and NGC7469, was investigated. The common
characteristics of these objects noted by Seyfert were
(1) the presence of a rich emission spectrum composed of

high excitation lines such as are found in the spectra of



planetary nebulae, (2) the great widths of these emission
lines which, when expressed as Doppler widths, are in
excess of about 1000 km/sec., and (3) the presence of a
stellar, or semi-stellar nucleus contributing a significant
portion of the total optical luminosity of the galaxy. It
should be emphasized that these "Seyfert nuclei" are
distinct features located in the centers of the galactic
nuclei. In general, the nuclear regions of the Seyfert
galaxies appear hormal aside from the presence of this
separate feature. The present observations indicate that
the greater portion of the observed line emission rises
from this Seyfert nucleus.

To the above trio of characteristics should be
added a fourth: The Seyfert galaxies are spirals, usually
with fairly normal-appearing spiral structure. NGC1275
was classified as an elliptical in Seyfert's study and
has since been variously classified as an elliptical,
irregular, or peculiar galaxy. However, Minkowski (1968)
has pointed out that spectra of the regions external to
the Seyfert nucleus of NGC1l275 show an A-type absorption
spectrum, hardly characteristic of elliptical galaxies.
Furthermore, short-exposure direct photographs of this
object show definite indications of spiral structure.
NGC1275 should therefore be regarded as a spiral galaxy

of somewhat peculiar nature. A number of objects have
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since been added to the Seyfert category by various
authors. To the extent that classifications are avail-
able for these objects, all seem to possess spiral
structure.

Six additional objects, NGC2782, NGC3077,
NGC3227, NGC4258, NGC5548, and NGC6814, were listed by
Seyfert as probable Seyfert galaxies but were not in-
vestigated in detail. More recent work (Burbidge,
Burbidge, and Prendergast 1963, Burbidge 1968) has
indicated that NGC2782, NGC3077, NGC4258, and probably
NGC6814, deviate in one or more respects from the
characteristics listed by Seyfert. 1In the cases of
NGC4258 and NGC6814, the present work confirms this
"rejection” on somewhat different grbunds. The remaining
pair of objects, NGC3227 and NGC5548, are found to satisfy
the Seyfert criteria and may be regarded as Seyfert galaxies.

Many of the features characteristic of the spectra
of the Seyfert galaxies were noted at an early date. Fath
(1908) noted the presence of five emission lines in the
spectrum of NGC1068 and Slipher (1917) indicated the great
width of these lines in observing that they appeared as
"discs" rather than as monochromatic images of the slit on
the spectrogram. Campbell and Moore (1918gb) also noted the
presence of emission lines "fully 30 Angstroms wide" in
spectra of NGC1068. The latter authors observed emission

lines of several &xﬁtroms width in NGC4151 as well. Hubble



(1926) reported planetary-like emission lines in the spectra
of NGC4051 as well as in spectra of NGC1l068 and NGC4151.
Detailed descriptions of the emission spectra of NGC1275
and NGC4151 were published by Humason (1932) and Mayall
(1934), respectively. Mayall also observed broad Balmer-
line emission in NGC3516 and NGC7469 (Seyfert 1943).

Following the work of Seyfert, these objects were
largely ignored for over a decade. Interest was renewed
when problems arising from the discovery of the extra-
galactic radio sources directed attention to the occurrence
of energetic events within galaxies (Minkowski 1957).
Further impetus was provided by the appearance of the
enigmatic quasi-stellar sources. The spectra of these
objects often showed broad emission lines. This factor,
together with the stellar appearance of the quasi-stellar
sources, prompted suggestions by Burbidge, Burbidge, and
Sandage (1963) and by Shklovski (1965) of a possible re-
lationship between the Seyfert nuclei and the quasi-stellar
sources.

Most of the attention directed toward the Seyfert
galaxies has been concerned primarily with the inter-
pretation of the emission-line spectra. Woltjer (1959)
attempted to explain the observed line widths by rotation,
hypothesizing the presence of a massive nuclear conden-
sation. Burbidge, Burbidge, and Prendergast (1959, 1963)

examined the rotational properties of NGC1l068 and NGC7469



and placed rather stringent limitations upon the massive-
ness of a nuclear condensation such as that postulated

by Woltjer. As an alternative, it was suggested that the
line widths were a manifestation of the ejection of material
from the nuclear regions, probably as a consequence of the
occurrence of violent events in the nuclei. The basis for
this suggestion was the observation that the velocities
indicated by the line widths were in excess of the

estimated velocities-of-escape for the systems.

One of the difficulties encountered with either
of the above interpretations is the failure to account for
differences in the line widths or profiles. The differences
are most notable in comparing the profiles of the forbidden
lines to those of the Balmer lines, the latter generally
possessing an extensive winglike structure absent from
the forbidden line profiles. (This phenomenon is observed
in all of the Seyfert galaxies with the exceptions of
NGC1068 and NGC3516.) An explanation of these profile dif-
ferences based upon electron scattering was suggested by
Field (1959). Dibai and Pronik (1968) indicated that
stratification of the line-emission regions might account
for the differences in profile.

That the kinematical structure of at least some
Seyfert nuclei is complex is indicated by the work of
Walker (1968a, 1968b) in which detailed spectrographic

studies of the nuclei of NGC1068 and NGC41l51 show the



presence of a system of two or more discrete clouds with
differing line-of-sight motions and differing emission
properties. Somewhat earlier, spectroscopic studies of
NGC1275 indicated a system of streams, or "jets", of
material being ejected from the nuclear regions (Burbidge
and Burbidge 1965).

The line-emission spectra of the Seyfert nuclei
are rather difficult to interpret. One of the problems
is the presence of emission lines arising from ions of a
wide range of ionization potential. The most extreme
instance encountered ig the spectrum of NGC4151 which
shows emission lines of [feXIV] A5303 (Ionization
Potential 355 eV.) and of [0I] (Oke and Sargent, 1968).
The presence of such disparate ions lends weight to
suggestions of strétification, and further suggests the
occurrence of shock phenomena such as encountered in the
solar corona. The latter may be a consequence of
collisions occurring between high velocity clouds. Cal-
culations of relative line intensities based upon such
shock-models show some promise of being applicable to
Seyfert nuclei (cf. Williams and Weymann 1968).

Detailed considerations of the excitation and
ionization mechanisms responsible for the observed
emission spectra have been made by Osterbrock and Parker
(1965) and by Dibai and Pronik (1968). The latter

authors, as mentioned, interpreted the relative line



intensities, and differences in the emission profiles, in
terms of models in which two or three distinct regions

were responsible for the observed emission. These regions
were distinguished by differences in density, temperature,
and internal turbulent velocity. The importance of electron
scattering in forming the wings of the Balmer lines has
been discussed by Oke and Sargent (1968) but certain dif-
ficulties remain in this regard.

One of the largely neglected peculiarities of
the Seyfert emission spectra is the presence of rather
steeper Balmer decrements than those predicted by theory.
The intensity ratio Hg /Hg is particularly anomalous.
Osterbrock and Parker (1965) reported an Hy /Hg ratio:
of about 12.5 in the spectrum of NGC1l068. For the other
Seyfert nuclei, Hy /Hp ratios ranging from about 3.5
(in NGC5548) to about 17 (in NGC3227) are found from the
data of the present study. In comparison, the theoretical
values for Baker~Menzel Cases A and B are somewhat less
than 3 for the temperatures of interest.

At present, the primary sources of ionization
and excitation have not been clearly ascertained. Various
mechanisms including direct thermal excitation by collisions,
excitation by collisions with high energy particles, and
direct radiative excitation as a consequence of large
fluxes beyond the Lyman limit, have been investigated.

Individually, each hypothesized mechanism suffers either



from discrepancies between observed and predicted be-
havior or, more frequently, from the absence of the
relevant observational data. With regard to the funda-
mental energy sources, a number of possibilities have
been considered including cloud collisions (Osterbrock
and Parker, 1965), acceleration of particles by a
magnetic field (Schatzman, 1968), and the occurrence of
supernova within the nuclei (Colgate, 1968). The possi-
bility of stellar collisions has also been considered

as a primary mechanism.

Detailed studies of the continuum properties
of the Seyfert spectra are rather scarce. Broad-band
photoelectric observations have indicated that the
Seyfert nuclei, in comparison to the nuclei of normal
spirals, show an excess of radiation in the ultraviolet
(Osterbrock and Parker 1965, Walker 1968a). Recent
infrared observations by Pacholczyk and Wisniewski (1967),
Pacholczyk and Weymann (1968a) and by Low and Kleinmann
(1968) indicate a similar excess exists at these longer
wavelengths. The presence of optical polarization in
the light of the nuclear regions has been noted for a
number of Seyfert galaxies (Dibai and Shakhovski 1966,
Hagen-Thorn and Dombrovski 1967, Visvanathan 1968). This
polarized component arises from the Seyfert nucleus and
is found to decrease in importance with increasing wave-

length over the region spanned by the usual UBVR filters



(Oke and Visvanathan, 1968). The suggestion that the
source of the polarized component is identical to the
source of the ultraviolet and infrared excesses is a
natural one. Such a suggestion would be considerably
strengthened by the observation of infrared polarization.
of the.galaxies in Seyfert's list, only NGC1l068
(=3C71) and NGC1275 (=3C84) are moderately strong radio
sources. Although it is one of the nearest and brightest
of the Seyfert galaxies, NGC4151 is only a very weak
source in the radio region (Heeschen and Wade, 1964).
The remaining Seyfert galaxies possess little or no
observable radio emission although some relatively strong
radio sources, such as 3C120, have more recently been
added o the Seyfert category.

The moderately strong radio spectrum of NGC1275
is rather complex and possesses a time-varying component
(Dent 1965, Kellermann and Pliny-Toth 1968). 3C120 has
a flat radio spectrum which displays rather extensive
radio variations (Kellermann and Pliny-Toth, 1968). Such
behavior has prompted a search for optical variations.
NGC1068 has been reported to show variations of possibly
one magnitude in a period of about a day (Pacholczyk and
Weymann, 1968a) and the same authors (1968b) have reported
smaller optical variations in NGC4151. Optical variations
have also been reported in some objects which have tenta-

tively been classified as Seyfert galaxies. Included in
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this latter group is 3C120 (Kinman 1968).

Variations in the appearance of the spectra of NGC41l51 and
NGC3516 have been reported by Smith, Weedman, and Morgan
(1968) and by Andrillat (1968), respectively. 1In the case
of NGC4151, the variations can be interpreted as a change
in the continuum level only, the relative emission-line
intensities remaining unchanged. For NGC3516, however,

the reported variations over a twenty-four year interval
are in the appearance of Hg relative to the forbidden lines.
This latter variation is confirmed by the present study

and some evidence for a continuum variation is also
presented. When compared to Seyfert's (1943) observational
material, the data of the present study indicated little
evidence for emission-line variations in NGC1068, NGC1275,
NGC4051, NGC4151, and NGC7469.

A natural consequence of the renewed interest in
the Seyfert galaxies has been the discovery of a number of
objects which have been tentatively classified as Seyfert
galaxies. NGC1566, a southern spiral described by Sersic
(1957) possesses the characteristic Seyfert properties
(devVaucouleurs and deVaucouleurs, 1968). Two Zwicky objects,
IIZw-14 ( 3C120) and IIIZw~2 also display these properties
(Sargent 1967, 1968; Arp 196 ). ZXhachikian (1968) has
classified two Markarian objects, numbers 9 and 10, as
Seyfert galaxies (see also: Arp, Khachikian, Lynds, and

Weedman, 1968). Finally, VV150, of the Voronsov-Vel'yaminov
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catalogue, may also be a Seyfert galaxy (Sargent, 1968).
The classification of some of these objects as Seyfert
galaxies should be regarded as tentative, pending a more
detailed examination of their properties and, of equal
importance, a more precise specification of what is meant
by a Seyfert galaxy. The difficulties encountered in the
classification of emission~line galaxies, particularly

in regard to the latter factor, are discussed below.

B. The Problems of Classification

There exists some disagreement concerning the
subclassification of galaxies with rich emission-line
spectra. The observational distinctions between objects
variously classified as Seyfert, N-type, or compact
galaxies are, in many instances, unclear. Individual
objects have been given various designations, by various
authors, on the basis of differing observational
approaches, techniques, or classification criteria.
Ideally, the assignment of a given object to a given
category should be a function only of the intrinsic
properties of that object and independent of such extraneous
factors as the distance of the object, the instrumental
resolution, or the techniques of the observation. 1In the
present context, this ideal has clearly not been realized.

To illustrate, and hopefully to illuminate, some

of the difficulties involved in the classification of
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emission-line galaxies, we shall first consider those
properties commonly attributed to Seyfert galaxies:

Seyfert (1943) noted that each of the six objects con-
tained in his study was a spiral galaxy possessing "...an
exceedingly luminous stellar or semi-stellar nucleus

which contains a relatively large percentage of the total
light of the system." This nucleus appears as a separate
feature located within a more normal~appearing nuclear
region. For this group of six, estimates of the fraction
of the total light arising from this nucleus ranged from
about 6 percent for NGCl068 to approximately 48 percent

for NGC4151. This description should be compared to that
of the N—type galaxies which, according to Matthews, Morgan,
and Schmidt (1964) have "...brilliant starlike nuclei con-
taining most of the luminosity of the system. A faint
nebulous envelope of small visible extent is observed."”
Although quite similar, two apparent distinctions appear
between this pair of definitions. First, the latter
definition, or description, seems to imply that the fraction
of the total luminosity arising from the nucleus is greater
for an N-galaxy than for a Seyfert galaxy. Considering the
range of this parameter encountered among the Seyfert
galaxies, as well as the difficulty encountered in estimat-
ing the brightness of a small (and often unresolved) feature
which is imbedded in a nuclear region of varying brightness,

it does not seem that this criterion clearly differentiates
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these two types of object. Furthermore, the number of
objects classified as Seyfert or N-galaxies is rather

small (about a dozen Seyfert galaxies and about twice

that number of N-galaxies) with the consequence that

even a statistical distinction on this basis would be, at
best, only of marginal significance. The second apparent
difference in the above descriptions concerns the nature
and brightness of the "envelope" surrounding the nucleus.
For the Seyfert galaxies contained in the present study,
these "envelopes" are clearly not nebulous. Each galaxy,
with the exception of NGC1l275, displays fairly well-defined
spiral arms. The extent of this spiral structure does not
seem atypical for spiral galaxies of similar morphological
type. However, considered as a group, the N-galaxies are
at somewhat greater distances than are the Seyfert galaxies.
The question then arises as to the affect of distance upon
the classification assigned to such objects. Morgan (1968)
has investigated this problem with the conclusion that, of
the objects listed by Seyfert, NGC3077, NGC6814, NGC4151,
and possibly NGC4051, would be classified as N-galaxies

at greater distance. The last two, possibly three, objects
are generally classified as Seyfert galaxies. For these
objects, the relatively bright Seyfert nuclei, and surround-
ing nuclear regions, will be visible at greater distances
than the spiral structure and the latter may well appear as

a "faint nebulous envelope of small visible extent." This
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conclusion suggests that some of those objects classified
presently as of N-type (or, perhaps, compact galaxies), are
so classified as a consequence of their distances only and
would, if nearer, have been classified as Seyfert galaxies.
The fact that some of the Seyfert galaxies would not be
classified as N-galaxies at large distances indicates
either that the N and Seyfert type galaxies comprise two
morphologically distinct classes of object, or that we are
dealing with a single type of object with a wide range of
properties. To further obfuscate this aspect of the problem,
it is noted that some of the emission-line Haro galaxies
(Haro 1956) also show bright concentrated nuclei with a
’faint surrounding envelope. The latter is generally
nebulous but irregularities in structure are sometimes ap-
parent (DuPuy 1968).

A more definite distinction might be made on the
basis of the physical dimensions of the nuclei found in
each category. The Seyfert nuclei seem to have diameters
of less than about 100 parsecs; the N and blue galaxies
have diameters in the vicinity of 1000 parsecs. In both
categories, however, the variations are large and there
exist objects whose diameters are unresolved at their
distances. In comparison, the quasi-stellar sources have
diameters ranging from about 105 parsecs to dimensions
unresolved at diameters of 100 parsecs (Minkowski, 1968).

It would seem, therefore, that a clear distinction on this
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basis is not possible.

Inclusion of spectroscopic classification
criteria simplifies the problem only slightly. The
emission~line Haro galaxies, for example, seem to have
emission lines which, although similar in strength and
type, are considerably narrower than those encountered
in the Seyfert galaxies (cf. DuPuy, 1968, figure 1.)

Some of the N and compact galaxies do, however, have the
broad emission characteristic of the Seyfert nuclei, even
to the relatively greater widths of the Balmer lines (cf.
Lynds, 1968, figure le). At least one of the "N-galaxies",
3C177, shows no evidence of any emission lines (Lynds,
1968). It has been suggested by Arp (1968) that the con-
trast of the emission lines, relative to the continuum, is
weaker in the N-galaxies than in the Seyfert galaxies, and
yvet weaker in the guasi-stellar sources. Part of this con-
clusion is based upon the classification of 3C1l20 as a
compact or radio-N galaxy. Other authors (e.g. Sargent
1967, Kinman 1968) have classified this object as a Seyfert
galaxy. Aside from this difficulty, and the presence of
N-galaxies and quasi-stellar sources showing no line
emission, it seems clear that the effects of distance or
angular resolution can strongly affect this contrast: The
emission-line spectrum of a Seyfert galaxy arises almost
entirely within the Seyfert nucleus. The adjacent nuclear

regions contribute little, if any line emission but do con-
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tribute continuum radiation. Consequently, the greater the
degree of widening of the spectrum, the larger the aperture
used in photometry, or, equivalently, the greater the dis-
tance of the object, the greater will be the "contamination"
of the nuclear spectrum with continuum radiation from
adjacent regions. For a given Seyfert galaxy, the contrast
of the emission lines will decrease as the angular
resolution decreases or the distance increases. Such an
effect is particularly noticeable in the case of an object
like NGC1068 which has a very bright central region. Con-
sidered as a group, the Seyfert galaxies are nearer than
the typical N-galaxy which is, in turn, nearer than the
typical quasi-stellar source. The dependence of observed
line-contrast on object type, as suggested by Arp, does

not preclude the possibility that the intrinsic contrast

is the same for all types of object. It should be noted,
in this regard, that an angular resolution limit of about
one second of arc is set by the seeing conditions. The
angular diameters of most of the emission-line regions of
these objects are comparable to, or smaller than, this
seeing limit.

A similar difficulty arises in connection with
the suggestion by Morgan (1968) that the presence of an
underlying G-type absorption spectrum is a characteristic
of the Seyfert galaxies. The indications are that this

absorption spectrum is not a characteristic of the Seyfert
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nuclei but, rather, is another manifestation of “contamina-
tion" from the surrounding nuclear regions. Oke and
Sargent (1968) observed that unwidened spectra of the
Seyfert nuclei of NGC1l068 and NGC4151 obtained under
conditions of good seeing, showed no evidence of absorption
features. The present study indicates that this observa-
tion is applicable to six additional Seyfert galaxies.
(NGC3227 is a possible exception: The spectra obtained were
exposed under very poor seeing condition. Very weak H and
K lines and G-band absorption are present on the spectra.)
The prominence of this absorption spectrum will therefore
vary in a manner opposite to the emission line contrast:

As the resolution decreases, due to distance, seeing, or
widening, the absorption gpectrum will increase in strength.
In this connection, the H and K lines of CaIl and the
G-band appear in the spectra of the emission-line Haro
galaxies and some N-type galaxies (DuPuy 1968, Lynds 1968)
and may be somewhat more prominent than in correspondingly
widened Seyfert spectra.

Burbidge (1968) has pointed out that the 3727
doublet of [blﬂ is guite strong in the Seyfert nuclei but
weak or absent from the emission spectra of the quasi-
stellar sources. Since the relative strengths of the other
emission lines are comparable, this can probably be inter-
preted as a difference in the electron densities occurring

within these two groups. On the basis of such spectroscopic
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evidence as is available for the N-galaxies (Lynds, 1968)
there seems to be no difference in the strength of this
[blﬂ emission between the N-type and Seyfert galaxies.
The emission-line Haro galaxies also show [bIﬂ emission
of comparable strength. Markarian 9, tentatively classified
as a Seyfert galaxy by Arp, Khachikian, Lynds, and Weedman
(1968), shows little or no emission at 2A3727.

A second distinction between Seyfert nuclei and
quasi-stellar sources appears in connection with the
absorption spectra. The absorption features appearing in
widened Seyfert spectra often include resonance lines
found also in the quasi-stellar sources. These lines are
usually quite broad, being usually somewhat narrower than
the forbidden emission lines. In the gquasi-stellar
sources, on the other hand, these lines tend to be quite
sharp (Burbidge, 1968). The corresponding widths of the
rather weak absorption lines in the N-galaxies are not
known.

Broad-band photometry has proved useful in
classifying galaxies as well as stars. For the emission
line galaxies presently under discussion, this approach

suffers from several drawbacks. It has been pointed out

by Minkowski (1968) that the integrated colors of the
Seyfert galaxy NGC41l51 are barely abnormal although the
nuclear colors are quite anomalous, being unusually blue.

Consequently, the distance-resolution difficulties are
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still present as the colors obtained for an object such

as NGC4151 will depend upon the photometer aperture and
the distance. Furthermore, the strengths of the emission
lines relative to the continuum and to each other vary
considerably among the Seyfert galaxies. To the extent
that these emission lines contribute significantly to the
observed flux within a given filter-bandpass, they may
affect the colors significantly. Generally, such photo-
metry will contain information both about line emission
and the continuous energy distribution, but the two cannot
be separated without additional data of high resolution.
The same arguments also apply to polarimetric observations.
Some tendency has been noted for the quasi-stellar objects,
N-galaxies, and Seyfert nuclei to separate in the conven-
tional two-color diagram (Sandage 1967, Westerlund and Wall,
1968). This distinction is not a strong one, particularly
between the N- and Seyfert galaxies, insofar as there is
considerable overlapping of the regions occupied by the
various types of object.

Perhaps some improvement in the classification
problem will result from the fairly recent observations in
the infrared. The observations of Low and Kleinmam (1968)
showing excesses in the infrared brightness of Seyfert
nuclei, as compared to normal galaxies, may prove to be
a distinguishing characteristic of these objects. Such

observations should be made of the N- and compact galaxies
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to ascertain the nature of such a distinction. Similarly,
polarization observations of these objects might provide
grounds for differentation from the Seyfert objects in
which optical polarization is observed in some intances.

Optical and/or radio variability as a classification
criterion would seem to be inadequate. Both radio and
optical variations have been observed in Seyfert galaxies.
Some of these objects, however, show no such variation.
Among the radio-N galaxies and the radio-gquiet compact
galaxies are found objects which are optical or radio-
variables and objects which are neither. There is, at
present, insufficient evidence to conclude that the objects
are intrinsically different in this regard.

The quasi-stellar sources are the most luminous
objects known (assuming the red-shifts are cosmological)

having total luminosities ranging from roughly 1045 to

48

10 erg/sec (Low and Kleinmann, 1968). The Seyfert

galaxies are generally less energetic, with luminosities

ranging from about 1044 to lO46

erg/sec, and the compact
and N-galaxies seem to be intermediate in luminosity.
"Normal" galaxies have luminosities ranging from about
lO43 to 1045 erg/sec. On the basis of luminosity alone,
only rather crude group properties can be distinguished.
There is a good deal of overlapping between the luminosity

ranges of the various types of object. In many inter-

mediate cases no classification on the basis of luminosity
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alone is possible: For example, Seyfert galaxies such
as NGC1275 and 3Cl20 are more luminous than some
quasi-stellar sources while others, such as NGC1068 and
NGC4151, are comparable in total luminosity to the more
luminous normal galaxies.

In view of the above difficulties, it is not
clear that the emission-line galaxies can be arranged
into a truly discrete classification system. That is,
the observational evidence does not preclude the exis-
tence of a continuum of objects connecting the most
energetic quasi-stellar sources to the normal galaxies.
If the latter is the case, the existing classification
scheme serves only to indicate the approximate location
of a given object in this continuum. The evidence for
such a continuum of properties is particularly strong
in relation to the compact, N, and Seyfert galaxies. If
we gtrictly apply Seyfert's original three criteria, we
will find that some of the N- and compact galaxies, and
perhaps some of the quasi-stellar objects, will fit the
Seyfert category. Adding the requirement that the object
be a spiral galaxy omits only those objects in which spiral
structure is not observed, and which have distances such
that this structure would be observable if present. These
distances should, of course, be based upon the observed
radial velocities rather than upon luminosity criteria.

Continuum properties such as, say, the relative importance
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of thermal and non-thermal radiation sources, or the total
luminous energy might serve as continuous classification
indicators. These objects might be further divided into
objects arranged according to the properties of their

radio emission. It should be clear, in any case, that the
present classification system imparts relatively little in-
formation about the nature and significant properties of

the objects to which it is applied.

C. The Purposes and Scope of the Present Study

The principal aim of the present study is to
investigate those properties of the Seyfert galaxies
which might provide information as to the physical con-
ditions occurring within the Seyfert nuclei. Because of
the uncertainties of classification, the present work is
concerned with objects generally regarded as members of
the Seyfert group. The six objects originally investigated
by Seyfert (1943), NGC1l068, NGC1l275, NGC3516, NGC4051,
NGC4151, and NGC7469, were included. Of the six additional
objects listed by Seyfert, two additional galaxies, NGC3227
and NGC5548, generally considered to be Seyfert galaxies,
were included. Finally, the continuous energy distributions
of NGC4258 and NGC6814 were obtained. Those two objects had
been rejected as Seyfert galaxies by other authors but were
included in the present study in order to ascertain whether

their continuum properties differed significantly from those
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of the Seyfert galaxies.

Emphasis was placed upon the properties of the
nuclear continua. For this reason, photoelectric "scanner"
observations were made during 1965-1967 covering most of
the wavelength region between 3000& and 10000£. From these
observations, the absolute continuous flux distributions
were derived. These observations are discussed in Section
IT.

During the same period, photographic spectra of
the Seyfert nuclei were also obtained. These spectra
provided greater wavelength resolution tharn did the photo-
electric observations. When calibrated by the photoelectric
data, these spectra were utilized to obtain relative and
~absolute emission line intensities, and relative intensity
profiles for a representative sample of the emission lines.
The photographic observations are discussed in Section III.

Section IV is concerned with the interpretation of
the emission-line spectra. Kinematical properties were
estimated from the line profile information. The conditions
of temperature and electron density within the Seyfert
nuclei are inferred from the forbidden line intensities.

The possibility of significant stratification within the
emitting regions is briefly discussed in the context of
the line intensities and profiles observed. A number of
possible causes for the anomalous behavior of the Balmer

decrements are considered as are the mechanisms responsible
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for the presence of broad wings in the hydrogen lines.

From an exXamination of the continuous energy
distributions, it soon became apparent that these distri-
butions could not be interpreted as a reasonably normal
stellar component plus a Balmer recombination continuum.
In addition to such stellar and gaseous components, it
was found necessary to postulate a third, presumably
non-thermal, component in order to explain the observations.
An attempt is made to specify the properties and relative
importance of each of these three components. This de-
composition of the optical continuum is discussed in
Section V.

Section VI is primarily concerned with the
problems of ionization and excitation. Various mechanisms
for providing the observed ionization levels and emission-
line behavior are considered in light of the conclusions
of the previous sections. The energy sources of the Seyfert
nuclei are investigated and hypotheses regarding the
primary, or fundamental, energy sources are considered.
Finally, this section summarizes the conclusions obtained
from consideration of the observational material in regard

to the processes and properties of the Seyfert nuclei.
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II. PHOTOELECTRIC SPECTROPHOTOMETRY

A. Instrumentation and Instrumental Calibrations

Photoelectric observations of the nuclear regions
of fhe Seyfert galaxies were made at the £/16 foci of the
Mount Wilson 60- and 100-inch telescopes using the Cassegrain
photoelectric spectrophotometer ("scanner"). The scanner
optical system is of the Ebert-Fastie type (Fastie 1952,
Code and Liller 1962) with collimator and camera focal
lengths of approximately 32 inches. The 600 lines per
millimeter grating is blazed at 3500£ in the second order
producing a second-order dispersion of loi/mm at the exit
slit. The exit slit is adjustable permitting the bandpass
to be set to any value between 12 and 708 in the second
ordex. For the present study, the instrument was used in
slitless form, the usual entrance slit being replaced by
a slide containing six circular apertures with diameters
ranging from approximately 1 mm. to 13 mm. These apertures
were covered by a thin glass plate which reflected a small
portion of the incident light to an auxilliary guiding and
centering eyepiece. An off-axis guiding eyepiece, to be
used in conjunction with a suitable field star is also
provided.

Scanning in wavelength is accomplished by

rotating the grating. A counter coupled to the stepping
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motor which drives the grating reads the second-order
wavelength centered on the exit slit directly in séecond-
order ingstroms. This scale is readable to an accuracy
of about +0.5A and calibration procedures indicate that
the wavelength can be set with an accuracy of ilﬁ, or
better, over the range of interest.

For observations in the "blue" region (A3300-
A6055) the scanner was operated in the second order
with a yellow filter inserted for wavelengths above about
4700£ to eliminate the third order violet spectrum. In
the "red" region (A4785-A10,000), the first order spectrum
was scanned, an amber filter being used at A6370 and above
to eliminate the contribution of the second-order spectrum.

The detectors employed consisted of an RCA 1P21
(s-4) photomultiplier operating at 775 volts in the "blue"
region and an ITT Fw-130 (S-20) photomultiplier, operating
at 1700 volts, for "red" region observations out to about
’A8400. Some additional observations were made between
7000A and 10,000A using an RCA 7102 (S1) photomultiplier
operating at 1500 volts. These photomultipliers were
mounted in "cold boxes" at the exit slit of the scannerx
and were operated at dry-ice temperature.

The output of these detectors was recorded by
one of two data systems. For some of the earlier "blue"
region observations made at the 60-inch telescope, a

direct-current system was employed. The output current
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of the photomultiplier was directed to a General Radio
Electrometer-Amplifier which was, in turn, connected to
a Brown recording milliammeter. The amplifier provides
switch-selected decade steps in gain. An auxilliary
resistance box provided five additional half-magnitude
gain increments. With this system the observational
material consisted of a series of deflections on a con-
tinuous chart with associated gain settings, wavelength
settings, and times of observation entered on the chart
manually. Other necessary data such as object identifi-~
cation and the bandpass employed were similarly recorded.
For the majority of the observations, pulse-
counting techniques were employed. The pre-amplified
output of the photomultipler was sent, via coaxial cable,
to a remote station. The incoming pulses were there
amplified and subjected to pulse-height discrimination.
Pulses of amplitude greater than a specified threshold
level then generated fixed amplitude pulses which were
counted by standard techniques. A preset integration
interval was clocked by an accurate internal oscillator.
At the end of the preset integration period, the total
count of pulses detected within that interval was re-
corded. With the 60-inch pulse counting system, the
bandpass, wavelength, integration interval and time of
observation were recorded manually. The 100-inch data

system recorded these gquantities both on printed paper
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tape and on IBM cards.

The advantages of the pulse-~counting approach
are particularly apparent at the Mount Wilson Observatory
where the ambient radio-frequency flux, due to the
neighboring radio and television complex, is quite large
and seems to elude the most elaborate attempts at shielding.
These shielding attempts included the generous use of
aluminum foil and the covering of the 60-inch dome opening
with "chicken wire". The latter did not eliminate the
r.f. interference but the hexagonal mesh did produce
interesting optical diffraction patterns. With pulse
counting techniques, much of the "interference count” can
be eliminated by judicious choice of amplifier and dié—
criminator-threshold levels.

It was necessary to perform a number of
instrumental adjustments and calibrations before obser-
vations were made. The optical adjustments consisted,
first, of a check of the scanner-telescope collimation
which is rather sensitive to the positioning of a feed-
prism. Insofar as the collimation axes of the 60 and
100-inch telescopes, relative to the scanner mounting ring
are slightly different, this prism had to be readjusted
every time the telescope was changed. The prism is also
subject to misalignment incurred in moving the scanner
from dome to dome. The scanner wavelength scale is

subject to a long-term zero drift and was reset and cali-
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brated at the beginning of each run of observations by
means of a source producing emission lines of known wave-
length. This zero-point determination was somewhat com-
plicated by the fact that the circular entrance apertures
are not exactly concentric with the optical axis of the
system. The zero-point correction, and hence the wave-
length setting could vary by up to SR (second order)
depending upon the choice of entrance aperture. This
difficulty was largely circumvented by selecting an
aperture on the basis of the previous night's seeing and
then performing the calibration. If it became necessary
or desirable to change the entrance aperture in the course
of an evening's observations, the scale calibration,
requiring only about 10 minutes, was reperformed. In practice,
most observations were made with an entrance aperture of
angular diameter eight seconds of arc which was sufficiently
large for all but the very worst seeing conditions. The
final optical calibration performed was that of the exit
slit: It was found that the relationship between slit
setting and effective bandpass was slightly non-linear,
particularly below AN~ 53 (second order). Consequently,
a calibration of the slit setting was performed and re-
checked occasionally. With this calibration, the exit
slit céuld be set to an accuracy of about +0.1A for
second~order bandpasses in excess of 1A. 1In practice,

the smallest bandpass employed was 2.53, most being in
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excess of 53.
In using the direct-current system, the only
calibrations required other than a zero-point setting
were of the input resistances which determine the
amplifier gain. The decade-step resistances were cali-
brated at the beginning, middle, and end of each night's
observations using an internal reference cell. The
more stable resistances for the half-magnitude steps
were calibrated less frequently using an auxilliary
reference cell. The zero settings of amplifier and
recorder were checked approximately ten times per night.
Calibrations of the pulse-counting apparatus
were more numerous and more complex. First, the optimal
combination of tube voltage, amplifier gain, and threshold
level had to be determined. This was accomplished by
providing a stable light source incident upon the photo-
multiplier. For each tube voltage, the amplifier gain
and threshold levels, whose quotient defines a discrimination
level, were varied and the resulting count-rates recorded.
A discrimination level was then selected which suppressed
the internal noise and gave a counting level which was
relatively insensitive to slight changes in amplifier gain
or threshold level or both. The voltage level was then
selected which gave the best signal-to-noise ratio for the
anticipated counting rates. It was found that, for a

given detector-electronics combination, the optimal voltage,
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amplifier, and threshold levels were quite stable over
quite long intervals of time and with large changes in
conditions of temperature and humidity.

Of greater consequence, and complexity, was
the determination of the coincidence correction. The
detection systems employed are characterized by a finite
"dead time" between the detection of an incoming pulse
and the relaxation of the system to a state wherein the
next pulse can be detected. That is, only the first of
a group of pulses arriving within this interval is
detected. Obviously, the greater the true pulse rate,
the greater will be the correction required to obtain
the true rate from the measured counting rate. To permit
the simple determination of this coincidence correction
at the telescope, various schemes were attempted. The
degree of success in such attempts was variable, but
generally poor. Essentially, the problem is to provide
a series of light intensities, of known ratio, to the
photomultiplier, determine the correction required to
obtain the known ratios from the corresponding count-
ratios as a function of counting rate. Use of the
entrance apertures to define the intensity levels proved
unsatisfactory because of collimation and uniformity of
illumination difficulties. Neutral density filters were

employed satisfactorily in a laboratory situation but
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were cumbersome and produced defocussing and surface-
reflection problems at the telescope. The procedure
finally adopted consisted of finding a wavelength region
of about 50& extent over which the response of the system
to a continuous source was constant or varied slowly and
linearly with wavelength setting. The exit slit was
centered on this region and used to specify the relative
intensities incident upon the photomultiplier. This
procedure seemed quite satisfactory and the resulting
coincidence corrections agreed quite well with those
determined with the more elaborate laboratory procedures.
It was found that the coincidence corrections
can depend critically upon the photomultiplier voltage
(i.e. the mean pulse amplitude) and seems also to vary
with other factors such as temperature and humidity.
Roughly, the coincidence corrections to lO5 counts per
second were about 15 percent for the tubes and voltages
employed. This correction could vary by several percent
(i.e. from 12 percent to 18 percent) with time for a
given tube, voltage, amplifier gain, and threshold level.
To avoid the difficulties produced by these variations
and the uncertainties in the derived coincidence
corrections, the counting rates were kept below a
maximum of about 4 x lO4 sec_l at which the correction
(quite accurately proportional to rate) would be in the

vicinity of 6 percent, with uncertainties less than about
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one percent. This was accomplished by using smaller
bandpasses in observing the brighter objects. For the
Sejfert nuclei, the observed counting rates were such

as to render the coincidence correction negligible. The
extinction determinaﬁion, however, is based upon a system
of relatively bright standard stars which produce quite
large counting rates. In practice , the coincidence
correction was determined at about a dozen points below
lO5 sec—l, the percentage correction varying quite
linearly with counting rate (indicating that only 2-pulse

coincidences are significant). Such a determination was

made at least once during each run of observations.

B. Observational Procedures and Techniques

While continuous scanning in wavelength, at
preset rates, is provided by the scanner system, this
feature was not utilized for the present observations.
Instead, a set of wavelength points was selected and the
signal integrated at a time interval at each. When the
aperture and bandpass had been set, the object of interest
was centered upon the entrance aperture and, for the
galaxies, a field star was centered in the off-axis
guiding system. The first of the wavelength points was
selected and the grating set accordingly. The counts
were then recorded for the desired interval, or the

direct~current signal recorded for a similar interval.
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The telescope was then moved to an adjacent "empty"
region of sky and the sky-plus-dark count, or deflection,
recorded for the same interval, the difference between
these two counts or deflections presumably being the
contribution from the object alone. The next wavelength
point was then selected and the process repeated.

Insofar as the signal from the standard stars
was, in general, very much larger than that due to the
sky or dark counts, the sky-plus-dark measurements for
the standards were made only near the limits of wave-
length sensitivity of the system where the dark counts,
typically 2-5 sec_l, become a significant portion of the
total signal.

Normally a standard sequence of wavelength
points, corresponding to the points of the standard-star
calibration, were observed for both standard stars and
galaxies. For the galaxies, an additional set of wave-
length points was included. These were chosen to isolate
selected emission features or regions of continuum. A
"scan" consisted of one observation of each wavelength
point in increasing or decreasing wavelength order. A
complete observation of an object consisted of one scan
in ascending order of wavelength and a second in decreasing
order, immediately following the first. Comparison of
the counting rates at a given wavelength on the first and

second scans was used to estimate the guality of the
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observations. The bandpass and integration time remained
constant during such an observation.

The wavelengths of the standard sequence were
selected by Oke (1964) to fall in regions in which the
spectra of the standard stars are relatively free of
absorption lines. The original calibration of the
standards used is referred to a SOi bandpass but it is
possible to use bandpasses of less than about 52 without
significant change in the mean monochromatic flux within
the bandpass. Consequently, the choice of bandpass for
the observation of the standards was, within the above
limits, dependent only upon the range of counting rate
desired. (which also depends upon the brightness of the
standard and the telescope employed). The bandpasses used
were sufficiently small to keep the counting rates below
the level where the coincidence correction becomes important;
that is, sufficiently small so that the maximum count rate
was less than about 4 x 104 sec_l. The integration interval
for the standard star observations was typically 5 to 10
seconds at each wavelength point.

For the Seyfert nuclei, a 502 bandpass was
employed for virtually all observations. This choice
provided sufficient resolution to isolate some selected
spectral features and, usually, was large enough to produce
an adequate counting rate. The integration interval was

usually 60 seconds. For some of the objects, a longer
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integration interval would have been desirable but was

not employed because variations in sky brightness over
somewhat longer intervals become significant. In this
connection, such variations usually are of importance

only over intervals of 5 to 10 minutes and are particu-
larly noticeable at Mount Wilson when the brightly illumin-
ated Los Angeles basin is partially covered by shifting
masses of fog or low clouds. The variation of atmospheric
extinction over similar intervals is generally negligible.
The presence of an object/sky "chopper" would have con-
siderably improved the efficiency of data gathering by
eliminating the problem of sky brightness and the necessity
of moving the telescope every minute or so to obtain the
sky-plus~dark signal.

Observations followed a fairly fixed routine.
Generally, a night's observations began with the obser-
vation of one or two standard stars. Thereafter, each
observation of a galaxy was followed by another one or
two standard star observations. An attempt was made to
observe the standards at a relatively wide range of
positions on the sky, but as close to the galaxies observed
as was feasible. Such a range provided meané for check-
ing the assumptions made regarding atmospheric extinction
in the reduction program (see below). No standard stars
were observed below a zenith distance corresponding to

sec z = 2.5. The galaxies were observed as close to the
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meridian as was possible and under no circumstances

below a zenith distance of ~60° (sec z = 2). It was
required that the sky be of photometric quality at the
time of observation (i.e. cloud free). The observational
data for a few marginal nights were discarded when a check
of the extinction curves for the individual standards dis-
played anomalous behavior, indicating that the assumptions

made in the reduction procedures were not, in fact, wvalid.

C. Reduction of the Observations

In reducing the observations, the principal
problem is to relate the observed counting rate or current
deflection to the true flux at the surface of the terres-
trial atmosphere ("sec z = O0"). This requires the deter-
mination. of the atmospheric extinction and the instrumental
response function, the latter including losses at the optical
surfaces and the response function of the detector. The
most practical approach to this determination is to employ
a system of standard stars of known energy distribution.
In the present study, use was made of the set of standards
calibrated by Oke (1960, 1964). This calibration ultimately
rests upcen fitting the energy distribution of the primary
standard, Vega, to a model atmosphere calculation (log g = 4,
Ge = 0.525). 1In accordance with the findings of Mihalas

(1966), a correction of 0706 has been applied shortward of

the Balmer jump, increasing the Balmer jump adopted in the
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standard calibration. This calibration is given in the
form: m(ﬂ ) = Const. -2.5 log Fy , where F) is the mono-
chromatic flux at ? = cpu  where H is expressed in inverse
microns (i.e.pM = 2.0 corresponds to A = 5000&). Because
of the choice of the standard wavelengths, Fy can be
replaced by the average flux within a bandpass Sgélyké 50R
centered on the standard wavelength. The constant is
chosen so that m(f&) is approximately equal to the apparent
visual magnitude at /A = 1.80(A5556) which is near the ef-
fective inverse wavelength of the visual bandpass of the
usual UBV gsystem. Aside from a zero-point factor, common
to all standaxds, anL) is the absolute flux, in magnitude
units, of the standard reduced to zero atmosphere. Once
this scale is specified, the absolute flux distributions,
in the usual units, are determined.

For each observation, a wavelength A, a bandpass
AN, and a value of the zenith distance, z, computed from
the objectvcoofdinates and the sidereal time of the obser-
vation are specified. For the pulse counting observations,
a total count N is obtained in an integration interval A t.
For the direct-current observations, a deflection D and two
gain settings, G10 and Gyb are recorded. The deflections,
or counts, are here taken to be the excess over the sky-
plus-dark levels. An observed "flux" is then defined by:

(1) = DGy6%1 /0
%/‘“m

(Direct-current observations)
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or: jg(fL) = j&%%;f (Pulse-counting observations)

where K is the coincidence correction for the observed
counting rate, expressed as the ratio of the true rate
to the observed rate. Roughly K= (1 +€£§E) where
€ ~10 %sec.

A table of mean atmospheric extinction
coefficients, A(\), given by Oke (196%) was provided.
Values of A()\) were interpolated in this table and a

magnitude was computed at each observed wavelength point

for each object according to:

mo(/u) = C -2.5 log%(/u) - A(/q )sec z

The constant C was set equal to 25 and 18.5 for the direct
current and pluse~count observations, respectively, in

order that mo(ﬂ') should be a relatively small positive
number. If the adopted extinction coefficients are
identical with the true extinction coefficients, mo(% )

is the relative flux distribution, reduced to zero atmos-
phere, times the instrumental response function. According-

ly, we define for the standard stars

S () =m (W) = m(u)

where m(}A) is the standard calibration. Thus, S(fi) is,

aside from a scale factor, the instrumental response
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function, in magnitude units. If the adopted extinction
coefficients are correct, 5 (ﬂ ) will be independent of
position or choice of standard star. If we let <f8 (M )>
be the average value of 8(/&) over all standards observed
on a given night, the absolute fluxes, m(ﬂ ), of the non-

standard objects will be given by:
m(p) = mo () +{8(p))

Subject to the validity of the assumptions
regarding the use of the mean extinction coefficients,
m(fA) is the relative>energy distribution of the object
reduced to zero-atmosphere, in the same units, and subject
to the same absolute calibration zero-point as the system
of standard stars.

The use of the mean extinction coefficients
A(7) for narrow band spectrophotometry has been discussed
by Oke (1965a) who concluded the procedure yields colors
(relative fluxes) of satisfactory accuracy but that the
resultant distributions are subject to small grey terms.
That is, the distributions so obtained are subject to zero-
point variations in the distribution of m(p ). This con-
clusion can be directly examined on the basis of the present
observational data: If the true A(A) correspond exactly to
the mean values used, 8(}4) will be independent of sec =z

or, equivalently choice of standard and time. 1In particular,



41

& (p) = {&(p)> for any standard. For each night of
observation, the function S(}A) was plotted for each
standard observed. With the exception of two discarded
nights, which were considered marginal on other grounds,
the present data supports the above finding of Oke. That
is, within the observational uncertainties, the individual
S(rk) differ from the average (5(,4)) only by small
wavelength-independent terms.

These grey terms could arise from a variety of
sources. First, setting exrors of the exit slit would
produce just such grey deviations. However, the grey
terms are generally larger than the uncertainties in the
slit calibration and, furthermore, are not correlated
with slit setting. A second possibility is that there
exist grey errors in the calibrations of the standard
stars. Since the magnitude of the correction, or grey
difference, is not correlated with the choice of
standard, this possibility can be similarly discarded.
The third possibility, that of grey departures of the
extinction coefficients from the adopted mean values is,
on the other hand, supported by the behavior of the
observational material. For observations closely spaced
in time (i.e. made on the same night) the deviation of
individual response curves 5(}&) from the mean curve

'<8(,A5> is proportionally greater for objects at

lower elevation. A variation with time becomes significant
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usually over longer time intervals (i.e. days) but may,
on occasion, become significant in the course of a
single night's observations. The true value, A'()\), of
the extinction coefficients can be adequately related to
the adopted mean values, A(7A), by an expression of the
form .
A (AN) = A(N) + B(t)

where the absorption i¢ expressed in logarithmic or
magnitude units and B(t), a slowly varying function of
time, is small in comparison to A(A).

In consequence of the above, grey corrections
were applied to the observational material. It was
assumed that the <<8 (p.)> for each night when averaged
over all nights on which observations were made represented
the true instrumental response function. (By "all nights"
is meant all nights on which a given telescope and detector
were employed.) It was further assumed that the true extinc-
tion coefficients, averaged over all nights, equaled the
adopted mean values, i.e. that <B(tf> = 0. The correc-
tions were applied in two ways: First, the observations
were reduced using the mean extinction coefficients. For
each object, a grey correction was obtained by inter-
polating the deviations S(,A) - <6(}A)>for standards
nearest the object in zenith distance to obtain the
corresponding deviation for the object. Usually the

standards employed were also close to the observation of
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the unknown in time. This deviation, in magnitude units,
was linearly interpolated in sec z. Applying this correc-
tion to each object, including the standards, serves to
refer all objects observed to the mean "response" curve

(8 QM)> for the night. The {8(;4)) curves were then
averaged over all nights. A second correction was applied
to all objects observed on a given night equal to the
deviation of <5(f&5> for that night from the mean of all
nights. The above correction procedure could have been
performed in a single step by interpolating the deviations
of & (/A } from the mean of the (5(;1 )> of all nights
directly. However, obtaining the deviations in two steps
allows a check to be made on the possibility of a change

in the response function of the system due to deterioration
of the optical surfaces, etc. That the latter was not very
significant over the time interval spanned by the obser-
vations is indicated by the fact that the <S(}A)> for
the various nights differ signficantly only in grey terms
suggesting that extinction rather than instrumental,
variations are most significant.

It must be emphasized that the above corrections
do not, of course, affect the relative fluxes, or colors,
of the objects observed, but only the zero point of the
log F) scale. Uncertainties in "color" arise only as a
consequence of uncertainties in the observed "fluxes"

f?(fL)' or the uncertainties in the calibration of the
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standard stars. (Strictly speaking, a color error will
arise if B(t) varies significantly over the interval of
observation. In reduction of the observations, the wvalues
of log F) obtained from the ascending and descending scans
were averaged. To the extent that B(t) varies linearly
over the interval between the beginning of the ascending
scan and the end of the descending scan, this averaging
results in zero-color error and fluxes referred to the

true extinction coefficients at t,, the time midway between
the beginning and end of the scan observations. In practice,
B(t) usually had negligible variation in the course of a
single night in comparison with other sources of uncertain-
ty.) The uncertainties in the z{(}l) appear largely as
"noise" on the tracing for the direct-current observations.
For the pulse-counting observations, the photon arrivals
can be considered independent events, Poisson statistics
applied, and the standard deviation of N counts is YN .
We have, therefore, two uncertainties to consider. First
there is the uncertainty in the zero point of the log F)
energy distribution obtained for each object, which does
not affect the relative fluxes but does apply to the
absolute fluxes and to the absolute emission line intensities.
This zero-point uncertainty is expressed as the standard
deviation of the interpolated S(fi) curves for each night
upon which an object was observed from the mean of the

<E;(f()> curves for all nights. These standard deviations
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are tabulated for each object, in each of the two wavelength
regions, in Table 2 below, and are expressed as the standard
deviation of the zero-point of the log F) scale. The

second uncertainty is color-dependent and, to a first approx-
imation, represents the counting statistics. This uncertain-
ty will be reflected in the relative line intensities. Ex-
pressed as the standard deviations of log Fp , at each wave-
length point, this uncertainty is obtained from the scatter
of the individual log F; , with the above grey corrections
applied, about their mean and is given in the final column
of Table 3. 1In practice, the principal source of error in
the relative emission-line intensities are not those due to
the photoelectric observations, but rather those arising
from the photographic photometry alone.

An estimate of the validity of the grey-correction
procedures described above can be obtained by examining the
differences in the fluxes of the "blue" and "red" regions.
These two regions were reduced and grey-corrected separately
but there exist a number of overlapping wavelength points in
the region A4785-A6055. The differences between the grey
corrected "red" and "blue" region observations at these
points are comparable to the color uncertainties of the in-
dividual points and much smaller than the grey, or zero-
point, uncertainties. This indicates that the above correc-
tion procedure is satisfactory and suggests that the grey

uncertainties tabulated (Table 2) may be larger than the

true uncertainties.
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D. Absolute Calibration of the Flux Distributions

The quantity obtained from the reduction of the
scanner observations and the appropriate grey corrections
is, within the errors, the mean flux averaged over the
bandpass. Since the constant relating m(M ) and -2.5 log Fy
is the same for both standards and unknowns, the absolute
fluxes can be determined for all objects at all u if the
absolute flux F) is known at one wavelength for one of
the standards.

We base our abéolute calibration upon Code's (1960)
adopted calibration for an AOV star with V = 0.00. For such

9 - -2 °-
an object F% = 3.8 x 10 erg cm 2 sec 2 A 1 oxr

20 erg cm™2 sec"l(c/s)_l at about A = 5560A

Fy = 3.9 x 10
or M = 1.80. This is essentially the flux at the effec-
tive wavelength of the V-bandpass. The standards of Oke
are scaled so that m(y.) ~ V at/u = 1.80. 1In particular,
Vega, the primary standard, is an AOV star with V = +0.03.
Consequently, we expect that the A5560 flux from Vega
should be about 3.8 x 10 20 erg cm 2 sec”t (c/s)—l. Since
the calibration adopts M(1.8) = 0.035 we can solve for C

in the expression

m(f() =C - 2.5 log By
We obtain C = -48.509, hence

m(# ) = -48.51 - 2.5 log Fy
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or:

log Fy = -19.404 - 0.4 m(pm)

The above calibration was applied to the relative fluxes
observed. Table 3 gives, in the first column A ; M is
given in the second, and the third column gives -log F,
where Fp 1is the average flux in a 502 bandpass centered
at A. The absolute fluxes, or energy distributions, for
each object observed are plotted in Figures 1. For com-
parison purposes, Table 4 gives the relative energy dis-
tribution of the nucleus of a normal spiral, or normal
elliptical. Specifically, this is the energy distribution
of the nuclear regions of NGC224 (M31l) as observed by Oke
(1967) . The corresponding energy distribution is plotted
in Figure 2. In addition to the grey or zero-point un-
certainties arising from the reduction procedures, an un-
certainty of about 10 percent must be added to the zero
point because of the uncertainty in the adopted absolute
calibration of Vega. Unless otherwise specified, all
fluxes and energy distributions, as well as line intensities,
refer to the flux arising within a region defined by a
circular aperture of eight seconds of arc diameter, cen-

tered on the Seyfert nucleus.

E. Reddening and Radial-Velocity Corrections

The observed energy distributions for the objects
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studied will differ from the true energy distributions
because of the presence of obscuring material between

the source and the observer. This material can be ex-
pected to produce a diminution of light of all wavelengths
with the attenuation increasing toward the blue. For the
wavelength region presently under consideration, the effect
upon the energy distributions of the Seyfert nuclei is to
steepen the true distribution. Absolute and relative
emission line intensities will be similarly altered.

If the Seyfert nuclei are surrounded by obscuring
material, some correction should be made for the effects of
reddening occurring within the Seyfert galaxy. Since we
have no direct evidence as to the amount or nature of such
reddening, such corrections would be, at best, hazardous
and, in the present study, no such correction has been
applied.

For our own galaxy, however, such information is
available. To correct for the effects of reddening within
our own galaxy, the amount and wavelength dependence of
the absorption must be specified for each object. It is
probably safe to assume that the wavelength dependence of
the galactic absorption is similar to that in the plane
near the sun. Consequently, we have assumed that the
reddening curve, derived photoelectrically by Whitford
(1958) adequately represents the wavelength dependence of

the total galactic absorption. This reddening curve can
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be adequately represented for computational purposes by
a pair of linear segments. From Whitford's curve, we have

obtained the following expressions:

N my () = 0.422p ~ 0.008 3.00> A » 2.24 la

Aml(/u.) 0.723p - 0.683 2.24 3 1 > 1.00 1b

where A.ml(y.) is the absorption, in magnitudes, at /1 .

An extrapolation of Whitford's curve to Moo= 0 approaches

[&ni(o) £ - 0.378. On theoretical grounds, it is believed
that the absorption should tend toward zero as M tends to

zero (probably as f*4)’ Consequently, anhfo) must be

subtracted from these expressions, and we obtain:

mz(fk) = 0.422u4 + 0.370 3.00.;#42 2.24 2a

mZ(ﬁL) 0.723 = 0.305 2.24 > > 1.00 2b

The principal uncertainty in these expressions lies in the
assumption that A;m(f&)—%-o as fL—VO and in the extra-

polation of Aml(f*) to /A = 0.

Before proceeding further, we note that Om(p) o T
where @%ﬂ) is the optical depth of the obscuring material
at fA . Expressions 2 are, therefore, valid only for an
unspecified thickness of obscuring material. (It is
implicitly assumed in deriving the above that the dis-

tribution of obscuring material in the plane is uniform
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to the distances attained and that T’(}4) is propoxtional
to path length.)

Using expressions 2 as they stand, we can calculate
the absorption in magnitude units at any wavelength for the
unspecified path-length for which equations 2 are valid.

It will be convenient to calculate the absorption values
for the B, V, and R points of the usual multicolor system,
the absorption in photographic magnitudes and the color
excesses for the path lengths of equation 2. The effective
inverse wavelengths for the B, V, and R points are (Johnson
1966) /4B = 2,275, My = 1.820, and /{R = 1.430. For the
effective f( of the photographic bandpass, we note that

the continua of the objects studied lie between the black-
body curves for T = 4000° and T = 10,000° for which

f‘pg = 2.27 and prg = 2.35, respectively (Allen 1963). To
adequate accuracy we adopt li o9 = 2.30. From equation 2

we obtain:

Amy,
Aﬂbg = 1.341 , EB—V =Z§mbAmv = 0.319 , RBV =5 = 3.167
B-V
A,
Amy = 1.330 , B, _Am,-Am, = 0.282, R . = ol 3.585
Hmg = 1.011 , CI =Ampg—.£5mv = 0.340
Z}mR = 0,729

Since at no point do we know the intrinsic fluxes
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of the Seyfert nuclei, it is not possible to scale the
above reddening law for each object on this basis. We
can, however, make the assumption that the reddening
material within our galaxy is distributed in layers of
uniform density parallel to the galactic plane, the dénsity
being a function only of distance from the plane. Assuming
the composition of the obscuring matter to be everywhere
the same as in the solar neighborhood, the extinction will
possess the wavelength dependence of the local material.
The amount of absorption, in magnitudes, at fixed M will
be proportional to cscb, where b is the galactic latitude
of the extra-galactic object. If these assumptions are
valid, we need only know the absorption at some M and b
in order to specify the absorption for all p and b.

On the basis of counts of galaxies per unit
angular area as a function of magnitude and b, Hubble (1934)
showed that the extinction A;mpg = 0T25. More recent work

of a similar nature by Shane et. al. (1959) resulted in a

value ﬁsmpg = 0746 at the poles. The difference between
these values arises largely as a consequence of the
corrections applied by the latter authors to allow for the
effects of red-shift on the counts of fainter galaxies. If
we adopt the Shane et. al. value, we must multiply equations
2 by 0.46/1.34 = 0.343 to obtain the polar reddening law.
Hubble's value suggests that 0.25/1.34 = 0.187 is the

appropriate miltiplicative factor. Alternatively, we can
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consider the values of color excess. Arp (1962) has
summarized the available data on color excesses derived
from a variety of methods. The mean value adopted is

EB—V = 07058 at the pole, suggesting that we should multiply

equations 2 by 0.058/0.319 = 0.182. For various assumed

values of Ampg at the poles, we have:

[Smpg 0.100 0.150 0.200 0.250 0.350 0.460
Amy 0.099 0.149 0.198 0.248 0.347 0.456
Amy, 0.075 0.113 0.151 0.188 0.264 0.347
JAG 0.054 0.082 0.109 0.136 0.190 0.250
Ep_y 0-024 0.036 0.048 0.059 0.083 0.110
E,_p 0-021 0.032 0.042 0.053 0.074 0.097
CI 0.025 0.038 0.051 0.063 0.089 0.117

Perhaps the best determined quantity is E The

B-V*
values listed by Arp (1962) have a mean of 0.058 10.004

If one value of 0.050 is ignored, we have 0.060 10.001.
These values suggest that the extinction at the poles is

B-V

The determination by Holmberg (1957) giveszﬁ-mpg = 0M26

(and CI = 0.062) at the pole. More recent work by

about 0725, insofar as Asnbg = 0T46 yields E = 0.11.

Peterson (1968) yields values of A;mpg = 0.15 *0.05 and

Ey_g = 0-023 10.006, both values being about 75 percent

of the true values based upon Peterson's estimation of
selection effects due to the cloud model assumed. His
EV-R value seems to indicate either a lower value of

A&mpg or that the assumed reddening law is incorrect.



FPor the correction of the observational material,
we shall adopt A mg = 0™25 at the poles and the Whitford

reddening curve. The extinction law is then,

Am(u.,b) = [0.0787u + 0.0690] csc b 3.00>M> 2.24  3a
Am(4,b) = [0.13484 - 0.0569) csc b 2.24»pu > 1.00 3b
or:
- AlogF, (b) = [0.03154 + 0.0276] csc b  3.00%p>2.24 4a
-AlogFy (b) = [0.0539u - 0.0227] cesc b  2.2434> 1.00  4b

where b is the galactic latitude.

The error introduced by a mischoice of A mpg at the poles
is easily estimated. The coefficients in the above relation
are proportional to £>mpg: Hence the color difference,
expressed as the difference in O m between 3300£ and l0,000i
is similar to 0.9[§mpg. That is, if the adoptedlﬁsmpg is

in error by 0710, the corrected fluxes will be in error by

a similar amount and the color error between M = 3 and

M =1 will be about 0T09. The errors will grow proportion-
ally greater as csc b increases.

When the observed fluxes have been corrected for
reddening, a small additional correction due to the radial
velocity may be applied. If £(7 )dY is the flux emitted
at 9 in d? in the rest frame of the object, and £'(?')d? '

is the flux received by the observer at > indv ',
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corrected for reddening, then we have, via the usual

Doppler relation:

!
9 ='D(l—ﬁ) 5
v
X
G .
source. Thus the flux emitted at ? in d? will appear

where [ = V_ is the radial velocity of the
at the lower frequency (for Vr positive) ¥ ' within the

]
smaller bandpass d7 . That is:

£' (Y "N)a? = £(9)a? 6

or

£(9)d?) = £ [(1- )] (1-8)a? 7

Thus, to obtain the rest-frame distribution of flux, we
must multiply the observed flux by (ljﬂ ) and change the
D '-scale caption from p' to (l—/?)fu . Insofar as the
largest B encountered is about 0.02 (NGC1275, NGC7469),
the flux is changed by only 2 percent and the principal
effect is a shifting of the {4 -scale. 1In Tables 3, the
fourth and fifth columns give the rest-frame A and &
values corresponding to the observer~frame values of the
first two columns. The fifth column gives -log F) in
the object's rest frame, the effects of reddening and red-
shift having been removed. The radial velocities are

from Humason, Mayall, and Sandage (1956).
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III. PHOTOGRAPHIC SPECTROSCOPY

A. Instrumentation and Techniques

The principal shortcoming of the photoelectric
scan data is the lack of wavelength resolution. Since a
relatively large bandpass, usually 505, was employed in
order to obtain a useful signal level, many spectral
- features of interest were not resolved. For this reason,
photographic spectra covering much of the wavelength
region of interest were obtained. When properly calibrated
by means of the photoelectric observations, these spectra
were used to determine relative emission line intensities
and profiles. The spectra were obtained over approxXimately
the same time period as the photoelectric observations.

The spectra were obtained at the f/5 Newtonian
foci of the 60- and 100-inch telescopes using the Mount
Wilson nebular spectrograph ("B" Spectrograph). Virtually
all of the spectra were obtained using the 3-inch Schmidt
camera. Some spectra were obtained with the 1.5 inch
camera but were not used in the present study. For the
blue spectral regions, to about 5000%, the 43B grating
(300 lines/mm, blazed at about 4000£ in the second order)
was employed yielding a dispersion of approximately
170£/mm. Some red region spectra, extending to the vicinity

[e]
of H, , were obtained at a dispersion of about 120A/mm with
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the 83A grating (300 lines/mm, blazed at third ofder
Hy ).

Two principal emulsion types were employed:

For wavelengths below about 5000&, baked IIa-0 emulsion
was used, all such plates being taken from a single box
of this emulsion. Redward, a single box of baked IIa-D
plates was used.

While some spectra were not widened, or, rather,
widened only by seeing and guiding errors, others were
widened by trailing the object along the spectrograph
entrance slit which was always oriented in an east-west
direction. Such widening was usually over an angular
range of from 10 to 30 seconds of arc. The entrance slit
width corresponded to approximately one second of arc,
indicating that a significant portion of the light of the
Seyfert nuclei entered the spectrograph.

Wavelength calibration of the object-spectra
was provided by an emission line source, usually a helium
lamp, with the comparison spectra being placed on either
side of the object spectrum. This comparison spectrum was
exposed in two intervals, one preceding and one following
the exposure of the object spectrum. This provided a
check on slippage of the grating or plate during the
exposure.

The intensity calibration of the emulsion was

provided by an auxiliary wedge spectrum. These were
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obtained using the wedge spectrograph which produces an
incident intensity on the emulsion which is proportional
to distance perpendicular to the dispersion. The wave-
length calibration for these wedge spectra was provided
by a helium lamp. In each case, the appropriate wedge
plate was cut from the same 4"x 10" plate as the object
plate. The wedge spectra were exposed for a time approxi-
mately equal to the effective exposure time of the corres-
ponding object spectra, allowance being made for the effects
of trailing or widening the latter. Both the object and
wedge spectra were developed together in D-76 for 15
minutes at 20°C. Thus the object spectrum and the corres-
ponding wedge spectrum underwent nearly identical exposure
and processing. In some instances, more than one wedge

spectrum was exposed.

B. Reduction of the Photographic Data

The spectra so0 obtained were traced with the
Caltech microphotometer. From the tracing of the cali-
bration wedge, perpendicular to the dispersion, at fixed
wavelength, a set of sixteen parameters defining the
relation between incident intensity and the transmission
of the emulsion was obtained. (To gquite good accuracy,
the H and D curves defined by these parameters are
relatively independent of wavelength for a given wedge

spectrum.) These parameters were used to program an
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elé%ronic—analogue device, incorporated in the micro-
photometer, which converts the measured transmission
directly to relative incident intensity units at a
given wavelength. That is, this device removes effects
due to the non-linear relation between exposure and
emulsion density characteristic of the photographic
process. The deflection, at each wavelength, on the
resultant tracing is then directly proportional to the
incident intensity, the constant of proportionality being
a wavelength-dependent function representing the instru-
mental response, emulsion response, and atmospheric trans-
mission. This function is then determined by using the
photoelectric scan data to calibrate the spectra (see below).
In tracing the spectra, a knife edge was placed
across the object and comparison spectra, oriented approxi-
mately perpendicular to the dispersion. This knife-edge
produced a reference point, or fiducial deflection, on the
tracing of the spectrum. By tracing the comparison spectra
at equal distances above and below the point where the
object spectrum was traced, and measuring the positions of
the known-wavelength comparison lines on the tracing in
relation to the knife-edge deflection, a wavelength scale
could be placed upon the tracing of the object spectrum.
This procedure minimizes the effects of periodic errors
in the microphotometer carriage drive screw. Some dif-

ficulties were encountered due to irregularities in the
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chart drive rate, but were essentially eliminated by

a change of recorder. Various trials indicate that the
wavelength scales so obtained are accurate to about ilz,
most of this uncertainty being in the zero point of the
scale.

The tracings of the spectra were then calibrated
by the scan data. Each bandpass for which a photoelectric
flux was available was marked on the tracing and the area
between the tracing deflection and the zero-level within
this bandpass was determined by planimetry. For reasons
discussed below, the area under the continuum was measured
for those bandpasses containing emission lines. The function
relatihq these areas to the observed continuum fluxes was
tabulated and plotted as a function of wavelength. By
interpolation in the resulting tables, (one for each spectro-
gram), the deflection at a given wavelength on the tracing
could be converted directly to monochromatic flux units,
the emulsion and instrumental responses, as well as the
atmospheric extinction being removed through this procedure.
(The resulting response or conversion function should be
smooth, and this criterion was used to set the continuum
level in regions where extensive line wings, etc. made the
estimation of continuum level difficult.)

In the above determination of the response
function, the continuum levels were used in order to

minimize the consequences of different degrees of widening
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of the spectra and the differences between the effective
areas of the nuclei observed spectroscopically and photo-
electrically. As was mentioned earlier, the relative
intensities of the emission lines to the adjacent continuum
depend rather critically on the degree of widening of the
spectrum or, equivalently, the surface area of the galaxy
included in the observations. This is best illustrated

in the "worst case" of NGCl068. Figure 3 shows the obser-
ved flux distributions obtained with scanner apertures of
diameter 8%, 14", and 30". The flux in a given emission
line remains essentially constant with increase in aperture
size, indicating that the line emission arises largely in
a region smaller than the smallest aperture used. The
continuum fluxes, on the other hand, increase rapidly with
increasing aperture sizes. Thus, the flux within a band-
pass will increase with aperture. However, to a first
approximation, the shape of the continuum does not change
significantly with aperture, especially for smaller aper-
tures. Consequently, using the continuum levels to cali-
brate the spectra should be safe as long as the effective
apertures of the photoelectric and spectrophotographic
observations are not vastly different. (To the extent that
the Seyfert nuclear continuum dominates over the range of
effective apertures considered, this approach is strength-
ened.) The tracings, when so converted to "absolute

fluxes” do have a large zero-point uncertainty in the
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distribution of log F) , but the relative fluxes should be
gquite good. In any case, the photographic observations

were used only to obtain relative fluxes and line intensities.

C. The Determination of Line Intensities and Profiles

The relative line intensities were ohtained by
planimetry of the microphotometer tracings as corrected by
the appropriate response function. For a selected sample
of the stronger emission lines, relative intensity profiles
were alsc obtained. The emission line intensities are
normalized to an Hﬁ? intensity of 10.0 and are listed in
Table 5. The absolute flux in a given line is specified
by knowledge of the absolute flux in Hg . 1In Table 5, the
relative intensities in parentheses, again normalized to
10.0 for Hﬁ” are those obtained when the assumed reddening
law is applied and the galactic extinction removed. The
accuracy of these intensities can be estimated from the
scatter of measurements obtained from two or more plates.
For the stronger lines, the uncertainty is estimated at
about 10 percent and the very weakest lines may be un-
certain by up to about 50 percent. Lines of particularly
large uncertainty, either due to the scatter in measure-
ments or uncertainties in the calibration are indicated by
a colon (:) following the intensity. Lack of a relative
intensity should not be taken to imply the absence of the

line. This is particularly the case in the region between
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5000& and 60002 and redward of Hy where adequate spectro-
scopic data were not available in all cases. (The A5755 line
of {Nlﬂ and the IbIﬂ lines at A7319-30 were, in some
instances only measured photoelectrically.) To the un-
certainties in the relative line intensities must, of
course, be added the uncertainties in the photoelectrically
derived reiative energy distributions. The latter, however,
are generally smaller than the photographic uncertainties.
Table 6 gives the observed absolute fluxes in |
Hﬂ derived in two somewhat different ways: First, the
equivalent width of Hg is determined from the spectra and
the observed continuum flux level obtained from the photo-
electric data is then used to determine the total flux in
Hﬁ . In carrying out this calculation, allowance must be
made for the differences between the effective areas of
integration of the photographic and photoelectric data.
That is, the equivalent width will generally decrease and
the continuum flux increase as the aperture size, or
degree of widening, increases. The two effects do not
cancel. The second approach consists of measuring the
flux in a 502 bandpass centered at redshifted Hg , inter-
polating the continuum contribution from the scan data,
and determining the H/g flux. In this instance, the
photographic data were used only to determine the fraction

of the %8 profile falling outside this 50A interval. In

case of NGC3516, Hﬁ? was found to be too weak and ill-defined
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to permit an accurate determination by either approach.

In this case, the lines of {bIIi] at A4959 and A5007
(principally the latter) were used as the basis of the
absolute line intensity calibration. This was also done
for the other objects as a check on the %5 determination.

The "corrected" Hﬂ intensities listed in Table
6 are obtained by correcting the observed values for inter-
stellar reddening, using the assumed reddening law, and
multiplying the resultant by 4vd2, a being the distance,
to obtain the total emission at the source. The equivalent
widths and Hﬁ fluxes obtained by other authors are listed
for comparison purposes. In the particular case of NGC1l068,
the scatter among the latter is truly remarkable, considering
the relatively great strength of Hﬁ and the brightness of
the galaxy (the numbers given should be multiplied by the
same power of 10 as the adopted value). It is suspected
that some of this scatter is due to the aperture effect
discussed above.

Relative line profiles, normalized to unit central
intensity were also derived. The profiles for some of the
brighter emission lines are shown in Figures 4. The
estimated uncertainties of the intensity, at half central
intensity, are indicated by the vertical arm of the "cross"
in each figure. The horizontal arm of this "cross" indi-
cates the estimated velocity resolution, essentially

determined by the spectrograph properties, principally the
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slit width, and to a lesser extent, by changes in focus
quality. This resolution was estimated from the intensity
profiles of the intrinsically sharper comparison lines on
each plate. The zero of the velocity scale was, in most
cases, taken at the intensity maximum. Within the un-
certainties,cl&%/ko at the intensity maxima agrees quite
well with the published radial velocities.

In determining line intensities and profiles, it
was often necessary to separate a composite profile into
individual lines. Because of the uncertainties of this
separation, the profiles were not always determined to
equal distances on either side of the center of the line.
While in most instances it would be safe to assume the form
of the line profiles in order to affect this separation
(e.g. in separating H4 and @II#} NM363, it might be
assumed that the Hy profile was similar to that of Hp ’
and that of A4363 similar to those of [bIIﬂ A 959,
A5007), it was not felt that the quality of the available
low-~dispersion data justified such a detailed approach.
Consequently, the relative contributions of overlapping
lines were estimated directly from the tracings, and this
procedure usually has little effect on the derived relative
intensities. The principal exception to this conclusion
is the 26543 line of [NII] which lies close to broad-
winged Hy . The separation, in this case, was affected

by assuming that the profile of N6543 was identical to
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that of [ﬁlﬂ A6583. 1Insofar as both lines represent

transitions between the same levels (3P - lD and

1 2
3P2 - lD2, respectively) this assumption seems reasonable.
The observed ratios I(N6583)/(A6543) approximate closely
the theoretical value of 2.9, indicating that this pro-
cedure is probakly adequate. Because of this approximation
and the quality of the spectra near Hy , detailed profiles
for these lines are not given in Figures 4. Generally,
the Hy profiles are similar to the Hﬂ profiles, and the
profiles of [ﬁli] similar to those of the other forbidden
lines.

Representative examples of the spectra of the

Seyfert nuclei are reproduced in Figure 5.
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IV. THE INTERPRETATION OF THE EMISSION LINE SPECTRA

A. The Emission Line Profiles

The spectra of the Seyfert nuclei reproduced in
Figure 5 show the extensive line emission which is charac-
teristic of this group of objects. There is a considerable
variation in the number and the relative intensities of
these emission lines from object to object. For all but
one of these objects, the exception being NGC1l068, the
emission lines of hydrogen are considerably more extended
than are the forbidden lines. The latter feature is more
clearly illustrated by the emission-line profiles shown
in Figures 4. These emission lines vary somewhat in
width from object to object, the variation in the extent
of the Balmer profiles being greater than the corresponding
variation of the forbidden line widths. Two general
properties of the Seyfert spectra should be noted: First,
some of the “nuclear" spectra shown in Figure 5 display
weak absorption lines, principally Call H and K. These
spectra are all somewhat widened, if only by the "seeing"
conditions at the time of observation, and the presence
of the absorption lines seems to be a consequence of this
widening. If a sequence of spectra are taken of a given
object under similar conditions but with differing degrees

of widening, the strength of such absorption features as



67

are present will increase as the amount of widening in-
creases. Spectra taken under conditions of good "seeing"
and which are not widened show little or no avidence for
absorption lines in the nuclear spectrum, despite
the fact that most of the nuclei are not resolved from the
surrounding regions even under very good conditions. A
second property of the Seyfert spectra is that essentially
all of the line emission arises from the Seyfert nucleus,
the latter being defined by the presence of the nuclear
continuum. In terms of the flux in the continuum, the
transition from the "normal" nuclear regions to the Seyfert
nucleus is usually quite abrupt.

Some of the emission lines, notably [OII}
A3727 and Hy , occasionally show emission components
arising in the "extra-nuclear" region -~ the region of the
nucleus immediately external to the Seyfert nucleus. When
present, these components are very much weaker than the
nuclear component, generally representing a few percent,
or less, of the total emission within a given line.
Aside from relative strength, these extra-nuclear components
differ from their nuclear counterparts in extent, being
considerably narrower, and probably unresolved at the
present dispersion. On unwidened spectra, the nuclear
line emission generally appears somewhat lens-shaped.
The extra-nuclear component, when present, appears as a

sharp line superimposed upon the broader nuclear emission.
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In these instances, the positions of the sharp components
are approximately coincident with the intensity maxima of
the nuclear components: The velocity difference is, in
any case, much smaller than the velocity dispersion in-
dicated by the profiles of the nuclear emission lines.

The profiles shown in Figures 4 are derived from
the measurement of spectra which were widened for photo-
metric purposes. The presence of an extra-nuclear
component to a line will, therefore, tend to make the
derived profile somewhat sharper in appearance than the
"true" nuclear emission profile. However, the relative
weakness of the extra-nuclear emission is such that this
effect will be negligible in most cases. A partial check
on this conclusion was made by comparing the profiles ap-
pearing on widened and unwidened spectra. Within the
"noise" level set by the emulsion in the latter instance,
the importance of the extra-nuclear component is negligible.
The profiles of the emission lines given in Figures 4 are,
therefore, essentially the nuclear profiles.

Another relatively minor factor affecting the
derived intensity profiles is the inclination of the
emission lines in some objects. Higher dispersion coudé/
spectra of NGC1l068 and NGC4151 were kindly provided by
Dr. J. B. Oke and Dr. 0. C. Wilson. These unwidened
spectra have higher angular resolution than do those of

the present study. Examination of these spectra reveals
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that the "lenses" of the emission lines are slightly
inclined to the dispersion, this inclination being small
in comparison to the extent of the profile and but
marginally measureable. Insofar as NGC1068 and NGC4151
are viewed nearly "face on", it seems unlikely that this
inclination is due to the rotation of these galaxies.

The presence of such inclination will tend to make the
derived profiles somewhat broader than the profiles
corresponding to the exact centers of the Seyfert nuclei.
In practice, however, the effect is utterly negligible

in comparison to other sources of error. The presence

of this inclination does, however, indicate that the
Seyfert nuclei are resolved on these spectra: In the case
of NGC4151, the indicated nuclear diameter is very nearly
1" (corresponding to 50 pc.), and, for NGCl068, ﬁhe
diameter is between 1" and 2" with the higher diameter
(about 100 pc.) probably being the more accurate.

Within the uncertainties of their determinations,
several conclusions may be drawn from the observed emission
line profiles. When, as in Figures 4, the intensities are
normalized to unit central intensity and the profiles are
plotted as Doppler profiles, wavelength being expressed
as a velocity with respect to the line center, the profiles
of the forbidden emission lines observed in the spectrum
of a given object are the same. The profiles shown in

Figure 4 represent a fairly wide range of central wavelength
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and, consequently, can be interpreted as a velocity
dispersion of the emitting gas within the Seyfert nuclei.
The line-of-sight wvelocity distribution, integrated over
the emitting volume will then be similar to the line
intensity profiles in form. Because of the moderately
low wavelength resolution of the present observational
material, the relative importance of turbulence and
larger—-scale mass motions cannot be established. The
relative smoothness of the forbidden line profiles in
most instances tends to indicate that the velocity dis-
persion of any larger-scale motions is smaller than that
due to turbulence. At the present resolution, only the
emission lines of NGC1068 show structure. (The "hump"
in the positive-velocity wing of the NGC3227 gﬂ profile
is almost certainly not real.) In this instance, all of
the emission lines, including the hydrogen and helium
lines, show two distinct maxima separated by approximately
500 km/sec. This indicates the presence of at least two
emitting regions with a relative velocity of at least
500 km/sec. The estimated internal velocity dispersions
of the two components observed are roughly comparable
and somewhat in excess of their relative line-of-sight
velocity. Physical conditions within the two "clouds"
are somewhat different as is indicated by the wvariations
in the relative intensities of the two maxima from line

to line.
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In their analysis of the kinematic structure of
NGC1275, Burbidge and Burbidge (1965) noted that some of
the emission lines, notably Hy , appeared doubled with
the two components being rather widely separated and the
. redder component being the fainter and much narrower of
the two. The present data do not clearly show this weaker
feature. Partly, the [NII} 76543 emission and the low
resolution are responsible. The spectra of Burbidge and
Burbidge were also much more strongly exposed than are
those of the present study: The spectra showing the
doubled H, emission also show the extra-nuclear components
of Hy and ENII] quite clearly, whereas the present
spectra do not. More detailed kinematic studies of some
of the Seyfert nuclei have been made by Walker (1968a,
1968b). These spectroscopic studies reveal the presence
of three or four discrete clouds within 5" of the center
of the nucleus of NGC1l068 and of at least two such clouds
within about 2" of the center of the nucleus of NGC4151.
The dimensions indicated are somewhat larger than those
found above. The relative velocity dispersion of these
clouds along the line of sight are smaller than the
velocity dispersions within the individual components.
Reversals in some of the emission lines of NGC7469, ob-
~servable at higher dispersions, indicate somewhat similar
motions. It would seem, therefore, that the Seyfert

nuclei can be pictured as being composed of one or more
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Cclouds with large internal velocities or turbulence.

The smoothness of the forbidden line profiles indicates
that these internal turbulent velocities are at least
comparable to the relative velocities of the clouds.

The similarities of the Doppler profiles of the forbidden
lines indicate that these profiles are the consequence
of such mass motions and/or turbulence.

Dibaji and Pronik (1968) have noted a tendency
for the [OIIf] and [NeiII] line profiles to show a faint
winglike structure of small extent which is absent from
the profiles of the [OIIl and (SII] lines. This structure,
or "base", contains less than a few percent of the total
flux of the [0III] and [NeIII] lines in most of the ob-
jects examined. Three objects show such a structure of
considerably greater strength. At the present level of
accuracy, the extent of this "base" is rather poorly de-
fined, especially when this feature is weak, largely as
a consequence of the uncertainties involved in defining
the continuum level on the tracings of the spectra. This
is particularly the case for the XQIII\ AN959 and A5007
emission for which the profiles were largely determined
from spectra on IIa-O emulsion in which the response is
changing rapidly in this wavelength region.

The nuclear emission of NGC1l068 is exceptional
in that the Balmer and forbidden line profiles are similar.

In the other Seyfert nuclei examined, the hydrogen lines
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are much more extended than are the forbidden lines.

With the exception of NGC3516 (and NGC1068), the Balmer
lines are composed of a relatively sharp core plus ex-
tensive and featureless "wings" which may extend from
2500 km/sec to over 5000 km/sec from the line center.

The profiles of the cores of these hydrogen lines are
essentially identical to the profiles of the forbidden
lines. 1In addition, a "base" which is present in the
\QIII] and [NeITI] lines will also be found in the Balmer
line profiles. Because of continuum-level uhcertainties
and the presence of nearby emission lines, the extent of
the Balmer wings cannot be determined to very high accuracy.
However, these wings usually contain most of the total
Balmer line flux. Within the uncertainties of the deter-
mination, the profiles of these wings are symmetrical
about the line center and approximately the same for all
Balmer lines observed. Unfortunately, the uncertainties
are quite large, most of the hydrogen lines having neigh-
boring emission lines of considerable strength. Only ﬁﬂ
is in a region relatively free of emission lines: Hy

is straddled by the [NII] emission and Hy is immediately
adjacent to [OIII) 24363. The higher series members are
considerably fainter and well-defined profiles, particu-
larly in the wings, could usually not be obtained. Since
the separation of composite profiles introduces additional

uncertainties, the Balmer profile of greatest accuracy is
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that of 3# .

The only permitted lines observed, other than
the Balmer lines of hydrogen, were 74686 of HeII, A5876
of Hel and, possibly, 273444 of OIII. Generally, only
A686 was of sufficient strength to permit an estimation
of the profile. Unfortunately, this line is rather poorly
located for these purposes, the real or suspected presence
of [FeIII] 24659 and |ArIv) 24711, 24740 making a separation
of the composite profile rather difficult. Furthermore,
the curvature of the emulsion response in this region makes
the continuum level rather uncertain. Consequently, this
profile was not measured in any case except that of NGC1l068.
In this ins tance, the profile was similar to the Balmer
and forbidden~line profiles. For the other objects in
which HeIIA4686 was observed, the width of the profile was
estimated and found to be somewhat broader than the for-
bidden lines, but narrower than the Balmer lines. A wing
structure rather similar to that present in the Balmer
lines, but of lesser extent and relative intensity, seems
to be present.

The group properties of the emission lines found
in each object are summarized in Table 7. The approximate
maximum widths ZSVC ,ZXVB , and [ﬁﬁﬁ of the core, base, and
wings, respectively, are expressed in velocity units about

the line center. The quantities fC , £, , and fW are the

B

approximate fractions of the total line flux within each
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of the components. The values given in this table
should be regarded as approximate.
The Balmer profiles of NGC3516 do not show a

core similar in profile to that of the forbidden lines
as is the case in the other objects. The profile of ﬁ@ '
in particular, appears quite featureless. Andrillat
(1968) has noted differences in the appearance of Hg
in comparing spectra obtained in 1967 with the tracing
of Hﬁ’ published by Seyfert (1943). The repo;ted
variation consists of a decrease in the central intensity
of Hﬁ3 relative to the central intensities of the nearby

l[o111] 1lines over this time interval. Because of the
unknown effects of aperture or widening variations dis-~-
cussed earlier, and since no clear plate level was
indicated for the tracing given by Seyfert, the original
spectra of NGC3516 were secured from the Mount Wilson plate
files and retraced. Comparison of the 1943 spectra with
the current data indicates that the reported wvariation of
Hﬁ is almost certainly real. However, the relative
intensities of the forbidden lines and their profiles do
not seem to have changed significantly over this 25 year
interval. It is further noted that on neither the 1943
spectra nor on the 1966-67 spectra does the Hf3 profile
show a core resembling the forbidden lines in profile.
Because Hﬂ? is extremely weak relative to the continua

of all spectra examined, particularly on the more recent
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plates, the measured equivalent width, central intensity,
and the derived profile, are all extremely sensitive to

the continuum level adopted. With these uncertainties
present, the derived Hpg data, particularly the line profile,
should be regarded as rather approximate. The uncertainties
in the corresponding data for the higher series members

are significantly higher. In Figure 4e, the rather large
uncertainties in the Hﬁ profile are indicated by the error
bar. The corresponding errors or uncertainties for the

Hy and Hg profiles are larger by factors of about two,
and the rather good agreement among these Balmer profiles
should be regarded as completely fortuitous. It is of
interest that the Hy profile shows some indication of a
core, although this core and [NII] 26543 are barely re-
solved and the former is comparable in intensity to the
noise level on the plates. 1In any case, such a core
probably contains less than 15 percent of the Balmer line
flux. For most of the Seyfert nuclei, the cores of the
hydrogen lines contain about 20 percent of the total flux

of the line. Because of the weakness of Hﬁ? relative to

the continuum in the spectra of NGC3516, the "absence" of

a core might well be a consequence of the quality of the
observations only: It is estimated that a core possessing
the profile of the forbidden lines and containing 15 percent
of the H/? flux is essentially at the limit of detectability

on the presently available spectra. The limit of detect-
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ability on the 1943 spectra is somewhat lower because of
the greater central intensity of Hg but uncertainties

in the calibration for these earlier spectra are present

(see below). Hence, the presence of a core containing
15 percent, or less, of the flux cannot be disproved by
the present data. Some indication of a core is present
in the rather crude Hy profile. The presence of [NII]
A6543, however, makes this indication rather uncertain.
Within the rather large uncertainties, the
appearances of the 1943 and 1966-1967 H@ profiles for
NGC3516 are quite similar. However, the more recent pro-
file seems to be some 2000 km/sec greater in extent.
This apparent increase in width largely compensates for
the decrease in central intensity with the result that
the equivalent width of H%3 relative to the egquivalent
widths of the [OIII] lines cannot be said to have
changed significantly over this 25 year interval. There
is also some rather weak evidence that the continuum
level has changed over this period of time: Seyfert
(1943) estimated that approximately 5 percent of the
nuclear light of NGC3516 was present in the emission lines,
whereas the present data indicates a figure of about 1
percent or less. The relative contrast of lines to con-
tinuum on similarly widened plates does seem to have
declined somewhat. While this change is consistent with

an increase of the continuum radiation since 1943, the
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difficulties involved in comparing observations made
under rather disparate conditions would make such a
conclusion rather speculative. For instance, the 1943
and 1966-67 observations were made using different spec-
trographs and the spectra were widened to slightly dif-
ferent degrees. The latter differences are, however,
rather small and tracings of the sharper comparison
lines on the spectra indicate that the spectrograph
resolutions were approximately the same in both instances.
Another complicating factor is the unknown effect of 25
years of aiing on Seyfert's spectra. This is probably
rather small since retracings of the original plates
resemble, fairly closely, the tracings shown by Seyfert
(1943, Figure 1). 1In considering these sources of un-
certainty, it is felt that a detailed specification of
the nature of the variation of the %8 profile is
virtually impossible. It can, however, be stated that 3@
has decreased in central intensity relative to the XOIII}
lines, that the relative strengths and profiles of the
forbidden lines have not changed significantly, and that
the relative equivalent widths of the emission lines,
including Hﬂ5’ have probably not altered. There are
rather weak indications of a variation in continuum
intensity.

The profiles of the forbidden lines can be most

consistently interpreted in terms of macroscopic mass
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motions and/or turbulence occurring within the Seyfert
nuclei. The structure observed in the emission lines

of NGC1068, together with the results of the more detailed
kinematical studies of NGC1068 and NGC4151 by Walker
(1968a, 1968b) and of NGC1275 by Burbidge and Burbidge
(1965), provides strong additional evidence for such an
interpretation. Only in the instance of NGC1068, however,
can the kinematical properties indicated by the forbidden
line profiles be used to explain the observed hydrogen

and helium line profiles. In the spectrum of NGC1068,

the permitted and forbidden lines have essentially identical
profiles (cf.Figure 4a) and display the same structure.
This indicates that the forbidden and permitted lines are
formed in the same regions. For the remaining seven
Seyfert nuclei under consideration, only the cores of the
recombination line profiles can be interpreted in this
manner. The similarity between the profiles of these
cores and those of the forbidden lines implies that at
least part of the hydrogen and helium line emission arises
in the regions producing the forbidden line spectrum.

(We are assuming the presence of such cores in the Balmer
profiles of NGC3516. For the reasons discussed above,

we make no assumptions regarding the relative strength of
these cores other than noting that they represent less
than about 20 percent of the Balmer-line flux.) The

principal problem, then, is to provide an interpretation
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or explanation for the presence of extensive wings in
the profiles of the Balmer lines and HeIIA4686.

Since a kinematical interpretation seems quite
satisfactory in explaining the profiles of the forbidden
lines and those of the cores of the recombination lines,

a similar interpretation of the wing-profiles might be
attempted. However, if we postulate that the wing
emission arises from a region distinct from the forbidden-
line region and characterized by larger turbulent veloci-
ties and/or mass motions, some means must

be found of suppressing the forbidden line emission.

Since the forbidden line profiles in no instance show
extensive wings, the forbidden line emission arising from
this high-turbulence region must be essentially non-
existent. Woltjer (1959), in interpreting Seyfert's
observational material, postulated such a turbulent region
in which the temperature was sufficiently lower than that
of the forbidden line region to account for the absence

of the forbidden line wings. The high frequency radiation
field was also assumed to be diluted, or weaker, in this
region. The temperature difference required between the
"hot" and "cold" regions is not extremely large as can be
seen from the following approximate consideration: For
the typical Seyfert nucleus, the ratio of the flux in the
core of the Balmer lines to that in the wings is approxi-

mately 1l:4. The intensity of Hﬁ3 arising from a volume
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V characterized by proton density n, ., electron density
n, and electron temperature t = 10_4Te is proportional

to nn -V Q(t) , where Q(t) is tabulated by Pengelly
(1964). Designating parameters of the cooler, more tur-
bulent region by primed symbols and those of the hotter

regions producing the observed forbidden line emission by

unprimed gquantities, we can write

né nl v _ ;5' Q(t) i Q(t) (Case B)
n_n, V Iﬁ Q(t") 4 Q(t’)

where 13 and %@' are the total fluxes of Hz in each
component. In the limit of low densities, the population
of the initial level of a forbidden line transition to
the ground-level is proportional to nonet':-l/2 exp (- %%)
where ng is the population of the ground level,
X = 1074 h? /k, and ? is the frequency of the emitted
line. The intensity of the forbidden line emission in
the cooler, more turbulent, region, I', will be related
to the intensity, I, of the forbidden line "core" by
the relation
'
L Lorate (£)F e (2o L)

Q(t
(low density)

Typically, the forbidden line intensities indicate t = 2.

If we assume t =~ 1 we have, approximately :
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I X
E 0.2 exp (- ?T)

For the forbidden lines observed X = 2 to 4. Con-
sequently, forbidden line transitions to the ground
state will be weaker by at least an order of magnitude
in the 10,000°K region in comparison to the emission in
the 20,000°K region and,since the emission from the
cooler region is distributed over a much broader profile,
it can be presumed undetectable. The assumption of low
density in the forbidden line region is fairly adequate
as is indicated by the temperatures and densities derived
in the following section. The assumption that

né/n; ~ no/n+ is fairly valid for the ‘ions NII (I.P. =
14.6eV), SII (10.3eV), OII (13.6eV). The major difficulty
with this approach is the presence of wings on the
HeII)4686 profile. Since the ionization potential of
Helium I is about 24.5eV, we would expect the relative
abundance of HeIl with respect to HI to be considerably
lower in the cooler region than in the forbidden-line
region, with the absence of A4686 wings a consequence.
While these wings may be weaker than the Balmer wings,
they are not significantly so. Consequently, some other
means must be found to suppress the forbidden-line

emission in the postulated region of higher velocity

dispersion.
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Oke and Sargent (1968) have pointed out that
a very high electron density will effectively suppress
the forbidden line emission by collisional deexcitation.
In the limit of high density, the relative populations of
the levels approach their equilibrium values: In the high
velocity region we would have an initial-level population
proportional to né exp (- X/t') instead of
n;n;t'—l/z exp(—’X/t'). The relative forbidden-line
emission from the two regions will then be proportional
to tl/z/n; if the temperatures are similar. The constant
of proportionality depends upon the relevant atomic para-
meters, such as the "collision strengths" and spontaneous
transition probabilities. For t= 2, the electron density
required to adequately suppress the forbidden emission for
the strongest lines observed is né'Z 107. This should be
compared to the densities found in the forbidden line region
which are typically n_ ~ 10% em™3.

If the source of the emission in the wings of the
hydrogen and helium lines is, in fact, a distinct region
characterized by a large internal velocity distribution,
the observed spectra should display certain characteristic
features. Most obvious is that relative Doppler profile
of the emission wings, obtained by dividing the intensity

profile by the total flux for each wing system, should be

the same for all of the hydrogen and helium lines.
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Examination of the profiles of Figures 4 suggests that
this might be the case. However, the wing profiles of
most of the hydrogen lines are rather uncertain because
of the presence of neighboring emission lines and/or the
uncertainties present in the determination of the con-
tinuum levels on tracings of the spectra. It has been
noted that HeIIN4686 seems narrower than the profile of
Hﬁ3 in most cases but this indication is a rather weak
one for the reasons discussed above. On the basis of the
presently available spectra, in any case, the Doppler
profiles of the Balmer line wings show differences which
are generally smaller than the estimated uncertainties
of their determination. The present data are, then,
consistent with a kinematical model for the wing emission
insofar as the profiles are concerned. If such a reQion
is made up of a fairly small number of discrete clouds,
possessing internal velocity dispersions comparable to
those indicated by the forbidden line profiles, we might
exXpect to see structure in the emission wings. Since
such structure is not apparent from the present data,
and since the wing profiles are smooth and essentially
symmetrical, the number of such clouds must be large.

A simpler interpretation is that the wings are formed

in a single region characterized by a high internal
velocity distribution resulting from turbulence. 1If the

kinematical model is applicable to the wing emitting
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region, some instances might be found in which the Balmer
wings are systematically shifted in velocity from the
emission cores. Such an instance is not indicated by the
present data, however.

The relative smoothness of the wing profiles,
their symmetry, and the absence of any clear instances of
a velocity shift between core and wing might also be
taken as rather circumstantial evidence against the kine-
matical origin of the Balmer wings. The suggestion that
the HelII profiles are systematically less extended than
the Balmer lines might also be so taken. A source of
line broadening which is also consistent with some of
the observed properties of the profiles is electron scat-
tering. Oke and Sargent (1968) have suggested such a
mechanism for the Balmer and Hell wings in their analysis
of the spectrum of NGC4151. The advantage of electron
scattering in this context is that it cbkviates the need
to postulate the existence of a separate region for the
wing-emission, the presence of very large velocity dis-
persions, and physical conditions (e.g. high n, or low
Te) which are markedly different from those which apply
in the regions producing the observed forbidden line
emission. Such an interpretation will also be consistent
with the observed smoothness and relative symmetry of the
wing profiles. The problem of the forbidden line "wings"

is still present, but in a somewhat different form. The
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optical depth for electron scattering is given by:

T =no S
e
-25 2 .
where © e = 6.65 x 10 cm is the Thomson scattering
cross—-section, and neS = gneds where the integration

is along the geometrical path of the photons of interest.
As a first approximation, we can take S to be the
effective diametexr of the emitting region as defined by
the recombination and forbidden spectra. In the following
chapter (cf. IV-B), the guantity & = n;% is obtained
either from the intensity of Hg, the amplitude of the
Balmer jump in emission, or both (cf. Table 10). From

the forbidden line intensity data, the electron density

n, can be roughly estimated (cf. IV-B and Figures 6).

We then have:

1/3
(neS)eff ~ (2neEL )

for which values ranging from 1 x 1023cm—2 to 8 x 1023cm-2

are obtained. We can then compute Tfe. The derived values
for 17e cover the interval 0.05 to 0.55, with the mean

for eight Seyfert nuclei being about ﬁ;e ~ 0.25. Con-
sidering the uncertainties in the values of £ and D,
particularly the latter, and the assumptions implicit in
writing the above equation for (neS)eff’ the possibility

of significant optical depth due to electron scattering

cannot be eliminated. However, a factor of 100 error, or
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uncertainty, in n, will result in an uncertainty less
than a factor of five in Tfe, so this optical depth is
almost certainly less than 3 or 4, and probably less than
unity.

Munch (1948) has computed the profile of scattered

radiation [X(Ti,d) for incident monochromatic light of

frequency 1)0 in terms of the parameters T, = T _ and
2
mc® Y1/2 V-9 4 .
A = ( ) . The emergent profile has an
4ETe *Do
intensity distribution of the form:
+00
—’U‘\/—— [ —~ [ '
I(g) =1I,()e V3 ﬁo(d)ﬂ(bl,d-d ) do

- 00

where IO(CX) is the initial profile. If it is assumed
that the initial profile Io(tx) had the form of the for-
bidden-line and Balmer core profiles, we can integrate
this expression over all & . The term on the left will
become Wt » the total flux in the line. On the right,
the first term will be Wé, the flux in the core, and
the second term will be the flux in the wings, W - If

there are no losses from the radiation within a given

& flo(d)dd

hence Wo /W exp(—?flvfg )

line, we will have:

=
i
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Since the wing and core components of the Balmer lines

in the Seyfert nuclei contain flux in the ratio of
approximately 4:1, we find that Tfl:z 0.9 for the Balmer
lines is required to produce the observed partitioning

of flux. This is roughly comparable to the above estimate
of t’e. For the stronger forbidden lines to show no
wings, the optical depth due to scattering must be con-
siderably smaller. 1If we say the line wings are "absent"
if they contain less than 10 percent of the line flux,

we must have WC/Wt > 0.9 or T, < 0.06 which is also
not greatly in conflict with the ’te estimated above.

It is of interest to note that the "bases" observed in
some of the forbidden line profiles contain only a few
percent of the total line flux in most instances and,
furthermore, are usually detectable only for the stronger
lines, suggesting that electron scattering may be res-
ponsible. The present data arenot of sufficient accuracy
to investigate this question more carefully.

Rather rough calculations of the scattering
profiles expected for Te = 2 X 1O4°K and ’Cl = 0.9 have
been performed assuming the initial profile is the Doppler
profile shown by the forbidden emission lines. The
quantities [l(’Cl,o() were obtained from the table given
by Minch (1948). Comparison of those observed profiles

for which fw/fc =~ 4 with the computed profiles reveals

no discrepancies of significance. The uncertainties in



89

the observed wing profiles, however, become rather
significant for large v and, consequently, this agreement
should not be taken to indicate that electron scattering
is the only possible broadening mechanism.

The principal difficulty, as in the kinematical
model, is the suppression of the forbidden line wings. As
is indicated by the above considerations, 171 = 1 is
required to explain the partitioning of flux between core
and wing in the Balmer lines, whereas ti < 0.06 is
required in order that similar wings do not appear in the
forbidden line profiles. The only way in which both of
these conditions can be satisfied is to require that the
geometrical distance traversed by the Balmer line quanta
be 20 or more times greater than that of the forbidden
line guanta. The cause for such a difference could be
atomic scattering, which would increase the Balmer line
effective path length but have essentially no effect on
the forbidden line photons. The possibility of signifi-
cant optical depth in the Balmer lines is discussed in
the final section of this chapter (cf. IV-C).

If electron scattering is the relevant mechanism
for forming the Balmer wings, we can make the following
approximate consideration: If the diffusion of Balmer
quanta out of the emitting region can be treated as a
"random walk" process, and if we neglect the effect of

electron scattering as a first approximation, the effective
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path length Sn2 , and therefore the optical depth for

1/2
n2

for a Balmer photon of frequency ¥ n2+ The quantity

electron scattering ’Un2’ will be proportional to Q

an is the number of scatterings undergone by the guanta
i)nz before escape. Since an will be inversely pro-
portional to the photon's mean-free-path, it will be

directly proportional to the oscillator strength fn2 .

1/2 1/2
n2 fn2 *

Consider, then, a case in which the effective optical

We will have, therefore ’C’nz o' Sn2 o Q

depth in Hﬁ3' T nd ’ due to electron scattering is
unity: We will then obtain T’nz = 2,32, 1.00, 0.61, and
0.43 for n = 3, 4, 5, and 6, respectively, if we use

the f _, values given by Aller (1963, p.166). Oke and
Sargent (1968), in their analysis of NGC4151, found that
the cores of the Balmer lines contained about 9.5 percent,
18 percent, 27 percent, and 72 percent of the total 1line
fluxes of Hg ., Hg, Hy , and Hg , respectively. The
corresponding optical depths are 't’nz = 1.36, 0.99, 0.76,
and 0.19 for n = 3, 4, 5, and 6. The discrepancies

are probably not significant in that we have neglected the
effect of scatterings by electrons which shift the photon
out of the line: Since the optical depth T’nz decreases
with n, the lower energy quanta will be more frequently
scattered out of the line by the free electrons. The

result will be to significantly decrease T while

32
having relatively little effect on the depths for higher n.
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We have also ignored losses in the higher series, e.q.
we have assumed that an absorbed Hﬁ3 guantum will be
simply scattered although a certain fraction will be
emitted as Paschen o (plus H ), the Paschen guanta es-
caping from the emission region. At least the direction
of the Tfnz dependence is the same as in the "observed”
case.

In view of the smooth profiles observed, the
electron scattering model is somewhat more attractive
in that no separate, high-velocity and high-density
region need be postulated. The electron scattering model
is also, perhaps, indicated by the symmetry of the Balmer
wings about the Balmer core. If no evidences of systematic
velocity shifts between core and wing, or of structure in
the Doppler profiles of the latter, are observed, it is
suggested that the electron scattering mechanism is more
appropriate. An observational determination of the validity
of this electron scattering model can be made for objects
in which structure is present in the forbidden line cores:
If the Balmer wings are extensive, and are formed by electron
scattering of an initial profile which has the form of the
forbidden line profiles, the structure in the core of the
Balmer lines will be "washed out" or absent. 1Insofar as
only the lines of NGC1068 show such structure on the
available spectra, this question cannot be more closely

examined.
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B. Physical Conditions in the Seyfert Nuclei

The emission lines found in the Seyfert nuclei
are quite similar in type and relative intensity to those
observed in the spectra of planetary nebulae, the principal
difference being the much greater line widths encountered
in the former. 1In terms of line strengths, the major
difference is the much steeper Balmer decrements found in
some of the Seyfert spectra. Insofar as the relative
intensities of the forbidden lines are similar, we expect
the conditions of electron temperature and density in the
Seyfert nuclei to be roughly comparable to those in
planetary nebulae. That is, to a first approximation we
have T_ ~ 10%°x, ng ~ 10%cm™3  for the Seyfert nuclei.
This assumes that the forbidden lines are excited by
electron impact as in planetary nebulae and that the
electron energy distribution can be characterized by Te’
Under these circumstances, we can relate the relative
intensities of certain lines arising from a given ion to
ng and T in the usual fashion if the relevant atomic
parameters are known. The atomic parameters consist of
the spontaneous transition probabilities Aij and the
"collision strengths" .(1ij for the levels and transitions
of interest. 1In deriving the relations below, we have
used the values of Aij and gﬁlij as summarized by
Boyarchuk, et. al. (1963) . In the usual notation,

we let t = 10—4Té and X = 10_4net_l/2 and the relations
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obtained are:

for OIII :
I(24959)+I (A5007) _ 7.1 1+0.12€+4.1x10"%(1.0.11€)x
I(N\4363) € 1+3.8x10-2(1+0.10€)X
where € = exp(-3.30/t) ,
For NIT :
I(A6548)+T (A6584) _ 6.3 1+O.14€+6.3x10_4(l+0.88€)X
I(A5755) - c 1+0.24(1+0.88 )X
where € = exp(-2.50/t) ,
For Oo11 H
I(N3727)+I1(7N3729) _ 5.5 l+0.366+5.3(l+0.82€+0.l6€2)x .
I(A7320)+1(A7330) - € 1+13.8(1+0.38€)X+38.4 (1+0.78¢"

+0.15¢2) X4

where € = exp(-1.96/t) ,

and for SII

I(N6717)+I(A6730) _ 13.4 l+0.l4€+0.l7(l+6.79e+0.0562)X .
I(\4068)+I(7N4076) € 1+7.30(1+0.33€)X+0.98(1+6.47€¢ °
+1.15€4)X<4

where € = exp(-1.39/t).

The relative intensities of the pairs of lines
appearing in the numerators and denominators of the above

expressions,e.g. I(A3727)/I(A3729), could have been related
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to n, and T, in order to obtain additional useful
expressions. This has not been done in the present in-
stance for one of two reasons: Either the dependence of
the ratio on n, and Te is extremely insensitive to
variations in these quantities, for the range of conditions
of interest (e.g. I(A6548)/1(76584) ), or the temperature-
density dependence is significant but the relevant lines,
because of their proximity and the widths of their pro-
files, are not well resolved at the present dispersion
.qg. I(%7320)/I(}7330) ).

The relations given for the (SII| and &OII}
intensities should be regarded as approximate and applied
with caution. In the cases of [0III] and |NII| we have

assumed that the fine-structure levels 3P J =20, 1, 2,

I
of the ground state are populated according to the ratios
of their respective statistical weights; i.e. in proportion
to g5 = 2J + 1. For the temperature-intensity range of
interest, this is a fairly good approximation, and OIII and
NII can be treated adequately as three-level systems in
deriving the {0III] and (NII] intensity relations.

This approximation will not, in general, be suitable for
the levels of OII and SII: These ions have been treated

as five-level systems. While the above approximation is
fairly adequate when applied to the 2P1/2 and 2P3/2
upper level, it is considerably in error when applied to

2 2 s
the D5/2 and D3/2 levels. The spontaneous transition
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probabilities for transitions from the upper and lower
2D levels differ by about an order of magnitude for both
OII and SII. Hence the sum of the intensities of the two
lines resulting from these transitions (A3726, A3729 of
lorz]l ., 26717, 26730 of [SII] , respectively) will depend
critically on the relative populations of the initial levels.
The level populations are determined essentially by the
equilibrium between radiative and collisionally induced
transitions. The 2D5/2 and 2D3/2 populations, in
particular, are a rather critical function of the collision
strength (ﬁl(2D5/2 - 2D3/2) which is not known. The col-
lision strengths between fine structure levels of different
terms are known. Seaton and Osterbrock (1957) have assumed
.f)iZDS/z - 2D3/2) can be approximated by’.()izDS/Z - 2P3/2),
2 2

and Q(2P3/2 P1sy) by Q(2D3/2 - “Py ;). This

approximation is based upon the fact that the collision

strengths between fine structure levels of two given terms
are proportional to the product of the statistical weights
of the initial and final levels, and consists of the

assumption that the same "constant" of proportionality can
be applied to transitions between fine structure levels of

a single given term. This assumption does not seem to have

a clear justification (cf. Nagvi and Talwar, 1967). It is
of interest to note that if this approximation is applied
to the SII collision strengths, the resultant relation

predicts electron densities several orders of magnitude
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higher than does the ‘bII] relation when used with the
observed line~intensity data. Because of this problem,
together with the uncertainties in the "known" fﬁ-ij

_ 2 2

for SIT , 51(2D5/2 D3/2) and 51(2P3/2 -

Py/2)

have been assumed zero in deriving the ‘SII} relation.
Little weight should be given to the ne(Te) relations
derived using this expression. The [0II] relation was
derived using the "approximate" values for the collision
strengths, and, for the reasons cited above, shouLﬂ}also

be regarded as approximate. This situation is particularly
unfortunate in that the [01I) and [SII 1lines are the
best density indicators available in the present obser-
vations.

For each object the ratios, R, of the relevant
line intensities are obtained. Using the above relations,
we can solve for the electron density-temperature relations
for each ion, i.e. n_ = n_(T_,R). The results of this pro-
cedure are shown in Figures 6. The low-weight [SII]
relations are shown as dashed curves. In many instances,
only an upper limit cQuld be placed upon part of the line
intensity data. This was most frequently the case for the

[NII] relation: A5755 was rather frequently too weak to
be detected. In these instances, an upper limit for the
ne(Te) relation was obtained. The true values of n, and
Teiwill lie at lower n, and/or T, than those values

defined by the dashed curve in these cases. The intensity
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ratios were formed using the reddening corrected relative
line intensities given in Table 5. Little difference
results from using the observed intensities, the differences
in the intensity ratios being comparable to, or smaller
than, the uncertainties in the line intensity data.

The values of ng and Te obtained by applica-
tion of the intensity relations to the observed intensities
are weighted means of n, and Te in the emitting regions.
Since the Seyfert nuclei will be optically thin in the
forbidden lines, the true intensity ratios will be the
integral of the right-hand sides of the intensity relations
over the emitting volume. If ng and Te vary significantly
throughout this volume, the effective values of ng and Te
obtained from the observations will be different for
different ions. That is, the ne(Te) relations for all ions
will have a common (ne,Te) solution only if n, and T, are
guite uniform throughout the region. Since it is antici-
pated that this will not be the case, it can only be hoped
that the variations will be relatively small.

An examination of the ne(Te) relations shown in
Figures 6 suggests that the assumption of uniformity is
probably a poor one. 1In particular, it is noted that the
observed [OIIi] and [NII] intensity ratios yield a
common (ne,Te) solution in only one instance. (Solutions
at negative n, and/or Te being ignored.) The [NII] data

generally define a curve lying at lower (ne,Te) than does
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the loizrl data. This implies that the [NII} lines
are formed in a region which is systematically cooler,
less dense, or both. A second possibility is that the
atomié data for either NII or OIII are in error, or that
the observations are systematically in error. Indirect
evidence that the atomic data are not grossly incorrect
is provided by the generally good agreement between the
(ne,Te) defined by the [NII} intensities and the values
obtained from the f[orIr} , 1[o01] and [0II} intensities
in planetary nebulae (cf. Seaton 19260). The uncertainties
in the line intensities, on the other hand, are too small
to account for the discrepancies. A possible source of
observational error does exist for the [8II] and [O1I)
lines. The blue lines were measured on spectra calibrated
by the photoelectric data but the red lines were measured
only photoelectrically and the intensities may be not
strictly comparable. However, it is believed that the dis-
crepancies between the &OIi} data and the [SII] data
arise largely in consequence of the uncertainties in the
collision strengths and the approximations discussed above.
The forbidden-line intensities are generally in-
sufficient to specify accurate values of electron density
and temperature, partly because of lack of sufficient ob-
servational information. An approximate method of obtaining
ne(Te) relations from the intensities of single forbidden

lines relative to H/3 has been discussed by Boyarchuk,
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et. al. (1963) . This method requires several

additional assumptions in its application which were not
felt justifiable in the present instance. The greatest
uncertainty is in the electron density determination in

the present instance,although the likelihood of strati-
fication of the emitting region introduces temperature
uncertainties as well. The adopted mean (ne,Te) values

are indicated in Figures 6. Additional temperature-density
information can be obtained from the Balmer recombination

spectra. This is discussed in a later section (cf. V-B).

C. The Balmer Decrement

A rather characteristic feature of the spectra
of the Seyfert nuclei is the rather steep Balmer decrement.
The relative intensities of the Balmer lines, normalized
to an Hﬁ3 intensity of unity, are given in Table 8. These
relative intensities have been corrected for reddening
using the adopted reddening law. For most of the objects of
the present study, the effect of this correction on the
relative intensities is rather small as can be seen by
comparing the corrected intensities to the observed relative
intensities: The latter are the quantities within parentheses
in Table 8. For comparison purposes, the theoretical Balmer
decrements computed by Seaton (1960) for the Baker-Menzel
Cases A and B are also tabulated: The parenthesized values

for Cases A and B are those obtained with allowance being



100

made for orbital (1) degeneracy. In Figure 7 are plotted
the decrements for the Seyfert nuclei and for Cases A and
B. The latter are the values for an assumed tempe rature
of 2 x 1049K. For clarity, the relative intensities have
been re-normalized to unit intensity for Hy in this
figure.

Consideration of Table 8 or Figure 7 reveals
that the greatest discrepancies between the observed and
theoretical values occur in the Hq‘/ag ratios, in the
sense that the theoretical computations yield too low a
value for this ratio. The intensities, relative to Eﬁ '
of the higher series members are in considerably better
agreement with the theoretical values, although significant
discrepancies are present.

The sense of deviations, particularly in the
ch/ﬁ@ ratio, suggests that differential extinction be
considered as a possible cause. That is, that there exists
significant reddening within the nuclear regions of the
Seyfert galaxies and/or the assumed reddening law for our
own galaxy is incorrect. In considering the latter possi-
bility, two factors are of importance; the form of the
reddening law, which we have taken to be that determined
by the observations of Whitford (1958), and the positional
dependence of the scaling factor, which we have assumed to
obey a csc b law scaled to the Hubble (1934) value of

£>mpg = 0725 at the galactic poles. Hubble's observations
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indicate that a csc b dependence for anbg is adequate

to quite low galactic latitudes. 1If we assume that the
wavelength dependence of the extinction has the same form,
not necessarily the adopted form, everywhere within the
relevant regions of our galaxy, we should expect to find a
correlation between, say, the Ho(/ag ratio and galactic
latitude. Such a correlation does not seem to exist:
NGC1l275, at quite low latitude (csc b ® 4.4) has a relatively
low ch/H@ ratio whereas the two objects with the highest
ratios, NGC3227 and NGC1068, are at relatively high latitudes
(csc b =~ 1.2 and 1.3, respectively). Furthermore, there is
strong reason to believe that the form of the reddening law
is not dissimilar to the Whitford relation insofar as we
expect most of the reddening to occur in the vicinity of

the galactic plane (by virtue of the greater density of
obscuring material at lower z~distances), and the form in

the vicinity of the plane is that determined observationally
by Whitford. If, despite the conclusion of Hubble, we

adopt the Whitford form for the extinction law but discard
the assumption of a more-or-less smooth csc b dependence

of the extincti on, we encounter further difficulties. If
the normal form of the extinction curve is scaled for each
object so as to bring the observed and theoretical Ha//Hﬁ
ratios into agreement, the relative intensities of the
higher series members, i.e. BY /Hp and'HS,ﬂyg, become

much greater than the theoretical ratio. In Figure 8 are
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plotted the values of log Ho(/Hﬁ and log Hﬂ /H~r obtained
using the assumed extinction law. The solid curve in the
lower part of the figure represents the reddening curve
for the Whitford relation. Addition of obscuring material,
obeying the Whitford form for wavelength dependence, will
cause the observed points to move rightward and downward,
paralleling the reddening curve, relative to their "true"
positions. As can be seen from this figure, no such
parallel motion will bring the observations into agreement
with the theoretical values (with the possible exception
of points D and F corresponding to NGC1275 and NGC3516).
That is, forcing the agreement of the observed and
theoretical Ho(/%a ratios by scaling the adopted form of
the reddening law will yield agreement between the corrected
and theoretical log H@ /Hqﬁ ratios in only one instance,
will yield too high a ratio in six instances, and too low
a value in one instance. 1In view of the above, it seems
implausible that the observed Balmer decrements are mani-
festations of the extinction occurring within our own
galaxy.

The possibility of reddening within the environs
of the Seyfert nuclei is somewhat more difficult to
absolve from responsibility. To the extent that the Seyfert
galaxies, aside from their nuclei, seem to have normal
structure and stellar composition, one might, as a first

approximation, assume that the obscuring material is
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similar in nature to that within our own galaxy. Under
such an assumption, the same difficulty encountered above
in explaining bg;h_the'ch/gﬁ and the Hﬁ /H~ ratios will
again be met. Insofar as the conditions in the nuclear
regions of the Seyfert galaxies are decidedly different
from those in the solar neighborhood, the assumption of
a similar reddening law will be difficult to justify.
If it is assumed that the Balmer decrements of the source
of line-emission are identical to the theoretical values,
the form of the internal reddening curve can be computed.
Such curves will be quite unusual in form, being relatively
flat from the bluest observed Balmer line throughI%G but
dropping abruptly in absorption in the region between Hgz
and H, . For objects such as NGC1l068 or NGC3227, this
decline in absorption must amount to 1.5 to 2 magnitudes.
Under ideal conditions, there are means whereby
the internal reddening of these objects could be determined.
If we assume that the effects of reddening within our own
galaxy can be adequately removed either by using the
assumed extinction law or by other means (such as the
observation of more normal objects within the same cluster
of galaxies, as could be done in the case of the low-
latitude Perseus cluster for NGC1l275), and if the electron
density and temperature is fairly uniform throughout the
emitti ng region, the forbidden lines can be used to specify

the reddening occurring within the object. To the extent
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that the relevant atomic parameters, particularly the
collision strengths, are well known, the ratios of the
intensities of the forbidden lines arising from a given

ion can be used to specify a relation f(ne,Te) = 0. 1If

a number’of such ratios are available, and if no differen-
tial reddening is present, all such relations should have

a single solution. If such is not the case, an amount of
differential reddening between the lines forming the
relevant ratios can be specified so as to bring the

f(ne,Te) = 0 into agreement at a single (ne,Te) point.

By an iterative procedure, and by requiring the extinction
law to be a monotonic function of frequency, the extinction
law could be specified. This procedure has two shortcomings:
First, the assumption of uniformity of ng and Te is required.
This does not seem justified, particularly for those objects
in which there are indications of differences among the
forbidden line profiles. The second difficulty is the lack
of atomic data, particularly theﬁflij, and the absence of
sufficient well-determined line intensity ratios to adequately
carry out the above procedures. Until further observational
data are available for these objects, particularly in the
infrared and ultraviolet, the possibility of internal red-
dening being the cause of the observed anomalous Balmer
decrement cannot be rejected. However the peculiar forms
required to produce such an effect, and the rather large

variations from object to object suggests that such
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reddening is probably not the principal cause. If the
region can be assumed optically thin in the Balmer line
radiation arising from the transition n—»2, and if the
corresponding Paschen line n—+3, is observed the differen-
tial reddening between these two wavelengths, A and

n2
xn3, respectively, can be determined since I(an)/l(%

n3)
Kn3An2/Kn2An3,independent of the true nature of the dec-
rement or the mechanism by which the n = 2 level is popu-
lated. Deviation of the observed ratio of intensities
from this calculated ratio can be interpreted directly as
a consequence of reddening if it can be shown that the
assumption regarding the optical depth in the Balmexr lines
is correct. The present observations, however, do not
include the Paschen lines.

If reddening is rejected as an important factor,
we are forced to conclude that the Balmer decrements are
intrinsically very steep and that the conditions in the
emitting regions are such as to render the idealized
Baker-Menzel cases inapplicable. It should be pointed out
that anomalous Balmer decrements are not unique to Seyfert
nuclei: 1In a diagram such as Figure 8, many planetary
nebulae would lie to the left and above the points cor-
responding to cases A andB while others would be found
in various other parts of the figure (cf. Osterbrock, 1964,
Fig. 1,and Aller and Liller, 1968, Fig. 3). When corrected

for reddening, however, most planetary nebulae have H“,ﬂﬂg
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ratios in féir agreement with the theoretical (Case B)
values for the appropriate temperature. ILarge intrinsic
Ii“/ng ratios are, however, found in the spectra of

some novae. For example, a ratio of 5 or 6 was observed

in the spectrum of Nova Lacertae 1936 and a value of ten

or twelve observed in RS Ophiuchi 1933 (Ambartsumian, 1958).
For these objects the phenomenon can be interpreted as a
manifestation of significant optical thickness of the
Balmer Series (as well as of the Lyman lines) in the ex-
panding shell, which is presumably transparent in higher
series. \As is observed, the n = 2 population should de-
crease as the shell expands and the excitation decreases,
resulting in smaller depth in the Balmer lines and a con-
sequent tendency for the decrement to drop to more "reason-
able" values. In planetary nebulae, on the other hand, the
optical depth in the Balmer lines is generally less than
unity. (cf£. Seaton 1960). The physical conditions in the
Seyfert nuclei are, in some respects, quite similar to
those in planetary nebulae; i.e. T ~10%°k, n_~ 10%em™3.
However, the diameters of planetary nebulae are generally
of the order of 1Ol7cm whereas the effective diameters of
the Seyfert nuclei are typically 1019cm. Although these
dimensions are gquite uncertain, the observed Balmer dec-
rements suggest that the possibility of significant optical

depth in the Balmer lines be investigated.

Obviously, if the region is optically thick to
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Balmer quanta, all such quanta will be degraded to Hg
which will be essentially the only line observed. At
the other extreme, a region thin in the Balmer lines
should produce a decrement approximating the appropriate
Case B values (It is assumed, in both cases, that the
region is optically thick to Lyman quanta.). For an
intermediate case in which the trapping of Ly quanta
is adequate to populate the n = 2 level to the point
where the optical depth in HL? is approximately unity,
there will be appreciable degradation of Hﬁ guanta to
Hy . Insofar as the absorption cross-sections decrease
very rapidly with increasing quantum number, n, the
higher Balmer lines will be relatively unaffected. The
principal consequences, then, will be an increase in H,.
and a decrease in the H/? intensity.

An estimate of the optical depths in the Balmer
lines can be made following the procedure of Osterbrock
(1964). We shall assume a temperature of T, = 2 x lO4°K.
First, the populations of the n = 2 level, designated
n(2s) and n(2p) must be estimated. The 2s level is popu-
l:.cec by castures, including captures to higher levels
which are followed bv ridiitive transitions eventually
ending at the 2s-level, and is depopulated by collisionally-
induced transitions to the 2p-level and by two-photon
transitions to the 1ls ground level. If we let & (2s)

designate the effective recombination coefficient to the
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2s * level, we can write the steady-state equation:

nen+LX(2s) 2’n(Zs)I:Azsls+n+wp(2s»2p)+newe(25+2pﬂ

where n, and n, are, respectively, the ion (proton) and
electron densities, A2sls is the two-photon transition
probability with wvalue 8.227 s.ec_1 (Spitzer and Greenstein,
1951), and Wp and W_ are the collisional deexcitation
coefficients for proton and electron collisions respec-
tively. The latter quantities are tabulated by Seaton
(1955a) .

The 2p-level is populated by captures and
collisionally-induced transitions from the 2s-level.
Depopulation is by emission of Ly d quanta. Only those
Ly ¢ quanta which escape from the nebular region produce
a net decrease in the 2p-population. If the average Ly &
qguantum is scattered Q times before such escape, the rate

of depopulation of 2p is n(2p)A /Q where A

2pls 2pls
6.25 x lO8 sec_l(Bethe and Salpeter 1957, Capriotti 1964).

In the steady-state:

nen+<X(2p) + n(2s) [n+Wp(2s+2p)+neWe(25+2p)] = n(2p)A /Q

2pls
Typically n, = O.85ne for Seyfert nuclei (see the discussion
of the recombination continuum: V-B). So, to adequate

accuracy, we can write:
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= *
n+Wb(2s+2p) + neWe(Zs-o2p) = neW (2s» 2p)

where

W =W+ 0.85 W_ at T.= 2x10%°k ,
e o] e

we have, from Seaton's (1955a) tables,

W* (2s+2p) = 4.07 x 107%cm? sec™! .

From Seaton's (1960) Table 4, we find that &(2p) =~ 0.63 O(B

and (2s) = 0.37(X, where (X g = 1.43 x 10713 cm3 sec™?

is the total effective recombination coefficient for the

n = 2 level. Inserting known guantities in the above

expressions, and solving for the level populations yields:

n(2s) ® 5.5 x 10”12 ni (1 + 5x10°° ne)'l
~ 3.7 x 10712 02, for n ~ 10%
e e
and
~22 5

n(2p) ~ 1.2 x 10 ni [1+2.9x10' ne(l+5x10_5ne)—l] Q

-22 2 4
10 n, Q v for n, ~ 10 .

R
-
o
%

For present purposes, the approximations for n, ~ 104 are

of ad-qu.te accuracy. The optical depth in Hﬁ? is given
by:
Tk== T (2,4) = T (2p,4s)+T(2p,4d)+ T (2s,4p)

= n(2p) YKO(Zp,4s)+ KO(Zp/4d)} S+n(23)Ko(23,4p)S
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where S is the geometrical thickness (cm) of the

emitting region and the K o are the central line

absorption coefficients. From Osterbrock (1964) we
have K_(2s,4p) = 5.8 x lO—lzT;_l/2 and
12 _-1/2

K (2p,4s) + K,(2p,4d) = 7.0 x 10~ T, “. If we use

these values, we obtain

Ty =~ 1.5 x 10729 1+5x108q) nis

The central line absorption coefficients used are
obtained by assuming the absorption profile is defined
by the velocity distribution of the hydrogen atoms. This,
in turn, is determined by the temperature. For
T = 2 x 10¥°K the "half-width" (i.e. the total width at
half central intensity) in velocity units is about 30 km/sec.
The emission lines of the Seyfert nuclei, however, have
half-widths of approximately 600 km/sec. Assuming, as
seems reasonable, that the neutral hydrogen atoms have the
same velocity distribution as the protons giving rise to
the emission spectrum, we have overestimated the K o by
a factor of approximately twenty. With this correction,
we have:

% = 7.5 x 1070 [145x10 %) n2 s .
A similar treatment yields the total optical depth in the

center of H(X :
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Ty » 4.3 x 20729 Tema07% ] s

An estimation of @@ now requires only a value for @

and for nZ S. The electron density, n,, can be estimated
from the forbidden line data (cf. Figures 4). The diameter
S can be estimated from the quantity £ = ni V, which is
obtained either from the observed amplitude of the Balmer
,jump or from the observed H A3 flux (cf. Table 10). This
guantity is derived for the objects of interest in a later
section of this thesis. We then have nz S = [2n2£}] 1/3
where the uncertainty is essentially the uncertainty of
ni/3 since €& is more accurately specified than n,-.

Ignoring for the moment, the contribution to ??

arising from the 2p-population we can write

Tk 2 7.2 x 1030 n2 S .
e

A weak condition for ?k > 1 1is then that ni S 1029.

Y4

Computing nZ S from the observational data for the

objects of interest, we find that this weak condition is
catisfzad oy NGCL275, NGC4151, NGC5548 and NGC7469. NGC4051
nearly satisfies the condition. Unfortunately, NGC1068 and
NGC3227 which have the greatest Ho(/Qﬁ ratios do not
satisfy this condition. ©NGC3516, which also does not
satisfy this condition, has a Balmer decrement deviating

only slightly from the theoretical wvalues.
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The failure of NGC1l068 and NGC3227 to satisfy
this qu 1 condition implies either that there is not
significant optical depth in H/S' in which case we must
look elsewhere for the reason for the observed Balmer
decrements, or that the above condition is too weak.
Obviously, if the appropriate Q is significantly
greater than about 108, the optical depth will increase
greatly. 1In order that 7Tp % 1 for NGC1l068 and NGC3227
values of Q greater than about 6 X 108 and 4 x 109, res-—
pectively, are required. For planetary nebulae, values

of 10° or 10’

are usually quoted (Aller and Liller 1968,
Osterbrock 1964). Such values are obviously inadequate

in the present context. To a first approximation, an
upper limit to Q can be obtained by assuming the Ly &
scatterings to be perfectly cocherent (Ambartsumian, 1933).
The number of scatterings before escape will then be
proportional to 82 (assuming the conditions are everywhere
uniform: more specifically, that n(ls)*(o(ls,Zp) is constant
throughout the volume). Insofar as the typical dimensions
of Seyfert nuclei seem to be roughly 100 times those of
planetary nebulae, and insofar as the conditions are
similar, we might estimate Q ~10lo to 10ll as an upper
limit. This should be divided by about 20, as before, to
account for the broader absorption coefficient profile.

10

Values of Q ~ 10 would be more than adequate to produce

significant optical depth in Hﬁ‘.
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Another means of increasing ?% is to postulate
an HI region surrounding the HII region in which the re-
combination emission arises. O0'Dell (1965) has presented
evidence for the existence of such HI regions surrounding
planetary nebulae. This neutral-hydrogen region could
"back scatter" a significant fraction of Ly« quanta,
resulting in a net increase of the effective value of Q.

If such én HI region were present, observable manifestations
of its existence might include the presence of reversals

in the Balmer line profiles. Since these reversals would
not be present in the forbidden line profiles, it would be
possible to distinguish them from "reversals" due to the
relative motions of emitting clouds (as in the case of
NGC1068) . As?mmetries in the Balmer-line cores which are
absent from the forbidden-line profiles might be a mani-~
festation of the presence of an HI region or of significant
optical depth in the HII region. The present spectroscopic
data are of inadequate resolution and quality to investigate
this problem. Attention is however directed to the con-
tinuous energy distributions of NGC1068, NGC1l275, NGC7469
(Figures la. 1b and 1j) which show a slight depression
biuew.rd of th.o Hy - [(1'II] enission.

Capriotti (1964) has carried out calculations of
the Balmer decrements for nebular shells of inner radius
Rl and outer radius R, . For models such as these, the

2

decrement is specified by two parameters; R = Rl/RZ and
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Ty (corresponding to a geometrical thickness of
2 [RZ - Ri] ). In Figure 7 we have plotted, as dashed
lines, the results of Capriotti for R=10, T =2 x 107%°k:
For values of Ty of 25, 63, 125, and 250, the Hy /Hﬁ ratio
increases rapidly with optical depth, the higher series
ratios varying more slowly. ( Capriotti's Ty= 1 cal-
culation essentially coincides with the Case B decrement)
It can be seen from this figure that the value of Ty
which best reproduces the observed Haf/Hﬁ ratio generally
predicts intensities of Hx and Hg higher than those
observed. Shown in Figure 8 are the Ho(/g@ - HT-/Hﬁ
relations for the objects observed and for Capriotti's
calculations, which more clearly illustrate thizg dis-
crepancy. The observed points, with a single exception,
fall below the curve defined by the calculations of
Capriotti.

Parker (1964) has calculated Balmer decrements
for the case of collisional excitation. 1In Figure 7 we
have plotted the decrement obtained by Parker for
T, =2 X 10%°k  and optical thickness in the Lyman lines.
(Under these conditions Parker obtains N(HI)/N(HII) =~ 0.078.)
The collisional decrement is steeper than the self-absorp-
tion decrement for higher series members. This is further

illustrated in Figure 8. The collisional calculations

define a downward sloping curve whereas the self-absorption

calculations define an upward sloping curve. (The close
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agreement between the former and the reddening curve is
coincidental.) All but one of the observed points lie
above the collisional curve.

It seems clear that the observed Balmer decre-
ments cannot be explained in terms of either a purely
collisional or a purely radiative model, even if the
effects of self-absorption are included in the latter.
Hopefully, a combination of the two would give agreement
with the observations of a given object. There seem to
remain a number of difficulties in regard to the theo-
retical aspects of the Balmer decrement problem: It is
not clear, for example, how points lying to the left of
cases A and B in Figure 8 could be interpreted in terms
of any combination of these collisional and radiative
calculations. Planetary nebulae are observed with dec~
rements lying within this region or outside of the
extremes defined by the radiative and collisional cal-
culations (cf. Osterbrock 1964, Fig. 1; Aller and Liller
1968, Fig. 3). It seems likely, therefore, that there are
sore rather severe theoretical shortcomings.

In coanec tion with the properties of the Seyfert
nuclei, it should be noted that calculations for the
radiative cases customarily assume (cf. Baker and Menzel,
1937) that the only radiation available for atomic ex-
citation lies beyond the Lyman limit. While this is a

reasonable assumption for planetary nebulae, where the
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radiation source is an exciting star and the Lyman
radiation is severely depleted at any significant distance
from this star, it may not be a reasonable assumption for
Seyfert nuclei. The radiation source in these nuclei
might be the ultraviolet non-thermal flux arising from a
source extensively distributed throughout the region.

There exists an observational means of determining
whether there is, in fact, any significant amount of neutral
hydrogen within the line-emission region neededto produce
the optical depth in Hﬁg for the radiative self-absorption
cases. Since OI and HI have approximately the same
ionization potential (13.550 and 13.527 eV, respectively)
the presence of the [0I] 1lines at A6300 and A6364 would
imply the existence of neutral hydrogen. These lines do
appear in the spectra of five of the Seyfert nuclei with
measurable strength and may be present in the remaining
objects. However, the strongest evidence for the presence
of neutral hydrogen in the regions where the emission lines
are formed is the absence or weakness of the permitted OIII

A3444 line in the Seyfert spectra (cf. VI-A).
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V. THE CONTINUOUS SPECTRA

A. The Properties of the Observed Continua

If the spectra and energy distributions of the
Seyfert nuclei (Figures 1) are compared to those of the
nucleus of a normal spiral (Figure 2), a number of dis-
tinctions become apparent. The most obvious of these

differences is the presence, in the Seyfert spectra, of

I._l

many bright emission lines similar in some respects to
those found in planetary nebulae. This emission is both
stronger and more extensive than the weak emission
occasionally encountered in normal spiral galaxies. 1In
addition to the forbidden-line and Balmer-line emission,
a noticeable Balmer jump in emission is present in some
instances; the merging of the higher Balmer lines tending
to produce a gradual increase in intensity from about
A000 to the Balmer jump, partially masking the latter.

The Seyfert nuclei also differ from normal nuclei
in the properties of the observed continuum. The continuous
energy distribution of a normal nucleus curves downward when
plotted as in Figures 1 and 2. A rather pronounced feature
is the abrupt drop in the flux distribution blueward of
M~ 2.3 due, in part, to the presence of G-band absorption.
Other prominent features of the energy distribution of a

normal nucleus include the absorption due to MgI in the
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green and the strong absorption lines of CaII. These
features are extremely weak in, or absent from, the

energy distributions of the Seyfert nuclei: In particular,
the Seyfert nuclei show little if any indication of an
abrupt decrease in flux to the blue of @ ~ 2.3. 1In the
wavelength‘region for which energy distributions have

been ébtained, the continuous energy distributions of the
Seyfert nuclei are considerably flatter than those of
normal nuclei. In some cases, the observed continuous
energy distributions approximate an exponential function

of frequency quite accurately. If the energy distribution
of a Seyfert nucleus and a normal nucleus are forced to
coincide in the red region of the spectrum, say at about
80003, the differences in the continua increase rather
rapidly to the blue, the Seyfert nucleus being the brighter.
It is this phenomenon which is responsible for the unusually
blue colors observed for these objects.

The absence, or weakness, of the G-type absorption
spectrum expected in a spiral nucleus indicates that the
principal source of the observed flux must be other than
the distribution of stellar types found in normal nuclei.
The excess flux in the blue (and infrared) lends further
weight to this conclusion. With regard to the absorption
spectrum, the possibility should be considered that this
spectrum is, in fact, present but is masked by the exten-

sive emission spectrum. A brief consideration shows that
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this can hardly be the case: For instance, the possibility
that the Call H-line at A3968 would, if present, be totally
or partially concealed by the emission lines H€ at A3970
and (NeIIIl 3968 is quite good insofar as these emission
lines are generally quite broad. However, the K-line would
be relatively unaffected, the nearest observed emission
lines being {NeIITI] 23869, 23968 and the hydrogen lines
He 23970 and H; A3889. The widths observed in these
emission—-line profiles indicate that the effect of the
[NeIII] lines would be completely negligible. The hydrogen
lines, while having wings which may extend to the vicinity
of CaIIK in some objects, are far too weak at this point to
have any significant masking effect. The G-band at A 4300
is an extremely prominent feature in normal spectra: 1In
the Seyfert spectra this G-band would, in most instances,
be affected by the presence of Hy A340. However, if this
absorption feature were present in any significant fraction
of its usual strength, the observed emission strength in
the wings of H~4 would be inadequate to significantly
affect its depth. 1In any case, a rather marked asymmetry
in the Hy profile would be expected. This is not the case,
insofar as the blue and red wings of H~ appear reasonably
symmetrical about the line center. The determination of
the redward half of this profile is somewhat complicated
by the presence of [OIII] 24363, but this difficulty can be

largely circumvented by comparing the blue halves of the
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Hr and Hﬁ profiles. Within the uncertainties of the
profile determinations, there is no significant difference
between the emission profiles of H., and Hp and we conciude
that the G-band is, at best, present in only a very small
fraction of its normal strength. It therefore seems
reasonable to conclude that the energy distributions of
the Seyfert nuclei, at least blueward of about 24300,
arise in part from some source other than a distribution
of stellar types such as is found in the nuclei of normal
spirals.

The spiral galaxies NGC4258 (M108) and NGC6814
both appear on Seyfert$s (1943) list of "suspected Seyfert
galaxies”. Both have been rejected as members of this
group on the basis that they did not adequately fit the
criteria established by Seyfert for the objects which he
examined in detail (Burbidge, Burbidge, and Prendergast,
1963). 1In particular, the emission spectrum of NGC4258
is considerably weaker than that of the Seyfert nuclei,
only 23727 and Hy being of significant strength. The
emission lines present are also quite narrow (?5400 km/
sec). In addition, the absorption spectrum of NGC4258
appears normal for a spiral, although perhaps slightly
weak, and seems to extend through the nuclear region.

The emission lines of NGC6814 are somewhat broader than
those of NGC4258, but still narrower than those encountered

in the Seyfert nuclei. On the basis of the rather poor-
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guality spectra available, absorption seems to be present
in the nucleus of this object. The continuous energy dis-
tributions of NGC4258 and NGC6814 are shown in Figures lg
and 1j, respectively. It seems clear that these resemble
that of the normal nucleus much more closely than do the
Seyfert nuclei. On this basis alone, these two objects
should probably not be classified as Seyfert galaxies.

A word of caution is in order with respect to this con-
clusion as applied to NGC6814: This face-on spiral does
have a rather sharp nucleus but the surrounding nuclear
regions are quite bright and the "extra-nuclear contamina-
tion" may be significant.

The weakness or absence of the G-type absorption
spectrum in the Seyfert nuclei can be interpreted in three
different ways: The first possibility is that the observed
spectra are the consequence of the presence of a rather
abnormal distribution of stellar types within the nuclei.
The absorption spectrum of this population would have to
be characterized by a great weakness of the G-type ab-
sorption lines, and the absence of other prominent ab-
sorption features as well. The only real possibility in
this regard would be an early-type population , the
prominent hydrogen absorption lines being concealed by
the corresponding Balmer emission lines. However, the
observed energy distributions of the Seyfert nuclei would

be rather difficult to explain in terms of such a population.
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The observational evidence, on the other hand, indicates
that the stellar population which is present in the
Seyfert nuclei is of fairly normal type: First, spectra
which include the‘extra—nuclear regions show a fairly
normal G-type spectrum in the regions adjacent to the
Seyfert nuclei (A possible exception is NGC1l275 which
shows a somewhat earlier spectrum.). Second, observations
have been made of NGCl068 with a series of circular
apertures, all centered on the Seyfert nucleus. The con-
tinuous energy distributions obtained with aperture
diameters of 8", 14", and 30" are shown in Figure 3. (One
second of arc corresponds to about 50 parsecs at the
adopted distance of approximately 10 Mpc.) By subtracting
these distributions from one another, the energy distri-
butions of annular regions centered on the Seyfert nuclei
can be obtained. 1In comparing these energy distributions
to that of the normal spiral nucleus it is found that,
within the observational uncertainties, the energy
distributions of these annuli are of the same form as that
for a normal nucleus. (A further factor noted is that
these annuli show no significant line emission, indicating
that such emission arises within 4" of the nuclear center.
This was, in any case, known from the spectra.) Assuming
that the nuclear stellar population is abnormal, therefore,
raises the necessity of postulating a rather abrupt change

in the stellar-type distribution at the "boundary" of the
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Seyfert nucleus and does not significantly assist in
explaining the continuum energy distribution observed.

We conclude, therefore, that the best approximation is

to assume that the stellar population is normal for a
spiral galaxy. The energy distribution remains unexplained
as does the absence of significant G-type absorption.

A second possibility is that the normal absorption
spectrum is, in fact, present but so broadened by motions
as to be undetectable. Considering the strengths of these
absorption features present in the spectrum of a normal
nucleus, the velocity dispersions required would be con-
siderably in excess of that indicated by the broadest
emission lines in the Seyfert spectra. The velocity dis-~
persion required to significantly affect the appearance
of the continuous energy distribution would have to be
several orders of magnitude higher than is observed. 1In
stating that the extra-nuclear spectrum appears "normal",
only the equivalent widths of the usual G-type absorption
features were considered: 1In fact, the lines of this
spectrum are usually somewhat wider than is normally the
case. (In NGC7469, in particular, the absorption is quite
broad, the estimated width of the K-line being comparable
to the width of the forbidden emission lines.) The exact
profiles were not determined since the extra-nuclear
spectra which appeared were generally quite underexposed.

However, the H and K lines have widths which appear to be
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only slightly narrower than those of the narrowest emission
lines observed. This would tend to indicate that the
velocity dispersion of both stars and gas varies smoothly
across the boundary of the Seyfert nucleus. Hence the
velocity disgpersion within the nucleus is inadequate to
explain the weakness of the absorption lines. If the
"external spectrum" is extrapolated into the nucleus, it
seems clear that this absorption spectrum will be almost
completely swamped by the nuclear continuum if the latter
contains no additional absorption. It also seems clear
that a large difference in the velocity dispersions of
stars and gas should not be considered a likely possibility.

The simplest and most likely ewplanation is that a
significant fraction of the nuclear luminosities of these
objects arises from a source other than a normal, or ab-
normal, stellar component. The general properties required
of the energy distribution of such a source can be roughly
estimated: First, the flux due to this source, or sources,
must ke large enough to significantly mask the absorption
feztures of the stellar component. Secondly, the flux of
this source in the blue (and infrared) must be adequate
to explain the observed flux excess(es). Finally, this
energy distribution must be essentially continuous, con-
taining no absorption features of significant strength.

An obvious choice for at least part of this additional

continuous spectrum is the hydrogen recombination radiation.
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The presence of the forbidden emission lines, in strengths
comparable to those in planetary nebulae, strongly indicates
the presence of a gaseous component and of conditions
within this gas roughly comparable to those in planetary
nebulae. The Balmer lines also appear in emission and we
consequently expect continuous free-bound recombination
radiation to be present. That this is the case is indicated
by the presence of a jump in emission at the location of

the Balmer jump in some objects. For the temperature range
of interest, this recombination continuum has some of the
desired properties, in that it might account for the excess
of flux observed in the blue regions and the weakneés of

the absorption lines arising from the stellar component.

We therefore shall consider the properties of this component

in somewhat greater detail.

B. The Recombination Continuum

The emission of the gaseous component in the
forbidden and recombination lines can be determined
Jdirectly rom ti:e observational material. The uncertainties
in the line intensity determinations arise largely as a
consequence of the difficulty of clearly defining the con-
tinuum level on the tracings of the spectra and the in-
herent uncertainties of the photographic process. The
former source of uncertainty is largely confined to very

weak lines and the wings of the Balmer lines. The
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uncertainties in the specification of the continuum
distributions of flux are much smaller than those of the
individual line intensities largely as a consequence of
the relative smoothness of the continuous energy dis-
tribution. By utilizing both the photographic and photo-
electric data,the energy distribution in the continuum is
guite well determined over most of the wavelength region
for which observations are available.

The portion of this continuum energy distribution
arising from free-bound recombination cannot be determined
directly from the observed distribution insofar as the
contribution of at least one other component, the stellar
population, is not known. This recombination contribution
can, however, be calculated if certain parameters are oOb-
servationally determinable. Since these calculations make
no allowance for the effects of interstellar reddening,
they‘must be referred to the reddening-corrected
observed fluxes. The parameters required to specify the
recombination contribution must be similarly corrected and
the relatively minor effects af radial velocity are also
as-ume:1 Lo have been removed.

The observed continuous recombination flux arising

from a volume V, at a distance d, will be given by:

r(ﬁ)dp = %%ﬁi— J n, n+ﬂr(fi,ne,Te) av (8)
Vv
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where h 1is Planck's constant, n_ is the electron

density., n_ is the density of the ions producing the

recombination flux, Te is the electron temperature, and
qr(}L,ne,Te) is the effective recombination coefficient

3 —l)

(cm” sec for the ions. As before, }L(microns_l) =

3.34 x 10—1%) (sec_1

). The integration is over the
emitting volume. For reasonably normal abundances, only
the ions of hydrogen and helium will be significant

producers of recombination radiation. As an adequate

approximation, we can thenwrite:

(9)

1K

n+Y( H:nelTe)
n(H") Y (E°) +n (8" W(2q)+n (He™) ¥ (He®) +n (et ) V(™)

and

n, = n(H+)+n(He+)+2n(He++) (10)
The frequency and temperature dependence of jf(Ho),”f(Heo),
and ‘T\(He+), the effective recombination coefficients for
the corresponding ions, is not explicitly indicated. These
cocificients arz, to a good approximation, independent

of electron density. The n's are the ionic number densities
(em™3). The two-photon recombination coefficient for
hydrogen, '}ﬂ(Zq), is dependent upon n, as well as upon
H and T,- This dependence of 7 (2g) on the electron

density can be approximated by the following expression
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due to Seaton (1955a):

Yo l29)

Y(2q) = ———F (11)
l+ne 2
2q
where A_ = 8.227 sec_l(Spitzer and Greenstein, 1951) is

2q
the two-photon recombination coefficient and W* is the

collisional deexcitation coefficient for proton and electron
collisions. The latter guantity can be obtained from the
tables of We and Wb given by Seaton (1955b). With

n(H+)/ne Z 0.85 (see below) we have we We + O.85Wp, and

obtain:
T o(2q) for T, = lx104°K
l+5.6x10"5ne
T(2q) = (12)
2 "
Vo (2a) for T_ % 2x10%°k

1+5.0x10-5ne

where the quantity r‘;(Za) depends only upon /A and Te’
(The value of W7A2q can be interpolated from Seaton's tables
for other temperatures, but this is hardly of value since
tkh«. e:tir.ated uncertainty in w¥ is about 120 percent.)

Wo o fire ‘e auxiliary quantities‘; and ’7ﬁE

n +

-1 _ e _ ane+) n He+
F o oRm T lthem t2amh s 0¢f¢n

(13)
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and

+ ++
Talpong 1) = T @M% Teg+2Hed ¥meo) flie )y @)

n(H%)
(14)

We can then rewrite equation (8) as:

r(}i)dfi = Z—l%fz f;nez Te (psng, T AV .

v (15)

Insofar as we have no means of determining the nature of
the variation of the integrand throughout the emitting
volume, we shall assume that the region can be characterized
by appropriate mean values of ‘f ’ nez, and qu. We there-
fore approximate equation (15) by:

hd
r(plap = o~ n2v IV (uong, 1) . (6)

In order to compute the flux, r(F_) ,» by equation
(16) we must determine 'K% ,nez\h and 7’ . Computation
of the first and last of these quantities requires know-
ledge of the relative abundances of the helium ions which
may be determined from the relative intensities of

I%a A861, HeIA5876, and HeIIN4686. We can write:

O
n(ue’) _ 5876 1(n5876) _O4,2®)
n(H") 4861 1I(24861) o<33

o
D,23P(He )

(17)
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and (17)
Cont.

O
nmett) = 4686 1(na686) Ca,2(E)

n (Het) 4861 1I(24861) d4’3(He+)

where the {'s are the effective recombination coefficients
for the transitions indicated. These coefficients as a
function of temperature can be obtained from Seaton's

(1960) Table 8 and Equation 2.32. Table 9 gives the

observed intensity ratios and the computed helium abundances
for the Seyfert nuclei. It is assumed that Baker-Menzel
"Cage B" is applicable, and the assumed temperature was

2 % 104°K. No significant change in the derived abundances

would have resulted from choices of Te as low as 1 x lO4°K

or as high as 3 x 1040

K. The individually computed values
as well as the mean values for the Seyfert nuclei, may be
compared to the helium abundances in planetary nebulae:
For eight planetary nebulae listed by Osterbrock (1964),
the mean values are:N(He+)/n(H+) = 0.12 ¥0.04 and
n(He++)/n(H+) = 0.03 ¥0.03. The helium ion abundances of
the Seyfert nuclei are, therefore, not significantly dif-
ferent from the abundances in planetary nebulae. In cal-
culating the recombination continua for those Seyfert
nuclei for which the relevant helium line intensity data
are not available, the mean values for the planetary

nebulae have been assumed. The values for these abundances

are not critically important: Considering the Y -values
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for the relevant ions, a factor of two error in the helium
abundances will result in an error of less than 10 percent
in 7TE(1) n,,T,) since the variations of f and TE
with these abundances are similar in magnitude, but opposite
in direction. For the derived mean abundances, the quantity

;’ has the value 0.85. The corresponding value for the
eight planetary nebulae is 0.84 10.04.

The electron temperature, Te’ and the electron
density, n,, are taken to have the values indicated by the
forbidden-line intensities. The value of ng is, in general,
rather poorly specified by the observational material but
only enters the present calculation in the computation of
QF(Zq). Inspection of equations (12) indicates that the
effect of uncertainties in the value of n, is only important
for n, ~ 104. For lower values, Wf(zq)zz T“O(Zq) whereas
for higher values 7r(2q) becomes small and the 2-photon
contribution is negligible in any case. Insofar as
ﬂfo(zq) is comparable to T (5°) for the range of tempera-
tures of interest,the net effect of errors in n, on the
value of rré, for n, ~'104, will be further reduced.

The final datum required to compute r(fk) is
nezv. It would be rather unsatisfactory to have to
specify this quantity from the rather uncertain ne—values
and the value of V. The latter quantity could only be

estimated from the angular diameter and distance of each

Seyfert nucleus. However, these nuclei are not, in
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general, resolved. Furthermore, even if the nuclei were
resolved, an estimation of the "filling factor" would

have to be made to obtain the effective emission-volume.
Fortunately, there exist two other means of determining

n 2V. The preferable approach is to use the Balmer jump

e
in emission, the most obvious manifestation of the re-
combination continuum. If we let lkBr be the amplitude
of the observed Balmer jump, corrected for reddening,
[lfgxg(rx,ne,Te) the corresponding discontinuity in
the calculated 7rE—value at the same point, we can write:

2

n<vh f
e =~
ABr - m_ ABTE(}'( InelTe)l (/"L‘_‘ 2'74)

(18)

From tables of WF(HO) and qr(He+) we can compute
Z&BﬁrE(f&,ne,Te) for the appropriate conditions. As an
adequate approximation, we assume T (2e®) = § (5°).

Tables of WT(HO), ’f\(He+). and ffo(Zq) have been pub-
lished by Seaton (1960). We have used the values from
somewhat more extensive unpublished tables computed by Oke.

From these tables we have derived the following expressions:

AN w0 = 3.55%x10 7 Te'3/2

ABT(HeO) o AB?(HO) & 3.55%10 Te'3/2 (19)
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A Fmeh) =2 2.2A,TE®) = 7.57x1077 1_-3/2 .

The two-photon coefficient is continuous so ﬁ&qu(Zq) = 0.

From equations (14) and (19) we have:

++
~ o n(He )
JANg g8 (pong,T,) = ABT(H ) { 1+0.12 o () ] (20)
Inserting this in (18) gives:
n 2Vh gt
AB r 22— N V@) [1+o.12 -‘—‘—(—%—2—] . (21)
471d n(H )

Since ?’ =~ (.85, and n(He++)/n(H+) is approximately
0.03, the second term in brackets is approximately

3 x 10°°  and can be safely neglected. Using equation
(19) we rewrite (21) as:

2
n 2v
A_r =2.35 x 10723 T;3/2 2 ) (22)

B amd
In those objects for which ZkBr is measureable, ne2V
can be computed using the temperature derived from the
forbidden lines and the distance adopted. (In fact,
only neZV/4Wd2 need be determined.) This quantity is
then inserted in equation (16) and the recombination flux

computed.
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For many of the objects observed, an accurate
determination of the amplitude of the Balmer jump cannot
be made. That is, in these instances the observational
uncertainties are comparable to, or greater than AlBr.

The presence of the recombination lines of hydrogen and
helium indicates, however, that a recombination continuum
is present and the Balmer line intensities can, in
principle, be used to determine ne2V (or ne2V/4Wd2) if

we can assume that the recombination decrement is radiative
(i.e. Case B). Under these conditions, the observed in-

tensity of any Balmer line, 1>n2 , can be expressed as:

n 2V

_ e -26
I(onZ)—fW 10

o () (23)

where Qn(T) contains the temperature dependence. The
Balmer decrements observed, indicate that Case B is not,
in fact, applicable but it will have to suffice as a first
approximation. In considering the Balmer decrements in
the previous chapter (IV-C), it was noted that the effect
of significant optical depth in qﬁ is, to a first
approximation, an increase in the H, intensity and a
decrease in the Hﬁ intensity. This would indicate that
we should use one of the higher series members (n > 4)

in applying equation (23), these being relatively unaffec-
ted for moderate 'gg . Unfortunately, the intensities of

these other Balmer lines are more uncertain than those of



135

H/3 because of faintness (H§ , H¢ ,...) or the presence
of nearby forbidden-line emission (H7-). In any case,
the intensities Hn /Hﬁ seem to be fairly normal for
n > 5. We therefore shall use the relatively well deter-
mined Hﬁ? intensities for which Q4(T) has been convenient-
ly calculated by Pengelly (1964). With 7 = 0.85, and
using the adopted temperature, nezv/4vd2 can be computed
directly from equation (23). The continuous recombination
flux is then computed as before. It should be remembered
that significant optical depth in H/; will result in a
lower wvalue of ne2V/4vd2 oxr ne2V than is actually the
case,with a consequent over-estimation of the recombination
continuum level. In those instances where a value of élBr
can be obtained from the observations, the corresponding
neZV/47d2 should be considered preferable to that obtained
from the Hﬁ? intensity.

Table 10 summarizes the data concerning the re-
combination spectra of the Seyfert nuclei. Columns two
and three give the observed monochromatic fluxes on either
side of the Balmer jump and the fourth column gives the
value of [&Br. These values are not corrected for reddening.
The fifth column gives A R= and? gf vwhere A or has
been corrected for reddening using the assumed reddening

law. Columns 6, 7, and 8 give, respectively, the n 2V

e
values obtained from the Balmer jump amplitude, from the %6
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intensity (taken from Table 6), and the adopted value.

The last column gives the effective diameter, S, of the

1/3
emitting volume defined by S = (%J%) where
e
€ = neZV. Because of the uncertainty in n_ this value

of S should be regarded as rather approximate.

In connection with the Balmer jump amplitudes,
a number of factors should be noted: The upper limits
given in the table are set by the root-mean-square errors
in the scanner observations at M= 2.74. For half of the
objects (i.e. NGC1068, NGC1l275, NGC3227, and NGC3516) the
Balmer jump was weak or absent. To a first approximation
the continuum contribution from recombination can be
neglected in these cases. For the remaining objects a
"built-in" difficulty to the determination of ZSBr is
present in that the higher Balmer lines are quite broad
and, because of their widths and the rather low wave-
length resolution, coalesce to produce a general rise in
the "continuum" level between A~ 4000 and the Balmer jump.
This partially masks the amplitude of the Balmer jump and
it is necessarv to extrapolate the observed true continuum
in order to determine A gr- For NGC4051, NGC5548, and
NGC7469 this line contribution to the "continuum" is
relatively small and ﬁ&Br is easily determined (see
Figures 1). For NGC4151, however, it is not immediately

clear how this extrapolation should proceed: The continuum

appears to flatten somewhat before the point of increasing
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flux due to these Balmer lines, is reached. Depending
upon the region of continuum extrapolated, values of ZXBr
over a range of almost a factor of two could be obtained.
Fortunately, higher dispersion spectra were available. In
addition, a "Case B" calculation of the intensities of the
higher Balmer lines relative to Hpa (and Hy ) was performed
for T = 2 x 10%°K. Both sources indicate that the adopted
extrapolation (essentially a linear extrapclation of the
continuum for W< 2.2 in Figure 1f) is quite adequate.
Using the adopted n 2'v’/4'ird2 values, together
with the temperature and densiiy derived from the forbidden-
line gpectrum and the computed (or assumed) ionic abundances
of helium, the continuous recombination spectrum was computed
for each object. The results of these calculations are
given in Tables 11, where the third column gives r(y )
and the fourth column gives the observed (reddening
corrected) continuous flux minus the continuous recombination
contribution. The latter is the same as the total observed
flux less the flux contribution from the gaseous component.
Tw> conclusions regarding the recombination
spectram are oi inter:st. First, it is noted that for
those objects in which both the HF? intensity and the
Balmer jump amplitude are well determined, the former in-
dicates a lower value of nezv than does the latter in
all cases except that of NGCl068. This could perhaps be

interpreted as evidence for significant optical depth in aﬁ .
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However, a comparison of the present H‘? intensity data
with that obtained by other authors (see Table 6) in-
dicates some uncertainty in the %5 total fluxes. With
regard to the Seyfert continua, examination of the energy
distributions of Tables 11 indicates that the recombination
flux represents an essentially negligible contribution to
the total observed flux for most of the objects. For

these objects, the residual flux distribution remaining
after the gaseous flux (continuous recombination plus
lines) has been removed is very insensitive to errors in
the values of Te or ne2V used in the calculations. The
objects in which these parameters are most critical
(NGC4151, NGC5548, and NGC7469) are, not surprisingly,
those objects with Balmer jumps of significant amplitude.
NGC5548 has the largest relative Balmer jump, the amplitude
being about half of the flux immediately redward of pw = 2.74.
For this object, the fractions of the observed continuous
flux immediately to the red of the Balmer jump due to the
recombination continuum are, approximately, 18 percent,

26 percent, and 34 percent for temperatures Te x 10—4 =
1.5, 2.0, and 2.5, respectively. If we adopt

T = (2.0%t0.5) x lO4°K, then the non-recombination flux at
this point is (74f8)percent of the total flux: That is,
the residual flux is determined to about *10 percent for

Te specified to ¥25 percent. At longer wavelengths, the

importance of the recombination continuum decreases with
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a consequent improvement in the accuracy of the residual
flux determination. Shortward of the Balmer jump, the
recombination flux is more important, representing (50%5)
percent of the total flux. For the temperature range of
interest, qrE(fL,ne,Te) varies only slowly with M in the
B ? 2.74 regiorn, and the uncertainty in the computed
residual flux is again about 10 percent plus, of course, the
uncertainty in the determination of ZSBr. For NGC4151 and
NGC7469, the corresponding uncertainties are considerably
smaller and, for the remaining objects,are comparable to

the uncertainties in the observed energy distributions.

C. The Non-Thermal Component

Once the continuous spectrum r(p ) has been
computed for a given object, the spectral energy distri-
bution of the gaseous component can be obtained by adding
the corresponding emission-line contribution. That 1is,
if [ (1) is the flux at 4 due to line emission, the flux
distribution of the gaseous component, designated as

g( M), will be given by:

g(p) =x(p) + () . (24)

For the purposes of the present discussion, all "observed"
quantities such as 7 Su) are assumed to have been corrected
for reddening and are, therefore, directly comparable to

computed quantities such as r(f&). Unless otherwise noted,
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all quantities are in flux units (erg cm~ 2 sec™? (c/s)—l)

and upon multiplication by 4vd2, where d is the distance
to the source, give the corresponding (monochromatic)
total emission rate at the source.

We let S(p ) be the flux at ¢ due to the stellar
component. The form of S({) is assumed to be identical
to that of So(f*)' the flux distribution of the nuclear
regions of a normal spiral. It has not been assumed that
the stellar components are of equal brightness in all

sources. We will, instead, have:

S(M) = asy(p) ay 0 (25)

where a is a constant (i.e. independent of m ) which will,
in general, have different values for different objects.

The flux distribution So(f*) is given in Table 4. 1If
fo(fk) is the observed distribution of flux, we can define

the "flux" distribution n(r«) by:
n(pm) = £ (1) - g(pn) -—as (n) . (26)

If the stellar and gaseous componénts are the only sources
of observed flux, then there will exist some value of the
parameter a for which ﬂ(}k) = 0 for all M . (Because
of the observational uncertainties in fo(rx) and in the
computed continuous recombination flux, r(}x), the condition

that n(}4) = 0 should not be too stringently applied. 1In
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practice, this condition should be applied only within
the limits set by the estimated uncertainties o (M) of
fo(}k) and r(w), i.e. the condition is really

\n(¥A)\ 4 O'(}A). We shall, however, refer to this con-
dition as "n(p) = 0".)

For each object, the observed continuum flux
distribution, fo(rA) - Z(/L), was obtained from the
observations. The continuous recombination flux, r(r.),
was computed using the procedures of the previous section.
The differences between these two distributions is then
fo(rk) - g(rp). These flux distributions are given in
columns 2, 3, and 4, respectively, of Tables 11, and are
also shown graphically in Figures 10. If the distribution
fo(f*) - g(H,) is compared with that of So(H~) (Figure 9),
it becomes clear that there is no value of a such that
the condition n(r&) = 0 1is satisfied for all o This
is the case for each of the Seyfert nuclei examined.

The failure of the residual flux distributions,
fo(F*) - ;(p.), to have the form of the "normal" stellar
distributions, So(rk), could be the consequence of a
numbexr of factors. For example, the continuous recombina-
tion calculation could be in error, However, the principal
uncertainty in this calculation is the value of € = ne2V
adopted. Alteration of the value of ¢ only scales the

relative importance of the recombination continuum without

altering its form. Furthermore, the quantity n(P.) for each
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object was computed according to equation (26) using

a range of the parameter a. For no value of a did

n( ) resemble a recombination spectrum. In any case,

the values of & obtained from the Balmer jump in

emission and the H/g intensity are in moderately good

agreement. Even in the cases of most extreme difference

in E,(Hfg) and & ( ZSBr), the indicated range of r(w)

is inadequate to explain the differences. It is assumed

that the uncertainties in the recombination theory itself

are not the sourxce of difficulty. Insofar as the theory

is moderately satisfactory in application to other objects,

such as planetary nebulae, this assumption seems reasonable.
A second possibility is that there exist systematic

errors in the observations. The observations of standard

stars were periodically reduced as if of "unknown" objects

and the results compared with the adopted calibration. 1In

these instances, the lack of significant differences implies

that no systematic errors are present as a consequence of

the observational procedures or of the techniques of

reduction. Systematic errors in the adopted calibration of

the standard stars can be essentially ignored, as far as

the present difficulty is concerned. The reason is that

r{p) is verf small in comparison to fo(fL) for all m

in some objects, and for most M in other objects. To

the extent that r(p) & fo(fx) - Z(f{), the condition

n(ﬁL) = 0 1is equivalent to:
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£o(pm) = T(u) v as (u)

for (27)
r{p) « £ () - Lp)

and some value of a. Now £0p), 1(}4), and the flux
distribution of the nucleus of the "normal" spiral (NGC224)
are all defined by observations made with the same instru-
ments, and with reference to the same set of standards.
Therefore, any systematic error in the fundamental cali-
bration will not, to the extent that the recombination
continuum is negligible, have any effect upon the condition
(27). That is, if there exists some value of a which
satisfies this condition for the "true" flux distributions,
the same value of a will satisfy the same condition for
"erroneous® distributions obtained by using an erroneous
fundamental calibration. In any case, contemporary model
atmosphere calculations are rather more adequate than the
reguiraed differences would indicate.

A :or wh>t more likely possibility is that S(ﬁ )
does not have the form of So(H ). For the reasons dis-
cussed earlier, the assumption that S(f&) o d So(fL)
should be a fairly adequate approximation. In any case,
the deviations from this relation which would be required

in order to explain the observed discrepancies seem to be
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ruled out by the observational evidence.

In view of the above, we are forced to the
conclusion that n(p.) is not everywhere zero and, in
fact, represents a third component of the continuum energy
distributions of the Seyfert nuclei. For reasons which
shall become apparent, this third component n(H~) will be
designated as the "non-thermal" component. In view of the
fact that the recombination continuum is generally inadequate
to explain the absence of the stellar absorption lines and
the blue and infrared flux excesses in the Seyfert nuclei,
these characteristic features will have to be explained in
terms of this third component. On this basis, several
general properties of n(rk) can be stated: First, n(}x)
will have to constitute a significant portion of the con-
tinuous flux in the blue and ultraviolet regions in order
to suppress the absorption lines of the stellar component
and provide the excess of flux observed in this region. On
the basis of the observational material, n(p) need not
necessarily be a major flux-source in the red. The obser-
vations of excesses in the infrared continua of some Seyfert
nuclei suggest that n(rk) may be dominant in this region.
Finally, the third component must be free of prominent
absorption features, for obvious reasons, and, because of
both ultraviolet and infrared excesses in flux, can hardly
be stellar in nature. Since the Seyfert continua are con-

siderably flatter than that of a normal nucleus, n(H_) will
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also be relatively flat and certainly not significantly
steeper than the observed continuum flux distributions.
The "non-thermal" designation applied to this
third component rests upon a number of considerations:
First, the n(}k) component is absorption-line free and
will possess a form deviating significantly in the blue
(and, perhaps, infrared) from that to be expected from
stellar sources. The contribution due to the gaseous
material is also fairly well accounted for by the emission
lines and the continuous recombination spectra of hydrogen
and helium. In two instances, non-thermal radiation from
Seyfert nuclei is observed in the radio regions. Each of
these factors provides somewhat circumstantial evidence
for the non-thermal nature of this component. The decisive
factor, however, is the observation of polarized components
in the optical flux of some Seyfert nuclei: Of the eight
objects under consideration, all but one, NGC3516, have
been reported to show such polarization (Hagen-Thorn and
Dombrovsky 1967,‘Walker 1968a). In most instances the
magnitude and/or the wavelength dependence of the observed
polarization cannot be interpreted as of interstellar
origin. 1In NGC1275, at rather low galactic latitude, part
of the polarization in the R-bandpass could, perhaps, be
due to the effects of intervening obscuring material, but

the overall distribution of polarization with wavelength

can probably not be interpreted in this manner (Visvanathan
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1968b). Polarized optical radiation is not commonly
encountered in the nuclei of normal galaxies, planetary
nebulae, or in groups of stars. It is, on the other hard,
associated with such objects as the Crab Nebula in which
part of the optical flux is believed to arise from the
synchrotron process. Such polarization, therefore, pro-
vides strong evidence for the existence of a non-thermal
component to the optical flux of the Seyfert nucleus in
which it is observed.

For most of the Seyfert nuclei, the observed
polarization is but slightly above the limit of detect-
ability (roughly 0.5 percent) and of relatively little
value in determining the form of n(f&), other than pro-
ducing evidence for the existence of such a third com-
ponent. For two objects, NGC1l068 and NGC1275, a relatively
well-defined relation between polarization and wavelength
is available (Visvanathan and Oke 1968, Visvanathan 1968b)
and can be used to determine the form of n(f\) or,
equivalently, to determine a. 1In order to perform this
determination, it is necessary to make two assumptions:

It is assumed, first; that the observed polarization arises
completely from the non-thermal component n({). The
second assumption is that the radiation of n(M) has a
percentage polarization Py which is independent of m .
Under these conditions, the variation of the observed

percentage polarization, p(H), with M will be a
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consequence only of the varying relative importance of
thermal and non-thermal sources of radiation. With these

assumptions
p(pa) = p, n(p)/E (p) (28)

It should be noted that a small correction to the observed
values of p(n) is, strictly speaking, necessary to
account for the effects of interstellar reddening. This
correction, however, is only of consequence if the ex-
tinction varies significantly over the bandpass, centered
on M , for which the polarization measurements are made.
In practice, this is not the case and the observed values
of p(}k) can be used in equation (28).

For those objects in which p(f&) has been
measured at two or more wavelengths, corresponding to w. ,

we can use equations (26) and (28) to write:

£ (M) Q) /Py = £L()) - g(p) - a s (M) (29)

This set of equations can then be solved for the values
of P 2.xd a. Orce this is accomplished, the individual
components of which fo(f*) is composed are each completely
specified.

For most of the objects under consideration, the

available polarization data are inadequate to permit a
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solution for Py and a in the above fashion. In these
instances the value of a can be somewhat specified on
observational or theoretical grounds. For instance, if
absorption lines were observed in the Seyfert nuclei,
which were also present in the spectra of normal nuclei,
the relative strengths in each instance could be used to
specify the relative importance of the stellar component
in the Seyfert nuclei. Unfortunately, such absorption
is not observed in the Seyfert nuclei. An upper limit
on the value of a can be established by utilizing an
estimate of the detection limit for such absorption
features on the available spectra. This detection limit
is obtained by assuming that the weakest absorption line
observable has a depth equal to the noise amplitude on
the spectrum.

In practice, it was found that a more stringent
limitation could be placed on a by imposition of the
condition that ngﬂﬂ) be a monotonically decreasing
function of/L(. The basis for this condition is the
nature of the distribution of synchrotron radiation from
an assembly of relativistic electrons: For a monoenergetic
energy distribution of such electrons, the maximum of the
emitted flux distribution will occur at /AJ ~1/3 ,l(c,
where /Au o corresponds to the usual critical frequency.
For /14'> 1/3 /ﬂh, the flux distribution is a mono-

tonically decreasing function of /Ll , asymptotically
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of the form
1/2

(£5) e (- =)
MC /UC
If we consider an assembly of electrons with a distribution
in energy, we expect that the resultant flux distribution
will be monotonically decreasing for M D %‘flc (max) ,
where }Lc(max) corresponds to the critical frequency of
the most energetic of the electrons. The condition is
actually rather weaker than necessary in that we expect
that the most energetic electrons will not, in general,

be the most abundant since the most energetic electrons
will decay fastest in energy because of radiation losses.
If n(fi) arises from such a distribution, the condition
that it be a monotonically decreasing function of Mo

over the wavelength region of interest (1 £ B < 3)

is essentially equivalent to requiring that }&C(max)f< 3.
There are two considerations which indicate that this

condition will be satisfied: Since }iccc EH]‘/2

"N , where E

is the electron energy and H, is the magnetic field

strength, values of f&c(max) > 3 would imply electron
energies or field strengths vastly in excess of those
customarily encountered in the most energetic non-thermal
objects. ( Mo = 3 corresponds to EHi/za; 7.5 BeV—gaussl/%)

For two Seyfert galaxies, the radio observations indicate

a flux distribution, non-thermal in charactex, which
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generally tends downward with increasing frequency. The
infrared observations indicate similar behavior. If the
radio and/or infrared flux distributions are considered
to arise from the same electron distribution as does the
optically polarized component, further evidence that
n(fl) satisfies this condition is provided. With the

condition that:

dn(pm) < 0

dp y 32 p > 1 (30)

the expression (26) can be used to obtain:
4 _ _ < '
Em [£,(p) = g(p) —as_(u)] € 0, 3>n>1 .(31)

For each object, the distribution of n(H_) was computed
according to (26) for various assumed values of the para-
meter a. An upper limit on a was obtained by selecting
that distribution which best satisfied the condition of
equation (30) for the observed range of M . Using this
maximum value of a, an upper limit on the stellar con-
tributior (and a lower limit to the non-thermal contribution)
to the okserved flux Jistribution was obtained for each
object. These limiting forms are given in the last two
columns of Tables 1l.

For the two objects for which p(/() is fairly
well determined, equations (29) were solved for Pg and

a and the individual components computed. Within the
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uncertainties of the observed polarization and flux
distributions, the non-thermal component of NGC1068
is essentially coincident with the limiting form of
n(f&) (Figure a). This determination agrees quite well
with that of Visvanathan and Oke (1968) for this ebject.
In the instance of NGC1l275, the other extreme is nearly
attained: The polarization data fit the observed flux
distribution aimost as well as it does the limiting
n(f*) distribution: The present data would indicate,
therfore, that the non-thermal component is dominant
over much of the observed frequency region (cf. Figure 10b).
An implicit assumption has been repeatedly made
in the above computations, namely that there is no fourth
component to the observed flux. If such a component were
present, it could not be assumed that n(y.), now charac-
terizing two components, possessed an intrinsic polarization
Po which was independent of frequency. In their analysis
of the spectrum of NGC1068, Osterbrock and Parker (1965)
concluded that the observed ultraviolet radiation could be
understood in terms of the two-photon emission of neutral
hydrogen, excited by fast protons. Such an interpretation,
novaves, doe. rit tssist in explaining the observed optical
nolarization arnd rcst: upon assumptions regarding the
ionization mechanism which are difficult to verify. The
assumption that the ultraviolet flux is due to synchrotron

photons, on the other hand, is consistent with both
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observational properties. 1In addition, the non-thermal
third component may well be used to explain the infrared
excesses whereas 2-photon radiation is inadequate in

this regard. Finally, the observed dependence of polariza-
tion on wavelength is consistent with the n(}l) adopted

for this object, and the latter accounts satisfactorily

for the observed ultraviolet flux. The presence of a
fourth component in any significant amount would alter

this agreement. Observation of polarization in the infra-
red would provide a very strong argument for the non-thermal
interpretation although the absence of such polarization
would leave the guestion open. Similar arguments against
the presence of a fourth component can be made in the

case of NGCl275. For the remaining objects, an improve-
ment in the quality of the polarimetric data must be

awaited before this question can be resolved.
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VI. THE SOURCE OF IONIZATION

A. The Mechanism of Ionization

The emission lines observed in the spectra in
the Seyfert nuclei indicate that a wide range of ionization
conditions are present in the emission-line regions of
these objects. 1In every instance for which adequate spectro-
scopic material was available, lines arising from OI and
NeV are observed, representing a 63eV. spread in ionization
potential. Oxygen is present in the first two stages of
ionization as well as in the neutral form. Weak lines in-
dicating the presence of much higher levels of ionization
are observed in the two objects for which the most exten-
sive spectroscopic data are available: The forbidden
emission lines of FeVII, observed in both NGC1l068 and
NGC4151 correspond to an ionization potential of 79 electron
volts. Oke and Sargent (1968) have observed and measured
the coronal [FeXIV] 25303 emission in NGC4151, but this
355 eV. line is too weak to be seen on the present group of
spectra. It is surpe~tecd that more sensitive spectroscopy
of the remaining Seyfert nuclei would reveal similar lines
of very high excitation. It is not, however, clear what
is the source of the observed ionization conditions.

The electron temperatures indicated by the for-

bidden lines suggest that collisional ionization by thermal
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electrons can probably be ignored as a significant factor
in producing the observed levels of ionization: Relative
populations of the levels of ionization for a number of
elements have been calculated as functions of temperature
by House (1964) and Parker (1964). Dielectronic recom-
bination corrections, important at high temperatures, have
been approximately treated by Osterbrock and Parker (1965)
in their discussion of the spectrum of NGC1l068. The results
of these calculations indicate that at most two ionization
states of a given atom are significantly represented for
electron temperatures within the range of interest. The
presence of [0X] , [0ri] , and 101II] 1lines in a given
object are, therefore, difficult to reconcile with this
mechanism. The calculations indicate that a temperature
Te 2 4 x 104°K is required in order that there be a sig-
nificant amount of OIII in the emitting region but, for
such temperatures, OI is essentially non-existent and the
presence of the [0I] lines becomes difficult to explain.
The temperatures required to produce NeIII and NeV, to

say nothing of FeVII and FeXIV, are correspondingly higher
and would seem to be inconsistent with the presence of
lines such as [o1] , forr} , [nzzl , ([s11l , etc.
This difficulty might be resolved by postulating rather
large variations in Te throughout the emitting region, the
lines arising from different levels of ionization being

formed in different parts of the Seyfert nuclei. 1In the
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present instance; such variations in electron temperature
may well be present, but cannot account for both the

level of ionization and the strengths of the corresponding
lines. In every instance, the ratio of the forbidden lines
indicates T_ % 2 x 10%°k  and for six out of the eight
objects the intensity ratios of the [OIII}l 1lines alone

permit an upper limit of T g 2 X 10*°k  to be placed

~

upon the region responsible for the Y0III) emission. How-
ever, for OIII to exist in this region, T >4 x 10%°x
is required if the mechanism is collisional ionization by
thermal electrons. Although such a mechanism may play a
part in determining the ionization conditions within the
Seyfert nuclei, it is clearly inadequate to explain the
range of these conditions observed in a fashion consistent
with the relative emission line intensities. Other
ionization mechanisms should, therefore, be considered.
Having rejected photoionization by non-thermal
photons, Osterbrock and Parker (1965) considered the
possibility of ionization by high energy particles, prin-
cipally protons and hydrogen atoms, in the nucleus of
JGC1063. These considerations were necessarily rather
approximate, largely cue to the lack of information re-
garding the ionization cross-sections for this process.
Such an ionization mechanism is fairly plausible in the
case of the Seyfert nuclei: To produce the necessary range

of ionization, particle energies in the vicinity of 20keV
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are required. For protons and hydrogen atoms, such energies
correspohd to velocities in the region of 2000 km/sec, the
presence of such velocities being indicated by the widths
of the forbidden line profiles. The initial particle
energies could then result from collisions between clouds
within the Seyfert nucleus, the kinetic energy of the rela-~
tive motions being converted into ionization energy in

thin lavers near the point of interaction. (The layers
must be thin because the range of the particles is small
for the energies of interest.) Insofar as the general con-
clusions of Osterbrock and Parker (1965) in regard to this
mechanism are equally applicable to the remaining Seyfert
nuclei, and since no observational means of testing the
applicability of this mechanism to Seyfert nuclei is
available, ionization by fast particles will not here be
congsidered in greater detail.

The presence of excess radiation in the blue and
ultraviolet Seyfert continua suggests that the radiation
field in the far ultraviolet may be quite large and that
this radiation ve concidered as a possible source of the
ionization. If this ionizing flux arises from a small
source, i.e. not distributed throughout the line emitting
region, the ionization conditions might be considered
analogous to those in planetary nebulae in which the
radiation source is a central star. In the latter case,

the work of Stromgren (1939) indicates the presence of



157

sharply defined zones of ionization, with the lower
ionizétion zones lying at greater distances from the
source of ionizing radiation. Such a model for the
Seyfert nuclei, however, encounters a rather major dif-
ficulty: A peculiar feature of most of the Seyfert
spectra is the weakness or absence of the permitted
OIIIN3444 emission line. This line, together with
OIIIA3312, is invariably observed in planetary nebulae
showing HeII and [OIII] line emission. Typically, the
strength of A3444 in such planetary nebulae is comparable
to that of HeIIA4686 or [OIII} A4363. 1In the Seyfert
nuclei this line is relatively weaker by at least a fac-
tor of five. (The 23444 intensity obtained for NGC4051
is extremely uncertain insofar as the line was "detected"
only marginally on some plates and "absent" on others.

At the present resolution the strength determination is
complicated by the proximity of [NeV]A3425.) The presence
of A3444 and A3312 in planetary nebulae results from an
accidental coincidence between the Lyman-OX line of Hell

3

(o] [o]
(3C3.78A) and the 2% P, - 2p3d°P., line of OIII(303.80A)

2 2
(Bowen, 1935). The only explanation for the absence of
A3444 (and 23312) is that the HeIl Ly-® photons are des-
troyed before they can be "converted" into observable
A3444 quanta. As a mechanism for this destruction, the

most probable seems to be the photoionization of neutral

helium or hydrogen. The absence of 23444, therefore,
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indicates the presence of significant amounts of neutral
hydrogen and helium in the regions where the [orr1]l and
Hell emission lines are formed. It should be noted that
this conclusion léends further weight to two possibilities
discussed previously: A significant H° abundance would
greatly increase the number of atomic scatterings ex-
perienced by (hydrogen) Ly-X quanta before escape from
the emitting region, with a consequent increase in the

n = 2 level population. As a result the optical depth

in the Balmer lines would increase. With this greater
optical depth, the effects of self-absorption and electron
scattering are effectively increased. A significant H°
abundance, therefore, is consistent with (1) the absence
of the permitted OIII lines, (2) the electron-scattering
model for the profiles of the Balmer wings, (3) the
relative wing and core intensities indicated by this model
and the observations, and (4) the self-absorption inter-
pretation of the Balmer decrements. (cf. V). The ioniza-
tion model based upon "Stromgren spheres" is, however,
‘nconsistont with the above indications. The Hell region
would be essentially free of neutral hydrogen and helium.
Since this region would be presumably optically thick to
Hell Ly k., the permitted lines of OIII would have to

arise in this HeIl region. Since no He® or H®

is present,
the HeIl Ly guanta cannot be destroyed before "conversion"

into A3444 and 23312 and, all regions being optically thin
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to these wavelengthsg, this OIII radiation should be
observed: In fact, it is not. The only solution to this
difficulty would seem to be the requirement that a large
number of such ionizing sources of radiation is present,
sufficient in quantity that the thin mixed-ionization
regions between the HeIIl and Hel zones comprise a sig-
nificant fraction of the total emitting volume. Alter-
natively, a source of ionizing radiation which is dis-
tributed continuously throughout the emitting region might
be considered. As a first approximation, neither approach
is very satisfactory: If the individual sources were too
closely spaced, or the radiation of the extended source
beyond the ionization limit too great, the emitting volume
would be an HelI-HII region and the OIII lines would be
observed. For too distant a spacing of individual "point
sources", most of the volume would be an HI-HeIl region

and there would be essentially no mixing of ionization
levels. As in the opposite case, A3444 would be observed.
For an extended source, a much lower level of ionizing
flux will result in a large HI-Hel region with no forbidden
lire emissions. Both models would therefore seem to be
applicable only within a very narrow range of conditions
and it would seem unlikely that this metastable condition
could be maintained for any length of time in all of the
Seyfert nuclei examined.

A final objection to such multi-source or ex-
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tended source models is the observation of optical
variability in some of the Seyfert nuclei. Insofar as
the time scales are short in comparison to the light
transit times of the nuclei, such extended sources are con-
traindicated. If the flux of the ionizing radiation
varies in a similar manner, it is difficult to see how
the conditions of mixed ionization of hydrogen and
helium could be maintained. As the ionizing flux in-
creased, it would be expected that HeII A4686 would
increase in”strength and, as a consequence of the lower
u® abundance, the wings of the Balmer lines would de-
crease in intensity, and the HCK/%B intensity ratio
would decline. (This assumes that the electron-scattering
and self-absorption interpretations of these features are
the correct ones.) 1In only one instance, NGC3516, is
there evidence for such spectral variation and, in this
instance, the observational data are very uncertain.
Stromgren's (1939) considerations, however,
were intended for application to planetary nebulae in
which the source of ionizing radiation is a central star.
Williams (1967) has shown that considerable mixing of
levels of iouiz«tion will occur if the distribution of
the ionizing radiation is considerably flatter than that
of the usual exciting star. The optically thick models,
in this case, correspond to a source or sources distri-

buted throughout the emitting region. Since the non-
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thermal optical components of some of the Seyfert nuclei
seem to possess relatively flat distributions, it might
be expected that this flatness is characteristic of the
far-ultraviolet non-thermal radiation as well. The
calculations of Williams (1967) indicate that such a
distribution will produce the mixture of ionization
levels observed and, specifically, will permit both
neutral and ionized forms of hydrogen and helium to occur
in the same regions. This factor will resolve the diffi-
culties regarding the OIII 24344 line discussed above. The
principal question, then, is whether the strength of this
ultraviolet radiation is adequate to produce the range of
ionization observed.

Since the far ultraviolet region is not accessible
to observation, estimation of the available flux of ionizing
radiation must be based upon extrapolation of the non-
thermal optical and/or radio continua to very much higher
frequencies. As is indicated below, this can be a rather
hazardous procedure. We shall consider the ionizing flux
available for the ionization of hydrogen in terms of the
observed intensities of Hg: If n(/4) is the non-thermal
Zlux distribution at the earth, the number of photons

received at the earth capable of ionizing hydrogen will

be: ”n(lu) d/u . N
é(}*o) = ﬁ;r—_“—' (cm “sec™ ™)
Ko
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where Mo corresponds to the Lyman limit (/uo £ 10.97).
If the gas is optically thick to M B/L(o ., every
ionizing photon will be absorbed by the gas, each ionizing
a single H® atom. Each of these ionizations is followed
by a recombination. According to Spitzer (1948) about
0.65 of the recombinations (under Case B conditions) occur
to the third or higher levels. If all recombinations to

n 2 3 eventually result in the emission of an He{ photon,

the H flux observed will be:

I(HX) a 0.65h D @(,uo)
~ 2 x 10712 é( M) erg/cmzsec

Osterbrock and Parker (1965) extrapolated the non-thermal

radio spectrum of NGC1068 to large frequencies. According
-0l

to Kellermann (1964), n(ﬁg) oc i , where OL = 0.59

and n(/i) =1.04 x 10_22 erg/cmzsec (c/s) at 400 Mc/s

6 ). Using these values, and assuming

(= 1.3 x 10
that this spectrum continued to M > Mo Osterbrock
and Parker obtained §( /J.O) 2.2 and I(H) =

4 x 10 12

erg/cmzsec. Comparing the latter value with
their observed Het, intensity of 1.6 x lO_ll erg/cmzsec ’
they concluded that there were insufficient ionizing

photons to explain the observed HX intensity (We obtain

an observed reddening-corrected He{ intensity of
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2.1 x 10711 erg/cm® sec.). However, this extrapolation
of the radio spectrum predicts a flux n(3) = 1.9 x 10 2°
erg/cmzsec (c/s) at A3333 whereas a small extrapolation
of the non-thermal component (Figure 10a) for this
object indicates N(3) = 1.7 x 1072, Fitting a power
law of the form used by Osterbrock and Parker to the

present data yields & =& 0.55 , in fairly good agreement

with the above value. Extrapolation of the optical data,
~-11

’

however, indicated @(p.o) ~ 23. and I(Hg) ~4.6 x 10
a factor of two greater than the observed intensity.
This would seem to indicate that the ionizing flux might

be adequate to explain the observed intensity of Het .

It is, however, suspected that this extrapolation is
nearly as extreme as that based upon the radio data. One
feature, however, seems clear: The non-thermal spectrum

of NGC1068 does decrease in curvature toward shorter wave-
lengths in the accessible optical and radio regions. If
this continues into the far ultraviolet, the number of
available photons capable of ionizing hydrogen will in-
crease significantly over the above values. Finally, it
should be noted that a power-law extrapolation of the
non-thermal component is not necessarily the most reasonable
insofar as the ihtensity distribution of synchrotron radia-
tion is proportional to 'D—ﬁﬁG(1)/Q ,) where T is a
constant which depends upon the conditions within the

source and 1)2 is the high-energy cutoff frequency.
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G(? /i)z) is tabulated by Westfold (1959) as a function

of 1)/132. For 1)<< Da , the intensity distribution does
approximate a power law, but for 2) >3 'Da. the intensity
distribution is exponential. 1In the first instance, where

n(/u.) oc ,u_.-a, we have

= S(M,)
o) = 5

whereas in the second instance, with n(p) o¢ exp (=T ),

we have

s(uy) TM
Bip) =—52 e CE(TM)

where El is the usual expcnential integral. Applying the
latter form to the radio data will yield greater discrepan-
cies with respect to the optical non-thermal fluxes, and
extrapolation of the optical non-thermal component to the
far ultraviolet will yield somewhat lower values of
@(ﬁxo)\ than obtained from the power-law extrapolation.
(In the case of NGC1068, an exponential extrapolation
yields i(/xo) X 0.6.)

Only in the instances of NGC1068 and NGC1275
is the non-thermal component adequately specified by the
available polarization data and the present observations.
In the latter case, extrapolation of the adopted non-thermal
distribution to large frequencies indicates that the

available ionizing flux may be adequate to explain the
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observed H ¢ intensity. For>the remaining objects, only
the lower limits of the n( M) distributions are available
and, because these lower limits are probably flatter than
the true distributions, an extrapolation such as performed
above would usually result in an overestimate of @(A&O).
The latter conclusion assumes, of course, that the non-
thermal spectrum can be represented by a power-law or
exponential form : In the cases of NGC3227 and NGC4051,
neither form seems very adequate even when the rather
large uncertainties are taken into consideration. It is
of interest, however, that the limiting n( M) of NGC1068,
NGC1275, NGC3516, and NGC41l51 are similar in that they

are all quite flat and can be fitted adequately with an
exponential form (and equally well with a power-law). The
limiting forms in NGC5548 and NGC7469 are different in that
both curve upward in the red. This might suggest that
these two objects would show greater excesses than the
others in the near infrared.

The question of the appropriate ionization
mechanism, or mechanisms, responsible for the ionization
conditions in the Seyfert nuclei is clearly not resolved
Dy the prosent cbscrvations. Neither the ionization by
synchrotron, photons, nor ionization by high energy
particles can be rejected on the basis of the available
material. On the other hand, neither mechanism can be

proved the applicable one although more extensive
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observational data might assist in this regard. 1In
particular, the energy spectrum of ionizing particles
might be inferred from the detailed velocity profiles

of the emission lines and a better basis for the extra-
polation of the non-thermal continua might be provided

by additional ultraviolet and infrared observations.

Of particular importance in this regard is the observation
of the infrared Paschen lines in order to estimate the
effects of reddening upon the observations.

A rather severe shortcoming of the fast-particle
ionization mechanism has been pointed out by Souffrain
(1968) : Under such a mechanism, the forbidden lines should
be much stronger, relative to the recombination lines,
than is observed. Because the cross-section for electron-
proton and electron-electron interactions is much greater
than that for ionization or direct collisional excitation
of Hy , most of the particle energy would be dissipated
in heating, rather than ionizing the gas. Much of this
energy, therefore, would appear as forbidden—-line emission
rather than in the recombination lines. Observationally,
the forb:dden Tines are much weaker, relative to the
Balmer lines than the (admittedly rough) calculations
based upon fast-particle excitation would indicate. This
implies that direct collisional excitation by fast particles
is probably not the appropriate mechanism. 1In a general

way, the above conclusion can be applied to almost any
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collisional mechanism. It seems likely, therefore, that
the radiation field is primarily responsible for the obser-
Observed mixture of ionization levels. The calculations

of Strdmgren (1939) and Williams (1967) discussed above
imply that the distribution of this ionizing radiation

must be considerably flatter than the Planckian exponential
of Stromgren's exciting-stars, in order that significant

mixing of ionization levels may occur.

B. The Energy Sources

As for the non-thermal sources of optical and/or
radio radiation, the fundamental problem in the case of
the Seyfert galaxies is the specification of the mechanism
responsible for the production of the relativistic electron
energies. It must here be presumed that the observed “non-
thermal" radiation does, in fact, arise via the syhchrotron
process and as a consequence of the interaction of the
relativistic electrons with a magnetic field. The principal
evidence for this assumption, as discussed earlier, is the
sresence of optical polarization and/or non-thermal radio
Spoctra.

In confronting this problem, a first step is the
estimation of the energetics and associated time scales
of the relevant process(es). A crude estimate of the total
lifetime of the Seyfert phenomenon in galaxies can be

obtained from the observed frequency of such objects:
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Since about 2 percent of all spiral galaxies are of the
Seyfert type, a lifetime of about 108 years is obtained
if it is assumed that all spirals undergo a Seyfert phase
at some point in their evolution. If the Seyfert category
is taken to include some of those objects presently
classified as N-galaxies, the corresponding time-scale
becomes greater. At the other extreme, assuming that only
2 percent of galaxies are capable of every becoming Seyfert
galaxies yields a characteristic time of ~lOlO years. A
lifetime of 1091_l years is, therefore, indicated.

A somewhat different time-scale estimate can
be obtained by assuming that the Seyfert phenomenon is a
consequence of a number of violent events occurring in
the nuclear regions. Burbidge, Burbidge, and Sandage
(1963), in discussing the evidences for the occurrences
of such events in galaxies, estimated that the kinetic
energy of the ionized gas in Seyfert nuclei was in the
range lO55i2 ergs. If it is assumed that all of this
kinetic energy is converted into line emission,
approxima:elv lO42 erg/sec, through heating of the gas,

T
a time scale of about 3 x lO5 2 years is indicated. With

+
observed total luminosities being in the range of ].045‘l
erg/sec, a somewhat comparable time scale of lO5 years

or less results from similar considerations. These imply

the occurrence of at least 103 events in the lifetime
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of the Seyfert phenomenon.

Finally, the emission line profiles indicate
velocities in excess of the 500 km/sec which is typical
of the escape velocities of normal spiral systems. This
suggests that mass will almost certainly be ejected from
the nuclear regions, as is indicated by the spectroscopic
data in some instances. Taking 103 km/sec as a velocity
characteristic of the mass motions in the Seyfert nuclei,
and 10 pc. as a characteristic diameter for the nuclei,
an escape-time of about lO4 years results. (A somewhat
shorter lifetime is obtained if the Balmer wings are
interpreted as being of kinematic origin. We are here
assuming that these wings are formed by electron scat-
tering.)

Insofar as the latter pair of estimates, based
upon the observational data for the individual objects,
indicate smaller time scales than the lO9 years indicated
by the frequency of Seyfert galaxies among spirals, the
occurrence of a rather large number of energetic events
is implied. Significant variations in the continuum
fluxes of these objects have been reported as occurring
within intervals of considerably less than one year. 1In
the case of NGC3516, line intensity variations have
occurred over a span of about 25 years. Such variations
lend further weight to the suggestion that the energy

production occurs in the form of a series of violent
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events rather than as a more-or-less continuous process.

A number of mechanisms for the production of

the requisite amount of energy have been suggested.

Certain processes which involve the gradual accretion

of matter from the intergalactic medium have been proposed
(e.g. Sturrock and Feldman, 1968). One shortcoming of

such models is the requirement that the conditions of

the intergalactic medium in the environs of the Seyfert
galaxies be highly peculiar. As discussed above, it is
also difficult to interpret the observed intimate mixture
of levels of ionization as being produced in the shock-
fronts resulting from the infall of such material. Further-
more, such models would seem to imply a fairly smooth input
of energy and would, therefore, not adequately explain the
observed radio and optical variations which are of
relatively short time scale.

Perhaps the strongest indication of the mechanism
responéible is the fact that the characteristic Seyfert
spectra arise in the centers of the galaxies rather than
in the external or spiral-arm regions. Insofar as galactic
nmaclei ar< generally characterized by a higher density of
matter, and higher velocities, than the outer regions,
the interaction between stars or gas clouds may préduce
the requisite energy in some fashion. The possibility of
cloud collisions is suggested by the structure occasionally

found in the emission lines. As in the accretion model,
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however, it is not clear how an extremely close mixture
of ionization levels could be produced at the resulting
shock fronts. A second difficulty with both the cloud-
collision and accretion models is that no clear mechanism
for the production of the relativistic electrons, implied
by the spectra and polarization, is apparent.

The most tempting hypotheses, at present, rest
upon supernovae as energy sources. Supernovae, Or super-
nova-like events, might be produced by the accretion of
the gaseous material by the nuclear stellar population.
The accumulation of such material by the more massive
stars might be adequate to result in the rapid evolution
of these objects to the supernova stage. An alternative
hypothesis, of somewhat similar nature, is based upon
interactions between the stars themselves: If the stellar
density is sufficiently great, violent events might result
from the disruptive consequences of such interactions. On
the other hand, coalescence into more massive stars
(“NSOMO) might result with the resulting massive objects
evolving rapidly to the supernova phase. The latter
possibility has been considered by Colgate (1968). Al-
though the available calculations are rather approximate,
preliminary results have indicated the feasibility of such
a mechanism.

Such supernova explosions are satisfactory in

two principal regards: First, such violent events might
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adequately explain the broad line profiles observed -
the motions of the emitting gas arising directly as a
consequence of such events. Second, and perhaps most
significantly, a means for the production of relativistic
elecfrons is provided. 1Instances are known in which the
violent evolution of stars has eventually resulted in the
production of non-thermal radiation. (e.g. the Crab
nebula, which is a supernova remnant). It suffices,
for present purposes, to know that such non-thermal
radiation can be produced in this manner,despite the fact
that the details of the process are not understood.

An advantage of the supernova hypothesis is
that it may well be capable of observational verification:
The luminosity maximum for such an explosive event is

typically of the order of 1043

erg/sec (Colgate, 1968)
which might well produce an apparent motion of the ob-
served Seyfert nucleus if the latter is resolved. (It
is understood that an attempt to detect such motion in
the nuclear image of NGC4151 is presently underway at
the U. S. Naval Observatory at Flagstaff). Energetically,
a supernova model does provide an adequate energy input:
Typically 1050 erg is radiated as a consequence of such
an explosion.

On the basis of such evidences as are available,

the supernova hypothesis seems the most plausible in

that such events are known to be capable both of eventually
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producing non-thermal radiation and mass-motions of gaseous
material. The details of both processes however, are not
understood and resolution of this problem must await

further theoretical and observational studies.
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Table 2: Standard deviation of grey corrections about

the mean. (zero point uncertainty)

Object A3300-A6055 A4785-A8400

Scans O s Scans O rms
NGC 1068 6 0.015 6 0.022
NGC 1275 4 0.021 7 0.048
NGC 3227 8 0.029 10 0.028
NGC 3516 6 0.011 6 0.094
NGC 4051 6 0.065 4 0.09%4
NGC 4151 4 0.041 6 0.029
NGC 4258 7 0.025 5 0.031
NGC 5548 8 0.035 6 0.122
NGC 6814 8 0.194 10 0.070
NGC 7469 7 0.038 6 0.039
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Table 3a: The continuous energy distribution of NGC 1068
( 504 bandpass, Vr = +1020 km/sec, csc b = 1.27 )

Observed Corrected

Al ! ~-log f° A u ~-log £ c
33290 2.950 24.773 3379 2.960 24.622 0.011
3441 2.906 24,334 3429 2,916 24.184 0.008
3448 2.900 24.414 3436 2,910 24. 265 0.008
3509 2.850 24.740 3497 2.860 24.593 0.012
3571 2.800 24.725 3559 2,810 24.580 0.010
3636 2.750 24.686 3624 2,760 24.543 0.015
3680 2.717 24.695 3668 2.727 24.553 0.008
3704 2.700 24,690 3691 2,709 24,549 0.007
3727 2.683 24.469 3714 2.692 24.328 0.007
3862 2.589 24,630 3849 2.598 24,493 0.009
4032 2.480 24.509 4018 2,489 24.376 0.013
4070 2.457 24.463 4056 2.465 24,331 0.027
4101 2.438 24.431 4087 2.447 24,300 0.018
4167 2.400 24.512 4153 2,408 24.383 0.000
4255 2.350 24 .444 4241 2.358 24,317 0.003
4290 2.331 24.430 4275 2.339 24.303 0.01e
4315 2.317 24.478 4300 2.325 24,352 0.020
4340 2,304 24,363 4325 2,312 24.237 0.003
4350 2,299 24,328 4335 2,307 24,203 0.009
4365 2,291 24,294 4350 2.299 24.169 0.010
44064 2,240 24.362 4449 2,248 24,239 0.011
4566 2.190 24,320 4551 2,198 24,200 0.000
4600 2.174 24,294 4584 2.181 24.176 0.005
4686 2.134 24.270 4670 2.141 24.154 0.013
4777 2.093 24 246 4761 2.707 24.133 0.021
4785 2.090 24.263 4769 2.097 24.150 0.005
4800 2.083 24,243 4784 2.090 24.131 0.005
4824 2.073 24.190 4808 2.080 24.078

4850 2.062 24.150 4834 2.069 24.039

4860 2.058 24.124 4844 2,065 24.013 0.008
4870 2.053 24.142 4853 2,060 24,032 0.013
4900 2.041 24.130 4883 2,048 24.027 0.014
4910 2.037 24.094 4893 2.044 23.985 0.000
4950 2.020 23.924 4933 2,027 23.816 0.010
4970 2.012 23.766 4953 2.019 23.659

5000 2.000 23.544 4983 2,007 23.437 0.017
5009 1.996 23.504 4992 2,003 23.398

5050 1.980 23.528 5033 1.987 23.423 0.000
50830 1.€69 23.802 5063 1.975 23.698 0.032
5100 1.961 24.208 5083 1.967 24.104 0.007
5263 1.900 24,160 5245 1,907 24.060 0.008
5400 1.852 24,122 5382 1.858 24.026 0.013
5500 1.818 24.104 5481 1.824 24,010

5556 1.800 24.086 5537 1.806 23.993 0.001
5600 1.786 24.070 5581 1.792 23.978 0.020
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(Table 3a, continued)

Observed Corrected

Al B! -log £ A M -log £ o)
5680 1.767 24.054 5667 1.767 23.964 0.003
5840 1.712 24.031 5820 1.718 23,944 0.003
5882 1.700 24,006 5862 1.706 23,920

6055 1.652 24.008 6034 1.657 23.925 0.000
6370 1.570 23,935 6348 1.575 23,858 0.010
6420 1.558 23.943 6398 1.563 23.867 0.011
6436 1.554 23,960 6414 1.559 23.884

6470 1.546 23.943 6448 1,551 23,868 0.007
6520 1.534 23.918 6498 1.539 23,843 0.006
6560 1.524 23.427 6538 1.530 23.353 0.001
6570 1.522 23.327 6548 1.527 23.253 0.005
6580 1.520 23.277 6558 1.525 23.137 0.011
6600 1,515 23.175 6578 1.520 23.102 0.003
6620 1.511 23.372 6598 1.516 23.299 0.009
6640 1.506 23,766 6617 1.511 23.693 0.012
6726 1.487 23.758 6703 1.492 23,687 0.017
6800 1.471 23.911 6777 1.476 23.841 0.001
7100 1.408 23.863 7076 1.413 23,797 0.005
7530 1.328 23.804 7504 1.333 23,743 0.010
7550 1.325 23.820 7524 1.329 23.760

7780 1.285% 23.776 7754 1.290 23.718 0.015
7850 1.274 23.777 7823 1.278 23.720 0.032
8080 1.238 23.764 8053 1.242 23,710 0.01l6
8090 1.236 23.768 8063 1.240  23.714

8370 1.195 23,736 8342 1.199 ?23.685 0.000
8400 1.190 23.723 8372 1.195 23.672 0.021
8708 1.148 23.728 8678 1.152 23,690

8805 1.136 23.707 8775 1.140 23.660 0.020
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Table 3b: The continuous energy distribution of NGC 1275
(50A bandpass, vV, = +5160 km/sec, csc b =4,44)

Observed Corrected

A p! ~-log f! A H -log £ o
3390 2.950 25.299 3333 3.002 24.7i1 0.015
3448 2.900 25.290 3390 2.951 24.769 0.043
3509 2,850 25,279 3450 2.900 24.765 0.034
3571 2.800 25.286 3511 2.849 24.779 0.020
3636 2.750 25.272 3574 2.798 24.772 0.015
3704 2.700 25,263 3641 2.747 24.770 0.041
3727 2.683 25,249 3664 2.730 24.758 0.002
3797 2.638 24.821 3727 2.684 24,337 0.013
3800 2.632 24.829 3736 2.678 24,345
3862 2.589 25,173 3797 2.635 24.695 0.048
3933 2.543 24,997 3866 2.587 24.526 0.030
4032 2.480 25.120 3964 2.524 24.658 0.021
4167 2.400 25.058 4096 2.442 24.607 0.01lo
4255 2,350 25.031 4183 2.391 24.587 0.031
4341 2.304 25.013 4268 2.344 24.575
4350 2.299 24,937 4276 2.339 24.500 0.005
4415 2,265 24,993 4340 2.305 24.561 0.009
4464 2.240 24.981 4388 2,279 24.552 0.008
4566 2,190 24.947 4489 2.228 24.524 0.015
4785 2.090 24.871 4704 2,726 24.478 0.015
4900 2,041 24.857 4817 2.077 24.476 0.018
4944 2.023 24.793 4860 2,058 24.417
4950 2.020 24.813 4866 2,056 24.437 0.013
5000 2,000 24.831 4975 2,035 24.460 0.0206
5050 1.980 24.71° 4965 2.015 24.353 0.025
5080 1.969 24.693 4994 2,003 24.330
5094 1.963 24,613 5008 1.997 24,251
5100 1.967 24.670 5014 1.995 24,308 0.021
5263 1.900 24.823 5174 1.933 24.823 0.005
5350 1.869 24 737 5259 1.902 24,397 0.039
5000 1.218 24,777 5407 1.850 24.450 0.022

556 1.500 2:.772 5462 1.837 24.449 0.008
5840 1.712 24.704 5741 1,742 24.402 0.037
6055 1.652 24.683 5953 7.680 24.396 0.017
6370 1.570 24.640 6262 1.597 24.372 0.019
6570 1.522 24.651 6459 1.549 24,395 0.020
6590 1.517 24.639 6478 1.544 24,384 0.020
6610 1.513 24 615 0498 1.539 24,367 0.021
6630 1.508 24.533 6518 1.535 24,280 0.014
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(Table 3b, continued)

Observed Corrected

A M -log £ A [} -log £ o
6650 1.504 24,384 6537 1.530 24.132 0.039
6670 1.499 24,214 6557 1.526 23.963 0.024
6690 1.495 24,164 6577 1.527 23.914 0.012
6674 1.498 24.238 6567 1.525 23,987

6710 1.490 24.249 6596 1.576 24.0G0 0.000
6776 1.476 24.584 6667 1.502 24,339 0.017
6790 1.473 24.508 6675 1.499 24,263 0.017
6800 1.471 24,589 6085 1.496 24,345 0.019
7100 1.408 24.547 6980 1.433 24.318 0.025
7530 1.325 24.509 7422 1.348 24,300 0.024
7780 1.285 24.476 7648 1.308 24,276

8080 1.238 24.447 7943 1.259 24,259 0.041
8090 1.236 24.457 7953 1.258 24,269

8370 1.195 24.434 8228 1.216 24,258

8708 1.148 24 .434 8501 1.168 24,6267

9830 1.017 24.304 9664 1.035 24.169



186

Table 3c: The continuous energy distribution of NGC 3227
(50A bandpass, V, = +1111 km/sec, csc b = 1.21)

Observed Corrected
At M ~log £ A K -log £ o}
3390 2.950 25.500 3377 2.961 25.356 0.046
3448 2.900 25.474 3435 2.911 25.332 0.049
3509 2.850 25.421 3496 2.860 25,281 0.047
3571 2.800 25.44¢ 3558 2.811 25.308 0.021
3636 2.750 25.446 3623 2.761 25.310 0.021
3704 2.700 25,386 3690 2.710 25.252 0.016
3775 2.649 25.415 3761 2.659 25,283 0.019
3862 2.589 25.352 2848 2.599 25,222 0.012
4032 2.480 25.250 4017 2.489 25,124 0.030
4167 2.400 25,194 4152 2.409 25,071 0.015
4255 2,350 25.799 4239 2.359 25.078 0.015
4350 2.299 25,170 4334 2.307 25,057 0.017
4464 2,240 25,109 4448 2.248 24.992 0.018
4566 2.190 25.043 4549 2,198 24,930 0.016
4785 2.090 24,996 4767 2.098 24.889 0.017
4900 2,090 24,996 4882 2.048 24.778 0.013
4975 2,070 24,832 4957 2.018 24.730 0.001
5000 2.000 24,751 4982 2.007 24.650 0.021
5050 1.980 24,700 5031 1.988 24,600 0.014
5100 1.961 24.881 5081 1.968 24,782 0.020
5263 1.900 24.876 5244 1.907 24,781 0.011
5556 1.800 24.815 5535 1.807 24,727 0.007
5840 1.712 24.720 5818 1.719 24.638 0.011
6055 1.652 24,697 6033 1.658 24.619 0.009
6370 1.570 24 .660 6346 1.576 24.587 0.012
6520 1.534 24 608 6496 1.539 24,537 0.017
6540 1.529 24.530 6576 1.535 24,460 0.022
6560 1.524 24 .423 6536 1.530 24,353 0.026
6580 1.520 24 .321 6556 1.525 24.251 0.025
6600 1.515 24,270 6576 1.521 24,200 0.040
6620 1.511 24.284 6596 1.516 24,215 0.0006
6640 1.506 24.497 6615 1.512 24.428 0.024
6726 1,487 24.575 6701 1.492 24.507 0.015
6800 1.471 24.660 6775 1.476 24,593 0.036
7100 1.408 24.614 7074 1.414 24,557 0.032
7530 1.328 24.603 7502 1.333 24.546 0.044
7850 1.274 24,536 7821 1.279 24.482 0.042
8080 1.238 24.538 8050 1.242 24.487 0.055
8400 1.190 24.616 8369 1.195 24.568 0.202
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Table 3d: The continuous energy distribution of NGC 3516

(504 bandpass, V, = +2614 km/sec, csc b = 1.49)

Observed Corrected

A o' -log f° A u -log £ g
3448 2.900 25.199 3418 2.925 25,029

3509 2.850 25.179 3479 2,875 25.011 0.042
3571 2.800 25,201 354C 2.825 25.035 0.043
3636 2.750 25,189 3605 2.774 25.025 0.029
3704 2,700 25.200 3672 2.724 25,039 0.049
3862 2.589 25,148 3829 2,612 24.992 0.012
4032 2.480 25.012 3997 2,502 24.861 0.018
4167 2.400 24.94¢6 4131 2,421 24.799 0.017
4255 2.350 24.934 4218 2.371 24.789 0.013
4350 2,299 24,888 4312 2.319 24.745 0.022
4464 2.240 24.844 4425 2,260 24,704 0.019
4566 2.190 24.820 4527 2.209 24.0684 0.015
4785 2.090 24.717 4744 2,108 24.589 0.009
4900 2.047 24.604 4858 2.059 24.480 0.019
4950 2.020 24.521 4907 2.038 24.498 0.008
5000 2.000 24.607 4957 2.018 24.486 0.006
5050 1.980 24.566 5006 1.998 24.447 0.042
5100 1.961 24.638 5056 1.978 24.520 0.018
5263 1.900 24.654 5218 1.9.7 24.541 0.017
5350 1.869 24,684 5304 1.886 24.573 0.045
5556 1.800 24.573 5508 1.816 24.468 0.008
5840 1.712 24 .492 5790 1.727 24.394 0.011
6055 1.652 24.474 6003 1.666 24,381 0.015
6370 1.570 24.432 6315 1.584 24,345 0.010
6520 1.534 24.401 o464 1.547 24,317 0.022
6540 1.529 24 352 6483 1.543 24,268 0.018
6560 1.524 24 344 6503 1.538 24,261 0.014
6580 1.520 24 . 281 6523 1.533 24.198 0.009
6600 1.515 24,208 6543 1.528 24.125 0.020
6620 1.511 24.137 6563 1.524 24,055 0.007
67206 1.487 24.302 6668 1.500 24,222 0.037
6800 1.471 24.332 6741 1.484 24,253 0.014
710 1.-08 24,336 7039 1.421 24,262 0.017
/5-0 1.028 2¢ 297 7465 1.340 24.229 0.025
7850 1.274 24,265 7782 1.285 24,201 0.033
8080 1.238 24,255 8010 1.249 24.194 0.132
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Table 3e: The continuous energy distribution of NGC 4051
(50A bandpass, Vr = +627 km/sec, csc b = 1.07)

Observed Corrected

A M! -log f' A M -log £ g
3390 2.950 25.317 3383 2.956 25.190 0.029
3448 2.900 25,218 3441 2.906 25.093 0.017
3509 2.850 25.303 3502 2.856 25.180 0.043
3571 2.800 25.271 3564 2.806 25.149 0.033
3636 2,750 25,248 3628 2.756 25.128 0.035
3704 2.700 25.238 3696 2.705 25.120 0.001
3775 2.649 25,268 3767 2.655 25.151 0.000
3862 2.589 25.253 3854 2.595 25.738 0.021
4032 2.480 25.174 4024 2.485 25.063 0.01l1e6
4167 2.400 25.196 4158 2.405 25.088 0.017
4255 2,350 25.137 4246 2,355 25,030 0.005
4350 2.299 25.028 4341 2.304 24,923 0.003
4464 2,240 25.082 4455 2,245 24,979 0.013
4566 2,190 25,030 4556 2.195 24,936 0.011
4650 2,157 24,958 4640 2,155 24.860

4785 2.090 25.019 4775 2.094 24,925 0.070
4900 2.041 24.877 4890 2.045 24.786 0.006
4975 2.010 24.842 4965 2.014 24.752

5000 2.000 24.772 4990 2.004 24,683 0.005
5050 1.980 24,912 5039 1.984 24.824 0.017
5100 1.961 24.913 5089 1.965 24.826 0.007
5263 1.900 24,919 5252 1.904 24.836 0.018
5556 1.800 24.859 5544 1,804 24,781 0.013
5840 1.712 24.787 5828 1.716 24,714 0.019
6055 1.652 24.800 6042 1.655 24,731 0.01aQ
6370 1.570 24.787 6357 1.573 24,722 0.009
6520 1.534 24,761 6506 1.537 24.698 0.013
6540 1.529 24,713 6526 1.532 24.651 0.009
6560 1.524 24.452 6546 1.528 24,390 0.009
6580 1.520 24,393 6566 1.523 24,331 0.019
6600 1.515 24,440 6586 1,518 24.379 0.028
6640 1.5006 24.717 6626 1.509 24.656 0.019
6726 1.487 24.747 6712 1.490 24.687 0.027
6800 1.471 24.800 6786 1.474 24.741 0.023
7100 1.408 24,786 7085 1.411 24.731 0.018
7530 1.228 24,744 7514 1.221 24.693 0.016
7¢50 1.:74  Zw,7¢7 7834 1,277 24.739 0.040
8030 1.:38 24.590 8063 1.240 24.544 0.063
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Table 3f: The continuous energy distribution of NGC 4151
(50A bandpass, Vr = +960 km/sec, csc b = 1,04)

Observed Corrected
A T -log f° A 153 -log £ a
3297 3.033 24,261 3286 3.043 24.135 0.024
3390 2.950 24.416 3379 2.959 24.293 0.018
3448 2.900 24,311 3437 2.910 24.189 0.009
3509 2.850 24.351 3498 2.859 24,231 0.025
3571 2.800 24.356 3560 2,809 24,238 0.022
3636 2.750 24.338 3624 2,759 24.221 0.017
3704 2.700 24,348 3692 2.708 24.233 0.019
3862 2.589 24.391 3850 2.598 24.279 0.011
4032 2.480 24.409 4019 2.488 24.301 0.026
4167 2.400 24.360 4154 2.408 24,255 0.005
4255 2,350 24.376 4241 2,358 24.272 0.014
4350 2,299 24,2206 4336 2.306 24.124 0.010
4464 2.240 24.316 4450 2.247 24.21¢6 0.004
4566 2,190 24,290 4551 2,197 24,193 0.014
4785 2.090 24.201 4770 2.097 24.109 0.002
4860 2.058 24.032 4844 2.064 23.942 0.011
4900 2.041 23.919 4884 2.047 23.830 0.004
4950 2,020 24.089 4934 2.027 24.001 0.007
5000 2,000 23.810 4984 2.006 23.723 0.004
5050 1.990 23.556 5034 1.987 23.470 0.009
5100 1.961 24.150 5084 1.967 24.065 0.012
5263 1.900 24.144 5246 1.906 24,063 0.003
5350 1.869 24.096 5333 1.875 24.017 0.004
5556 1.800 24.102 5538 1.806 24.026 0.01l06
5840 1.712 24.036 5821 1.718 23.965 0.019
6055 1.652 24.039 6036 1.657 23.972 0.011
6370 1.570 23.985 6350 1.575 23.922 0.006
6520 1.534 23.798 6499 1.539 23.737 0.007
6540 1.529 23.643 6519 1.534 23.583 0.013
6560 1.524 23.46l1 6539 1.529 23.401 0.021
6580 1.520 23.251 6559 1.525 23.191 0.019
6600 1.515 23.246 6579 1.520 23.186 0.014
6620 1.511 23.438 6599 1.515 23.379 0.023
6640 1.506 23.668 6619 1.511 23.609 0.01l06
6726 1.487 23.824 6705 1.492 23,766 0.012
6800 1.471 23.976 6778 1.475 23.9.9 0.01l9
71060 1.408 23.951 7077 1.413 23.897 0.031
7530 1.328 23.912 7506 1.332 23.863 0.039
7850 1.274 23.890 7825 1.278 23.844 0.033
8080 1.238 23.862 8054 1.242 23.818 0.042
8400 1.190 23.841 8373 1.794 23.799 0.043
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Table 3g: The Continuous energy distribution of NGC 4258
(50A bandpass, Vr = +420 km/sec,csc b = 1.07)

Observed Corrected

A M -log f! A " -log £ o
3390 2.950 25,258 3385 2.954 25,130 0.051
3448 2.900 25.134 3443 2,904 25.007 0.054
3509 2.850 25.212 3504 2.854 25,087 0.034
3571 2.800 25.207 3566 2.804 25.084 0.057
3636 2.750 25.088 3631 2.754 24,966 0.038
3704 2.700 25.086 3699 2.704 24.966 0.045
3862 2,589 25.076 3857 2.593 24,960 0.028
4032 2.480 24.822 4026 2.484 24.709 0.025
4167 2.400 24.806 4161 2.403 24.696 0.014
4255 2,350 24.767 4249 2.353 24,659 0.026
4350 2.299 24,756 4344 2,302 24.649 0.033
4464 2.240 24.635 4458 2,243 24.530 0.024
4566 2.190 24,636 4560 2,193 24.534 0.041
4785 2,090 24.519 4778 2,093 24.423 0.009
4850 2.062 24.496 4843 2,065 24,402 0.020
4900 2.041 24.506 4893 2.044 24.413 0.019
4950 2.020 24.510 4943 2.023 24.418 0.064
5000 2.000 24.498 4993 2,003 24.407 0.028
5050 1.980 24.488 5043 1.983 24,399 0.021
5100 1.961 24.470 5093 1.964 24,388 0.015
5263 1.900 24.437 5256 1.903 24.352 0.015
5350 1.869 24.410 5343 1.872 24.327 0.01¢
5556 1.800 24.431 5548 1.802 24,352 0.028
5840 1.712 24.328 5832 1.715 24,254 0.008
6055 1.652 24,284 6047 1.654 24,214 0.013
6370 1.570 24,249 6361 1.572 24.183 0.009
6520 1.534 24.251 6511 1.536 24.187 0.009
6540 1.529 24,212 6531 1.531 24.149 0.021
6560 1.524 24,200 6551 1.527 24.143 0.003
6580 1.520 24.172 6571 1.522 24,109 0.011
6600 1.515 24.211 6591 1.517 24.148 0.025
6620 1.511 24,238 6611 1.513 24.176 0.012
6640 1.506 24,204 6631 1.500 24.142 0.006
6726 1.487 24.148 6717 1.489 24,087 0.019
6800 1.471 24.196 6790 1.473 24.136 0.016
7100 1.408 24.168 7090 1.410 24.112 0.015
7530 1.328 24.054 7519 1.330 24,002 0.017
78530 1.774 24,015 7839 1.276 23.966
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Table 3h: The continuous energy distribution of NGC 5548
(50A bandpass, Vr = 44930 km/sec, csc b = 1.086)

Observed Corrected
A ! -log f! A M -log £ o
3390 2.950 24,979 3335 2.999 24.857 0.030
3448 2.900 25,045 3392 2,949 24.925 0.022
3509 2.850 24.990 3452 2.897 24.878 0.023
3571 2.800 25,021 3513 2.847 24.904 0.030
3636 2.750 24.986 3577 2.796 24.871 0.022
3704 2,700 25.006 3644 2,745 24,893 0.0106
3775 2.649 25,055 3714 2,693 24,943 0.003
3862 2.589 25,148 3800 2.633 25,038 0.021
4032 2.480 25,084 3967 2.522 24.978 0.014
4167 2.400 25,098 4100 2.440 24.995 0.009
4255 2,350 25,133 4186 2.389 25,031 0.009
4350 2.299 25,111 4280 2.337 25.011 0.007
4464 2,240 25,031 4392 2.278 24.933 0.014
4566 2,190 25,041 4492 2,227 24,946 0.014
4785 2.090 24.990 4708 2.125 24.901 0.013
4900 2.041 24.873 4821 2.075 24.787 0.022
4975 2.010 24,884 4895 2.044 24,799 0.003
5000 2.000 24.881 4919 2.033 24.797 0.024
5050 1.980 24.817 4968 2,013 24.734 0.015
5100 1.961 24.644 5017 1.994 24.562 0.005
5175 1.932 24,969 4091 1.965 24,889 0.018
5263 1,900 25,013 5178 1.932 24,935 0.025
5350 1.869 24.970 5263 1.900 24,894 0.006
5556 1.800 24,950 5466 1.830 24,886 0.024
5840 1.712 24,891 5746 1,741 24.824 0.008
6055 1.652 24.871 5957 1.679 24.807 0.027
6370 1.570 24.792 6267 1.596 24.733 0.016
6520 1.534 24.756 6415 1.559 24.699 0.023
6540 1.529 24,7790 6434 1.555 24.713 0.020
6560 1.524 24,732 6454 1.550 24.675 0.022
6580 1.520 24.048 6474 1,545 24.592 0.021
6600 1.515 24.521 6493 1.540 24.465 0.031
6620 1.511 24.296 6513 1.536 24.240 0.041
6640 1.506 24,236 6533 1.531 24.181 0.002
6660 1.502 24.161 6552 1.527 24.106 0.005
6726 1.487 24.512 6617 1.512 24.458 0.031
6800 1.471 24.791 6690 1.495 24.738 0.067
7100 1.408 24.745 6985 1.432 24.695 0.022
7530 1.328 24,700 7408 1.350 24.655 0.048
7850 1.274 24,685 7723 1.295 24.642 0.063
8080 1.238 24.625 7949 1.258 24.585 0.123
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Table 3i: The continuous energy distribution of NGC 6814
(504 bandpass, Vr = +1437 km/sec, csc b = 3.63)

Observed Corrected

A M ~-log £ A U -log £ o
3390 2.950 25.659 3374 2.964 25,249 0.116
3448 2,900 25.568 3432 2,914 25,163 0.213
3509 2.850 25.729 3452 2.864 25,330 0.128
3571 2.800 25,6860 3554 2.814 25,292 0.163
3636 2.750 25.621 3619 2.764 25,232 0.153
3704 2.700 25,716 3686 2.713 25,333 0.083
3745 2,670 25,763 3727 2.683 25.383

3862 2.589 25,750 3844 2.602 25,379 0.076
4032 2.480 25.564 4013 2.492 25.205 0.057
4167 2.400 25,588 4147 2.411 25,237 0.104
4255 2.350 25,605 4235 2,361 25.260 0.063
4350 2.299 25,398 4329 2,310 25.058 0.082
4464 2,240 25.240 4443 2.251 24.906 0.056
4566 2,190 25,380 4544 2,201 24.956 0.053
4785 2.090 25,192 4762 2.100 24.886 0.053
4860 2.058 25.160 4837 2.068 24.866 0.074
4900 2.041 25.141 4877 2.051 24.844 0.091
4950 2.020 25.194 4926 2.030 24.901 0.083
5000 2.000 25.115 4976 2.101 24.826 0.045
5050 1.980 25.076 4026 1.980 24,797 0.0406
5100 1.961 25,177 5076 1.970 24.895 0.062
5150 1.942 25.031 5125 1.951 24.753 0.004
5263 1.900 25.141 5238 1.909 24.870 0.043
5350 1.869 25,074 5324 1.878 24.809 0.072
5556 1.800 24,997 5529 1.809 24,745 0.036
5840 1.712 24.934 5812 1.721 24.698 0.028
6055 1.652 24,903 6026 1.659 24.678 0.023
6370 1.570 24,791 6340 1.577 24.581 0.01l9
6520 1.534 24.764 6489 1,541 24.561 0.017
6540 1.529 24.764 6509 1.536 24.562 0.040
6560 1.524 24.661 6529 1.532 24.460 0.025
6580 1.520 24.605 6549 1.527 24.404 0.037
6600 1.515 24.443 6569 1,522 24.353 0.029
6640 1.506 24.700 6608 1.513 24.502 0.056
6726 1.487 24.757 6694 1.494 24.563 0.046
6800 1.471 24.736 6768 1.478 24.545 0.055
7100 1.408 24,752 7066 1.415 24.572 0.057
7530 1.328 24,580 7494 1.334 24.415 0.120
7850 1.274 24.575 7813 1.280 24.420 0.083
8080 1.238 24,537 8041 1.244 24.388 0.081
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Table 3j: The continuous energy distribution of NGC 7469
(504 bandpass, v, = +4780 km/sec, csc b = 1.41)

Observed Corrected

A pu -log f° A 1 -log £ c
3390 2.950 24.958 3337 2.998 24.795 0.051
3448 2.900 24.978 3394 2,947 24.817 0.046
3509 2.850 24.952 3454 2,896 24.793 0.043
3571 2.800 24.978 3515 2.846 24.821 0.020
3636 2.750 24.965 3579 2.795 24.810 0.032
3709 2.700 25.035 3646 2.744 24.883 0.057
3862 2.589 25.052 3801 2,631 24.905 0.009
4032 2.480 25.018 3969 2.520 24.875 0.024
4167 2.400 24.953 4102 2,439 24.814 0.018
4255 2.350 25.037 4188 2.388 24.900 0.021
4350 2.299 25.035 4282 2.336 24.901 0.025
4464 2.246 24.952 4394 2.276 24.820 0.013
4566 2.190 24.918 4494 2.226 24.790 0.016
4785 2.090 24.860 4710 2,124 24,740 0.014
4900 2.041 24.863 4823 2.074 24.746 0.020
4950 2,020 24.656 4872 2.053 24.541 0.017
5000 2.000 24.804 4922 2.032 24.691 0.008
5050 1.980 24.710 4971 2.012 24.598 0.032
5100 1.961 24.548 5020 1.993 24.438 0.024
5150 1.942 24.844 5069 1.973 24.735 0.003
5263 1.900 24.782 5180 1.931 24.676 0.021
5350 1.869 24.822 5266 1.899 24.719 0.055
5556 1.800 24.782 5469 1.829 24.684 0.013
5840 1.712 24.783 5748 1.440 24.692 0.015
6055 1.652 24.684 5960 1.678 24.597 0.014
6376 1.570 24.598 6270 1.595 24.517 0.070
6520 1.534 24.0668 6418 1.559 24.590 0.017
6540 1.529 24,661 6437 1.554 24.583 0.022
6560 1.524 24.641 6457 1.549 24.564 0.004
6580 1.520 24.628 6477 1.544 24.551 0.018
6600 1.515 24.572 6496 1.540 24.496 0.017
6620 1.511 24.468 6516 1.535 24,392 0.007
6040 1.506 24.262 6536 1.530 24.186 0.026
6660 1.502 23.965 6555 1.526 23.890 0.008
6680 1.497 23.910 6575 1.521 23.835

6700 1.493 24.105 6595 1.517 24.030 0.030
6726 1.487 24.437 6620 1.511 24.363 0.018
6800 1.471 24.546 6693 1.494 24.473 0.007
7100 1.408 24.548 6989 1.431 24.480 0.029
7530 1.328 24.451 7412 1.350 24,389 0.077
7850 1.274 24.517 7727 1.295 24,459 0.052
8080 1.238 24,465 7953 1.258 24.410 0.032
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Table 4: The flux distribution for a "normal elliptical"
or  the nuclear region of a normal spiral for a
504 bandpass. This distribution is based upon
the nuclear distribution of NGC 224 (M 31)
obtained by Oke (1967). The "observed" values
correspond to csc b = 1, the corrected values to
csc b = 0. The common zero-point of the log So
and log s, scales is arbitrary.

Observed Corrected

A M ' log s log s
3390 2.950 0.281 0.401
3448 2.900 0.366 0.485
3509 2.850 0.361 0.478
3571 2.800 0.344 0.460
3636 2.750 0.478 0.592
3704 2.700 0.500 0.613
3862 2.589 0.476 0.583
4032 2.480 0.865 0.971
4167 2.400 0.848 0.951
4255 2.350 0.964 1.066
4350 2.299 1.009 1.109
4464 2.240 1.108 1.206
45660 2,190 1.181 1.276
4785 2.090 1.247 1.337
4860 2.058 1.258 1.3406
4900 2.041 1.284 1.371
4950 2.020 1.309 1.395
5000 2.000 1.269 1l.354
5050 1.980 1l.288 1.372
5080 1.969 1.290 1.373
5150 1.942 1.262 1.344
5263 1.900 1.358 1.438
5350 1.869 1.405 1.483
5556 1.800 1.439 1.513
5840 1.712 1.522 1.592
6055 1.652 1.571 1.637
6370 1.570 1.574 1.638
6560 1.524 1.626 1.685
6600 1.515 1.645 1.704
6726 1.487 1.641 1.698
7100 1.408 1.689 1.742
7530 1.328 1.761 1.810
7850 1.274 1.783 1.829
8080 1.238 1.802 1.846
8400 1.190 1.821 1.862
8805 1.136 1.845 1.884
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Table 7: Components of the emission line profiles.

Object AVe Avg AV fC fB fW Notes
(km/sec) (km/sec) (km/sec)

NGC 1068 +1800 1.00 a
NGC 1275 +400  +1700  +2700 0.17 0.54 0.29

NGC 3227 +800  +1200 +5000 0.47 0.24: 0.29:

NGC 3516 +500 +1250 +5000 0.62 0.38 c
NGC 4051 4500 +750  +2500 0.21 0.02 0.77

NGC 4151 +600 15500 0.21 - 0.79

NGC 5548 +750 41000 +5000 0.20 0.04 0.706

NGC 7469 +1000 +1250 +4500 0.14 0.03 0.83

Notes:

a. Balmer profiles essentially identical to forbidden
line profiles.

b. Balmer lines are asymmetrical.

c. No core observed in Balmer lines: fC s 0.15.
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Table 8: Relative Balmer line intensities corrected for
reddening. The observed intensities are given in
parentheses. All intensities are normalized to
I(HB) = 1.00 .

OBJECT I(Ha) I(HB) I(Hy) I(Hé) I(He) I(H.)

¢

NGC 1068 11.6 1.00 0.33 0.15 <0.19 <0.06
(12.6) (1.00) (0.32) (0.14) (<0.18) (<0.06)

NGC 1275 3.6 1.00 0.47 0.21 <0.22 <0.07
(4.8) (1.00) (0.41) (0.18) (<0.18) (<0.06)

NGC 3227 15.5 1.00 0.49 0.30 <0.11 <0.06
(16.8) (1.00) (0.47) (0.29) (<0.10) (<0.05)

NGC 3516 3.3: 1.00: 0.45: 0.29: <0.12 <0.06
(3.6:) (1.00:) (0.43:) (0.27:) (<0.11) (<0.06)

NGC 4051 7.0: 1.00 0.49 0.23 <0.07 <0.08
(7.5:) (1.00) (0.48) (0.22) (<0.07) (<0.08)

NGC 4151 3.6 1.00 0.36 0.15 <0.10 0.06:
(3.9) (1.00) (0.35) (0.14) (<0.10) 0.06:

NGC 5548 3.3 1.00 0.68 0.39 <0.14 <0.06
(3.5) (1.00) (0.66) (0.37) (<0.13) (<0.06)

NGC 7469 5.8 1.00 0.57 0.30 <0.15 <0.11

(6.3) (1.00) (0.55) (0.28) (<0.14) (<0.10)

Case A:

10,000 °k  1.91 1.00 0.59 0.38 0.26 0.18
(2.48) (1.00) (0.51) - - -

20,000 °k  1.99 1.00 0.57 0.36  0.24 0.17
(2.36) (1.00) (0.51) - - -

Case B:O ,

10,000 °x  2.71 1.00 0.51 0.30 0.19 0.13
(2.62) (1.00) (0.49) - - -

20,000 °x  2.79 1.00 0.49 0.28 0.18 0.12

(2.53) (1.00) (0.49) - - -
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Table 9: Helium ion abundances.
4 o

(Case B: Te a~ 2x10 K)

. I(\5876) I(74686) n (Het) n (Hett)
Object I(7\4861) I(A4861) n(HT) n(HT)
NGC 1068 0.21 0.37 0.21 0.05
NGC 1275 0.18 0.02
NGC 3227 <0.08 <0.01
NGC 3516 0.20 0.03
NGC 4051 0.23 0.03
NGC 4151 0.05 0.20 0.05 0.03
NGC 5548
NGC 7469

Mean 0.13+0.08 0.03+0.01
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Table lla: The components of the continuous energy
distribution of NGC 1068, in units of

1020 erg em 2 sec™! (c/s)~l'

! log(fo—l) log r log(fo-g) log s log n
2.950 1.38 0.12 1.30 0.77 1.22
2.850 1.41 0.16 1.39 0.85 1.24
2.750 1.45 0.20 1.43 0.98 1.24
2,743 1.46 0.20 1.43
2.740 1.44 -0.53 1.43
2.650 1.48 -0.51 1.47 1.00 1.31
2.550 1.54 -0.49 1.54 1.15 1.31
2.450 1.61 -0.46 1.61 1.37 1.24
2.350 1.69 -0.44 1.69 1.39 1.39
2.250 1.76 ~-0.41 1.76 1.58 1.30
2.150 1.83 -0.38 1.83 1l.68 1.31
2.050 1.88 -0.35 1.88 1.72 1.36
1.900 1.95 -0.30 1.95 1.80 1.30
1.800 2.00 -0. 26 2.00 1.88 1.41
1.756 2.03 -0.25 2.03
1.755 2.03 -0.29 2.03
1.700 2.05 -0.27 2.06
1.600 2.10 -0.23 2.10 2.02 1.35
1.500 2,16 -0.19 2.16 2.07 1.43
1.400 2.21 -0.15 2.21 2.12 1.40
1.300 2.26 -0.11 2.20 2.20 1.37
1.219 2.30 -0.08 2.30
1.218 2.30 -0.37 2.30
1.200 2.31 -0.36 2.31 2.23 1.52
1.100 2.36 -0.32 2.36 2.31 1.40
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Table 1lb: The components of the continuous energy
distribution of NGC 1275, in units of

10_26 erg cm_2 sec™t (c/s)—l.

M log(fo—l) log r log(fo—g) log s log n
2.950 1.23 -0.03 1.21 0.08 1.20
2.850 1.23 -0.01 1.20 0.16 1.19
2.750 1.23 +0.02 1.20 0.28 1.18
2.743 1.23 +0.02 1.20
2.740 1.23 -0.53 1.22
2,650 1.28 -0.51 1.27 0.31 1.23
2.550 1.33 -0.50 1.32 0.46 1.27
2.450 1.39 ~-0.47 1.39 0.68 1.30
2.350 1.42 -0.45 1.42 0.70 1.33
2.250 1.45 -0.43 1.45 0.88 1.31
2.150 1.47 -0.41 1.47 0.98 1.30
2.050 1.50 -0.39 1.50 1.03 1,32
1.900 1.55 -0.35 1.55 1.11 1.35
1.800 1.57 -0.33 1.57 1.19 1.34
1.756 1.59 -0.32 1.59
1.755 1.59 -0.33 1.59
1.700 1.60 -0.32 1.60 1.27 1.32
1.600 1.63 -0.30 1.03 1.32 1.34
1.500 l.66 -0.26 1.66 1.38 1.34
1.400 1.69 -0.24 1.69 1.43 1.34
1.300 1.72 -0.21 1.72 1.51 1.31
1.219 1.74 -0.19 1.74
1.218 1.74 -0.38 1.74
1.200 1.75 -0.38 1.75 1.54 1.34
1.100 1.78 -0.35 1.78 1.62 1.28
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Table llc: The components of the continuous energy
distribution of NGC 3227, in units of

10720 erg em? sec”t (c/s)—l.

01 log(fo—l) log r log(fo—g) log s log n
2.950 0.66 -0.48 0.63 -0.20 0.56
2.850 0.68 -0.46 0.65 -0.12 0.56
2.750 0.69 -0.43 0.65 0.01 0.54
2.743 0.69 -0.43 0.66
2.740 0.66 -0.96 0.65
2.650 0.72 -0.95 0.71 0.04 0.67
2.550 0.80 -0.94 0.79 0.19 0.67
2.450 0.90 -0.92 0.89 0.40 0.72
2.350 0.93 -0.91 0.92 0.43 0.76
2,250 1.00 -0.89 0.99 0.61 0.76
2.150 1.06 -0.88 1.05 0.71 0.79
2.050 1.13 -0.86 1.13 0.76 0.87
1.900 1.22 ~-0.83 1.22 0.84 0.98
1.800 1.29 -0.81 1.29 0.92 1.05
1.756 1.32 -0.80 1.32
1.755 1.32 -0.81 1.32
1.700 1.34 -0.80 1.34 1.00 1.08
1.600 1.39 -0.77 1.39 1.05 1.12
1.500 1.42 -0.75 1.42 1.11 1.13
1.400 1.45 ~-0.72 1.45 1.16 1.13
1.300 1.47 -0.70 1.47 1. .24 1.09
1.219 1.49 -0.68 1.49
1.218 1.49 -0.89 1.49
1.200 1.49 -0.89 1.49 1.27 1.09
1.100 1.52 ~-0.86 1.52 1.35 1.04
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Table 11d: The components of the continuous energy

distribution of NGC 3516, in units of

1072° erg em™? sec™! (c/s)~l.

M log(fo~l) log r log(fo—g) log s log n
2,950 0.97 -1.11 0.97 0.28 0.86
2,850 0.98 -1.09 0.98 0.36 0.84
2.750 0.98 -1.07 0.98 0.49 0.80
2.743 0.99 -1,07 0.98
2,740 0.97 -1.54 0.97
2.650 0.98 -1.53 0.98 0.51 0.80
2.550 1.08 -1.52 1.08 0.66 0.87
2.450 1.17 -1.51 1.17 0.88 0.86
2.350 1.23 -1.49 1.23 0.90 0.95
2.250 1.29 -1.48 1.29 1.09 0.86
2.150 1.36 -1.46 1.36 1.19 0.88
2.050 1.42 -1.44 1.42 1.24 0.96
1.900 1.50 -1.42 1.50 1.32 0.96
1.800 1.54 -1.40 1.54 1.40 0.99
1.756 1.57 -1.39 1.57
1.755 1.57 -1.41 1.57
1.700 1.60 ~-1.40 1.60 1.48 0.95
1.600 1.65 -1.37 1.65 1.53 1.03
1.500 1.70 -1.35 1.70 1.58 1.08
1.400 1.74 -1.33 1.74 1.64 1.06
1.300 1.79 -1.31 1.79 1.71 1.01
1.219 1.82 -1.29 1.82
1,218 1.82 -1.47 1.82
1.200 1.82 -1.47 1.82 1.75 1.06
1.100 1.86 -1.44 1.86 1.82 0.78
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Table lle: The components of the continuous energy
distribution of NGC 4051, in units of

1072° erg cm™? sec”! (c/s)_l.

M log(fo-l) log r log(fo—g) log s log n
2.950 0.81 -0.03 0.74 -0.50 0.72
2.850 0.83 -0.01 0.76 -0.48 0.74
2.750 0.87 +0.02 0.80 -0.35 0.77
2,743 0.87 +0.02 0.80
2.740 0.83 -0.49 0.81
2.650 0.85 -0.48 0.83 ~-0.33 0.80
2.550 0.88 -0.40 0.806 ~-0.18 0.82
2.450 0.92 -0.44 0.90 0.04 0.84
2,350 0.97 -0.43 0.95 0.06 0.89
2.250 1.01 -0.41 0.99 0.25 0.91
2.150 1.05 -0.39 1.03 0.35 0.93
2.050 1.10 -0. 37 1.08 0.40 0.99
1.900 l.16 -0.34 1.15 0.48 1.04
1.800 1. .22 -0.31 1.21 0.56 1.10
1.756 1.23 -0.31 1.22
1.755 1.23 -0.32 1.22
1.700 1.24 -0.31 1.23 0.64 1.10
1.600 1.25 -0.29 1.24 0.69 1.10
1.500 1.26 -0. 26 1.25 0.74 1.09
1.400 1.28 -0.24 1.27 0.80 1.08
1.300 1.29 -0.22 1.28 0.87 1.05
1.219 1.29 -0. 20 1.28
1.218 1.29 ~-0.38 1.28
1.200 1.29 -0.38 1.28 0.90 1.04
1.100 1.30 -0.35 1.29 0.98 1.00
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Table 11f: The components of the continuous energy
distribution of NGC 4151, in units of

1072° erg cm~2 sec™t (c/s)-l.

0 log(fo—l) log ¢ log(fo-g) log s log n
2,950 1.76 1.44 1.48 0.52 1.43
2.850 1.77 1.46 1.48 0.60 1.42
2,750 1.78 1.48 1.48 0.73 1.40
2.743 1.78 1.48 1.48
2.740 1.60 1.01 1.47
2.650 1.64 1.02 1.52 0.75 1.44
2.550 1.67 1.03 1.56 0.90 1.45
2.450 1.70 1.05 1.59 1.12 1.41
2.350 1.73 1.06 1.62 1.14 1.45
2.250 1.79 1.07 1.70 1.33 l.46
2.150 1.85 1.09 1.77 1.43 1.50
2.050 1.89 1.11 1.82 1.48 1.54
1.900 1.96 1.13 1.89 1.56 1.62
1.800 1.99 1.15 1.92 1.64 1.61
1.756 2.00 1.16 1.93
1.755 2.00 1.14 1.93
1.700 2,02 1.15 1.95 1.72 1.58
1.600 2.05 1.18 1.99 1.77 1.60
1.500 2,08 1.20 2.02 1.82 1.59
1.400 2.12 1.22 2.06 1.88 1.60
1.300 2.15 1.24 2.09 1.95 1.53
1.219 2.18 1.26 2.12
1.218 2.18 1.08 2.14
1.200 2.18 1.08 2.14 1.98 1.65
1.100 2,22 1.10 2.18 2.06 1.57
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Table 1llg: The components of the continuous energy

distribution of NGC 5548, in units of

10726 erg em™? sec™t (c/s)_l,

o log(fo—l) log r log(fo—g) log s log n
2.950 1.10 0.77 0.82 -0.58 0.80
2.850 1.11 0.80 0.82 -0.50 0.80
2.750 1.11 0.82 0.80 -0.37 0.79
2.743 1.11 0.82 0.80
2,740 0.93 0.34 0.80
2.650 0.95 0.35 0.82 -0.35 0.79
2.550 0.79 0.37 0.84 -0.20 0.80
2.450 0.98 0.38 0.85 0.02 0.79
2.350 1.00 0.39 0.88 0.04 0.81
2.250 1.02 0.41 0.90 0.23 0.80
2.150 1.04 0.43 0.92 0.33 0.79
2.050 1.06 0.44 0.94 0.38 0.80
1.900 1.10 0.47 0.98 0.49 0.81
1.800 1.14 0.49 1.03 0.54 0.86
1.756 1.16 0.50 1.05
1.755 1.16 0.48 1.06
1.700 1.18 0.49 1.08 0.62 0.90
1.600 1.23 0.51 1.14 0.67 0.96
1.500 1.27 0.54 1.18 0.72 1.00
1.400 1.32 0.56 1.24 0.78 1.06
1.300 1.37 0.58 1.29 0.85 1.10
1.219 1.41 0.60 1.33
1.218 1.41 0.42 1.36
1.200 1.42 0.42 1.37 0.89 -1.20
1.100 1.47 0.44 1.43 0.96 1.25
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Table 1llh: The components of the continuous energy
distribution of NGC 7469, in units of

10~26 erg om™? gec”! (c/s)—l.

o log(fo—l) log r log(fo—g) log s log n
2.950 1.19 0.70 1.02 -0.20 0.99
2.850 1.19 0.72 1.01 -0.12 0.98
2,750 1.19 0.74 1.00 0.00 0.97
2.743 1.19 0.74 1.00
2.740 1.07 0.27 0.99
2.650 1.10 0.28 1.03 0.03 0.98
2.550 1.12 0.29 1.05 0.18 0.99
2.450 1.14 0.30 1.07 0.40 0.97
2,350 1.16 0.32 1.09 0.42 0.99
2.250 1.19 0.33 1.12 0.60 0.97
2.150 1.21 0.35 1.14 0.70 0.96
2.050 1.24 0.37 1.18 0.75 0.97
1.900 1.28 0.40 1.22 0.87 0.96
1.800 1.32 0.42 1.26 0.91 1.00
1.756 1.35 0.42 1.29
1.755 1.35 0.41 1.30
1.700 1.37 0.42 1.32 0.99 1.04
1.600 1.42 0.44 1.37 1.04 1.09
1.500 1.46 0.46 1.41 1.10 1.13
1.400 1.51 0.48 1.47 1.15 1.18
1.300 1.56 0.50 1.52 1.23 1.21
1.219 1.60 0.52 1.56
1 218 1.60 0.34 1.57
1.200 1.6l 0.34 1.58 1l.26 1.30
1.100 1l 66 0.37 1.64 1.34 1.33
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Figure la: The continuous energy distribution of NGC 1068
uncorrected for reddening. (504 bandpass)
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Figure lb: The continuous energy distribution of NGC 1275
uncorrected for reddening. (504 bandpass)
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Figure lc: The continuous energy distribution of NGC 3227
uncorrected for reddening. (504 bandpass)
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Figure le:

The continuous energy distribution of NGC 4051
uncorrected for reddening. (50A bandpass)
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Figure lh: The continuous energy distribution of NGC 5548
uncorrected for reddening. (50A bandpass)
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Figure li: The continuous energy distribution of NGC 6814
uncorrected for reddening. (50A bandpass)
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uncorrected for reddening. (50 bandpass)
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Figure 3: The observed absolute flux distribution of
NGC 1068 as a function of aperture diameter.
(50A bandpass)



{ | { { I

*Hp r486/ 1,
oHY 4340 |5z

-2 =/ 0 +/ +2

Figure 4a: Relative Doppler profiles of the emission
lines of NGC 1068. The horizontal scale is
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Figure 4a (continued): Relative Doppler profiles of the

emission lines of NGC 1068. The horizontal
scale is in units of 1000 km/sec.
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lines in NGC 4151. The horizontal scale is

in units of 1000 km/sec.
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Figure 5: Spectra of the Seyfert nuclei from about A3400
to A5100. The original dispergion on IIa-0
emulsion is approximately 180 A/mm. For com~
parison purposes the nuclear spectrum of NGC 224
is also shown. The latter was obtained at some-
what lower dispersion.
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Figure 7: The reddening-corrected Balmer decrements for the

Seyfert nuclei (solid lines). The dashed lines
are the self-absorption decrements calculated by
Capriotti (1964) for R = 0, Te = 20,000 °K, and
are paramaterized by T1,. The filled circles are
the Te = 20,000 ©K decrements calculated by

Parker (1964). The self-absorption decrements for
Tq = 1 essentially coincide with the Case B
values for the same temperature.
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Figure 8: The HB/HY - Hy/Hp relation for the Seyfert
nuclei. 'The individual objects are identified
as in figure 7. The upper (solid) curve is
the self-absorption relation from figure 7 and
is again parameterized by ry. The dashed curve
represents the collisional values and is
parameterized by t = 10‘4Te. The reddening
line is the solid curve parallelling the
collisional curve.
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The reddening-corrected (csc b = 0) continuous
energy distribution of the nucleus of a normal
spiral. The zero-point of the log F, scale is
arbitrary. (504 bandpass) .,cf. fig. 2.
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Figures 10a-10h:

237

The components of the continuous energy
distributions of the Seyfert nuclei.

The filled circles (@) are the observed
fluxes corrected for reddening. The
observed continuum is approximately
represented by the upper solid curve and
the lower solid curve is the result of
subtracting the emission line and
continuous recombination components.
Crosses (X) define the upper limit for
the contribution of the normal stellar
distribution and the open circles (o)
indicate the corresponding lower limit
obtained for the non-thermal component.
In most instances the continuous recombi-
nation flux distribution is not shown.

In the figures for NGC 4151, NGC 5548, and
NGC 7469, this contribution is shown as

a dot-and--dash curve., 1In the notation of
vV-C :

o f (W)
———=X S(u)
o n(u)

The units of the log F)) scale are

erg/cmzsec (c/s).
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Table 10b: The components of the continuous energy
distribution of NGC 1275.
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Table 10c: The components of the continuous energy
distribution of NGC 3227.
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Table 10d: The components of the continuous energy

distribution of NGC 3516.
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Table 10e: The components of the continuous energy
distribution of NGC 4051.
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l
NGC 4151

Table 10f: The components of the continuous energy
distribution of NGC 4151.
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Table 10g: The components of the continuous energy
distribution of NGC 5548.
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The components of the continuous energy
distribution of NGC 7469,



