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Abstract

This dissertation describes work performed at the Palomar Testbed Interferometer (PTI)
during 1998-2002. Using PTI, we developed a method to measure stellar angular diameters
in the 1-3 milli-arcsecond range with a precision of better than 5%. Such diameter measure-
ments were used to measure the mass-radius relations of several lower main sequence stars
and hence verify model predictions for these stars. In addition, by measuring the changes
in Cepheid angular diameters during the pulsational cycle and applying a Baade-Wesselink
analysis we are able to derive the distances to two galactic Cepheids (n Aql & ¢ Gem) with
a precision of ~ 10%; such distance determinations provide an independent calibration of
the Cepheid period-luminosity relations that underpin current estimates of cosmic distance
scales.

Second, we used PTT and the adaptive optics facility at the Keck Telescope on Mauna
Kea to resolve the low mass binary systems BY Dra and GJ 569B, resulting in dynamical
mass determinations for these systems. GJ 569B most likely contains at least one substellar
component, and as such represents the first dynamical mass determination of a brown dwarf.

Finally, a new observing technique — dual star phase referencing — was developed and
demonstrated at PTI. Phase referencing allows interferometric observations of stars previ-
ously too faint to observe, and is a prerequisite for large-scale interferometric astrometry
programs such as the one planned for the Keck Interferometer; interferometric astrometry
is a promising technique for the study of extra-solar planetary systems, particularly ones

with long-period planets.
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Chapter 1

Introduction to Interferometry

1.1 Why Interferometry?

In characterizing an astronomical telescope there are usually two principal figures of merit:
light collecting power and angular resolution. The first is a function of the area of the
primary mirror (scaling as ~ D2, D being the telescope diameter), while the second is,
according to basic diffraction theory, given by ~ A/D, where \ is the wavelength of obser-
vation. As a consequence the best telescope is the one with the largest possible diameter; to
date the largest operational telescope mirror has a diameter of 10 meters (m), with mirrors
up to 30 m in diameter being in the planning stages. Although one might conceive of single
telescopes with diameters in the range of 100 m or more, such a device is currently well
beyond current technology. Thus if one desires very high angular resolution, it becomes
necessary to resort to interferometry, i.e., the practice of combining light from two or more
telescopes (separated by a baseline distance D) in such a way as to obtain an angular reso-
lution of ~ A/D, i.e., equivalent to that of a telescope of diameter equal to the separation
between the telescopes. In this case D can be 100-1000 m, with correspondingly higher
resolution.

At this point it should be noted that for a ground-based telescope the achievable angular
resolution is usually not limited by diffraction but by the atmosphere; for such a telescope,
turbulent variations in the atmospheric index of refraction distort the wavefront of the in-
coming starlight (making stars twinkle). In practice one can define a wavelength-dependent
length scale (the Fried parameter, ry) over which the incoming wavefront suffers less than
1 radian r.m.s. phase deviation. For a typical astronomical site rg ~ 10-20 c¢m for a wave-

length of 0.5pum, increasing to ~ 50 ¢m at 2.2um. The net result is to limit the angular
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resolution of a telescope, regardless of size, to \/rg, typically 0.5-1 arcsecond. However,
there has in the past ten years been a great deal of progress in “adaptive optics” (AO),
systems that use wavefront sensors and deformable mirrors to correct the effects of atmo-
spheric turbulence in real time, and so effectively restore the diffraction-limited resolution
of a large telescope. It is also worth mentioning two other techniques that can under lim-
ited circumstances provide diffraction limited observations: aperture masking and speckle
interferometry. Nevertheless, these techniques can not do more than restore the diffraction
limited performance of the telescope.

In principle, an interferometer is subject to the same atmospheric limitations as a single
telescope. However, as we shall see, the principal effect of atmospheric seeing on an inter-
ferometer is to reduce its sensitivity rather than its resolution. Hence, while the atmosphere
poses many practical challenges to interferometric observations, it does not fundamentally

limit the high angular resolution we seek.

1.1.1 Resolving Single and Multiple Stars

How then is high angular resolution useful in astronomy, and what levels of resolution are
required to be scientifically useful? One area where high spatial resolution techniques (e.g.
interferometry and adaptive optics) are particularly valuable is in providing direct obser-
vational verification of astrophysical theory. Examples include measurement of such basic
parameters as stellar radii and masses (by resolving binaries), circumstellar disk structures,
and the structures of stellar atmospheres (e.g., via direct measurement of limb darkening).
Such direct verification is required to bring current models from the typical ~ 10% uncer-
tainties to the 1% level or better. Examples of this kind of work include measuring the
mass-radius relation for low-mass stars (Lane, Boden & Kulkarni 2001, Chapter 2), mea-
suring dynamical masses of low-metallicity evolved stars (Torres et al. 2002) and low-mass
stars (Boden & Lane 2000, Chapter 4), Cepheid distances and radii (Lane et al. 2000,
Chapter 3), measurements of the size and structure of disks around massive young stars
(Eisner, Lane & Sargent 2003), and dynamical masses of brown dwarfs (Lane et al. 2001,
Chapter 6).

In considering the resolution required to resolve single stars it is instructive to consider
the following argument: we assume that we are interested in blackbody emission from some

astronomical source with temperature 7', and we conduct our observations at wavelength
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Figure 1.1: Corresponding surface temperature for a resolved source of a given K-band
magnitude (A = 2.2um) and instrument diameter D.

A with a telescope or interferometer with a characteristic size D. A source will have an
apparent intensity I given by
I = B\(\,T)6? (1.1)

where @ is the solid angle subtended by the source, and By (A, T') is the Blackbody function.

For the source to be resolved by our instrument we have

0 ~ (1.2)

S| >

Hence for a given apparent source intensity and telescope diameter we can determine the
temperature of sources we can resolve; the result is shown in Fig. 1.1. Clearly, if we wish
to resolve sources with temperatures typical of stars (103-10*K), we will require baselines
of 100 m or more. It is also noteworthy that resolved sources will be quite bright; however,

this is fortunate, given the limited sensitivity of most interferometers (see below).
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If we wish to resolve binary stars instead of single stars there are in principle visual binary
stars with orbits that are resolvable with arcsecond-level imaging resolution. However, the
orbital period (P o’/ 2) will for typical source distances of 1-100 pc be very large, up
to hundreds or thousands of years. In addition, the associated line-of-sight velocity of the
stars (v, o a~/2) becomes very small (<< 1 kms™!) making it difficult to measure the
orbital velocity of such visual binaries via Doppler spectroscopy. Hence it is preferable to
have the ability to resolve binaries with orbital semi-major axes of 1 AU or less; at typical

source distances this implies a required angular resolution of 10~! — 103 arcsec.

1.1.2 The Planet-Finding Problem

There is a second area where high angular resolution is particularly valuable, namely in the
detection and study of extra-solar planetary systems. Such studies are uniquely challenging
due to the often extreme contrast ratio between the primary star and the planet (103-10?).
In practice most workers in this area have relied on indirect techniques (radial velocity
measurement of the reflex motion of the parent star; Mayor & Queloz, 1995), or made use
of a known modulation of the planetary signal, i.e., transits (HD 209458, Charbonneau et al.
2000). However, the high angular resolution available with interferometry may allow other
detection methods, the details of which depend on the type of planet one is searching for. In
addition to detection, the use of interferometry is particularly interesting in that it promises
more detailed information than otherwise obtainable, i.e., direct mass measurements and
eventually spectroscopy. Below we outline three types of planets that can be studied with

interferometry, the techniques themselves will be discussed in section 1.5.

1.1.2.1 Hot Jupiters

The recent discovery of massive planets in short-period orbits has sparked a thriving indus-
try in planet detection. The first such planet discovered (Mayor & Queloz, 1995), 51 Peg,
has a minimum mass of 0.45 M and orbits a mere 0.051 AU from its parent star (Fig. 1.3).
The presence of such a massive planet in such a close orbit had not been expected, and
indeed posed a challenge to formation theorists.

Since the initial discovery, some 100 more planets have been found, principally by radial
velocity techniques. A large fraction of the systems found to date (~ 25%) orbit within 0.07
AU of their parent star, although this is very likely a selection effect due to the observing



1 mas

Figure 1.2: The typical Hot Jupiter system (to scale!). Imas = 10~ arcseconds

technique. For the purposes of this discussion I will call these massive, close planets “Hot
Jupiters.” At present the preferred formation scenario for the Hot Jupiters is that they form
at a large distance (~ 5AU, beyond the “snow line”) in a manner similar to the formation
of Jupiter. A transport mechanism is then invoked to explain how they migrate in to closer
orbits, e.g., tidal coupling with the proto-planetary disk.

For the purposes of this discussion let us consider a system consisting of a GOV star
at a distance of 15 pc, with a ~ 1M planet in a 0.05 AU orbit. We take the radius of
the planet to be ~ 1R, consistent with observed transits, and expected by theory. The
effective temperature of the planet will be determined principally by radiative equilibrium

with the parent star:

T = l%] ! T, (1.3)

For our prototypical system this gives 7' ~ 1000K.

The result is shown in Fig. 1.3. The high contrast ratio is the main challenge to directly
detecting these types of planets. Note that the angular separation of the star and planet is
5 mas (0.05 AU / 15 pc = 0.0033 arcsec). Thus if we wish to separate the light of the planet
from that of the star we will require an angular resolution of this order. For operation
at 2 pm, this implies an aperture diameter of D = A\/f ~ 100 m. This is the motivation
for using interferometry for the study of these systems, specifically by using differential

interferometry (Sec.1.5.3).

1.1.2.2 Outer System Planets

In 1999 it was announced that the system v Andromeda contained at least 3 planets (Butler

et al. 1999) , including one in a 0.059 AU orbit. One of the most interesting aspects of this
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from emitted (the planet being in radiative equilibrium for its distance) and scattered light.
The assumed albedo was 0.5.
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system concerns the long-term stability of this system. Models have shown that unless the
relative inclinations of the objects is greater than ~ 20 degrees, the system in dynamically
unstable on timescales less than a few Gyr (Laughlin & Adams 1999). The uncertainty in
the models comes from that fact that the inclinations (and thus also the actual masses) of
the planets is unknown. This is because the radial velocity techniques only measure M sin:
and cannot determine inclination. Clearly a method of measuring the inclination of these
systems is desirable.

For massive planets in outer system orbits (a > 1 AU) the star-planet intensity ratios
can be substantial, making direct detection difficult. However, in this case astrometric
techniques become increasingly useful. The astrometric reflex motion of the parent star will

be given by

M,
A6 ~ 1000 Mp C%puarcsec (1.4)

%
where M, is the mass of the planet in Jupiter masses, M, is the mass of the central star in
solar masses, a, is the orbital semi-major axis in AU and d is the distance to the system
in parsecs. As the best available (non-interferometric) astrometry to date is on the order
of 1 mas we see that detecting planets using astrometry is very challenging. However, the
scientific payoff is high as it is more sensitive than radial velocity techniques at large orbital
distances, and in addition it directly provides the orbital inclination, eliminating the mass
uncertainty inherent in RV measurements. As we shall see, interferometric astrometry is
expected to achieve precisions of 20-50 parcseconds from the ground, and 1-5 parcseconds

with space-based instruments.

1.1.2.3 Earths

Terrestrial planets are particularly difficult to study, as they lack both the mass to produce
an appreciable astrometric (< 1p arcsec) or Doppler signature (~ 0.1 ms™!), are small
enough to have a very high contrast ratio (10?), and are far enough from their parent star
that the probability of a transit is quite small (10~3) and shallow (umag). Nevertheless,
there are a number of techniques that are being developed to detect such planets, including
interferometric and coronographic, as well as transit approaches. These systems all require
space-based observations, and so fall well outside the scope of this work. Nevertheless,

advanced interferometric techniques such as nulling, if they can be demonstrated on the
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Figure 1.4: Calculated astrometric signatures of a number of Solar system and extra-solar
planets. Also indicated is the phase space sampled by various indirect techniques, i.e., radial
velocity monitoring and astrometry.

ground, will likely be used for such studies in the next decade.

1.1.3 Probing Circumstellar Environments

The high angular resolution available with stellar interferometry allows one to study the
close circumstellar environment around a range of stars. Perhaps most interestingly is the
study of star and planetary formation, where observations at PTI (Eisner et al. 2002) and
elsewhere have resolved circumstellar structure on the sub-AU scale around a number of

Herbig AeBe and T Tau systems.

1.2 Theory of Interferometry

I will start with a very simple interferometer in order to illustrate the basic concepts of
interference fringes, fringe visibility and phase, and angular resolution. Then I review
the relationship between a source of interest and the observables, including relating fringe

visibility to single and double stars. For a more thorough introduction to the theory of
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Figure 1.5: A double-slit experiment.

interferometry, the reader is referred to Mandel & Wolf (1995) or Perley et al. (1989).

1.2.1 The Double-slit Experiment

To illustrate the basic interference phenomenon that underlies interferometry, consider the
experimental setup in Fig. 1.5: monochromatic light comes from the left at an angle 6
to the horizontal axis and encounters a screen S, with two pinhole apertures separated by
a distance B. The Hyugens-Fresnel principle ® allows us to treat the slits as sources of
spherical waves. At any point z on the image plane @), the amplitude of the resulting wave

is given by adding up the contributions from the slits (ignoring time-dependence)
By ~ et X R(@ (1.5)
By ~ ot 5 (R2()+Bsin(0)) (1.6)

at location = (see Fig. 1.5) the field amplitude will be ~ E)(z) + E2(z) and the measured
intensity, where I = (EE*)/2, and assuming equal-sized apertures, is

2
=il

I =(1+ cos( 3 ) (1.7)

At a given instant in time, every unobstructed point in a wavefront serves as a source of secondary
spherical waves of the same frequency as the original wave. The amplitude of the field at any subsequent
point is the superposition of all such secondary waves.
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where ¢ is the total (before and after the screen) difference in path-length of the two beams,
ie.,

0= (R1 — RQ) — Bsin(ﬂ) (1.8)

For B« D
B
R1 - R2 ~ .TB (19)

and thus the intensity in the image plane will vary sinusoidally between 0 and 2, with a
phase that is related to the angle of the incoming wavefront, 6. Such a pattern is known as
an interference fringe.

Now, consider the effect of adding a second source, producing a wavefront with an angle
6'; this will result in a second interference pattern with a slightly different phase. If the

sources are incoherent, the resulting superposition at @ is

I, = I'+1 (1.10)

= 2 (1 + cos(g(é' — %)) cos(§(5' + 5))) (1.11)

thus the fringe pattern remains, but is less sharp (i.e., no longer goes to 0). At this point it

is useful to introduce the concept of the fringe contrast or visibility, defined by A. Michelson

as
Imaa: - Imin
V=——F—1— 1.12
Imaa: + Imin ( )
Clearly 0 <V < 1. For the example above,
T
V:cos(X(é —9)) (1.13)

and hence one can infer the presence of a second emission source when the measured fringe
visibility differs substantially from unity. In common practice, the angular resolution is the
angle Af = ¢’ — 6 for which the fringes disappear (V =0 = § —§ = A/2). For 6 ~ 0 we

have
A

NG = 2
Y=38

(1.14)

Note that the exact expression for the angular resolution can differ by factors of order unity

for various instruments and definitions of resolution.
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Figure 1.6: A model fringe, based on Eqn. 1.18, showing the definitions of the various
parameters. In this case A = 2.2y m, A\ = 0.4y m, and V = 0.8. The fringe phase ¢ is
usually defined as the shift from zero relative path difference.

If instead of monochromatic light we illuminate the double-slit experiment with broad-
band light, the resulting fringe pattern can be calculated by linear addition of the frequency
components. Assuming an illumination with frequency centered at vy and bandwidth Av,

with constant intensity per unit frequency I, the resulting fringe pattern is

vo+Av/2 v
IBroadband = / I, <1 + COS(27T—5)> dv (115)
vo—Av/2 C
. vo+Av/2
_ [ sm(27r(51/)] (1.16)
271'5/6 vo—Av/2
B sin(mdAv/c)
= [VAV (1 + W COS(Q’/T(SVO/C)) (117)
or equivalently
i A
IBroadband = INAX (1 + M COS(27T(5/>\0)> (1.18)
w0 /A,

where A, = M3/A\ is the coherence length. The fringe pattern remains, but is now modu-
lated by an envelope function given by the cosine-transform of the bandpass function. For

large 4, equivalent to being far from the instrument centerline, the fringes disappear.
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If one considers an interferometer as a glorified double-slit experiment, where the pin-
holes are replaced by telescopes, the free-space propagation between S and @) may be
replaced by an optical relay, and the image plane is sampled by a position-sensitive detec-
tor (e.g. a CCD array), it should be clear that we now have a method for calculating the
response of a double-slit experiment to one or more distant broadband sources, based on
the phase and contrast of the resulting fringe pattern. However, it may not be obvious
how to relate complex source morphologies to the fringe pattern. Fortunately, there is a

straightforward relationship between the two, as we explore in the next section.

1.2.2 The van Cittert-Zerneke Theorem

Source

R

Observer

4>
e
Figure 1.7: An observer located at #* observes a source at R.

Counsider the situation typically encountered in astronomy, where an observer seeks to
learn about a distant source (Fig. 1.7). Because it is so far away, it is reasonable to treat
the source as if it were two-dimensional, i.e., projected onto a distant “celestial sphere” of
radius |§|, in this case the source can be seen if it possesses a time-variable electric field
5,,(]-?), which results in the emission of electromagnetic radiation that propagates to ¥ where
it can be detected®. As in the previous section, Huygens Principle provides an easy way to

calculate the resulting field

. eZmu\R 7l/c
B, (7) = /5 B 4s (1.19)
B~

in the case of interferometry we are interested in measuring the spatial correlation of E), (7);

PWe ignore polarization effects for simplicity, and also note that the linear nature of Maxwells equations
in this regime allows one to simply add up contributions from all frequencies linearly.
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to do so we make use of the mutual coherence function

Vo (71, 72) = (B, (M) E) (7)) (1.20)
and hence
. L e2miv|Ri—7i|/c g—2miv|Ra—5|/c
V, (7, 7) = //gy(Rl)gy(RQ) B L 45,dSs (1.21)
|[Ri—71|  |R2— 17
If we assume that the source emission is spatially incoherent, i.e.,
(o (M)E5 (7)) = (1€, (71)*)a(71 — 72) (1.22)

and furthermore define the source intensity 1,(3) = (|&,(5)|?), where § = R/|R|, by inter-

changing integrals and neglecting second-order terms we find
Vol i) ~ [ 1(@e e Rag (1.23)

Eqn. 1.23 is known as the van Cittert-Zerneke theorem, and it relates the source inten-
sity distribution and the the fringe visibility measured by an interferometer via a Fourier
transform. In typical practice the above quantity is normalized such that

. [ L(®e FBaq

V(B) = FImaa (1.24)

where A is the wavelength of observation and B= 71 — 'y 1s referred to as the interferometric
baseline. Note that \A/A(é ) is a complex quantity; its amplitude is equivalent to the fringe
visibility defined by Eqn. 1.12, while the phase of the measured fringe pattern depends
on instrumental path-lengths (c.f. §) as well as the source morphology and instrumental
geometry. Commonly, the baseline components are referred to in terms of spatial frequencies

and the uv-plane

By
= 1.2
w= (1.25)
B
v= Y (1.26)

By



14
1.2.3 Fringe Visibility, Imaging and Models

Given Eqn. 1.24 one might imagine measuring \A/A(é ) for all possible baseline orientations
and lengths (at least up to some maximum baseline), and then recovering the source image
(up to a limiting resolution ~ \/B) via an inverse Fourier transform. This is in effect what a
telescope does. However, with an interferometer it is usually impossible to fully sample the
uv-plane, and thus the recovered image will contain artifacts from the sampling function.

Specifically, assume a sampling function for ¢ measurements in the uv-plane
S(5) = Y2 6(5) (127)
i

the measured visibility function is

~

VA(B) = VA(B)S(5) (1.28)
and by the convolution theorem, the inverse Fourier transform produces

L& = IFTNA(B)S(E)] (1.29)

— I,\(3) * IFT[S(3)] (1.30)

Numerous techniques have been developed to deconvolve the resulting “dirty image.” How-
ever, in the case of very limited uv-plane coverage, such as is the case with current optical
interferometers, it is usually preferable to forward-model the visibility function based on an
assumed parametric source model, then adjust the model parameters (e.g. via least-squares
techniques) to fit the observed visibilities. Below we derive the visibility functions for the

most common interferometric targets, single and binary stars.

1.2.3.1 Single Stars

For a single point source I(5) = Iyd(5) Eqn. 1.24 implies unit visibility. However, most
stars are not perfect point sources, but have some finite angular diameter, 8. If we assume

circular symmetry, the Fourier transform can be converted into a Hankel transform, i.e.,

27 2

o [L(E)e TR
aB) = [1(5)dQ

(1.31)
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2w 00 i
I d(ﬁfdr[,\(r)reJT’BCOw
_ 00
= — (1.32)
[ d¢ [ drIx(r)r
0o 0

Ofodrf,\(r)rJo(xr)
= L _ (1.33)
Ofdrf,\(r)r

where J,, is the nth order Bessel function and

z =1 (1.34)

The Hankel transforms have been tabulated, and thus we can use the following relation

1
/ 1 —r3)VrJy(rz)dr = 2"T(v 4 1) J,,.;;r(lx) (1.35)
) T

to derive the visibility function for a uniform disk model (v = 0)

o }I)\’I‘J()(’I“x‘)d’l“
ViaB) = -——— (1.36)
J Ixrdr
0
- 2‘]13(6"”) (1.37)
IR ACI:TT0N
= 217TBT (1.38)

If instead of a uniform disk model we wish to consider the effect of stellar limb darkening,
it is often the case that stellar intensity profiles are given as a function of y = cos(6) where
6 is the azimuth of a surface element of the star. Thus 4 = v/1 — 72 and for the case of a

“fully limb darkened” model, I\(¢) = p = v = 1/2, giving

flx/l —r2rJo(rz)dr
Va(B) = L— (1.39)
f\/mrdr
0

T J3/2(T)
3 \/; iz, (1.40)
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Usually one encounters limb darkening models that lie between the uniform disk and fully

darkened disk models, parameterized by a limb darkening coefficient u) such that

L(p) =1—ux(l—p) (1.41)
the resulting visibility function is

(1 —uy) flrJo(xr)dr + uy Ofl V1 —=r2rJy(zr)dr

Va(B) = 0 - (1.42)

1

(1 —wuy) [rdr +uy [V1—r?rdr
0 0

w2 D L

B (1 —ux)/2+ur/3 '

For interferometric operations near or slightly below the nominal angular resolution
there is a degeneracy between the angular size and the limb darkening (Fig. 1.8), and
hence it is important to have a good model atmosphere available if one wishes to determine
stellar angular diameters to high precision. Conversely, given a suitable long interferometric
baseline it becomes possible to measure the limb-darkening directly, and hence provide an
empirical measure of the atmospheric properties of a range of stars.

Given the above degeneracy it is usually the case that for observations at a spatial
frequency below the resolution limit one can fit a uniform disk model to the data, derive a
uniform disk diameter 6y7p, then convert it to a limb darkened diameter 6y, p using a simple

correction formula that depends only on the limb darkening parameters (see Chapter 3).

1.2.3.2 Binary Stars

In the case of a binary star, as long as the individual stellar components are unresolved by

the interferometer, I can be modeled as two point sources located at 3y and 37.
I(8) = Iyd(5 — 50) + [10(5 — §1) (1.44)
Defining the intensity ratio R = I /1y and A§ = 5] — 5), we find

51 —2miNg. B
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Figure 1.8: Plotted is the fringe amplitude for a uniform disk (dashed) and a 10% larger
limb-darkened (solid) disk model of a single star. Only at long baselines is the degeneracy
between size and limb darkening broken.

It is useful to write this visibility in a slightly different form
V = |V]e (1.46)

where
2

- 1
VPP = ——= <1 +R?+ 2Rcos(7

AF-B 1.47
(14 R)? i )> (1.47)
The quantity |[V'|? (or simply V?) is usually what is measured by an optical interferometer;

it corresponds to the contrast of the observed fringes.

In the case of a binary star system with partially resolved stellar disks, it should be clear

from the linearity of the van Cittert-Zerneke theorem that the visibilities are combined such

that
1

R 2 .
V|2 = aTne <V12 + VIZR? + 2V1V2Rcos(77rA§'- B)) (1.48)

where V; is the uniform-disk visibility of the ith component from Eqn. 1.36.
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The phase of the complex visibility of a binary star is given by

Rsin(3£AS- B) > (1.49)

¢ = arctan =
1 + Rcos(2FA5- B)

However, the phase measured by a single pair of apertures is corrupted by the effects of
atmospheric turbulence on very short timescales (in the optical and infrared ~ 1 radian in
~ 10 ms) and contains no useful information, unless it is measured simultaneously with a

phase reference source; see the discussion of advanced techniques.

1.3 A Brief History of Interferometry

The first person® to suggest the use of interference phenomena to measure the angular
diameters of stars was H. Fizeau (Fizeau 1868). Based on his suggestion, E. Stéphan
obtained the first interferometric measurements of stars in 1872 (Stéphan 1873, 1874).
Using masked 50 and 65 cm apertures, he concluded that the stars must all have very small
angular sizes based on the fact that he consistently observed sharp interference fringes.

The theory of interference was explored mathematically by A. Michelson around 1890,
who also used interferometry to measure the Galilean moons of Jupiter around this time
(1891). The first binary star was resolved with interferometry in 1896 (Schwarzschild 1896),
followed by A. Michelsons observation of Betelgeuse, for which an angular diameter was
obtained (Michelson & Pease 1921). Michelson used the 100-inch telescope on Mt. Wilson,
later outfitted with a 20-foot baseline extender for his observations on a number of single
and binary stars.

With the success of the Mt. Wilson 20-foot interferometer, F. G. Pease, who had
collaborated with Michelson, attempted to build a larger standalone instrument with a
50-foot baseline. Unfortunately he was pushing the limits of available technology, and the
50-foot interferometer was never successful. Optical stellar interferometry seemed relegated
to the dustbin of history.

However, with the rapid advancement of radio interferometry after WW 11, a novel idea,
intensity interferometry, was developed by Hanbury-Brown and Twiss (Hanbury-Brown &

Twiss 1956). It was successfully applied at the Narribri interferometer in the 1960’s and used

“For a complete and interesting history of interferometry, see Lawson, 2001. A very useful compilation
of fundamental papers in this area is also available in Lawson, 1997.
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to measure the angular diameters of a number of early-type stars. Unfortunately, intensity
interferometry avoids the exacting requirements of path-length control at the expense of
a severe sensitivity penalty, and is limited to only the brightest stars. Nevertheless, the
Narribri observations provided an extremely valuable observational foundation for stellar
models that are used to this day.

Beginning in the 1970’s, A. Labeyrie (1975) first combined light from separated tele-
scopes and built the first modern stellar interferometer. The crucial technologies were fast
electronic detectors, digital control computers, piezoelectric actuators and laser metrology
systems. In the late 1970’s a program at MIT was initiated (Shao & Staelin 1980) with the
goal of developing a fringe-tracking interferometer for astrometry. This effort led directly
to the Mk [-III family of interferometers, as well as providing design heritage for the NPOI,
PTT and ultimately the Keck Interferometer.

The late 1980’s and early 1990’s saw a great deal of development in interferometry, with
a number of interferometers coming on-line. These tended to be single-ry instruments with
2-4 apertures; however, they provided experience and motivation for further development,
as well as a steadily growing stream of scientific results (Fig. 1.9). One notable change has
been a general migration toward operation in the near-IR, where atmospheric constraints
are significantly relaxed compared to operation in the visible regime; this has been made
possible by the advent of high-performance detectors in this wavelength region. Toward the
end of the decade, 6-aperture combination was achieved at NPOI.

Interferometry has, as of early 2003, bright prospects: two large ground-based arrays are
under construction (the Keck Interferometer and the VLTIY), as well as several other sys-
tems (e.g., CHARA). In addition NASA and ESA have several space-based interferometers
in various stages of planning and development, most notably the Space Interferometer Mis-
sion, intended for microarcsecond-level (uas) astrometry, and the future Terrestrial Planet

Finder.

1.4 Practice of Interferometry

In order to achieve the high angular resolution, one would expect based on the discussion in

Sec. 1.2 there are a number of practical hurdles to overcome. First one has to collect portions

4Very Large Telescope Interferometer
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Figure 1.9: Recent publications based on interferometric results, as a function of time.
(Source: ADS abstract service.)

of the incoming wavefront in two or more apertures, typically telescopes or siderostats are
used. Second, in a direct-detection interferometer, the light has to be transported to a
central location where it is combined. Third, the path-lengths have to be equalized, and the
effects of atmospheric turbulence compensated or followed. This is usually done by adding
variable amount of optical path delay (OPD) into the arms of the interferometer, although
there exist designs where the apertures or beam combiner is moved so as to provide the
path-length compensation (12T, GI2T). Fourth, the beams must be combined and the fringe
parameters measured. Finally, all of these subsystems must be controlled and coordinated
in real time, usually by a complex assortment of computers and servo systems.

However, for ground-based instrument probably the most important consideration is
how to correct for the effects of atmospheric turbulence. Below I discuss the phenomenon
of atmospheric turbulence and how it impacts and interferometer, then I will briefly outline

the practical aspects of designing an interferometer.

1.4.1 Atmospheric Turbulence and Seeing

The atmosphere above an interferometer can be characterized by the Reynolds number,
Re = VL/v, where V is a characteristic velocity, L a characteristic length scale, and v is

the kinematic viscosity of air (~ 1.5 x 10°m2s™!). For length scales above a few meters and
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Figure 1.10: A schematic of a simple one-baseline interferometer. (From Lawson 2000.)

typical wind speeds of a few ms~! we have Re~ 10°, which implies that the flow is turbulent
(Faber 1995). The turbulent eddies correspond to parcels of air at different temperatures,
which because they are in pressure equilibrium necessarily have different densities, and
hence indices of refraction. The net effect is that the starlight must propagate through a
medium with a rapidly varying (spatially and temporally) index of refraction; this causes
distortions in the wavefront and makes the resulting image both blurry and variable.

The turbulence can be characterized by a distance over which the wavefront remains
flat. This distance, known as the Fried parameter or the atmospheric coherence length, is
given by

} o (1.50)

ro = {0.42:%2 sec ¢ / C2(2)dz

where k = 27/X is the wavenumber of the light, ¢ is the zenith angle of the observation,

and C2 is a parameter representing the turbulence amplitude (the structure constant). For
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typical observing sites, we have

A 6/5
o ~ 0.1 < ) m (1.51)

At this point one can relate the coherence length to time by treating the atmospheric
distortions as a fixed screen, blowing past the aperture with some wind speed, v; this is the

frozen-flow hypothesis, and it implies

o= -2 (1.52)

v

for typical wind speeds ~ 10ms~! this gives 7y ~ 10 ms at 0.5 pm.
The phase fluctuations introduced by the atmosphere are correlated over small angles,

characterized by the angular isoplanatic angle 8y such that

(03) = <0%>5/3 (1.53)

where
-3/5
Oy = {2.914k2(sec ¢)8/3/C£(z)z5/3dz} (1.54)
From the definition of the Fried parameter (Eqn. 1.50) we find that
T0
6o = 0.314 cos(¢) — (1.55)
H
where H is the mean effective turbulence height
20,0534, 1%°
i = |1 Cnl2)z" dz (1.56)
] Ci(2)dz

In order to sample an undistorted portion of the wavefront it is necessary to collect
~ 100 photons per “coherence volume” (7or2). At the PTI the atmospheric coherence time
(10) is 10-20 ms, and the coherence length in the K-band (2.2 pm) is on the order of 40
cm. With an instrumental efficiency of only a few percent (due mostly to the many mirrors
in the beam-path), the result is an effective tracking limit of 7th magnitude — clearly a

significant limitation to the instrument.
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1.4.2 A Basic Interferometer

Most of the currently operational interferometers have a common set of subsystems, outlined
below. As most of the work discussed in this thesis was done at the Palomar Testbed
Interferometer, as I outline the typical interferometer I will also provide a specific description
of PTI. While other interferometers may differ in details, this should provide a reasonably

complete description applicable to all of them.

1.4.3 The Palomar Testbed Interferometer

| 8
i

=

o

Figure 1.11: A picture of PTI taken from the catwalk of the Palomar 200-inch telescope.

The Palomar Testbed Interferometer (PTI) is a long-baseline infrared interferometer
installed at Palomar Observatory, California. It operates in the J (1.2 pm), H (1.6 gm) and
K (2.2 pm) bands, and with a maximum baseline of 110 m achieves an angular resolution
of ~ 3 mas. It was developed by the Jet Propulsion Laboratory, California Institute of
Technology for NASA, as a testbed for interferometric techniques applicable to the Keck
Interferometer as well as other missions such as the Space Interferometry Mission, SIM.
PTI has been used in the development of high-sensitivity direct-detection interferometry in
the infrared with array detectors, phase-referencing, and narrow-angle astrometry. PTT also
serves as a testbed for interferometric planning, operational techniques, and data processing
and management tools applicable to both ground and space-based interferometers.

Major development of PTT began in November 1992 with the commencement of fund-
ing from NASA under its TOPS program. The interferometer was installed at Palomar

Observatory during the spring of 1995, and first fringes were obtained in July 1995. Initial
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Figure 1.12: The sky coverage of the two PTT baselines, and the limit imposed by requiring
the zenith angle to be less than 35 degrees, required for optimal fringe tracking performance.

astrometric measurements were made starting in 1997, achieving 100uas accuracy in 1999.

Phase referencing results using long integration times were also first obtained in 1999.

1.4.3.1 Apertures, Baselines and Light Pipes

An interferometer requires two or more sub-apertures arranged so as to best sample the
uv plane. In order for the light to have a high degree of coherence when combined, it is
necessary that the wavefront sampled by each aperture be as uniform as possible; until
recently this has meant that the interferometric sub-apertures could be, to within a factor
of ~ 3, no larger than the atmospheric coherence length, rg. Hence the current generation
of interferometers all have aperture sizes of 10-50 cm®.

Recently the Keck Interferometer and VLTI systems have been designed to make use of
large (10 and 8 m respectively) apertures. This is possible because of the use of adaptive
optics (AO) systems that operate in the near-IR (JHK bands, or 1-2.5 pm.), which typically

bring ~ 50% of the light into a coherent or diffraction-limited beam. However, it should be

°One exception to this practice is the GI2T, which used 1.5 m apertures. However, it did not take full
advantage of the large apertures, but instead operated in a multi-speckle mode.
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noted that in the case of a natural guide-star based AO this does not necessarily increase the
limiting magnitude of an interferometer; given the same photon throughput a star bright
enough to use for an AO system is also bright enough to use in an interferometer.

The choice of aperture locations and hence baselines is of fundamental importance in
designing an interferometer, and depends on the type of observations one wishes to perform.
In the case of imaging, the goal is maximum coverage of the uv-plane, while for astrometry
it is usually sufficient to have two perpendicular, long baselines. However, as the fringe
visibility (and hence SNR of the measurement) drops for resolved objects (i.e., if 6 > A/B),
it is not desirable to only have very long baselines. These two competing requirements
must be balanced in deciding the aperture placements. Typical imaging interferometers
(COAST, NPOI) are laid out in a Y-pattern, with the apertures spaced evenly along the
arms (as opposed to having VLA-style increasing separations); this provides acceptable uv
coverage, while ensuring that there is always a short baseline available that can be used for
fringe tracking and co-phasing. Such an approach to phasing an array is known as baseline
bootstrapping (Hajian et al. 1999), and was originally developed for radio interferometry
(Schwab & Cotton, 1983).

Once the incoming starlight has been collected in the sub-apertures, it must be directed
to a central location where the beams can be combined and the fringe patterns measured.
This is usually done by collimating the beams and directing them using mirrors. Although
there would be advantages to using optical fiber to bring the light to the beam combiner, the
severe practical difficulties associated with wavelength dispersion and polarization control
have so far prevented such an approachf. Instead the light is “piped”, and in the case of
visible-wavelength systems, the pipes must be evacuated in order to avoid problems with
dispersion. In order to minimize polarization effects the systems are laid out in such a way
as to maintain optical symmetry.

PTI has three 40 cm apertures arranged in a triangle, although it presently can only
combine light from two apertures at a time. The available baselines are 110 m (North-
South) and 80 m (North-West). Although PTI only operates in the near-IR, and so does
not strictly require evacuated light pipes, we have found that the internal metrology systems

perform much better with an evacuated system; hence the beam pipes at PTI are held to a

fNote that optical fibers have been used in beam combination (FLUOR), but to date they haven’t been
used for beam transport.
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Figure 1.13: The PTI delay line cart. A cats’ eye assembly (a parabola + flat mirror at the
focus) is flexure-mounted on a cart that can move along the rails, propelled by the motor
cart. To reduce vibrations the only connection between the motor cart and the mirror cart
is via a voice-coil. The length of the rails is 19 m, giving a total delay range of 38 m. At
the focus of the cats eye a small mirror is mounted on a PZT stage capable of rapid, short
range motion, used in fringe tracking. The path taken by the starlight is indicated with red
arrows. Figure from Colavita et al. (1991).

soft vacuum (~ 1 torr).

1.4.3.2 Acquisition & Tracking

The fact that the incoming starlight must be reflected down a small pipe over distances
of tens to hundreds of meters in order to reach the beam combiner results in the systems
having a very small field of regard (typically a few arcseconds). Hence most interferometers
are equipped with a multi-stage acquisition and tracking system: the first stage is a wide
field of view (arcminutes) imager on the telescope used to fine-tune the telescope pointing.
Once the pointing is good enough that starlight is entering the central beam combiner,
a fast (~ 100 Hz) tip-tilt star tracker is used to keep the star centered on the detectors,
effectively correcting both internal vibrations and the first-order atmospheric seeing.

PTT has a R-band (0.5-0.7 pm) wide acquisition system based on a commercially avail-
able CCD camera. The PTI star tracker is based on a quad-cell feeding 4 avalanche photo-
diodes (APD’s). It operates at a rate of 100 Hz, in the I band (0.8-1.0 pm).

1.4.3.3 Delay Lines & Metrology

Before being combined the incoming beams must be adjusted so that the total path-lengths
(from the star, through the atmosphere and arm of the interferometer) are equalized to a

coherence length or better (Eqn. 1.18 et seq.). This is done by delaying the light in each
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arm by different amounts, such that the total internal delay difference equals the external
delay from geometry and the atmosphere. Note that the amount of required delay changes
with sidereal motion, typical rates are a few mms~!. In practice the delay is introduced by
means of a mirror and cart assembly mounted on rails, capable of being controlled to small
fraction of the operating wavelength while moving over distances of tens of meters.

The mirror assembly is typically either a “cats eye” or a corner-cube so as to maintain
proper beam pointing despite imperfect rails, and the motion is controlled using a multi-
stage servo system. Large-scale slow movement is provided by a motor pushing the cart,
while intermediate range and rate motion is handled by flexure mounts and voice-coil actua-
tors. In some cases very fine (tens of ym) motion at kHz rates is provided by a piezo-electric
actuator pushing a small mirror (i.e., at the focus of the cats eye).

The path-length requirements on a delay line can be quite severe (at PTI rms path-
length error should be < 20 nm), requiring a high-precision metrology system. This is
usually accomplished using a dedicated laser metrology gauge; in effect a second Michelson

interferometer. PTT uses a system based on a 633 nm HeNe single-mode laser.

1.4.3.4 Beam Combination & Detectors

The stabilized, delay compensated beams must be combined and the fringes measured
using one of several possible beam combination schemes. Broadly, the beam combination
methods can be characterized as occurring in either the image plane or the pupil plane.
As implied by the name, an image plane combiner forms a fringe pattern in the image
plane (i.e., identical to Fig. 1.5), which is measured with a position-sensitive detector
such as a CCD array. By contrast, a pupil plane combiner combines the two (or more)
beams at a beamsplitter®, producing two output beams each containing half the light from
each aperture. In this case the fringe pattern is detected by measuring the intensity in the
combined beam as the relative delay is swept through one or more wavelengths; the detector
used depends on the operating wavelength. A photo-multiplier or avalanche photo-diode
is used for optical wavelengths, while single or multi-pixel InSb or HgCdTe detectors are
usually used for IR operation. The pupil plane combiner has to date been the preferred

approach, primarily because it is easier to implement a single-pixel detector. Due to the

8In some cases the beamsplitter is replaced with a fiber coupler, to the same effect (the FLUOR instru-
ment).
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Figure 1.14: The PTI star tracker and beam combiner table. Near-IR (JHK) light enters
from the left (A from North aperture, A’ from the South/West aperture), and is combined
at a 50/50 beamsplitter (B3). One combined output is re-imaged through L5-L7 onto a
single pixel of a NICMOS-III infrared detector array; this output is used for real-time fringe
tracking. The other combined output is directed via B4 into a single-mode fiber for spatial
filtering, then dispersed by prism P1, and finally re-imaged onto 5-10 pixels of the same
detector. This output is used for high-precision, spectrally resolved fringe visibility science
measurements. The path taken by the JHK light used in the interferometric combiner is
indicated with (solid) red arrows, while the I-band light used in the star tracker is reflected
at beamsplitter B1. Its path is indicated with (dashed) blue lines. Beamsplitter B4 is 90%
reflective and hence 10 % transmissive. It is used to inject artificial starlight for testing
purposes, as well as laser metrology for path-length monitoring, and a boresight laser for
alignment (via B5 & B6).
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fringe motion introduced by the atmosphere, the fringe must be measured in a very short
time, typically a few ms. Spectral information can be obtained by dispersing the beams,
usually with a prism although grating and Fabry-perot filter designs have on occasion been
used. Note that the short exposure time implies that it is not usually possible to achieve
high dispersion and high SNR. PTI uses a 5-pixel spectrometer”.

In order to improve the noise properties of the measured fringe visibilities, a spatial
filter is usually employed. Such a device (either a pinhole at an intermediate focus, or a
short length of single-mode optical fiber) only passes a single spatial mode of light to the
beam combiner, rejecting all other modes which would otherwise combine incoherently on
the detector. The effect is to bring the measurement precision in fringe visibility (V2) from
~ 10% to ~ 1%. At PTI a single-mode fiber is placed after the combination, and filters the

spectral output.

1.4.3.5 Operation, Control & Data Processing

Most of the active systems outlined above requires some form of computer control and data
recording system, typically implemented using microprocessors. At PTI the control system

consists of 7' single-board’ computers ¥

running the VxWorks real-time operating system,
with control software implemented in the C programming language. Operator control and
data recording is via an integrated GUI running on a UNIX work station.

In normal operation an estimate of the fringe amplitude is produced every 10 or 20
ms; typically these estimates are averaged together over a 130-second integration time (a
“scan”). Observations of a science target are interleaved with observations of 1-3 cali-
bration stars repeatedly throughout the night. Routine observations with PTT are highly
automated and follow a standard sequence: first pointing and target acquisition, then cal-
ibration measurements (of the stellar intensity “off the fringe”, i.e., with the optical path
difference deliberately displaced from zero), followed by fringe acquisition and tracking, and

finally the apertures are pointed to dark sky and a dark-level calibration is obtained. The

entire sequence takes approximately 5 minutes, and in a typical night PTI will produce

h
AJAN =12
{One each for: 2 Fringe Trackers, Delay Line, Star Tracker, Acquisition, Siderostat and instrument
Sequencer.

J'VME Rack Mounted.
“Motorola 68040 processors.
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Figure 1.15: A night of PTI data (03 March 1999 = 99062). Observations of target and
calibration sources are interleaved scan by scan. Each data point represents the 25-second
average fringe visibility squared measured in the PTI spectrometer. Large variations in
fringe visibility (HD 40183) typically indicate binarity, while the small-scale fringe visibility
changes are related to instrumental effects and must be calibrated out by observing known
single, unresolved stars.

60-120 scans.

During normal operation the instrument produces relatively large (300—800 Mbyte/night
depending on mode) amounts of data. This also includes calibration data taken throughout
the night, e.g. detector dark levels and relative intensities in the two arms of the interfer-
ometer. At the end of each night of observing all this data is processed to produce ~ 100
Kbyte of “level-0” calibrated data. This calibrated set contains visibility, source brightness

and delay-line metrology information and is used in later data analysis.

1.4.4 Differences between Optical /IR and Radio Interferometers

The basic principle of interferometry is equally applicable at any wavelength. However,
there are a number of differences between a radio interferometer and an optical/IR inter-
ferometer. Most importantly, while most optical/IR interferometers (ISI excepted) use a

direct-combination scheme outlined in section 1.4.3.4, most radio systems use heterodyne
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detection. In a heterodyne system, at each aperture the incoming electric field (frequency
vg) is mixed with a local oscillator of known frequency (vo) before being recorded. The
mixing produces a harmonic v; = v; — v o which can be low enough to be easily digitized
and recorded. As a result the final beam combination can take place independently of the
data collection (i.e., in VLBI). In addition, as the recorded field can be copied, it is possible
to measure the fringes on a large number of baselines at the same time without loss of SNR;
something that is not usually possible with a direct-detection scheme.

However, the presence of the local oscillator field introduces an unavoidable source of
noise in the measurement, as follows from the uncertainty principle. The end result is that
direct detection schemes enjoy an SNR advantage (assuming equal bandwidth and averaging

time) of (Lawson, 2000)

SNRpireet _ [em/F —1 (157)
SNRHeterodyne I —e¢

where v is the observing frequency, T' the system temperature and e the system efficiency.
For typical direct detection systems operating at room temperature, this implies an advan-
tage factor of unity at ~ 120 pm, rising to ~ 17 at 10 gm and 10° at 2.2 pm. Hence the

preference for direct detection.

1.5 Advanced Interferometric Techniques

Current state of practice in optical/IR interferometry provides a measurement precision
of 1-10% in fringe visibility, which in turn limits the attainable dynamic range in any
resulting images (or parametric models) to the same level. Clearly it would be desirable to
improve the measurement precision. In addition, the current generation of interferometers
is limited to observing comparatively bright sources (i.e., brighter than ~ 8th mag); below
I outline a number of techniques that are being developed to improve the performance of

interferometers, in terms of both sensitivity and measurement precision.

1.5.1 Dual Star Interferometry

Most current interferometers have an extremely small interferometric field of view, on the
order of 0.1 arcseconds. However, the field of view of the subapertures is only limited

by the optical design, and can be much larger. It is therefore possible to split the image
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Figure 1.16: Astrometric accuracy vs. star separation in a one-hour integration for different
baseline lengths. Model atmospheres providing 1/2- and 1.0-arcsecond seeing are shown.
These results assume an infinite outer scale, and better results are achieved when the
baseline exceeds the outer scale, as would be expected with a 100 m baseline at most sites.
Measurements with the Mark III interferometer of a 3.3 arcsecondbinary star are consistent
with the model. This figure is from Shao & Colavita, 1992.

plane of the subapertures into several “sub-fields” and interferometrically combine each
subfield separately. This is called “dual star” interferometry, and is particularly useful for

astrometry.

1.5.1.1 Astrometry

As discussed in Sec. 1.2, the primary observable of an interferometer is the complex visibility
— a quantity which measures the degree to which the electric field at two positions are
correlated. Complex visibilities are need to synthesize interferometric images, cf. radio
interferometry. However, one can make use of an interferometer in a different way by
taking advantage of a property of the visibility; as seen in Fig.1.6 the fringe pattern peaks
at zero path-length difference. In a Michelson interferometer, the two apertures are fixed
to the ground and the condition of zero path-length requires that we know the position of
the source to a precision better than the resolution offered by the baseline (8 = A/|B)|).

Conversely, the path-length inserted to obtain zero path-length yields the position of the
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source to high precision. Mathematically this is simply

—

d=B-S+c (1.58)

where d is the optical path-length one must introduce between the two arms of the interfer-
ometer to maximize the visibility. This quantity is often called the “delay.” B is the baseline
— the vector connecting the two apertures. S is the unit vector in the source direction, and
c is a (hopefully) constant additional scalar delay introduced by the instrument.

Given a measured value for d (i.e., the optical delay necessary to drive the fringe phase
to zero), and knowledge of B and ¢, one can invert the above equation to obtain S. Unfor-
tunately this is where the atmosphere causes problems, by introducing path-length fluctua-
tions. The magnitude of these fluctuations determines the precision of the astrometric mea-
surement; for a simple delay tracking optical interferometer the highest precision achieved
is of order 5 mas — only a factor of a few worse than that of Hipparcos (Hummel et al. 1994,
Armstrong et al. 1998, ESA 1997).

However, the limitations discussed above can be overcome by taking advantage of the
fact that the path-length fluctuations introduced by the atmosphere are correlated over
small angles on the sky (isoplanatism, see Sec.1.4.1). If we observe two stars separated by
less than the isokinetic angle, we can (by definition) expect the atmospheric path-length
fluctuations to be correlated, and to zeroth order they should subtract out. The isokinetic
angle is given by

Oy =B/H (1.59)

where B is the interferometer baseline, and H is the effective turbulence altitude.

With some effort it can be shown that the narrow-angle astrometric precision attainable
is greatly improved (see Fig. 1.16). Reasonable calculations indicate that we can expect
precision on the order of 10s of pas, and this has been experimentally verified (under very
limited circumstances) at both PTI and the Mark III (Colavita 1994). For reference, an
astrometric precision of 100 pas corresponds to knowing dg4 to 0.05 microns, a difficult but
not impossible proposition. Specifically Shao and Colavita (1992) show that in the case of

0 < 07, the variance of a narrow angle astrometric measurement is

6° _
0% ~ tB—4/3/dh0§(h)h2V L(h) (1.60)
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where ¢ is the integration time, # the angle between the two stars and V' (h) is the wind

speed profile. For a typical Mauna Kea seeing profile this gives

0

o5 ~ 300 N

arcsec (1.61)

which for typical baselines of ~ 100 m, and an angular separation of ~ 30 arcsecond implies
an astrometric precision of 30 parcsec/ vhr. Note that the astrometric precision is a strong
function of turbulence height, and considerably better performance may be possible at sites
lacking such high altitude turbulence (i.e., the South Pole, Lloyd, Oppenheimer & Graham
2002).
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Figure 1.17: The differential astrometry between the components of 61 Cyg, as measured
by PTI in 1998 and 1999. The numerous system and procedural improvements resulting in
significantly better performance in 1999. Courtesy of A. Boden.

Astrometry at PTI During the summer of 1999 we observed the bright visual binary 61
Cygni (HD 201091/201092, K5V+K7V) to determine the astrometric performance of PTI.
After numerous hardware improvements implemented as a result of our 1998 experience,
1999 data on 61 Cyg exhibits astrometric precision of 100 pas (10~% arcseconds) over a one
week timescale, and 170 pas rms precision over a 70 day timescale. Further, the 61 Cyg
component differential proper motion measured by PTI in 1999 is in good agreement with
the Hipparcos determination of system motion (Fig. 1.17).

However, at this point we have made the sensitivity problem worse — we now need two
bright stars in close proximity on the sky. Such pairs do exist, usually in the form of nearby
visual binaries such as 61 Cygni, but they are not sufficiently common to justify a large-scale

planet search. This is where phase referencing fits in.

1.5.1.2 Phase Referencing

If one of the stars in the close pair is bright enough to track, the atmospheric variations

can be monitored in real time and removed for both stars. This technique is referred to
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Figure 1.18: The differential declination between the components of 61 Cyg, as measured
by PTI in 1999. Courtesy of A. Boden.

as “phase referencing.” Phase referencing effectively increases the atmospheric coherence
time (7p) as seen by the second tracker, allowing it to use longer integration times, with a
correspondingly fainter tracking limit.

The ultimate achievable sensitivity gain from phase referencing is not well known. The
gain depends on the properties of the atmosphere, the angular separation of the two stars,
and the instrument stability. However, results at PTI show that an increase in exposure
time by a factor of 25 (to 250 ms) is possible, see Chapter 5.

Thus our problem has changed — we need two stars in close proximity on the sky, but
now one of them can be at least several (= 4) magnitudes fainter than the other. Although
we still need one bright star to track, remember that all targets we would wish to study
for planet-induced astrometric motion will necessarily be relatively close (in order for the
astrometric signature which is inversely proportional to distance, to be large), and thus

bright. The details of how this is done is discussed in Chapter 5.
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1.5.2 Phase Closure

Despite the phase corruption introduced by the atmosphere, it is still possible to recover
limited phase information without resorting to the technically complex phase referencing
method, provided one interferometrically combines at least three apertures. In such a case
one can form a quantity by multiplying the three complex visibilities formed over the three
baselines; such a quantity is known as the “closure phase.” The closure phase is immune to
atmospheric corruption, which can be illustrated as follows: above each aperture there is a
column of atmosphere with time-variable parcels of differing indices of refraction and hence
optical pathlength. Thus the atmosphere above each aperture contributes a time-variable
phase error, giving

V = |V|ei(®r2td1-92) (1.62)

where ¢, and ¢ are the phase errors associated with apertures 1 and 2, respectively, and
¢12 is an intrinsic phase associated with the source as measured by the 1-2 baseline.
The quantity formed by multiplying the three complex visibilities corresponding to the

three baselines is called the bispectrum, and is thus

V123 — |f/1 | |f/2 | |V3|ei(¢12+¢23+¢31+(¢1 —¢2)+(p2—p3)+(Pp3—1))

= [VAl|Val T eiretomstonn (1.63)

We see that the atmospheric phase errors (as well as any other aperture-dependent phase
errors) cancel. This is a well-known result, first applied in radio interferometry . The
phase of the bispectrum is called the closure phase, and it depends only on the source and
geometry of the observation. However, it is not immediately obvious what the closure phase
represents. In general imaging applications, the closure phase is used as a constraint on the
reconstructed map. In addition, since the number of independent closure phases increases
rapidly with the number of apertures it becomes possible to recover more of the image phase
information. However, for small numbers of apertures, the closure phase can be directly
related to the image. Below we derive an expression relating the observed closure phase to

the binary point source representing a binary star system.
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Assume 3 apertures, resulting in 3 baselines 51, B, and Bj. Note that
By + By 4+ B3 = 0. (1.64)

As before, we are looking at two point sources with intensity ratio R and separation AS.

On each baseline we measure a visibility Vi given by Eqn. 1.24.

Visz = ViWLl3

1 Ti A 2 D, i
= (R (e ) (1 )
G 1R S[1+ R(e™ N ATPL 4 7T AT 4 =5 A5 Bs)
+
FRYFOFP 4 RATE: |y BIASEy) | p3) (1.65)

the closure phase is thus

(R* = R) Yiz1p35in(5AS i; = )> (1.66)

¢123 = arctan (
1+ R+ (R+RY) Y, 123(:03(77r

There are a few things to note: the closure phase is always zero when R = 1, i.e., the
source is symmetric. In addition, by Taylor expanding the sine terms and recalling Eqn. 1.64

it is easy to show that for the case when AF < ‘—g‘

$123 X (%)3 (1.67)

This implies that a source must be resolved by the interferometer in order to produce a non-
zero closure phase; in the case of a partially resolved source the magnitude of the closure
phase signal is very sensitive to the separation of the source components.

Unlike V2, the phase measured by an optical interferometer is largely unbiased by mea-
surement noise. In other words, the phase noise is zero-mean, and can be reduced by
averaging over a sufficiently long time. The SNR for closure phase is given by (Shao &
Colavita 1992a)

-1/2

st [o(2) +0 () +4 (52) ] 68
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Aperture (m) || Wavelength (pm)
[2]22] 5
1.8 10 | 43 300
10 03] 2 10

Table 1.1: Required integration times to reach a closure phase measurement uncertainty of
10~* radians, in seconds, for a 5th magnitude star. I have assumed a system throughput of
10%.

as compared to that for visibility and phase,

o= () (s3) |

In the photon-noise dominated regime (NV? > 1), the SNR for closure phase and visibility

scales as N'/2. However, for photon-starved sources, the SNR drops precipitously as N3/2,
even worse than the o NN scaling of the visibility SNR. Hence it is important to check
whether sources will be photon-rich or photon-starved. The required integration time to
achieve oy ~ 10~* radians, as a function of wavelength and aperture is shown in Table 1.
It is clear that the required SNR to measure a closure phase to the desired accuracy
of 10~* radians can be achieved with reasonable apertures and integration times. Note
that since the atmospheric phase effects have disappeared, the coherence time (and thus
maximum integration time) is now a function of the instrumental stability, which can be
much longer (minutes to hours, depending on the thermal stability of the interferometer).
To date, closure phase measurements have been made in the optical and near-IR by 2
groups (COAST and NPOI). NPOI achieves phase drifts of ~ 10 degrees hr~!, which can
be calibrated to the level of 1-4 degrees by looking at known single stars (Hajian et al.
1998). Thus it is clear that closure phase techniques are currently systematics-limited, and
will require further development before their full potential can be realized. This is where

differential techniques may play an important role.

1.5.3 Differential Interferometry

Differential interferometry makes use of the fact that for most interferometric observables,
many error sources have known wavelength dependences, which differ from that of the

source. The first example of differential interferometry is “differential phase.” In this
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Figure 1.19: Calculated differential phase signature for a Hot Jupiter type planet, as a
function of wavelength. The phase difference is calculated with respect to a reference
wavelength of 1ym.

technique one observes a Hot Jupiter type system across a wide range of wavelengths simul-
taneously. Given that the star/planet intensity ratio changes drastically with wavelength
(10° at 1um to 10% at 3um), the center-of-light (and hence fringe phase) should change with

wavelength given by

0p = (A1) — ¢(A2) (1.70)

for small intensity ratios 6¢p ~ R(\;) — R()\2), which is on the order of ~ 10~* radians
(Fig. 1.19). The major advantage of a differential measurement is that the any phase
effects introduced by the atmosphere or in the instrument are (to lst order) common to
both wavelengths. Thus they should cancel. Unfortunately, this cancellation is not perfect:
although the two different wavelengths of light may take the same path through the instru-
ment and atmosphere, the index of refraction of air varies with wavelength. This introduces

a differential phase term, given by

(Ad)atm = (nr, —na,) L (1.71)
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where L is the length of the path differential through the atmosphere.

Recently much work has been done by the Keck Interferometer (KI) design team to
characterize the magnitude of the effects of dispersion on differential phase. At present the
major source of concern is water vapor fluctuations. One lesson learned has been that the
index of refraction of water vapor in the near-IR has is not well known. Measurements done
at PTT indicate that a mere 76 pm of water vapor column will induce a differential phase
signature of 2.85 radians across the K band.

One the best (driest) 20% of nights at Keck, the water vapor fluctuations in the at-
mosphere above the instrument have an RMS amplitude of 6 pym. Thus the atmosphere
induces differential phase noise at the 0.2 radian level, on timescales of less than a minute.
Clearly, in order to measure the differential phase signature of the planet, some method
of measuring the water vapor fluctuations must be used. At present the KI team is work-
ing on a method of using multiple wavelengths to simultaneously solve for both the planet
signature and the atmospheric effects.

A second differential technique is “differential closure phase”, where one measures the
closure phase across a range of wavelengths. It is similar to the differential phase technique
in that it is well suited for observing Hot Jupiter-type systems. In addition, it does not
suffer from the effects of dispersion, and so promises considerably better performance.

One important source of systematic errors in closure phase is thermal drifts in the
optics within the beam combiner of the instrument. Although the closure relation causes
all aperture-dependent phase errors (due both to the atmosphere and internal optics) to
cancel, there are a few locations where baseline-dependent errors can be introduced. Such
errors do not cancel, and must be accounted for. As an example, consider a case in which
a baseline-dependent error of length §/ is introduced in the path.

Consider as above a beam combiner that introduces a baseline-dependent error of length
ol, thus biasing the closure phase. Now, if we measure the closure phase at two different

wavelengths Ay and Ao, what do we see? Our two closure phases are

27
¢ = ¢Source,1+>\_5l
1
27
P2 = ¢Source,2+—(5l (1.72)

A2
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Now convert the phases to distance

Al Al

o = 5 _PSource dl

2w 91 27 bs 1t

A A

2_2(1252 = _2¢Source,2 + 4l (173)
T 27

and subtract, forming the differential closure phase (DCP)

A A
(¢1 — )\—jd)Q) = <¢Source,1 - A_jd)Source,?)
= A¢172 (1.74)

Note that this quantity is now independent of §l. Thus we have found a way to also
eliminate baseline-dependent errors. Note that because we are looking at the difference
between two noisy quantities, the SNR is lower by a factor of v/2. In addition, this technique
requires at least three apertures with baseline separations sufficient to resolve the planetary
system. However, we have now eliminated the two major error sources: the atmosphere

and instrumental drifts. This technique is being studied for use at the VLTI.

1.5.4 Nulling

One of the primary observing modes planned for the Keck Interferometer is “nulling”; in
this mode the light from a nearby star is combined such that the on-axis starlight is nulled
out (destructive interference) while the off-axis light emitted by circumstellar material is
detected. Because the exozodiacal emission is strongest in the thermal infrared (~ 10 pm)
this is the wavelength region where the KI nuller will operate. As with all observations
in that wavelength regime, the intense thermal background necessitates special measures.
KI will make use of a novel interferometric chopping technique, as well as the well-known
but still experimental interferometric nulling. Hence it is fair to say that KI will be very
technically challenging. However, the KI nulling mode will also be a uniquely capable
scientific instrument. The combination of very high-contrast imaging (by virtue of the null
depth of 10? effectively removing the central star), and operation in the thermal IR makes
KT able to not only detect exo-zodiacal dust emission, but also study circumstellar disks in

young planetary systems, and even a few close-in massive planets.
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1.6 Outline of Presentation

This thesis consists of two parts: a technical development effort aimed at demonstrating
phase referencing for use in astrometry, and a scientific study of astrophysically interest-
ing sources (Cepheids & low mass stars) using the high angular resolution measurements
made possible by PTI. In addition I include adaptive optics-based high angular resolution
observations of the very low mass binary GJ 569B; while not based on interferometry, these
observations demonstrate the value of high angular resolution. In addition, adaptive optics
shares many of the technical challenges of interferometry, and indeed a functioning AO
system is a prerequisite for interferometry with large telescopes.

In Chapter 2, I describe how PTI can be used to obtain high precision angular diameter
measurements of stars, and use this technique to empirically verify current mass-radius-
luminosity relations for the lower main sequence. In Chapter 3, I use high precision angular
diameter measurements to resolve the pulsation-induced diameter changes in two Galactic
Cepheid variables. Together with previously published radial velocity measurements, these
observations allow me to determine the distances to these fundamentally important stars. In
Chapter 4, I use PTI fringe visibility measurements to resolve the low mass binary star BY
Dra and hence obtain mass estimates for the stellar components of that system. Chapter
5 details development of the phase referencing technique, and initial observations made at
PTI. Chapter 6 details the adaptive optics-based investigation of the low mass binary GJ
569B, which likely contains at least one substellar component. Appendix A is a review
of basic control theory, and a derivation of the servo response functions of the PTI fringe
tracker in various modes, including phase referencing.

The work described in this thesis has resulted in 6 refereed publications: Chapter 2 is
based on Lane, Boden & Kulkarni (2001), Chapter 3 is based on Lane et al. (2000) and
Lane, Creech-Eakman & Nordgren (2002). Chapter 4 is based on work done in Boden &
Lane (2000), Chapter 5 is currently in press as Lane & Colavita (2003), and Chapter 6 has
been published as Lane et al. (2001).
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Chapter 2

Stellar Diameter Measurements

We have used the Palomar Testbed Interferometer to measure the angular diameter of 5
dwarfs of spectral types K3-M4. Using the 110-meter baseline and observing in H and K
bands allows us to achieve a measurement accuracy of 2-8% on stars with apparent angular
diameters approaching 1 milli-arcsecond. We provide results for both uniform disk and
limb-darkened models, and compare our results with theoretical predictions. At the current
level of precision our measurements are consistent with most widely accepted models, but

further observations should be able to provide useful empirical constraints.

2.1 Introduction

The essential link connecting conventional observational data (colors, spectra, photometry)
of stellar populations to physical models of the stars (structure, evolution, atmospheres) is
the empirical determination of how fundamental stellar properties such as radius and lumi-
nosity depend on mass. There are only a few ways to determine in a model-independent
way these properties: for radius determination, observations of eclipsing binaries, lunar oc-
cultation, and interferometry are the only available methods. These methods have resulted
in relatively accurate calibrations (2-5%, enough to constrain models) for most early-type
stars (Andersen 1991).

However, for the lower main sequence the data is much more sparse, despite the fact that
such stars dominate the stellar census. In particular, there are only three M-dwarf systems

for which model-independent mass-radius-luminosity determinations have been made: YY

#The material in this chaper was previously published as Lane, B., Boden, A. & Kulkarni, S. R., ApJL,
551, L81-L83, 2000.
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Gem, CM Draconis and GJ 2065A (Leung & Schneider 1978, Metcalfe et al. 1996, Delfosse
et al. 1999). Although there has been much progress in modeling the atmospheres of
these late-type stars (Charbrier et al. 1995, Allard et al. 1997) independent observational
constraints are still desirable.

This lack of precision measurements makes it difficult to assess the contribution of M
dwarfs to the total mass of the Galaxy. The exact behavior of the mass-radius relation in
this regime may also be of interest for other reasons, as Clemens et al. (1998) claim that
the mass-radius relation steepens between 0.2 and 0.3 solar masses and this steepening is
the cause of the well known gap in orbital periods of cataclysmic variables.

The MLR relation needs to be defined empirically since the physics of M dwarfs is quite
complicated (Chabrier & Baraffe 1995, Allard et al. 1997). Not only molecules with their
numerous transitions but also dust starts contributing to the opacity below 3000 K (Jones &
Tsuji 1997). Even their supposedly simpler, fully convective interiors may be complicated.
For example, Clemens et al. (1998) question whether gradients in mean molecular weight
(1) may develop and also worry about nonideal corrections to the interior equation of state.

The importance of improving fundamental stellar parameters has not escaped the at-
tention of astronomers. Henry et al. (2000) have proposed a program of accurate mass
determination with the Space Interferometry Mission and Clemens et al. (1998) stress the
importance of increasing the sample of eclipsing M dwarf binaries with the goal of mea-
suring their radii. Long baseline interferometry offers a method by which the radii of the
nearby M dwarfs can be measured. Here we report direct measurements of the apparent
angular diameters of several nearby dwarf stars using the Palomar Testbed Interferometer
(PTI). PTI is 110-m long single-baseline infrared direct-detection interferometer located on

Palomar Mountain, California (Colavita et al. 1999).

2.2 Observations

We selected a small number of relatively bright dwarf stars in the spectral range K3-M4
(see Table 2.1) and observed them with PTT in order to determine their apparent angular
diameters. Each object (science target and 2-3 calibrators) was observed for a 130-s inte-
gration 4-8 times per night, during at least two nights during the 1999 and 2000 observing

seasons.
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Calibrators were selected and observed so as to minimize both time- and position-
dependent changes in the system response; observations of calibrators and science targets
were interleaved over a 10-minute timescale, and calibrators were chosen so as to be no
more than 10 degrees away from the science targets on the sky. Associated with each 130-s
integration a 25-s measurement of the background light level was obtained by off-pointing
the interferometer apertures. Observations were obtained in both H and K bands on sep-
arate nights. Further discussion of the data reduction and calibration procedures used are

available in Colavita (1999b).

2.3 Visibility and Limb Darkening

The interferometric observable measured by PTI is the contrast or visibility of the fringes
that are produced when starlight from two apertures is combined. For this work we as-
sumed the intensity profile of the stars of interest to be well approximated by a linear

limb-darkening law

I() = I(1)(1 — ur(1 - ) (2.1)

where p is the cosine of the incidence angle and w) is the linear limb-darkening coefficient.
We used passband-specific linear limb-darkening coefficients from Claret et al. (1995).
From basic interferometric theory it follows that the visibility of such a limb-darkened

disk of angular diameter 6y, p is given by Hanbury-Brown et al. (1974):

V= (1 — U\ n ﬂ) -1 [(1 - u,\)JI(WBHLD/A) n 'U/)\('/T/2)1/2J3/2(7TB(9LD/>\) (2‘2)

2 3 wBOLp/A (mBOLp/N)3/2
where B is the projected baseline length and A is the observing wavelength. Jy and J3/5 are
Bessel functions of the first and three-halves order, respectively. We define the uniform-disk

diameter 0y p as the diameter of a model in which u) = 0.

2.4 Calibration

In order to correct for the inherent loss of fringe visibility due to the instrument and espe-
cially the atmosphere, we used calibrator stars of known diameter to determine the response

function of the instrument (called the system visibility). The measured visibility of the sci-
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Figure 2.1: An example of the black-body fits used to estimated the diameters of the
calibrator stars.

ence object was then calibrated by dividing it by the system visibility. Calibrators were
selected so as to be as point-like as possible; thus even though the fractional uncertainty
in diameter may be relatively large, because the apparent diameters of the calibrators are
much smaller than the instrument resolution the resulting uncertainty in system visibility
(and thus also diameter of the target star) is small. As an example, the 7% uncertainty in
diameter of HD 171834 only produces a 0.7% uncertainty in the system visibility.

We determined the apparent diameters of the calibrator stars by using archival photom-
etry to fit a blackbody model for the bolometric flux of the star in question, while either
simultaneously fitting for the effective temperature of the star, or constraining it to the
expected value based on the spectral type. We also calculated the expected diameter using
the expected physical size based on spectral type (Allen 1982) and the Hipparcos (ESA
1997) distance to the star. We adopted the weighted mean of the results from all three
methods as the final diameter, and the uncertainty in the determination was taken to be

the deviation. The calibrators and their estimated sizes and uncertainties are given in Table
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Primary Calibrators Spectral 6yp

Star Type (mas)

HIP87937 HD 161868 A0V 0.64 £ 0.06
HD 171834 F3V 0.42 £0.03

HD 95735 HD 90277  FOV 0.58 £ 0.06

HD 101501 G8V 0.91 £0.02
HD 1326 HD 1671 F5III 0.65 +0.08
HD 1279 BTIII 0.19 £ 0.07

HD 6920 F8V 0.565 £ 0.01

HD 7034 FOV 0.467 £ 0.067
HD 88230 HD 84737 G2V 0.81 £ 0.005

HD 89744  F7V 0.52 £ 0.02
HD 16160 HD 7034 FOV 0.36 & 0.02

Table 2.1: The calibrators used and their estimated uniform-disk diameters.

2.1.

2.5 Results

Apparent angular diameters for the target stars were determined by fitting both uniform
disk and limb-darkened models to the calibrated visibilities; the uniform disk model is
provided, despite being less physically accurate, in order to allow follow-up work using
different limb-darkening corrections. An example of the fits is shown in Figure 2.2 and
results are given in Table 2.3. The differences between uniform-disk and limb-darkening
models are too small to be readily apparent in the plot, but do amount to a few percent in

diameter.
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Figure 2.2: Measured visibilities (V2) for HD 95735, together with the best-fit limb-darkened
disk model. The model is given by Equation 2. The two clusters of data points correspond
to observations in K and H bands.
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Object Spectral U Diameter Uncertainty No. Scans X%ed
Type L6pm 22pm  Oyp  Op  OTotal (Ostat/Tsys)

HIP 87937 M4V 0.513  0.427 0.987 1.026 0.04 (0.013/0.035) 12 0.2

HD 1326 M2V 0.407  0.335 1.023 1.051 0.03 (0.029/0.006) 53 2.3

HD 95735 ~M1.5V  0.391 0.322 1.413 1.464 0.03 (0.026/0.015) 16 0.4

HD 88230 K7V 0.397 0.328 1.268 1.175 0.04 (0.042/0.005) 9 0.4

HD 16160 K3V 0.442  0.378 0.914 0.941 0.07 (0.027/0.064) 19 0.4

Table 2.2: Measured angular diameters for the target stars, for both uniform-disk and limb-
darkened models. Also shown are published spectral types of the target stars, along with
linear limb-darkening parameters from Claret et al. (1995), selected using the appropriate
effective temperature and gravity; a model calculated for log(g)=4.5 was used in all cases
except HD 87937 where we used a log(g)=5.0 model.

Object My Mg Log(M/Mg) Log(R/Rg)

HIP 87937 13.24 8.20 -0.8334+0.067 —0.697 &=0.017
HD 1326 1031 6.28 —0.387 £0.089 —0.395 £0.022
HD 95735 1046 6.34 —0.394+0.089 —0.397 £0.010
HD 88230 817 4.77 —-0.184£0.065 —0.211 £0.017
HD 16160 6.53 4.15 —0.1134+0.065 —0.137 £0.036

Table 2.3: Physical parameters. The mass estimate was derived from My using the relation
given in Henry & McCarthy (1993). The radius measurement used angular diameters
measured by PTT and parallaxes obtained by Hipparcos.

The uncertainties in the fits come from three sources: statistical uncertainty (estimated
from the internal scatter in a 130-s integration), systematic uncertainty due to uncertainty in
the angular diameters of the calibrators, and uncertainty in the limb-darkening parameters
used. The uncertainty in the limb darkening parameters was estimated by adopting a
range of parameters corresponding to an uncertainty in effective temperature of 200 K.
These uncertainties were propagated separately in the fits, and added in quadrature to
derive a total uncertainty. Finally, the observed limb-darkened angular diameters were
converted into linear radii using parallax data from Hipparcos, and the associated parallax
uncertainties were added in quadrature to the total uncertainty.

In Figures 2.3 and 2.4 we compare the measured diameters with the expected values
based on a theoretical (Baraffe & Chabrier 1996) and an empirical model; the latter is
the [My,V — I] fit derived by Reid & Gizis (1997) transformed in the same manner as in
Clemens et al. (1998) (who derive both log(R) and log(M) as a function of My ). For Figure
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Figure 2.3: Mg-Radius diagram. Models shown are from Baraffe & Chabrier (1996) (B96,
solid line) and Clemens et al. (1998) (C98, dotted line).
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Figure 2.4: Mass-radius diagram, showing our results as well as those obtained from eclipsing
spectroscopic binaries. Masses of the single stars were estimated from photometry, using
the Henry & McCarthy (1993) relation (based on speckle binaries), while radii are based
on apparent angular diameters measured at PTI, together with Hipparcos parallax. Models
shown are from Baraffe & Chabrier (1996)(B96, solid line) and the transformed fit of Reid
& Gizis (1997)(C98, dotted line).

2.3 we used the approximate [Mg,My| relation given in Reid & Gizis (1997) to transform
the Clemens et al. (1998) relation. Masses for these stars (Figure 2.4) were estimated from
photometry using the mass- Mg relation from Henry & McCarthy (1993).

As can be seen in Figures 2.3 and 2.4, at the current level of measurement precision
the measured diameters are consistent with the models. However, distinguishing between
models will require further observations. While some of these observations can be obtained
with PTI, longer baseline interferometers such as CHARA and NPOI will be able to provide
many more such diameter measurements. In addition, the Keck Interferometer with its
greater sensitivity should be able to contribute measurements of diameter of late M dwarfs
including those close to the substellar boundary. The same interferometers in conjunction

with newly commissioned IR spectrometers will also be useful in improving mass estimates
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of M dwarfs through observations of binaries.
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Chapter 3

Cepheid Distances and Diameters

We present observations of the Galactic Cepheids n Aql and ¢ Gem. Our observations are
able to resolve the diameter changes associated with pulsation. This allows us to determine
the distance to the Cepheids independent of photometric observations. We determine a
distance to 1 Aql of 320 £ 32 pc, and a distance to ¢ Gem of 362 £ 38 pc. These obser-
vations allow us to calibrate surface brightness relations for use in extra-Galactic distance
determination. They also provide a measurement of the mean diameter of these Cepheids,

which is useful in constructing structural models of this class of star.

3.1 Introduction

The class of pulsating stars known as Cepheids is a cornerstone in determining the distances
to nearby galaxies. This is because Cepheids exhibit a well-behaved period-luminosity
relation which can be locally calibrated (Jacoby et al. 1992). In addition, these stars
are massive and thus intrinsically very luminous, making it possible to observe Cepheids
located in very distant galaxies (Tanvir 1999, Feast & Catchpole 1999). Because of the
usefulness and fundamental importance of Cepheids, it is important to calibrate their period-
luminosity relation. This has been done using a variety of methods, including parallax (ESA
1997, Feast & Catchpole 1997), Baade-Wesselink methods (Wesselink 1946, Bersier et al.
1997) and surface brightness (Laney & Stobie 1995, Fouque & Gieren 1997, Ripepi et al.
1997). The period-luminosity relations used currently have uncertainties on the order of 0.09

mag (Feast 1999), which in turn make up a significant portion of the systematic uncertainty

#The material in this chaper was previously published as Lane, Creech-Eakman & Nordgren, ApJ, 573,
330-337, 2002.
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in estimates to the Large Magellanic Cloud.

Using long-baseline stellar interferometry it is possible to resolve the diameter changes
undergone by a nearby Cepheid during a pulsational cycle. When such diameter mea-
surements are combined with radial velocity measurements of the stellar photosphere, it is
possible to determine the size of and distance to the Cepheid. Such a direct measurement
is independent of photometric observations and their associated uncertainties.

The Palomar Testbed Interferometer (PTI) is located on Palomar Mountain near San
Diego, CA (Colavita et al. 1999). It combines starlight from two 40 cm apertures to
measure the amplitude (a.k.a. visibility) of the resulting interference fringes. There are
two available baselines, one 110-m baseline oriented roughly North-South (hereafter N-S),
and one 85-m baseline oriented roughly North-Southwest (called N-W). In a previous paper
(Lane et al. 2000), we presented observations using PTT of the Cepheid { Gem. Here we
report on additional interferometric observations of { Gem, as well as a second Galactic
Cepheid,  Aql. These observations allow us to determine the distances to these Cepheids
with the aim of reducing the uncertainty in currently used period-luminosity relations for

Cepheids.

3.2 Observations

We observed the nearby Galactic Cepheids n Aql and { Gem on 22 nights between March
13 and July 26, 2001. The observing procedure followed standard PTI practice (Boden
et al. 1998, Colavita 1999) . For the observations of n Aql the N-W baseline was used,
while observations of { Gem used the N-S baseline. Each nightly observation consisted of
approximately ten 130-second integrations during which the fringe visibility was averaged.
The measurements were done in the 1.52 — 1.74 pm (effective central wavelength 1.65 pm)
wavelength region, similar to the astronomical H band. Observations of calibration sources
were rapidly (within less than ~ 10 minutes) interleaved with the Cepheid observations, and
after each 130-second integration the apertures were pointed to dark sky and a 30-second
measurement of the background light level was made.

The calibrators were selected to be located no more than 16 degrees from the primary
target on the sky and to have similar H-band magnitudes. In choosing calibration sources

we avoided known binary or highly variable stars. The calibrators used are listed in Table
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Star Alternate Period Epoch Limb Dark.
Name Name (d) JD Factor (k)
n Aql HD 187929 7.176711 2443368.962 0.97 = 0.01
¢ Gem HD 52973 10.150079 2444932.736 0.96 £ 0.01

Table 3.1: Relevant parameters of the Cepheids. The limb darkening factor is defined as
k=0up/fLp.

3.2. In this paper we make use of previously published observations of the Cepheid { Gem
(Lane et al. 2000). However, in order to improve on the previously published results we
performed additional observations of this source on March 13-15, 2001. We also observed
additional unresolved calibrators in order to reduce the level of systematic uncertainty.
The original data have been jointly re-reduced using the improved calibrator diameters and
uncertainties. However, note that the primary calibrator diameter has not changed from

the value used in Lane et al. (2000).

Calibrator ~ Spectral Diameter Used Limb Dark.  Used to Cal. Angular Sep.

Type Oup (mas) Factor (k)  calibrate = Type (deg)
HD 189695 K5 IIT 1.89 £ 0.07 0.943 + 0.007 n Aql Pri. Cal 7.8
HD 188310 G9.5 I1Ib 1.57 +£0.08 0.955 £0.007 5 Aql  Sec. Cal 8.2
HD 181440 B9 II1 0.44 £ 0.05 0.975 £ 0.007 n Aql Sec. Cal 7.5
HD 49968 K5 IIT 1.78 £ 0.02 0.939 £0.006 ¢ Gem  Pri. Cal 4.1
HD 48450 K4 IIT 1.94 £ 0.02 0.949 £0.007 (¢ Gem  Sec. Cal 9.5
HD 39587 GOV 1.09 £ 0.04 0.963 £0.006 (¢ Gem  Sec. Cal 16
HD 52711 G4V 0.55£0.04  0.962+0.006 (¢ Gem  Sec. Cal 8.8

Table 3.2: Relevant parameters of the calibrators. The angular separation listed is the
angular distance from the calibrator to the Cepheid it is used to calibrate.

3.3 Analysis

3.3.1 Fringe Visibilities and Limb Darkening

PTI uses either a 10 or 20 ms sample rate. Each such sample provides a measure of the
instantaneous fringe visibility and phase. While the phase value is converted to distance
and fed back to the active delay line to provide active fringe tracking, the measured fringe

visibility is averaged over the entire 130-second integration. The statistical uncertainty in
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each measurement is estimated by breaking the 130 second integration into five equal-time
segments and measuring the standard deviation about the mean value.
The theoretical relation between source brightness distribution and fringe visibility is
given by the van Cittert-Zernike theorem. For a uniform intensity disk model, the normal-

ized fringe visibility (squared) can be related to the apparent angular diameter as

. (2 Jl(ﬁBQUD/)\O)>2 3.1)

WBHUD/AO

where J; is the first-order Bessel function, B is the projected aperture separation, fyp is the
apparent angular diameter of the star in the uniform-disk model, and Aq is the center-band
wavelength of the observation. It follows that the fringe visibility of a point source measured
by an ideal interferometer should be unity. For a more realistic model that includes limb
darkening one can derive a conversion factor between a uniform-disk diameter (yp) and a

limb-darkened disk diameter (67,p) given by Welch (1994)

]
|
>

Oup =0rpy/1 — (3.2)

where A and B are quadratic limb darkening coefficients, determined by the spectral type
of the source (Claret et al 1995). The limb darkening correction factors (k = 6yp/0p)
used for the Cepheids are shown in Table 3.1 and for the calibrators in Table 3.2.

3.3.2 Visibility Calibration

The first step in calibrating visibilities measured by PTI is to correct for the effects of
detector background and read-noise, the details of which are discussed in Colavita et al.
(1999) and Colavita (1999b). However, the visibilities thus produced are not yet final: due
to a variety of effects, including systematic instrumental effects, intensity mismatches, and
atmospheric turbulence, the fringe visibility of a source measured by PTI is lower than
that predicted by Eqn. 3.1 In practice the system response function (called the system
visibility) is typically ~ 0.75 and furthermore is variable on 30 minute timescales. Hence
the visibilities must be calibrated by observing sources of known diameter.

Determining the diameter of the calibration sources was a multi-step process in which we

made use of both models and prior observations. For each Cepheid, we designated a single,
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bright K giant as a primary calibrator, which was always observed in close conjunction
with the target Cepheid (HD 189695 for n Aql, and HD 49968 for ( Gem). We used model
diameter estimates for the primary calibrators from previously published results based on
spectro-photometry and modeling (Cohen et al. 1999).

In order to verify that the primary calibrators were stable and had angular diameters
consistent with the Cohen et al. (1999) results, we observed them together with a number
of secondary calibrators. These secondary calibrators were typically less resolved than
the primary calibrators and hence less sensitive to uncertainties in their expected angular
diameter. However, they were fainter than the primary calibrators, and tended to be located
further away on the sky. For the secondary calibrators an apparent diameter was estimated
using three methods: (1) we used available archival photometry to fit a black-body model by
adjusting the apparent angular diameter, bolometric flux and effective temperature of the
star in question so as to fit the photometry. (2) We repeated the above fit while constraining
the effective temperature to the value expected based on the published spectral type. (3)
We estimated the angular diameter of the star based on expected physical size (derived from
spectral type) and distance (determined by Hipparcos). We adopted the weighted (by the
uncertainty in each determination) mean of the results from the above methods as the final
model diameter for the secondary calibrators, and the uncertainty in the model diameter
was taken to be the deviation about the mean.

In addition to the model-based diameter estimates derived above, we also used exten-
sive interferometric visibility measurements for the primary and secondary calibrators; given
that several of the calibrators were observed within a short enough period of time that the
system visibility could be treated as constant, it was possible to find a set of assumed cali-
brator diameters that are maximally self-consistent, by comparing observed diameter ratios
for which the system visibility drops out. To illustrate, let 6; be an adjustable parameter,
representing the diameter of star i. Let 6; and o4, be the theoretical model diameter and
uncertainty for star ¢ derived above, and let R~ij and o i be the interferometrically observed
diameter ratio and uncertainty of stars ¢ and j. For notational simplicity, define R;; as the

ratio of ; and €;. Define the quantity

R 2 - 2

0, — 0; R;; — R;;

= (33
i 79 i j<i IR;;

i
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By adjusting the set of §; to minimize x? we produce a set of consistent calibrator diameters,
taking into account both input model knowledge and observations. The resulting diameter
values are listed in Table 3.2. Uncertainties were estimated using the procedure outlined in
Press et al. (1986) assuming normally distributed errors.

We verified that the primary calibrators were stable as follows: using the secondary
calibrators to calibrate all observations of the primary calibrators we fit a constant-diameter,
single-star, uniform-disk model to the primary calibrators. In all cases the scatter about the
single-star model was similar to expected system performance (Boden et al. 1998): for HD
189695, 21 points were fit to an average deviation in V2 of 0.035, and the goodness-of-fit
parameter of the line fit, x? per degree of freedom (Xzof, not to be confused with Eq. 3
above), in the line fit was 0.46. For HD 49968, 82 points were fit, the average deviation was
0.038 and x3,; = 0.76.

While analyzing the data it was noticed that during observations with the N-W baseline
of relatively low declination sources, such as n Aql and its calibrators, the stability of the
interferometer system visibility was strongly dependent on the hour angle of the source: for
observations of  Aql obtained at positive hour angles the scatter in the system visibility
increased by a factor of 2-3, while the mean value trended down by 20%/hr. There are
two potential explanations for this effect: (1) for these observations the optical delay lines
are close to their maximum range, which can exacerbate internal system misalignments and
lead to vignetting. (2) When observing low declination sources past transit, the siderostat
orientation is such that surface damage near the edge of one of the siderostat mirrors causes
vignetting. Thus it was decided to discard observations of n Aql taken at positive hour
angles, corresponding to ~ 20% of the available data. We note that including the data does
not significantly change the final results (~ 0.30), it merely increases the scatter substan-
tially (for the pulsation fit discussed below the goodness-of-fit parameter Xﬁof increased

from 1.06 to 4.5).

3.4 Results

3.4.1 Apparent Angular Diameters

Once the measured visibilities were calibrated we used all the available calibrated data

from a given night to determine the apparent uniform-disk angular diameter of the target
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Epoch Angular Diameter No. Scans
JD-2400000.5 Oup (mas)
52065.420 1.654 +0.011 9
52066.414 1.654 £ 0.017 9
52067.405 1.694 £ 0.040 8
52075.383 1.740 £+ 0.027 12
52076.384 1.799 £ 0.014 9
52077.372 1.822 £+ 0.021 13
52089.350 1.715 £ 0.019 11
52090.354 1.798 £ 0.020 9
52091.346 1.764 £ 0.022 7
52095.360 1.567 £ 0.049 1
52099.337 1.800 £ 0.025 2
52101.329 1.632 £+ 0.037 5
52103.293 1.656 £ 0.040 7
52105.300 1.798 £ 0.024 6
52106.283 1.816 4+ 0.016 19
52107.302 1.809 £ 0.027 11
52108.308 1.702 £ 0.032 7
52116.276 1.611 £ 0.023 7

Table 3.3: The measured uniform-disk diameters of n Aql. The uncertainties are the statis-
tical uncertainty from the scatter during a night, and do not include systematic uncertainty
in the calibrator diameters; this adds an additional uncertainty of 0.07 mas in the aggregate
mean diameter.

Cepheid on that particular night by fitting to a model given by Eqn. 3.1 Results are given
in Tables 3.3 and 3.4 and plotted in Figs. 3.1 and 3.2. Uncertainties were estimated based
on the scatter about the best fit. It should be noted that although 1 Aql is known to have
a companion (Bohm-Vitense & Proffitt 1985) it is sufficiently faint (average Amy = 5.75
mag) that it will have a negligible effect (AV?2 ~ 0.005) on the fringe visibilities measured
in the H band.

It is clear from Fig. 3.1 that the measured angular diameters are not constant with time.
Fitting a constant-diameter model to the data produces a rather poor fit (see Table 3.5).
However, we list the resulting mean angular diameters in order to facilitate comparison with

previous interferometric results.
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Figure 3.1: The angular diameter of n Agl as a function of pulsational phase, together with
a model based on radial velocity data, but fitting for distance, mean radius and phase shift.
Also shown is the result of fitting a line to all the data. The fits are extended past phase 0
for clarity.
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Figure 3.2: The angular diameter ( Gem as a function of pulsational phase, together with
a model based on radial velocity data, but fitting for distance, mean radius and phase shift.
Also shown is the result of fitting a line to all the data. The fits are extended past phase 0
for clarity.



63

Epoch Angular Diameter No. Scans
JD-2400000.5 Oup (mas)
51605.226 1.676 &+ 0.015 15
51606.241 1.675 £ 0.047 3
51614.192 1.797 £ 0.060 7
51615.180 1.737 £ 0.031 10
51617.167 1.587 £ 0.028 10
51618.143 1.534 £ 0.008 11
51619.168 1.549 £ 0.018 15
51620.169 1.585 £ 0.028 15
51622.198 1.673 £ 0.046 6
51643.161 1.663 £ 0.012 9
51981.182 1.685 £+ 0.014 23
51982.164 1.636 £ 0.020 16
51983.201 1.589 + 0.021 15
51894.387 1.619 £+ 0.019 13
51895.369 1.629 £+ 0.014 12

Table 3.4: The measured uniform-disk diameters of ( Gem. The uncertainties are the
statistical uncertainty from the scatter during a night, and do not include systematic un-
certainty in the calibrator diameters; this adds an additional uncertainty of 0.024 mas in
the aggregate mean diameter.

3.4.2 Distances & Radii

Determining the distance and radius of a Cepheid via the Baade-Wesselink method requires
comparing the measured changes in angular diameter to the expansion of the Cepheid
photosphere measured using radial velocity techniques. In order to determine the expansion
of the Cepheid photospheres we fit a fifth-order Fourier series to previously published radial
velocities. For n Aql we used data from Bersier (2002) as well as data published by Jacobsen
& Wallerstein (1981) and Jacobsen & Wallerstein (1987), while for ( Gem we used data
from Bersier et al. (1994). Both sets of data were from measurements made at optical
wavelengths. The measured radial velocities were converted to physical expansion rates
using a projection factor (p-factor), which depends on the detailed atmospheric structure
and limb darkening of the Cepheid as well as on the details of the equipment and software
used in the measurement (Hindsley & Bell 1986, Albrow & Cottrell 1994) . It is important
to note that the p-factor is not expected to stay constant during a pulsational cycle. The
exact phase dependence of the p-factor is beyond the scope of this paper. However, for 7

Aql and ¢ Gem, the net effect of a variable p-factor can be approximated by using a 6%
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larger constant p-factor (Sabbey et al. 1995). Thus for both Cepheids we use an effective
p-factor of 1.43 £ 0.06, constant for all pulsational phases.

We convert the radial velocity Fourier series into a physical size change by integrating
and multiplying by limb-darkening and p-factors. Although the limb-darkening does vary
with changing T.r; during a pulsational cycle, the effect is small: for ¢ Gem k varies
from 0.960 to 0.967, i.e. less than the quoted uncertainty. The size change can in turn
be converted into an angular size model with three free parameters: the mean physical
radius, the distance to the star, and a phase shift. The latter is to account for possible
period changes, inaccuracies in period or epoch, or phase lags due to level effects (where
the optical and infrared photospheres are at different atmospheric depths; see below). We
adjust the model phase, radius and distance to fit the observed angular diameters. Results
of the fits for n Aql and { Gem are given in Table 3.5.

There are several sources of uncertainty in the above fits: in addition to the purely sta-
tistical uncertainty there are systematic uncertainties of comparable magnitude. The three
primary sources of systematic uncertainty are (1) uncertainty in the calibrator diameters,
(2) uncertainty in the p-factor, and (3) uncertainty in the limb darkening coefficients. The
magnitude of each effect was estimated separately by re-fitting the model while varying by
+1o0 each relevant parameter separately. The total systematic uncertainty was calculated
as

2 _ 2 2 2
Osys = Ocal + Op—fac + Olimbdark. (34)

In order to explore the possibility of wavelength-dependent effects on the measured
radial velocity due to velocity gradients in the Cepheid atmospheres (“level effects”), we re-
fit for the radius and distance of n Aql using a radial velocity curve based on radial velocity
data obtained at wavelengths of 1.1 and 1.6um by Sasselov & Lester (1990). Because of
the limited number of observations available (e.g only 3 H-band measurements of n Agl)
we used the shape of the radial velocity curve derived from the fit to the optical data
(i.e. by using the same Fourier coefficients); the IR data was only used to determine an
overall amplitude of the velocity curve. For the IR points we used an effective p-factor
of 1.41 + 0.03 as recommended by D. Sasselov (private communication) and based on an
analysis by Sabbey et al. (1995), taking into account both the use of a constant p-factor and

the use of parabolic line fitting. The resulting best-fit parameters are very similar to those
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Cepheid Fit Type Parameter Best-Fit Results
Value + o7y (UStat./USys.)
n Aql  Pulsation Fit  Distance (D) 320 + 32 (24/21) pc
No. Pts. =18  Radius (R) 61.8 £7.6 (4.5/6.1) Rg
Xzof = 1.06 Phase (¢) 0.02 £ 0.011 (0.011/5 x 107%) cycles
Line Fit Oup 1.734 +£0.070(0.018/0.068) mas
Xiop = 13.4
¢ Gem  Pulsation Fit Distance (D) 362 + 38 (35/15) pc
No. Pts. =15  Radius (R) 66.7 £7.2 (6.3/3.4) Re
Xooy = 1.82 Phase (¢)  0.013 £0.016 (0.016/3 x 10~5) cycles
Line Fit Oup 1.613 £ 0.029(0.017/0.024) mas
Xoop = 14.6

Table 3.5: Best-fit Cepheid parameters and their uncertainties, as well as mean apparent
uniform-disk angular diameter (yp) determined from fitting a line to all of the data.
The uncertainties of the best-fit parameters are broken down into statistical (ose.) and
systematic (0gys.) uncertainties. The goodness-of-fit parameter is a weighted x? divided by
the number of degrees of freedom (x?%, #) in the fit. The X2 s of the fits are calculated from
data that does not have the systematic (calibrator) uncertainty folded in since it applies
equally to all points.

based on optical radial velocities (i.e., Table 3.5): D = 333 £ 30 pc and R = 64.2 £ 6R,.
A similar fit for ( Gem gives D = 359 £ 37 pc and R = 62.2 £ 5.7R. Hence we conclude
that the effects of wavelength dependence of the radial velocity are at present smaller than
other sources of uncertainty.

The derived parameters (mean radius, distance and mean uniform-disk angular diam-
eter) can be compared to previously published values, derived using a range of techniques
(see Table 3.6), including parallax and a variety of surface brightness techniques. There
are also several interferometric diameter measurements available in the literature, although
to date no other interferometers have directly resolved Cepheid pulsations. Thus, directly

measured angular diameters can only be compared in a phase-averaged sense.

3.4.3 Surface Brightness Relations

A wide variety of Cepheid surface brightness relations have been used by various authors

(Barnes & Evans 1976, Laney & Stobie 1995, Fouque & Gieren 1997) to derive Cepheid
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Cepheid Reference Radius  Distance Angular Diameter
Rp (pc) 0rp (mas)
n Agql  this work 61.8£7.6 320+£32 1.793 £0.070
[Nordgren et al. 2000] 1.69 £ 0.04
[Ripepi et al. 1997] 57 43
[Perryman et al. 1997] 3607404
[Sasselov & Lester 1990] 62+6
[Fernley, Skillen, & Jameson 1989] 593 £5 275 + 28
[Moffett & Barnes 1987] 55 +£4
¢ Gem  this work 66.7£7.2 362+£38 1.675 £0.029
[Lane et al. 2000] 62+ 11 336 =44 1.62£0.3
[Kervella et al. 2001] 1.691015
[Nordgren et al. 2000] 1.55 £0.09
[Perryman et al. 1997] 3581417
[Ripepi et al. 1997] 86 4 4
[Bersier et al. 1997] 89.5+13 498 £84
[Krockenberger, Sasselov, & Noyes 1997] 69.11“2:2
[Sabbey et al. 1995] 64.4 + 3.6
[Moffett & Barnes 1987] 65 £ 12

Table 3.6: A comparison between the various available radius, distance and angular size
determinations. The Nordgren et al. (2000) results are based on R band (740 nm) obser-
vations, while the Kerevella et al. (2001) result is in the K band (2.2 pm).
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Cepheid Ay Ar Ak
n Aql  0.515 0.377 0.055
¢ Gem 0.062 0.046 0.007

Table 3.7: Reddening values used in deriving surface brightness parameters for n Aql and
¢ Gem, based on values of E(B — V') from Fernie (1990).

distance scales. We define as surface brightness the quantity

F; = 4.2207 — 0.1m; — 0.5log(61p) (3.5)

where F; is the surface brightness in magnitudes in passband i, m; is the apparent magnitude
in that band, and 07 p is the apparent angular diameter of the star. With the above relation
and a good estimate of F; one can determine the angular diameter based on photometry
alone. Conversely, given measured angular diameters and multi-band photometry it is
possible to calibrate F; by finding a simple (e.g. linear) relation between F; and a variety

of color indices (e.g. V — K). We define the following relations

Fyi=a+bV - K) (3.6)

Fvyg =a+ C(V — R) (37)

Note that consistency requires a common zero-point (cf. an AOV star where (V — R) =
(V-K)=0).

We used previously published V RK photometry of  Aql (Barnes et al. 1997) to derive
its apparent magnitude in the above bands as a function of phase by fitting a low-order
Fourier series to the published photometry, after first correcting for the effects of reddening
following the procedure outlined in Evans & Jiang (1993). The individual values of E(B—V)
were taken from Fernie (1990), and the reddening corrections applied are listed in Table
3.7. For each diameter measurement we then used the Fourier series to derive my and
V — K at the epoch of observation, and using Eqn. 3.5 we derived the corresponding surface
brightness. Results are shown in Figure 3.4 and listed in Table 3.8. We also performed this
type of fit using ( Gem data. In this case we used photometry from Wisniewski & Johnson

(1968) and Moffett & Barnes (1984).
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Source a b c
1 Aql, this work 3.941 £0.005 —0.1254+£0.004 —0.375 % 0.002
¢ Gem, this work 3.946 £ 0.011 —0.130 £0.002 —0.378 = 0.003
[Fouque & Gieren 1997] 3.947 +£0.003 —0.131 £0.003 —0.380 £ 0.003
[Nordgren et al. 2000]  3.941 +£0.004 —0.125£0.003 —0.368 £+ 0.007

Table 3.8: A comparison between the various surface brightness relations (see text for
definitions).

In Table 3.8 we compare the derived surface brightness relations to similar relations from
work based on non-variable supergiants (Fouque & Gieren) and other Cepheid observations
(Nordegren et al. 2001). The Fy vs. V — R fits can also be compared with the Gieren
(1988) result that the slope of the V' — R surface brightness relation (c¢) is weakly dependent

on pulsational period (P) according to

¢ = —0.359 — 0.020 log P (3.8)

which for n Aql predicts ¢ = —0.376 and for { Gem ¢ = —0.379. These comparisons reveal

generally good agreement between the various relations in Table 3.8.

3.4.4 Period-Radius Relations

The relation between pulsational period and Cepheid radius has received considerable at-
tention in the literature, primarily because early results based on different techniques were
discrepant (Fernie 1984, Moffett & Barner 1987). Period-radius relations are also useful in
that they can indicate pulsation mode. This is important for calibrating period-luminosity
relations since different modes will yield different relations (Feast & Catchpole 1997, Nord-
gren et al. 2001).

In Fig. 3.5 we compare our measured Cepheid diameters to the values predicted from a
range of techniques: Bono, Capute & Marconi (1998) calculate a period-radius relation from
full-amplitude, nonlinear, convective models for a range of metallicities and stellar masses.
Gieren, Moffett & Barner (1999) use the surface brightness technique based on V and V—R
photometry and the Fouque & Gieren (1997) result to derive radii for 116 Cepheids in the
Galaxy and the Magellanic Clouds. They find an intrinsic width in their relation of £0.03

in log R. Laney & Stobie (1995) also use the surface brightness technique for estimating
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Figure 3.3: Dereddened Fy vs. V — K for n Aql. The solid line is the weighted linear
least-squares fit to the data. The dashed line represents the relation from Foque & Gieren
(1997), and the dotted line represents the Nordgren et al. (2001) result.
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Figure 3.4: Dereddened Fy vs. V — R for n Aql. The solid line is the weighted linear
least-squares fit to the data. The dashed line represents the relation from Foque & Gieren
(1997), and the dotted line represents the Nordgren et al. (2001) result.
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Figure 3.5: Period-radius diagram for the two Cepheids  Aql and ¢ Gem, together with
three relations available in the literature: a theoretical relation derived by Bono, Caputa
& Marconi (1998), an optical surface brightness relation from Gieren, Moffett & Barnes
(1999) and an IR surface brightness relation from Laney & Stobie (1995).

Cepheid diameters. However, they find that infrared photometry (K, J — K) is less sensitive
to the effects of gravity and microturbulence (and presumably also reddening), and hence
yields more accurate results. For shorter periods (< 11.8 days) their results indicate smaller
diameters as compared to other relations.

Given the limited sample of only two radius measurements we can draw only preliminary
conclusions: (1) the general agreement between our observations and the relations is good,
and (2) the data seem to prefer a shallower slope than the Laney & Stobie (1995) rela-
tion. This latter observation will have to be confirmed with observations of shorter-period

Cepheids.
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3.5 Summary

We have measured the changes in angular diameter of two Cepheids, n Aql and ( Gem,
using PTI. When combined with previously published radial velocity data we can derive the
distance and mean diameter to the Cepheids. We find 1 Aql to be at a distance of 320 £ 32
pc with a mean radius of 61.8 £ 7.6 R;. We find ( Gem to be at a distance of 362 £ 38 pc,
with a mean radius of 66.7 £ 7.2R), in good agreement with previous work. The precision
achieved is ~ 10% in the parameters; further improvement is at present limited by our
understanding of the details of the Cepheid atmospheres. In particular the details of limb
darkening and projection factors need to be understood, with the projection factors being
the largest source of systematic uncertainty.

We note that these results do not rely on photometric surface brightness relations, hence
results derived here can be used to calibrate such relations. We performed such calibrations
and found good agreement with previous results. We also note that at present we have
derived distances to only two Cepheids, and although the derived distances are consistent
with currently used period-luminosity relations, it will be necessary to observe several more
Cepheids with this technique before worthwhile quantitative comparisons can be made.

In the near future, long-baseline interferometers will provide a great deal of useful data
in this area: in addition to further observations of the brightest Galactic Cepheids, the
very long baselines currently being commissioned at the Navy Prototype Optical Interfer-
ometer (Armstrong et al. 2001b) and the Center for High Angular Resolution Astronomy
array (ten Brummelaar et al. 2001) will allow direct measurements of the limb darkening
effects through observations of fringe visibilities past the first visibility null. Given the close
relation between limb darkening and projection factors we expect that improvements in un-
derstanding one will improve our understanding of the other. It is also clear that additional
photometry and radial velocity measurements would be very useful. In particular ( Gem
suffers from a lack of good infrared photometry, while concerns about level effects make

infrared radial velocity measurements like those of Sasselov & Lester very desirable.
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Chapter 4

Binary Star Observations

We report on the determination of the visual orbit of the double-lined spectroscopic binary
system BY Draconis with data obtained by the Palomar Testbed Interferometer in 1999-
2002. BY Dra is a nearly equal-mass double-lined binary system whose spectroscopic orbit
is well known. We have estimated the visual orbit of BY Dra from our interferometric
visibility data fit both separately and in conjunction with archival radial velocity data. Our

BY Dra orbit is in good agreement with the spectroscopic results.

4.1 Introduction

BY Draconis (HDE 234677, Gl 719) is a well-studied, nearby (~ 15 pc), multiple stellar
system containing at least three objects. The A and B components form a short-period
(6 d) late-type (K6 Ve — K7 Vvar) binary system, whose spectroscopic orbit is well known
(Bopp & Evans 1973, hereafter BE73; Vogt & Fekel (1979), hereafter VF79; and Lucke
& Mayor (1980), hereafter LM80). BY Dra is the prototype of a class of late-type flare
stars characterized by photometric variability due to star spots, rapid rotation, and Ca II
H and K emission lines. Like the BY Dra system itself, a large fraction (> 85%, Bopp
& Fekel 1977, Bopp et al. 1980) of BY Dra stars are known to be in short-period binary
orbits. The rapid rotation of BY Dra A (period 3.83 d) that gives rise to the spotting
and photometric variability is consistent with pseudosynchronus rotation with the A — B
orbital motion (Hut 1981, Hall 1986), but pseudosynchronization is disputed by Glebocki &
Stawikowski (1995, 1997) who assert asynchronous rotation and roughly 30° misalignment

of the orbital/rotational angular momentum vectors.

#The material in this chaper was previously published as Boden & Lane, ApJL, 547, 1071B ,2001.
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Despite the fact that the BY Dra A and B components are nearly equal mass, the
system exhibits a significant brightness asymmetry in spectroscopic studies (VF79, LM80).
VFT79 attributes this to the hypothesis that A and B components of BY Dra are pre-
main sequence objects (VE79, Bopp et al., 1980), and are still in the contraction phase.
VF79 argues for physical sizes of the A component in the range of 0.9 — 1.4 Ry, based
primarily on rotation period and v sin¢ considerations. LM80 concur with the A component
physical size argument from their v sin 4 measurements, estimating a 1.2 R, size for a sins =~
0.5 (presuming rotation/orbit spin alignment with pseudosynchronization, and our orbital
inclination from Table 4.2). However, they continue by pointing out that if the A component
macroturbulance were significantly larger than solar, then the vsin: measurements and
the component diameters they are based on are biased high. If the pre-main sequence
interpretation is correct, the BY Dra components are additionally interesting as an examples
of the transition region between pre and zero-age main sequence states.

BY Dra was detected as a hierachical triple system through common proper motion
measurements of a BY Dra C component by Zuckerman et al. (1997); they find the C com-
ponent separated by 17” from the A — B pair. Zuckerman’s photometry on the C component
is consistent with an M5 main-sequence interpretation (V - K = 6.2); assuming all three
stars are coeval this clearly poses problems for the VF79 pre-main sequence hypothesis for
the A and B components. At a projected physical separation of approximately 260 AU from
the A — B binary, the putative low-mass C component would have negligible dynamical in-
fluence on the A — B binary motion. Further, the Hipparcos catalog (ESA 1997) implies
the presence of at least one additional component as it lists BY Dra as having a circular
photocentric orbital solution with 114 d period. This 114 d period is previously unreported
in spectroscopic studies, and if correct it is difficult to understand why this motion was not
previously detected.

Herein we report on a preliminary determination of the BY Dra A — B system visual or-
bit from near-infrared, long-baseline interferometric measurements taken with the Palomar
Testbed Interferometer (PTI). PTI is a 110-m H (1.6pm) and K-band (2.2 pm) interfer-
ometer located at Palomar Observatory, and described in detail elsewhere (Colavita et al.
1999). PTI has a minimum fringe spacing of roughly 4 milliarcseconds (10~2 arcseconds,
mas) in K-band at the sky position of BY Dra, allowing resolution of the A — B binary

system.
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4.2 Observations

The interferometric observable used for these measurements is the fringe contrast or visibility
(squared, V?) of an observed brightness distribution on the sky. As derived in Chapter 1,

the fringe visibility of a binary star is given by

. 1
V2= av e <V12 + VZR? + 2V, Va R cos(

27%37- é)) (4.1)
where V; is the uniform-disk visibility of the ith component from Eqn. 1.36, the intensity
ratio R = I; /Iy and the binary separation vector is AS.

BY Dra was observed in conjunction with objects in our calibrator list (Table 4.1) by
PTI in K-band (A ~ 2.2um) on 36 nights between June 23, 1999 and October 24, 2002,
covering roughly 200 periods of the system. Additionally, BY Dra was observed by PTI in
H-band (A ~ 1.6pm) on 5 nights in 1999 through 2001. BY Dra, along with calibration
objects, was observed multiple times during each of these nights, and each observation, or
scan, was approximately 130 sec long. For each scan we computed a mean V? value from
the scan data, and the error in the V2 estimate from the rms internal scatter. BY Dra was
always observed in combination with one or more calibration sources within ~ 10° on the
sky. Table 4.1 lists the relevant physical parameters for the calibration objects. We have
calibrated the V2 data by methods discussed in Boden et al. (1998). Our observations of
BY Dra result in 170 calibrated visibility measurements (136 in K-band, 34 in H-band).
One notable aspect of our BY Dra observations is that its high declination (51°) relative
to our Palomar site (33° latitude) puts it at the extreme Northern edge of the delay line
range on our N-S baseline, implying extremely limited v — v coverage on BY Dra. To our
PTI visibilities we have added 44 double-lined radial velocity measurments: 14 from BET73,
seven from VF79, and 23 CORAVEL measurements from LM80.

4.3 Orbit Determination

The estimation of the BY Dra visual orbit is made by fitting a Keplerian orbit model directly
to the calibrated (narrow-band and synthetic wide-band) V2 and RV data on BY Dra;
because of the limited v — v coverage in our data derivation of intermediate separation

vector models is impossible. The fit is non-linear in the Keplerian orbital elements, and is
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Object Spectral Star BY Dra Adopted Model

Name Type Magnitude Separation Diameter (mas)
HD 177196 A7V  50V/45K 6.6° 0.70 + 0.06
HD 185395 F4V  45V/35K 9.9° 0.84 + 0.04

Table 4.1: PTI BY Dra calibration objects considered in our analysis. The relevant pa-
rameters for our two calibration objects are summarized. The apparent diameter values
are determined from effective temperature and bolometric flux estimates based on archival
broad-band photometry, and visibility measurements with PTI.

therefore performed by non-linear least-squares methods with a parallel exhaustive search
strategy to determine the global minimum in the chi-squared manifold.

Figure 4.1 depicts the relative visual orbit of the BY Dra system, with the primary
component rendered at the origin, and the secondary component rendered at periastron.
We have indicated the phase coverage of our V2 data on the relative orbit with heavy lines;
our data samples most phases of the orbit well, leading to a reliable orbit determination. The
apparent inclination is very near the estimate given by VF79 based on the primary rotation
period, assumed size, and assumption of parallel orbital/rotational angular momentum
alignment. The orbit is seen approximately 30° from a face-on perspective, which makes
physical parameter determination difficult (Sec. 4.5).

Figure 4.2 illustrates comparisons between our PTI V? and archival RV data and our
orbit model. In Figure 4.2a six consecutive nights of K-band visibility data and visibility
predictions from the best-fit model are shown, inset with fit residuals along the bottom.
That there are only 1-3 data points in each of the nights follows from the brief time each
night that BY Dra is simultaneously within both delay and zenith angle limits. Figure 4.2b
gives the phased archival RV data and model predictions, inset with a histogram of RV fit
residuals. The fit quality is consistent with previous PTI orbit analyses.

Spectroscopic orbit parameters (from VF79 and LM80) and our visual and spectroscopic
orbit parameters of the BY Dra system are summarized in Table 4.2. We give the results of
separate fits to only our V2 data (our “V2-only Fit” solution), and a simultaneous fit to our
V? data and the archival double-lined radial velocities — both with component diameters
constrained as noted above. All uncertainties in parameters are quoted at the one sigma
level. We see good statistical agreement between all the derived orbital parameters with

the exception of the LMS80 period estimate.
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Figure 4.1: The relative visual orbit model of BY Dra is shown, with the primary and
secondary objects rendered at Ty (periastron). The heavy lines along the relative orbit
indicate areas where we have orbital phase coverage in our PTI data (they are not separation
vector estimates); our data samples most phases of the orbit well, leading to a reliable orbit
determination. Component diameter values are estimated (see discussion in Sec. 4.5), and
are rendered to scale.
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Figure 4.2: a: Five nights of V2 data on BY Dra, and best-fit model predictions. b: Phased
archival RV data (BE73, VF79, LM80) and RV predictions from our best-fit orbital model.
Inset is a histogram of RV residuals to the fit model.
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Orbital VF79 LMS80 PTI 99
Parameter VZonly Fit Full Fit
Period (d) 5.9750998 5.975112 5.975078 5.975107
+87x107° +£12x107° +1.1x 1073
Ty (MJD) 41146.59 43794.193 51376.1356 51376.1309
+ 0.07 + 0.023 + 0.007 + 0.005
e 0.36 0.3066 0.307 0.306
+ 0.03 + 0.0063 + 0.003 + 0.002
K, (kms™')  282+10 2855025 28.38 + 0.22
Ko (km S_l) 28.8 £ 1.8 32.04 + 0.35 32.07 £ 0.12
v (km s_l) -24.47 £ 0.65 -25.35 £ 0.14 -25.431 £ 0.128
wy (deg) 220 £ 5 2293 £ 1.3 228.8 £ 1.2 230.0 £ 1.0
0, (deg) 118.9 + 2.3 117.8 + 1.0
i (deg) 1529 + 1.5 1529 £ 1.1
a (mas) 4.452 + 0.033 4.460 £+ 0.050
AKgrr 0.558 £+ 0.025 0.512 £ 0.061
AHcrr 0.336 + 0.30 0.336 £ 0.24
AV 1.15+ 0.1
X2/DOF 2.1 2.6 (2.2 V2/3.6 RV)
[Ry-| 0.044 0.044
[Rav| (km s=!) 0.55 2.3 (0.49 COR)

Table 4.2: Summarized here are the apparent orbital parameters for the BY Dra system
as determined by VF79, LM80, and PTI. We give two separate fits to our data, with
and without including archival double-lined radial velocities in the fit. Quantities given in
italics are constrained to the listed values in our model fits. We have quoted the longitude
of the ascending node parameter ({2) as the angle between local East and the orbital line
of nodes measured positive in the direction of local North. Due to the degeneracy in our
V2 observable there is a 180° ambiguity in €; by convention we quote it in the interval
of [0:180). We quote mean absolute V2 and RV residuals in the fits, |Ry2| and |Rgy|,
respectively.
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4.4 Comparisons with Hipparcos Model

The Hipparcos catalog lists a circular photocentric orbital solution for BY Dra with a 114
day period (ESA 1997), presumably in addition to the well-established 6 d period A-B
motion. As noted above it is difficult to reconcile this hypothesis with the quality of the
existing short-period spectroscopic orbit solutions from VF79 and LM80. However if the
A-B system indeed did have a companion with this period, unlike BY Dra C it would
lie within PTI’s 1” primary beam, and if sufficiently luminous it would bias the visibility
measurements used in our BY Dra A-B visual orbit model. We see no indications of this in
our orbital solutions; the quality of our BY Dra visual orbit solution is consistent with our
results on other systems. But it remains possible we have misinterpreted our V2 data in the
binary star model fit, and we are motivated to consider the 114-d periodicity hypothesis in
the archival RV data.

We note that the Hipparcos model is a photocentric orbit, and therefore calls for the
A — B system to exhibit a reflex motion with radius > 0.05 AU at the putative distance
of BY Dra. The 114-d orbit hypothesis is at high inclination (113°), and therefore would
produce a radial velocity semi-amplitude for the A — B system barycenter > 3.95 km s~'.
This value is large compared to fit residuals observed by VF79 and LM80 in their spectro-
scopic orbital solutions (and by ourselves in the joint fit with our visibilities; Table 4.2),
suggesting the 114-d motion hypothesis is unlikely.

To quantify this issue we have considered Lomb-Scargle periodogram analyses of the
LMS80 BY Dra radial velocity data. We have chosen to use the LM80 data because it is
the more precise sample, yielding an rms residual of roughly 0.5 km s~! in our A-B orbit
analysis. Figure 4.3 gives periodograms of the LM80 primary and secondary radial velocity
data. First, Figure 4.3a gives a periodogram of the primary and secondary RV data, with
probability of false alarm levels (Py,) as noted. As expected, both component lines exhibit
a significant periodicity at the observed A — B orbit frequency of approximately (6 d)~*
(indicated by vertical line). In the same plot we sample the frequency of the 114-d orbit
hypothesis, and no comparable periodicity is evident on the scale of the A — B motion.

Presuming the 114-d motion hypothesis might be superimposed on the 6-d A — B orbit,
in Figure 4.3b we give a periodogram of the LM80 primary and secondary RV fit residuals
to the 6-d hypothesis fit. In Figure 4.3b we have adjusted to range of the periodogram to
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Physical Primary Secondary
Parameter Component Component
a (1072 AU) 3.25 £ 0.12 3.68 + 0.14
Mass (Mg) 0.659 £ 0.053 0.583 £ 0.047
System Distance (pc) 155 £ 04
Torp (mMas) 64.4 +£ 1.9
Model Diameter (mas) 0.60 (£ 0.06) 0.50 (£ 0.05)
Mg (mag) 4.44 + 0.07 4.95 + 0.07
Mpg (mag) 4.64 £ 0.13 4.98 + 0.16
My (mag) 7.44 £ 0.07 8.59 £ 0.08
V-K (mag) 2.997 £ 0.033 3.635 £ 0.048

Table 4.3: Summarized here are the physical parameters for the BY Dra A — B system
as derived primarily from the Full-Fit solution orbital parameters in Table 4.2. Quantities
listed in italics (i.e., the component diameters, see text discussion) are constrained to the
listed values in our model fits.

finely sample the frequency range around the (114 d)~! hypothesis (indicated by vertical
line). No significant periodicity is noted at this or any other frequency. The LM80 RV
dataset spans roughly 400 days, so a 4 km s~! amplitude periodicity in this dataset should
have been evident in our analysis. Given these considerations, it seems unlikely that our
V? measurements and A — B orbit model are affected by the presence of a third luminous

body.

4.5 Discussion

The combination of the double-lined spectroscopic orbit and relative visual orbit allow us
to estimate the BY Dra A — B component masses and system distance. However, because of
the nearly face-on geometry of the A — B orbit, the accuracy of our inclination estimate, and
consequently the component mass estimates and system distance estimate, is only ~ 8%.
The low-inclination geometry is particularly difficult for astrometric studies because the
astrometric observable (V2 in this case) becomes highly insensitive to small changes in the
inclination Euler angle. Table 4.3 lists the physical parameters we derive from our Full-Fit
orbit solution. The orbital parallax is in 1-0 agreement with the Hipparcos triginometric
determination of 60.9 £ 0.75 mas, but we note that the Hipparcos solution was derived
jointly with the 3 mas, 114-d orbital hypothesis that we believe to be suspect (§4.4).
Table 4.3 also gives component absolute magnitudes and V - K color indices derived

from archival broad-band photometry, our H and K component relative magnitudes, the
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Figure 4.3: BY Dra Radial Velocity Data. To assess the 114-d orbit hypothesis for an
additional companion to the BY Dra A — B system we have performed Lomb — Scargle peri-
odogram analysis on double-lined BY Dra data from LM80. Top: standard periodograms on
primary and secondary RV data from the LM80 dataset. Statistically significant response
is seen at the well-known 6 d A — B period (vertical line). Bottom: Low-frequency peri-
odogram of the residuals of the LM80 data to the best-fit A — B orbit model. No significant
response is evident at the putative 114 d period (vertical line).
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LMS80 V relative magnitude, and our system distance estimate. The component color indices
are unaffected by errors in the system distance, and seem to be in good agreement with the
color indices expected from stars in this mass range and the classical spectral typing of the
BY Dra system.

To assess the VF79 component size/pre-main sequence hypothesis, the most interest-
ing measurement of the BY Dra A — B system would be unequivocal measurements of the
component diameters. Unfortunately our V2 data are as yet insufficient to determine these
diameters independently. Canonical sizes of 1.0 R and 0.8 R (indicated by model effec-
tive temperatures and our IR flux ratios) yield angular diameters of approximately 0.6 and
0.5 mas for the A and B components respectively. At these sizes neither the H nor K-band
fringe spacings of PTI sufficiently resolve the components to independently determine com-
ponent sizes. Consequently we have constrained our orbital solutions to these 0.6 and 0.5
mas model values. Our data does in fact prefer the slightly smaller primary component
diameter to the larger 1.2 R, size implied by VF79 and LM80 v sin¢ and rotational period
measurements. However either primary model diameter is possible with the expected sys-
tematic V2 calibration errors. Additional data we will collect in the coming year may well
place interesting upper limits on the component sizes, but unambiguous resolution of the
BY Dra A and B components will have to wait for a longer baseline infrared interferometer;

most likely the CHARA array currently under construction on Mt. Wilson 2

*http://www.chara.gsu.edu/ CHARA Array/chara_array.html
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Chapter 5

Phase Referencing and Astrometry

We discuss implementation and testing of phase referencing at the Palomar Testbed Inter-
ferometer (PTI). A new instrument configuration provides a coherent integration of 10 or 20
milliseconds on a bright star while stabilizing the fringe phase of a nearby (20 arcseconds)
and faint visual companion, allowing coherent integration times of at least 250 milliseconds.
Observations have been made of several visual binaries, including 16 Cyg AB (my = 4.5
and 4.6) and HD 173648/173649 (mx = 4.3 and ~ 5) to test the performance of the tech-
nique. These measurements also demonstrate that phase-referenced visibility measurements

can be calibrated at the level of 3-7%.

5.1 Introduction

The sensitivity of a stellar interferometer is limited by the requirement that sufficient pho-
tons be collected in a coherence volume (7or3) to allow an accurate measurement of the
fringe phase, and thus to allow fringe tracking. At the Palomar Testbed Interferometer
(PTI, Colavita et al. 1999) the atmospheric coherence time (79) in the K band (2.2 pm) is
typically 10-20 ms, and the atmospheric coherence diameter (ry) is ~ 40 cm. This results
in an effective tracking limit in dual-star mode (see below) of mg ~ 4.5, which limits the
number of available targets. Phase referencing is a technique intended to improve the lim-
iting magnitude of an interferometer. We report here the first results from testing of phase
referencing at PTI.

If a star is too faint to track but appears close in the sky to a brighter star which can be

tracked, the usual tracking limit no longer applies (Shao & Colavita 1992b, Quirrenback et

#The material in this chaper is in press as Lane & Colavita, AJ, 2003.
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al. 1994). In this case one can use the measured fringe phase of the bright star to correct,
in real time, the fringe phase of the fainter star. This effectively increases the atmospheric
coherence time as seen by the second fringe tracker, allowing it to use a longer coherent
integration time with a correspondingly fainter tracking limit. For the technique to work
well the two stars must be separated by less than an isoplanatic angle, i.e., the angle on the
sky over which atmospherically induced motion is well correlated (; o ro/h*, where h* is
the effective height of the turbulence profile, usually 6; ~ 20 arc-sec in the K band).

A major use of this technique will be narrow-angle astrometry (Shao & Colavita 1992b,
Colavita et al. 1994), which allows one to detect fringes simultaneously on two closely spaced
stars, and which can allow astrometric accuracy on the order of tens of micro-arcseconds.
Although this type of measurement can be done without the use of phase referencing, the
number of suitable target pairs may be quite small (for PTI with two 40 cm apertures: two
stars brighter than 4.5 magnitudes and separated by less than 20 arcseconds within the field
of regard of the instrument, which results in ~ 4 pairs). However, the situation improves
considerably if one can use phase referencing to allow fainter reference stars. Thus phase
referencing is required for narrow-angle astrometry to be used on a large scale, particularly

in planet searches such as those planned for the Keck Interferometer.

5.2 Instrument Configuration

PTI was designed with an unusual “dual-star” configuration in which the image planes
of the apertures can be split (usually by a 50-50 beamsplitter, although a pinhole can be
used) such that light can be directed down two different beam paths to two separate beam
combiners. Thus it is in effect two independent two-aperture interferometers that share the
same apertures. Usually one star (the “primary”) is observed on-axis, while the “secondary”
star can be anywhere within an annulus with inner radius ~ 8 arcseconds (closer than that
and the tip-tilt sensor confuses the primary and secondary stars) and an outer radius of 1
arcminute.

After tip-tilt correction by a fast steering mirror, the starlight from each aperture passes
through optical delay lines to correct for geometric and atmospheric optical path-length
differences. PTI was designed such that both the primary and secondary starlight beams

pass through a common long delay line (“LDL”, capable of up to £38.3 m of optical delay),
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after which only the primary beam passes through a short delay line (“SDL”, £3 cm of
optical delay, corresponding to +1 arc-minute on the sky). In effect, the primary fringe
tracker sees a “primary” delay line with an optical delay given by ¢, = dr.pr, + dspr,, while
the secondary fringe tracker sees a “secondary” delay line with delay s = drpr. The delay
line controller orthogonalizes the commands sent to the physical delay lines such that the
fringe trackers can request optical pathlength changes to the primary and secondary delay
lines independently. Also, delay modulation (see below) can be applied to either or both of
the delay lines.

Optical path-lengths are monitored by several laser metrology gauges, including inde-
pendent LDL and SDL monitors, as well as a “constant-term” (CT) metrology system,
which measures the total difference in optical path delay between the primary and sec-
ondary beams throughout the entire optical system out to the apertures. The SDL can use
either its local metrology system or the CT to determine position. The latter case provides
a way to compensate for piston vibrations of the optics in the starlight path and is used in
phase referencing.

PTI is able to operate in three fundamental modes: the simplest is the case when only
one fringe tracker operates, tracking and measuring the visibility of a single star. In this
mode the 50-50 beamsplitters in the focal planes of the apertures are usually removed,
increasing the photon throughput of the instrument. The second observing mode is used
for astrometric measurements of similar-magnitude visual binary systems: in this mode
both the primary and secondary fringe trackers operate independently with short sample
times, and the primary and secondary delay lines are effectively independent. The third
observing mode uses phase-referencing, in which the primary fringe tracker tracks a bright
( mg < 4.5 ) star with short sample times, while correcting the measured phase error for
both the primary and secondary delay lines. In this mode the secondary fringe tracker can

operate with integration times of 100 ms or longer.

5.3 Fringe Tracking & Phase Referencing

Fringe tracking at PTT (Colavita et al. 1999, Colavita 1999) is implemented as follows: the
tip-tilt corrected and delay-compensated starlight beams from each aperture are combined

at a 50-50 beamsplitter. The output of the beamsplitter is two combined beams, one of
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which is focused directly onto a single pixel of a NICMOS-3 detector. This channel is usually
operated in the astronomical K band (2.0 — 2.4 um), and is referred to as the “white-light”
channel. The other beam is first spatially filtered by passage through a single-mode fiber
and then dispersed with a prism before being focused onto 5-10 pixels (depending on the
chosen spectral resolution, typically 65 nm/pixel) on the same detector, and is used as a
spectrometer.

The fringe signal is measured by modulating the delay in a sawtooth pattern with an
amplitude of one wavelength, and synchronously reading out the detector. For normal op-
eration two sample times are available (10 and 20 ms), while for phase-referenced operation
the secondary fringe tracker was modified to allow integration times of 50, 100 and 250 ms.
During each sample the detector is first reset, a bias level is read, and then 4 reads are
done, one after each quarter-wavelength of modulation. Denoting the integrated intensities

in each A\/4 bin as A, B, C and D, the fringe quadratures are calculated as

X=A-C (5.1)
Y=B-D (5.2)

and the total flux as
N=A+B+C+D (5.3)

After these quantities have been corrected for read-noise and detector biases for each pixel

and frame, the fringe visibility is calculated as

X2 +Y?
U O (5:4)
and the fringe phase is found from
Y
b= tanfly (5.5)

This measured phase is “unwrapped” about a Kalman-filter based prediction to provide
the phase used by the real-time system.
Once a new phase measurement becomes available, the fringe tracker adjusts the delay

line position to keep the fringe phase as close to zero as possible. In practice this is done
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via an integrating servo (see Appendix A), and as is the case in any servo system, the
correction is not perfect. In particular, the fringe tracker cannot control phase errors at
frequencies above the servo bandwidth. Given a phase disturbance (the atmosphere) with
power spectral density (PSD) A(f), the PSD of the residual phase not corrected by the

fringe tracker is given by

W(f) = A(f)Hyo(f) (5.6)

where Hy(f) is the error (power) rejection of the servo

Hp(f) =~ L (5.7)

1- 2%sinc(7rfTs) sin(27w fTy) + (J}—c)2 sinc?(m fTy)

where sinc(z) = sin(z)/z, f. is the closed-loop bandwidth of the servo, and T and Ty
are delays (defined below). For the servo to be stable (not oscillate) the servo gain must be
less than unity; typically f. ~ 0.1 —0.21/T;. At PTI, f. ~ 5 Hz for 20 ms sample times. T}
is the integration time of the measurement, effectively 15 ms for a sampling time of 20 ms
(the lost time is due to modulation retrace and detector reset and settle time). Ty is the
effective delay between measurement and correction, including data age. For PTI T, = 21.5
ms for 20 ms sample times. The theoretical servo responses are shown in Fig. 5.1.

Under good seeing conditions the primary fringe tracker can maintain a stable lock
on a star for several minutes. Typical uncalibrated visibilities (V?) in the spectrometer,
which includes a spatial filter, are 0.7-0.8 when observing a point source. For the broad-
band (“white-light”) channel, which does not include a spatial filter, typical uncalibrated
visibilities are 0.3-0.4.

With a fringe-tracking interferometer such as PTI, the most obvious way to implement
phase referencing is simply to apply the delay corrections from the primary fringe tracker
to both the primary and secondary delay lines; we call this the “feedback” approach. In
this case we expect the power spectrum of the phase seen by the secondary beam combiner
to look like the residual phase W(f). Figure 5.2 shows how the unwrapped fringe phase
is affected by the atmosphere, and how phase referencing stabilizes it. Fig. 5.3 shows the
power spectra of the same two cases, along with the best-fit atmospheric power spectrum.
Also shown is the predicted power spectrum, based on application of Eq. 5.7 to the best-fit

atmospheric power spectrum.
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Figure 5.1: Predicted power spectra for phase referencing in the feedback and feedforward
cases. The -2.5 power law is the best fit to the atmospheric power spectrum from Fig. 5.3.,
and the feedback and feedforward theoretical predictions are explained in the text. Model
parameters were f. =5 Hz, Ty = 21 ms, Ts = 15 ms.
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Figure 5.2: Unwrapped fringe position seen by the secondary fringe tracker with and without
phase referencing. The two data sections were taken on 4 Aug, 1999, within 200 seconds of
each other. The target star was HD 177724 (m g = 2.99, AOV). The secondary fringe tracker
was operating with 20 ms sample times and open loop, i.e., measuring but not correcting
the phase.

Although the feedback approach works well it is possible to do better. This comes
about because the secondary delay line is not in the feedback path of the primary fringe
tracker. Therefore there is no issue of servo stability, and the primary fringe tracker can
apply all of the measured phase error to the secondary delay line, resulting in improved
performance. We refer to this as the “feedforward” approach. In this case the error (power)
rejection function is given by the feedback filter function, multiplied by a factor that depends
only on the integration time and the time delay between the phase measurement and the

application of the correction (see Appendix A for a derivation).

Hpi(f) = Hp(f) (1 — 2sinc(m fTs) cos(2m fTys) + sinc2(7rfTs)) (5.8)

The predicted power spectra of the secondary phase, based on the PSD filter functions
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Figure 5.3: Power spectral density of the secondary phase, for both non-phase referenced
and phase-referenced data. Note that the non-phase-referenced phase (essentially the at-
mosphere) is best fit by a power law A(f) o< f 2, somewhat shallower than the nominal
-8/3 slope of Kolmogorov theory. However, it is similar to the slope seen in other PTI
data [Linfield et al. 1999]. Also included is the predicted power spectrum for the phase-
referenced case, based on the performance of a feedback servo applied to the best-fit atmo-
spheric power-law (see text).

and the model atmosphere power law of Fig. 5.3, is plotted in Fig. 5.1. As can be seen in the
figure, using a feedforward servo the power at low frequencies falls off rapidly, and hence for
sufficiently long integration times the feedforward case is expected to result in significantly
reduced servo error compared to the feedback case. However, the slight increase in energy
near f, does mean that for short integration times (less than 100 ms) the feedback approach

is to be preferred; our results are based on the feedback approach.
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5.4 Visibility Reduction

One of the most important performance-limiting factors in phase-referencing is that fluctua-
tions in the fringe position during integration reduce the measured fringe visibility (“smear-

ing” the fringe). This reduction in V2 can be calculated as (Colavita 1999)

Vo =exp[—(o4)h,) (5.9)

where (0’¢)}2Zp is the high-pass filtered fluctuation of the phase about the interval mean

(04)2, = /0 WL = sine(x fT)]df (5.10)

where W(f) is the power spectral density of the residual phase and 7' is the integration
time. We calculated the expected reduction in fringe visibility for the theoretical feedback
and feedforward servo filter functions applied to the best-fit model atmosphere of Fig. 5.3.
The results are shown in Fig. 5.4. We also note that these performance estimates are made
based on the response time of the PTI systems; increasing fringe tracker bandwidth can
reduce the loss of fringe visibility considerably (Fig. 5.5). However, increasing the fringe
tracker bandwidth requires both faster computers and shorter integration times, which in
turn necessitates either larger apertures or brighter reference stars.

In addition to adding feedforward, it is possible to tune the fringe tracker by adding a
proportional gain term (See Appendix A): the effect of such a term is to reduce the peaking
in the response function near the closed-loop frequency, at the expense of increased peaking
at higher frequencies. However, given that the atmospheric noise is proportional to f~2?

the net effect is a significant recovery in system visibility (Fig. 5.6).

5.5 Observations

An example of the visibility data produced by the instrument is given in Fig. 5.7. In this
experiment the primary fringe tracker continuously tracked 16 Cyg A, providing phase-
referencing for the secondary fringe tracker. The secondary FT used a coherent integration
time of 100 ms, and switched between observing 16 Cyg A and 16 Cyg B every 130 seconds.

In each case we considered only the broadband white-light channel, as the narrowband spec-
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Figure 5.4: Predicted system visibility (nys) as a function of coherent integration time
for the feedforward and feedback cases, and the observed visibility reduction obtained by
averaging the time-series data shown in Fig. 5.2 Model parameters were f. =5 Hz, T; = 21
ms, 75 = 15 ms.

trometers differed significantly between the two fringe trackers (the primary side includes a
spatial filter while the secondary side uses a slit) complicating comparisons of measurement
precision. As both 16 Cyg A and B are expected to appear as point sources (the radial
velocity companion of 16 Cyg B (Cochran et al. 1997) is far too faint to be directly observed
by PTI), we would expect to see a visibility given by (Boden et al. 1998)

(5.11)

V2 {2 JI(WBH/A)]Q

B/
where J; is the first-order Bessel function, B is the projected baseline vector magnitude
at the star position, # is the apparent angular diameter of the star, and A is the center-
band wavelength of the interferometer. This model predicts a constant visibility at a level

determined by the angular size of the source, wavelength of observation, and projected
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Figure 5.5: Predicted system visibility for a 2-second coherent integration time, as a function
of fringe tracker closed-loop bandwidth, assuming a feed-forward servo and the PTI best-fit
atmospheric power law. Model parameters were Ty = 0.1/ f, and Ts = 0.757}.

baseline length of the interferometer.

The scatter (defined as oy2 = (|V;2 — (V?)|) ) around a flat line is ~ 18% for the
uncalibrated phase-referenced data. However, notice that the fluctuations in visibility are
common to both the primary (A) and secondary (B) stars — making it possible to calibrate
the data by using measurements of star A to calibrate measurements of star B (as done
routinely to calibrate non-phase-referenced data). This is done by assuming a uniform-disk
model for the star A, and comparing the model visibility of the primary to the observed
visibility of that star. From this one can derive the “system visibility” or inherent visibility
response of the instrument (V2, = Vfaw cativrator] Vit oder)- The calibrated data is found by
applying Vgalibmted,target = Vr2aw,target/ ‘/52315'

In addition to calibrating the observed fringe visibilities by interleaving observations of

target and calibrators, the use of phase referencing means that there are simultaneous ob-

servations of the primary star by the “primary” fringe tracker; this makes possible a second
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Figure 5.6: This is what the predicted system visibilities are for all 4 cases: regular feedback
and feedforward, and the same but with an added proportional gain term. Model parameters
were f. = 10 Hz, Ty = 11 ms, Ty = 6.75 ms, K, = 0.5.

approach to calibrating the data. As can be seen in Fig. 5.5, the fringe visibility measured
by the primary fringe tracker is higher than that measured by the secondary fringe tracker,
reflecting differences in both integration time and inherent instrumental response (due to
a variety of differences in optical quality, alignment, and instrument layout). Nevertheless,
it is evident from the figure that short-term changes in system visibility are somewhat cor-
related (a linear correlation coefficient r = 0.75), as might be expected from the fact that
both systems are looking through (nearly) the same atmospheric turbulence. Hence it is
possible to use the calibrator visibility measured by the primary fringe tracker to estimate
the system visibility (Vs%/s) However, in this case it becomes necessary to assume (or mea-
sure via other means) an additional time-independent calibration factor, corresponding to
the mean ratio of primary and secondary fringe tracker system visibilities.

In order to characterize the precision with which we can calibrate the phase-referenced
visibility measurements by either of the above methods, a uniform-disk model was fit to
the calibrated data for several sources and integration times (see Table 5.1). The scatter

of the measurements around the model, ~ 3-7 %, are fully comparable with non-phase-
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Figure 5.7: Phase-referenced visibilities of the two components of the visual binary 16 Cyg
(mg = 4.52, G1.5V, and my = 4.65, G3V), observed on July 6, 1999 using the broadband
fringe-tracker channels. Coherent integration time was 100 ms for the secondary fringe
tracker, while the primary fringe tracker used a coherent integration time of 20 ms.
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Object mK Date Coherent Int. oy2 # Data Estimated
MJD Time (ms)  Sec. Cal. Pri. Cal. Points Diameter (mas)

61 CygB 2.8 51394.31 20 0.051 0.054 49 1.94 +0.009
51365.48 100 0.040 0.034 12 2.14 £0.091

51364.47 250 0.050 0.013 2 1.98 +£0.319

51410.31 250 0.025 0.030 8 2.14+0.169

16 Cyg B 4.6 51365.42 100 0.069 0.049 12 0.96 £ 0.35
HD 173649 ~5 51396.21 250 0.047 0.031 4 0.73 £0.22

Table 5.1: Measured scatter of the calibrated visibilities around a uniform-disk model, as
measured by the secondary fringe tracker. Two different calibration schemes were tested:
“Sec. Cal” refers to the case where visibility measurements were calibrated using in-
terleaved measurements of a calibrator star, measured with the same (secondary) fringe
tracker. “Pri. Cal.” refers to data calibrated using simultaneous visibility measurements
of the calibrator star using a different (primary) fringe tracker. Note that the 20 ms data
was not phase-referenced, but is included to provide a comparison of data quality. Each
data point corresponds to an incoherent averaging time of 130 seconds. The resulting di-
ameter measurements can be compared to estimates derived from effective temperatures
and bolometric fluxes based on archival broad-band photometry: 6s1cygp = 1.97 & 0.03,
elﬁc’ygB = 0.551 £ 0.05, and 9HD173649 =0.3 £0.05 (all in milli—arcseconds).

referenced performance on much brighter sources. It appears that using the primary fringe
tracker as a calibration reference does a comparable job of reducing the scatter in the
visibilities. However, this method may be prone to systematic errors in estimating the
ratio of system visibilities, and hence we suggest that a hybrid approach that makes use of
both types of calibration may be preferable. For instance, one could use the primary fringe
tracker to estimate short-term (second to minute timescales) fluctuations in Vs, while using
observations of the primary star with the secondary fringe tracker to establish the mean
difference in Vy, between the two fringe trackers. By making use of the information provided
by the primary fringe tracker in this manner one can reduce the number of calibration

observations required.

5.6 Conclusion

By synthetically increasing the apparent atmospheric coherence time, phase-referencing
promises a dramatic increase in the sensitivity of a stellar interferometer. Initial results from
phase-referencing experiments at PTI are encouraging, and demonstrate that it is possible
to increase coherent integration times by at least a factor of 10. We also demonstrate that

phase-referenced measurements of source visibilities can be calibrated to at least the 3 —7%
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level, depending on source brightness and observing conditions. This is similar to what can
be done with non-phase-referenced PTI data, and hence we see no loss of precision in using
phase-referencing. Note that these data were obtained without the use of a spatial filter;
adding one should improve measurement precision. Future experiments will be conducted

to determine the ultimate improvement possible, as well as the effect of anisoplanatism.
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Chapter 6

Adaptive Optics Observations of
the Binary Brown Dwarf GJ 569B

We present photometric, astrometric and spectroscopic observations of the nearby (9.8 pc)
low-mass binary G1569Bab (in turn being a companion to the early-M star G1569A), made
with the Keck adaptive optics facility. Having observed G1569Bab since August 1999, we
are able to see orbital motion and to determine the orbital parameters of the pair. We
find the orbital period to be 876 £ 9 days, the semi-major axis to be 0.90 = 0.01 AU, the
eccentricity to be 0.32 = 0.01 and the inclination of the system to be 34 + 3 degrees (1-0).
The total mass is found to be 0.125700% M, (3-0). In addition, we have obtained low
resolution (R =1500-1700) near-infrared spectra of each of the components in the J- and
K-bands. We determine the spectral types of the objects to be M8.5V (G1569Ba) and
M9V (G1569Bb) with an uncertainty of half a subclass. We also present new J- and K-
band photometry which allows us to accurately place the objects in the HR diagram. Most

likely the binary system is comprised of two brown dwarfs with a mass ratio of 0.89 and

with an age of approximately 300 Myr.

6.1 Introduction

Brown dwarfs (BDs), despite sometimes being labeled “failed stars”, are very interesting
objects. According to our current understanding, BDs may represent the extreme low-
mass end of star formation in which the mass is too small to sustain thermonuclear fusion.
This stellar-substellar transition (also defined as the minimum mass at which the internal

energy provided by nuclear burning quickly balances the gravitational contraction energy) is

#The material in this chaper was previously published as Lane et al., ApJ, 560, 390-399 ,2001.
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expected to occur around 0.075 M, (Baraffe et al. 1998) for objects with solar metallicities.
This value is slightly lower in recent models, which predict a transition mass of 0.072 Mg,
(Chabrier & Baraffe 2000). Objects with masses below this limit never reach the stable
hydrogen burning main sequence, but instead cool down as they age (Burrows et al. 1997;
Chabrier et al. 2000) so that their surface temperatures and luminosities strongly depend
on age as well as mass. As these cooling curves rely on poorly tested theoretical models, it
is highly desirable to calibrate them with direct measurements.

Obtaining dynamical masses for very low-mass (VLM, M < 0.2 M) stars and BDs from
binaries is a challenging prospect, as so far there are no known eclipsing binary VLM stars
or BDs. However, there are a number of known wide, non-eclipsing VLM and BD binaries
(Kirkpatrick et al. 2001; Gizis, Kirkpatrick & Wilson 2001; Leinert et al. 2001; see also Reid
et al. 2001a and references therein) that have been observed with a range of instruments
and techniques, including ground-based infrared and optical imaging, speckle interferometry,
adaptive optics (AQO), and the Hubble Space Telescope. These binary systems promise to
yield highly accurate dynamical masses, although they tend to have long periods and hence
will require patience.

In the absence of direct mass measurements for VLM/BD objects, one has to rely on
indirect methods that may constrain mass ranges but that do not provide high-precision
mass values. One very useful such technique is the lithium test (Magazzi, Martin & Rebolo
1993). Lithium is an element that is easily destroyed under the conditions prevalent in stellar
interiors at temperatures slightly below those required for hydrogen burning. Objects more
massive than ~ 0.060 My have their primordial lithium abundances depleted as long as
they are fully convective. The lithium test has been used to confirm BD candidates in
the Pleiades (e.g., Basri, Marcy & Graham 1996) and in the field (e.g., Martin, Basri &
Zapatero Osorio 1999; Kirkpatrick et al. 1999; Tinney, Delfosse & Forveille 1997).

G1569A is a nearby (d=9.8 pc), chromospherically active late-type (M2.5V) star. For-
rest, Skrutskie & Shure (1988) first reported a possible BD companion with a separation of
5 arcseconds from the primary. Based on a low resolution spectrum Henry & Kirkpatrick
(1990) classified this object as an M8.5 dwarf with a mass of 0.09 £0.02M. More recently,
Martin et al. (2000a) resolved the companion into two separate objects (G1569Ba and Bb)
using AO observations with the Keck IT telescope. They estimated the orbital period of

the Ba-Bb binary to be around 3 years, and the total mass of the binary pair to be in the
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range 0.09 — 0.15 M. Herein we present the results of extensive follow-up observations of
this interesting pair, including improved photometry as well as near-IR spectroscopy and
astrometry of the resolved binary components. We use the photometry to accurately place
the objects in the Hertzsprung-Russell (HR) diagram, the spectroscopy to derive spectral

types, and the astrometry to derive the total mass of the system from its orbital parameters.

Object J K J—K logL/Le  Ter (K) M/M,

G1569Bab 10.61 £0.05 9.45+0.05 1.16+0.07 -3.17=£0.07 0.101-0.150
Gl569Ba  11.14+£0.07 10.02+£0.08 1.124+0.10 -3.39+0.07 24404100 0.055-0.078
G1569Bb  11.65+0.07 10.43+£0.08 1.224+0.10 -3.56=£0.07 2305£100 0.048-0.070

Table 6.1: Photometry (CIT system) and physical parameters of G1569Ba and G1569Bb
The relative photometry between GI569Ba and G1569Bb is known to a better accuracy
(see text).

6.2 NIR Photometry and Astrometry

6.2.1 The composite pair: G1569Bab

Broad-band near-infrared photometry of the composite pair G1569Bab is available in the
literature (Forrest et al. 1988; Becklin & Zuckerman 1988). However, the measurement un-
certainties claimed by the authors are too large for an accurate placement of these objects
in the HR diagram or for direct comparison with theoretical evolutionary models. With the
objective of improving the photometric data, we have collected J and Ko direct images
of the system GlI569A and Gl1569Bab with the near-infrared camera (Hg Cd Te detector,
256 x 256 elements) mounted at the Cassegrain focus of the 1.5-m Carlos Sdnchez Tele-
scope (CST, Teide Observatory) on February 8, 2001. The observations were performed
through the “narrow-optics” of the instrument, which provides a pixel projection of 0.4
arcseconds onto the sky. The atmospheric seeing conditions during the night of the ob-
servations were fairly stable around 1 arcseconds, which allowed us to easily separate the
M2.5-type star from the pair G1569Bab. This latter object was not resolved into its two
components. The total integration times were 5s and 40s in J and Ko filters, respec-
tively. A five-position dither pattern was used to obtain the images; each image consisted

of 4 (J) or 8 (K) co-added exposures of 0.25s (J) and 0.5s (K) respectively. The dither
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pattern was repeated twice for the K-band observations.

Dithered images were combined in order to obtain the sky background, which was later
substracted from each single frame. G1569Bab is clearly detected in individual images, and
we have obtained aperture photometry on each of them using PHOT in IRAF.? Instru-
mental magnitudes were placed on the UKIRT photometric system using observations of
the standard star HD 136754 (Casali & Hawarden 1992), which was imaged with the same
instrumental configuration just before and immediately after our target. Both the science
target and the standard star were observed at similar air masses. The photometric error of
the calibration was +0.03 mag in both filters. K.+ displays a different bandpass compared
to Kykrrr; the transformation between these two filters is not well defined yet, albeit for
objects as red as G1569Bab it has been estimated at Kgpori — Ky rrr =0.035 (Hodgkin et
al. 1999, and references therein). We have applied this correction to our photometry as well
as the relations given in Leggett, Allard & Hauschildt (1998) to convert UKIRT data into
the CIT photometric system. The final average magnitudes derived for G1569Bab are given
in Table 6.1, where the photometric errors listed correspond to typical 1 o uncertainties of
single measurements.

The astrometry of G1569Bab relative to the bright primary GI569A as measured on the
CST data (MJD =51948.202) is the following: angular separation of 4.arcsec 890 + 0.arcsec
040, and position angle of 30° + 3°. We note that these values differ from those published in
Forrest et al. (1988) by more than 2 o, providing evidence of the orbital motion of G1569Bab
around the M2.5-type star in the time interval of roughly 15 years.

6.2.2 Adaptive Optics Imaging of G1569Ba-Bb pair

GI1569Bab was observed on 9 occasions between August 1999 and September 2001 with the
Keck IT AO system (Wizinowich et al. 1988). The first 3 observations made use of the KCAM
camera with a NICMOS-3 infrared array. The later observations made use of the slit-viewing
camera (SCAM) associated with the NIRSPEC instrument (McLean et al. 1998). SCAM
uses a PICNIC Hg Cd Te array. For both cameras the pixel scale was 0.0175 arcseconds
and the field of view was 4.48 x 4.48 arcsec, except for the May 2001 observation when

the SCAM pixel scale was changed to 0.0168 arcsec. Exposures were generally obtained

#IRAF is distributed by National Optical Astronomy Observatories, which is operated by the Association
of Universities for Research in Astronomy, Inc., under contract with the National Science Foundation.
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in the K'-band, except for 2000 Febuary when the observations were taken in the J-band.
Exact exposure times varied, but typically consisted of 30 coadded 2-second exposures.
We used a 1% transmission neutral density filter in the beam to prevent saturating the
bright primary star. Flat-field correction was performed using twilight exposures, while sky
subtraction made use of images of an adjacent field observed immediately after G1569B.
Corrected seeing varied between 0.05 arcsec and 0.08 arcsec. For three of the observations
the primary star (G1569A) was also in the field of view, providing an in-field astrometric
reference. For the other observations the primary was either not observed or was saturated.
No photometric standard stars were observed in any of the epochs, so we cannot provide
absolute photometric calibrations for the AO observations. Figure 6.1 shows the resulting
images of the pair G1569Bab at six different epochs. This figure clearly demonstrates that

this system is resolved into a binary and that orbital motion is evident.
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Figure 6.1: Contour images of the G1569Ba-Bb pair (near-IR filter is given in brackets)
showing the orbital motion. These data have been obtained with the Adaptive Optics
facility of the Keck IT telescope and with the KCAM (first 2 epochs) and SCAM /NIRSPEC
(last 7 epochs) instruments. Data of August 1999, when the binary was resolved for the
first time, were presented in Martin et al. (2000a).
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Date Epoch Separation P.A.
(MJD) (arcsec) (°)
1999 Aug 29 51419.270 0.101 £0.001 46.8£3
2000 Feb 18  51592.600 0.092 £0.001 98.2 +3
2000 Feb 25 51599.644 0.090 £ 0.001 100.4 £ 2
2000 Jun 20 51715.408 0.076 £ 0.003 138.6 £ 2
2000 Aug 24 51780.283 0.059 £0.001 178.4 £2
2001 Jan 09 51918.665 0.073 £0.002 291.4 £2
2001 May 10 52039.410 0.097 £0.001 341.1+3
2001 Jun 27 52088.291 0.102 £0.001 352.6 £ 2
2001 Aug 31 52153.221 0.103 £ 0.001 9.7+£2

Table 6.2: Astrometry of G1569Ba-Bb.

We used the DAOPHOT package (in IRAF) for data reduction and analysis. The point
spread functions of the objects in each frame were fitted with an elliptical Gaussian func-
tion, providing relative astrometry (Table 6.2) and photometry. The relative photometry of
G1569Ba and G1569Bb was derived by computing the ratio of the amplitudes of the best fit-
ting Gaussians (Table 6.1). G1569Bb is fainter by 0.51 4 0.02 mag and 0.41 4+ 0.03 mag in the
J- and K-bands, respectively. This makes this object redder in (J — K) by 0.10 £ 0.04 mag.
The error bars take into account the dispersion observed from image to image, and from one
observing run to another. We do not find a significant relative photometric variability in
any member of the pair within 3 ¢ the uncertainties. With the relative brightness of the two
components and the combined flux known, it is possible to derive the individual absolute
magnitudes of G1569Ba and G1569Bb. We list in Table 6.1 the resulting decomposition for
the J- and K-bands. The corresponding error bars incorporate the photometric uncertain-
ties of the combined system Gl1569Bab and the uncertainties of the relative photometry.

We are confident that the latter is determined with a higher accuracy.

6.3 Low-Resolution NIR Spectra

We have obtained low-resolution spectra of Gl569Ba and Gl569Bb in the J- (1.158-
1.368 pm) and K-bands (1.992-2.420 pm) using the cross-dispersion spectrograph NIRSPEC
and the AO facility at the KeckII telescope. The data were collected on June 20, 2000.

The raw seeing and transparency conditions were very good during the observations, and
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the AO correction applied to the primary star G1569A provided well resolved images of the
binary system Gl1569Bab (AO corrected seeing of 0.05 arcsec). NIRSPEC in its spectro-
scopic mode is equipped with an Aladdin InSb 1024 x 1024 detector with a pixel projecting
0.0185 arcsec onto the sky. For the present study, we selected the low resolution spectro-
scopic mode which provides nominal dispersions of 2.8 A /pix and 4.2 A /pix in the J- and
K-bands, respectively. The 3 pixel-wide slit was aligned with the two components of the
binary (PA ~ 139 deg) so that both targets were observed simultaneously.

Total exposure times were 240sec and 400sec for the J-band and K-band spectra,
respectively. The observing strategy employed was as follows: 6 (J) and 10 (K) individual
integrations of 20 sec (J) and 10 sec (K) each at two different positions along the entrance slit
separated by about 1.8 arcsec. This procedure was repeated twice in the K-band. In order
to remove telluric absorptions due to the Earth’s atmosphere, the near-infrared featureless
AOV-type star HR 5567 was observed very close in time and in air mass (within 0.05 air
masses). Calibration images (argon arc lamp emission spectra and white-light spectra) were
systematically taken after observing each source.

Raw data were reduced following conventional techniques in the near-infrared. Nodded
images were subtracted to remove the sky background and dark current. The spectra of the
sources and of the calibration lamps were then extracted using subroutines of the TWOD-
SPEC package available in IRAF. The extraction apertures of G1569Ba and G1569Bb were
selected so that cross-contamination was less than 10%. The extracted spectra of the sources
were divided by their corresponding normalized extracted flat-fields, and calibrated in wave-
length. The 1o dispersion of the fourth-order polynomial fit was 0.4 A and 1.0 A in the J
and K spectra, respectively. The hydrogen PS absorption line at 1.2818 ym and the By
absorption line at 2.1655 ym in the spectra of HR 5567 were interpolated before they were
used for division into the corresponding science spectra. We are confident that the science
spectra have good cancellation of atmospheric features. To complete the data reduction,
we multiplied the spectra of our targets by the black body spectrum for the temperature of
9480 K, which corresponds to the A0V class (Allen 2000).

6.3.1 Spectral Types, Atomic and Molecular Features

The resultant average spectra with a resolution of R=1500 in J and R=1700 in K are

depicted in Fig. 6.3. The strongest molecular and atomic features are indicated following
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Figure 6.2: J-band NIRSPEC spectra of G1569Ba and G1569Bb obtained using the AO
system of the Keck II telescope. Some features have been identified after Jones et al. (1994)
and McLean et al. (2000). The spectra have been normalized to unity at 1.29 um and at
2.19 pm. An offset has been added to G1569Ba’s data for clarity.
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Figure 6.3: K-band NIRSPEC spectra of G1569Ba and G1569Bb obtained using the AO
system of the Keck II telescope. Some features have been identified after Jones et al. (1994)
and McLean et al. (2000). The spectra have been normalized to unity at 1.29 um and at
2.19 pm. An offset has been added to G1569Ba’s data for clarity.
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K1 wavelength (pm) Nal wavelength (um) Hy0*  COP
Object SpT 1.169° 1.177¢ 1.244° 1.253° 2.206° 2.209¢ 1.330¢  2.294¢
Gl569Ba MS8.5 6.5 7.5 4.7 4.8 1.4 0.70 0.72 1.21
GI569Bb  M9.0 6.5 7.7 5.2 5.1 0.9 0.50 0.70 1.24

Table 6.3: K1 and Na1 equivalent widths (A) and the strengths of the H,O and CO bands.
Uncertainties are +0.5 for the spectral classification, 10% for equivalent widths and 5% for
the flux ratios.

the identifications provided by Jones et al. (1996) and McLean et al. (2000). The spectra of
both components, G1569Ba and G1569Bb, are indeed very similar. The composite spectrum
of G1569Bab in the optical has been previously studied by Henry & Kirkpatrick (1990) and
Kirkpatrick, Henry & McCarthy (1991), who derived a dwarf spectral type of M8.5. In
addition, this object is listed in the Table 1 of Kirkpatrick et al. (1991) as a primary
dwarf spectral standard. Our data agree with this measurement for the bright component
G1569Ba, and also provide evidence that G1569Bb is not significantly cooler. This is fully
consistent with the photometry presented above.

We have obtained equivalent widths of the strongest observed atomic absorptions of K1
and NaTin the spectra; the measurements are given in Table 6.3. Due to the low resolution of
our data, the majority of these lines are considerably blended with other spectral features,
e.g. the KI line at 1.2435 ym is contaminated by a strong molecular band of FeH. The
values in Table 6.3 have been extracted adopting the base of each line as the continuum.
We find typical standard deviations in equivalent width close to 10% over the reasonable
range of possible continua. Although this procedure does not give an absolute equivalent
width, it is commonly used by different authors, and allows us to compare our values with
those published in the literature. We have also measured the strengths of the HyO band
at 1.330 pm and the CO band at 2.294 pm in a way similar to that described in McLean
et al. (2000), Reid et al. (2001b) and Jones et al. (1994). Our measurements are listed in
Table 6.3 with uncertainties of about 5%. All these values are comparable to those obtained
from similar spectral type field stars, which suggests that neither G1569Ba nor G1569Bb

have very discrepant metallicities or gravity.

*Ratio of the average flux in a 0.02 pm window centred on 1.34 um and on 1.29 um (Reid et al. 2001a).
PRatio of the average flux in a 0.06 um window centred on 2.25 um and on 2.33 um (Jones et al. 1994).
¢All wavelengths in pm.
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We note that the equivalent widths of the K1 lines and the HoO and CO absorptions
in G1569Bb appear to be slightly larger than in G1569Ba, while the NaT lines in the K-
band spectrum are smaller. This trend is observed for decreasing temperatures (Jones et
al. 1994), and clearly indicates the cooler nature of G1569Bb. By fitting a polynomial
spectral type-equivalent width relation to the data available for spectral standard stars (see
Reid et al. 2001b), we conclude that the differences between Ba & Bb in our measurements
are consistent with G1569Bb being half a subclass cooler. This would make G1569Bb an
M9-dwarf (£0.5 subclasses).

6.3.2 Radial Velocities

We used our low resolution near-IR spectra taken on June 20, 2000 (MJD =51715.365) to
compute the relative radial velocity of G1569Bb and G1569Ba via Fourier cross-correlation.
Because the spectroscopic data have been corrected for telluric lines, we do not expect
these lines to be a large source of uncertainty. Unfortunately, no spectra were taken of
the primary star GI569A, so we cannot determine the relative radial velocity of the pair
with respect it. The velocity dispersion of the data is rather poor (1 pixel~ 66kms™!
in J and ~57kms ! in K). Nevertheless, the cross-correlation technique was able to
achieve precisions of about 1/4 pixel, so we obtained a relative radial velocity accurate to
about 15kms™". We verified this by cross-correlating individual spectra, of each component
against itself. The relative velocity (G1569Bb cross-correlated with G1569Ba) we measure
is 25kms~!in J and 6 kms~! in K, with an average value of 15.5 kms~!. The peak-to-peak
radial velocity variation of the system on the basis of the orbital solution presented in next

section is around 14 kms™!

; our measurement is consistent within the error bar with the
expected value at the epoch of the observations. However, this error bar is rather large and
prevents us from making further analysis (like the presence of invisible companions). The
maximum peak of the cross-correlation function is in the range 0.93-0.97, which indicates

the similarity and the high signal-to-noise ratio of the spectra.

6.4 Orbit Determination and Total Mass of the Pair

We determined the apparent orbit of the binary pair G1569Bab by fitting a Keplerian model

to the relative astrometric data shown in Table 6.2. As the fit is non-linear in the orbital
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Figure 6.4: The relative astrometry of the Gl 569Ba-Bb pair, together with the best-fit orbit
(dotted ellipse). Error-bar crosses denote measurements and circles indicate the predicted
location on the orbit at the time of the observations. North is up and East is to the left.
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Figure 6.5: The x? as a function of period and semi-major axis. All other parameters
are selected to provide the lowest x?. The contours give the 10, 20 and 3 ¢ uncertainties
in the two parameters. The two diagonal lines correspond to combinations of period and
semi-major axis giving a total mass of 0.148 M and 0.105 M), respectively. These are the
upper and lower limits that we have adopted for the total mass of the binary Gl1569Bab.
The cross indicates the preferred solution.
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elements, we made use of a gradient-following fitting routine (Press 1992) to find the optimal
(in a chi-squared, x?, sense) orbital parameter set. As there may be many local minima in
the x? manifold, and our gradient following routine moves strictly downhill, we ensured that
it found the global minimum by starting it at a range of different locations in parameter
space. The best-fit parameters are given in Table 6.4, and the visual orbit is shown together
with the astrometry in Fig. 6.4. The rms of the residuals is 0.0024 arcsec, and the residuals
do not show any long-term drifts. Uncertainties (assuming normal errors) were estimated
from the covariance matrix of the fit, scaled by the reduced chi-squared (0.96). As the
uncertainties in semi-major axis and period may be correlated, in Fig. 6.5 we plot the x?
as a function of those two paremeters. The mass uncertainty was estimated by finding
contours in parameter space where the y? was increased by 2.3, 6.2 and 11.8 respectively,
corresponding to the 10, 20 and 3 o contours. The 10, 20 and 3 o mass ranges are 0.114—
0.135, 0.107-0.142 and 0.101-0.150 M, respectively, while the best-fit values for the period
and semi-major axis correspond to a total mass of 0.125 M. From the relative photometry
we infer that the mass ratio of the binary is close to, but not exactly, equal. Hence the 2 ¢
upper mass limit of the secondary G1569Bb is less than 0.071 M, i.e. below the hydrogen
burning mass threshold, making it a likely brown dwarf.

It is important to note that although we were able to obtain reliable relative astrometry
of the Ba-Bb pair (over a separation of ~ 0.1 arcsec), the uncertainties in plate scale and
orientation and the saturation of the bright star in some images were such that we were
unable to reliably measure the orbital motion of each component of the Ba-Bb pair with
respect to a separate reference, i.e. G1569A (located ~ 5 arcsec away). Hence, while we
can determine the relative orbit of the Ba-Bb pair to a high degree of precision, we cannot
astrometrically determine the mass ratio of the two components. Further studies are needed
to confirm or discard the substellar nature of the primary G1569Ba. We will combine our
photometry (absolute and relative), the total mass of the system and additional information

available in the literature to compare the binary with the most recent evolutionary models.
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Parameter Value

Period, P 876 £ 9 day
Eccentricity, e 0.32 £+ 0.01
Semi-Major Axis, a 0.90 £ 0.01 AU
Inclination, 1 34 + 3deg
Arg. Periapsis, w 77T £ 2deg
Long. of Ascending Node, 2 142 £ 2 deg
Epoch (MJD), T 51821.8 <+ 3 day

Table 6.4: Orbital parameters of G1569Ba-Bb. Uncertainties are 1-o. Note that the toal
mass uncertainty is smaller than this indicates, see Fig. 6.5 and text.

6.5 Discussion

6.5.1 Color-Magnitude Diagram

Figure 6.6 depicts the location of the G1569Bab pair in the near-infrared color-magnitude
diagram. To convert their observed magnitudes into absolute magnitudes we have used the
astrometric parallax provided by Hipparcos (0.arcsec 10191 £0. arcsec 00167, Perryman
et al. 1997), which is very similar to previous astrometric measurements (Heintz 1991).
Also shown in this figure are the locations of very late-type dwarfs in the Pleiades cluster
(~120 Myr, Basri et al. 1996; Martin et al. 1998; Stauffer, Schultz & Kirkpatrick 1998, we
use a distance of 120 pc) which have photometry available in the literature (Festin 1998;
Martin et al. 2000b), and of objects in the field. Absolute magnitudes and colors of M-
type field standard stars have been taken from tables published in Kirkpatrick & McCarthy
(1994) and Leggett et al. (1998). For L-type field dwarfs we have adopted the average
near-infrared colors provided in Kirkpatrick et al. (2000), and have averaged absolute K
magnitudes for those objects with parallax available in the literature (see Reid et al. 2000,
2001b; Kirkpatrick et al. 2000).

Overplotted onto the observed data in Fig. 6.6 are the 0.5, 1.0 and 5.0 Gyr theoretical
solar composition isochrones from the evolutionary models of the Lyon group (Chabrier et
al. 2000; Baraffe et al. 1998) and from those of the Arizona group (Burrows et al. 1997).
We have adopted solar metallicity in our studies because the photospheric abundance of
the bright star G1569A has been determined to be very close to solar ([Fe/H]=-0.15,

Zboril & Byrne 1998). Although the Lyon models do provide magnitudes and colors in
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Figure 6.6: Infrared color-magnitude diagram displaying the location of G1569Bab (com-
bined light) and each of the two components resolved with the Keck IT Adaptive Optics
system (filled circles). Pleiades members (~120 Myr) are plotted with open circles, and
the location delineated by field dwarfs with known parallax is shown with a thick full line.
Isochrones provided by the Lyon group (0.5, 1.0 and 5.0 Gyr, Chabrier et al. 2000 — dashed
lines) and by the Arizona group (0.5 Gyr, Burrows et al. 1997 — dotted line) are also over-
plotted in the diagram. Masses of 0.09 M, (crosses), 0.08 M, (plus-signs), 0.072 M, (open
triangles), 0.060 M, (asterisks) and 0.055 M, (diamonds) are marked with crosses on the
isochrones. We indicate spectral types as a function of the (J — K) color on the bottom of
the figure.
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the filters of interest, we preferred to compute them from the predicted luminosity and
effective temperature at a given mass and age. This allows a direct comparison of the two
sets of interior models and minimizes the effects of possible errors in the model atmosphere
synthesis. We converted effective temperatures (T.g) into colors by using the temperature
scales of Leggett et al. (1998) for M-dwarfs and of Basri et al. (2000) for late-M and L-
dwarfs. These two temperature scales should be consistent and complementary with each
other as the authors make use of the same atmosphere models to obtain their results.
We derived absolute K magnitudes from theoretical luminosities by using the bolometric
correction as a function of spectral type (i.e. color, Teg) given in Leggett et al. (2000) down
to mid-M classes, and in Reid et al. (2001b) for cooler types. To summarize, the second
order polynomial fits (1700 < T,g < 3500 K) we used are as follows:
(J — K) =6.423 — 3.49 x 10 3T, + 5.41 x 107 7T%, rms = 0.04 mag

BCk = 5.745 — 1.46 x 103 T 4+ 1.57 x 107" T4 rms = 0.06 mag
Isochrones in Fig. 6.6 are plotted for Teg <2900 K, which roughly corresponds to masses
smaller than 0.1 M, at ages around 1 Gyr.

From Fig. 6.6 we can see that the evolutionary models nicely reproduce the trend delin-
eated by field objects, except for the reddest colors (J — K > 1.5) where models apparently
predict brighter magnitudes. Of the two sets of isochrones, the Lyon 1-5 Gyr models seem
to produce a better fit to the observed data in the field. The difference in color between
GI1569Ba and G1569Bb is consistent with the spectral types of the objects. Within 1 ¢ the
uncertainties of our JK photometry, the location of the pair is well matched by isochrones
in the age interval 0.2-1.0 Gyr. This indicates a young age for the multiple system, a result
which is compatible with the elevated X-ray emission of the “single” M2.5-type primary
(Pallavicini, Tagliaferri & Stella 1990; Huensch et al. 1999), with the system belonging to
the young Galactic disk as inferred from its kinematics (Reid, Hawley & Gizis 1995), with
the large rotation rate measured for the star GI569A (Marcy & Chen 1992), as well as with
the late-M spectral type-lithium-age relationships (Magazzu et al. 1993; see Bildsten et al.
1997).

Lithium is detected in M8-M9 Pleiades BDs (Rebolo et al. 1996; Stauffer et al. 1998),
whereas older and slightly more massive objects have depleted it very efficiently. Thus,

lithium non-detections in very late-M type objects necessarily imply ages older than the
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Pleiades. No lithium feature is observed in the composite optical spectrum of G1569Bab
(Magazzu et al. 1993), thus implying that the binary is older than 0.12 Gyr. The R-band
spectroscopic data shown in Magazzu et al. (1993) have poor signal-to-noise ratio, and are
dominated by the bright and more massive component as it contributes twice as much flux
as does the fainter component. We will discuss later how the age of the system can be
constrained to a much smaller range using results presented in this paper.

We do not find from our near-infrared photometry strong evidence for the possible
binary nature of G1569Ba as claimed by Martin et al. (2000a) on the basis of their H vs
H — K color-magnitude diagram as well as by Kenworthy et al . (2001) on the basis of
their J — K colors. The relative position of the two components of the pair in Fig. 6.6
reasonably fits the location of field dwarfs even within 1o the error bars. If G1569Ba is a
binary itself, the smaller companion has to be at least a factor five less luminous. We have
combined our AO K-band images to look for any possible companion. We place a 3 o limit
at K =16.5mag (0.015-0.02 M) on the brightness of a possible companion at distances
greater than 0.25arcsec, and less than 2arcsec— half the size of the AO detector. We cannot
discard, however, the presence of extremely faint and less massive objects around any of the
components which our AO observations have not been able to detect/resolve. Follow-up
high resolution spectroscopy and/or very detailed analysis of the orbital motion of the pair

may reveal the presence of close-in giant planets.

6.5.2 The HR Diagram and Substellarity

Figures 6.7 and 6.8 show the location of G1569Ba and G1569Bb in the HR diagram (lumi-
nosity as a function of effective temperature) and provide a comparison with state-of-the-art
evolutionary models by the Lyon group (Chabrier et al. 2000) and by the Arizona group
(Burrows et al. 1997). Solar-metallicity abundance isochrones of ages 120, 300, 500 Myr and
1 Gyr, and evolutionary tracks of masses in the interval 0.04-0.09 M, are shown in these
figures. We use the most recent determination of the substellar mass limit at 0.072 Mg, to
define the stellar-substellar borderline. Because this value is the smallest of those available
in the literature (see e.g. Grossman, Hays & Graboske 1974; D’Antona & Mazzitelli 1994;
Burrows et al. 1993), our conclusions on substellarity will be conservative. We indicate in
the figures the substellar mass boundary and the location of the 50% depletion limit of

lithium burning predicted by the two sets of models. We have obtained the luminosity and
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effective temperatures of our targets as explained above. The third-order polynomial fit
that gives temperatures as a function of the observed (J — K) color is the following:

Teg = 7744.6 — 9488.4(J — K) + 5509.9(J — K)? — 1135.7(J — K)3>  rms = 50K
This fit has been calculated for colors in the range 0.85-2.06 (spectral types M6-L6), and
is based on the temperature calibrations provided by Basri et al. (2000) and Leggett et
al. (2000). Bolometric corrections in the J- and K-bands from Reid et al. (2001b) and
Bessell, Castelli & Plez (1998), respectively, have been used to transform magnitudes into
bolometric luminosities. The values we derive for the pair are listed in Table 6.1. The error
bars in luminosity take into account the uncertainty of the distance modulus (Hipparcos)
and the photometric uncertainties, leading to a total uncertainty of +0.07 dex. The error
bars assigned to the effective temperatures come from the uncertainty in the colors alone.
These are in general a factor 2 larger than the rms of the polynomial fit describing the
temperature calibration.

Models should be able to provide explanations to all physical properties so far known
for GI1569Ba and G1569Bb, i.e., photometry, the total mass of the pair and the destruction
of lithium. From Fig. 6.7 we observe that the location of G1569Ba is consistent with severe
lithium depletion, in agreement with available optical spectroscopic observations. According
to the Lyon models, even the fainter companion GI1569Bb has depleted its lithium. The
likely age of the system is in the range 0.2-1 Gyr, but only with younger ages is it possible to
reproduce the astrometric total mass derived for the pair. Therefore, the real constraint to
the age of the system is given by the total mass rather than by the error bars in the figure.
For the age of 300 Myr, the binary would be formed by objects of 0.069 M (Gl1569Ba) and
0.059 M, (G1569Bb), in good agreement with the mean orbital solution. Both masses are
below the stellar-substellar borderline and thus the two components would be brown dwarfs.
For slightly older ages, individual masses would become larger, as would the total mass. On
the basis of the largest possible astrometric total mass value at the 3 o level, the pair would
be made up of an object on the substellar borderline with 0.078 Mg, and a 0.070 M-BD
at the age of 500 Myr. We tabulate the possible masses of the pair as a function of age in
Table 6.5; these estimations rely on the Lyon models.

The comparison with the Arizona models shown in Fig. 6.8 also yields very young ages

#Should have (partially) preserved lithium.
PThese estimates match the mean astrometric orbital solution.
“The total mass inferred for this age is even beyond the 3 o uncertainty of our astrometric solution.
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Figure 6.7: HR diagram illustrating the location of G1569Ba and G1569Bb (filled dots)
in comparison with theoretical evolutionary tracks of constant mass (dotted lines) and
isochrones (full lines) from the Lyon group (Chabrier et al. 2000). The track corresponding
to the substellar mass limit at 0.072 M, is shown with a thicker dotted line. Masses in solar
units are labelled on the upper part of the diagram, and ages for the isochrones are indicated
to the right. The thick dashed line indicates the 50% lithium depletion limit predicted by
the Lyon models. Objects to the left have severely depleted lithium, whereas objects to the
right still preserve a significant amount of this element. Solar abundance has been assumed
in generating this figure.
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Figure 6.8: HR diagram illustrating the location of Gl 569Ba and Gl 569Bb (filled dots)
in comparison with theoretical evolutionary tracks of constant mass (dotted lines) and
isochrones (full lines) from the Arizona group (Burrows et al. 1997). See the caption of
Fig. 6.7 for further details. Here, the 50% lithium preservation line (thick dashed line) is
taken from the Arizona models for consistency.
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Age Gl569Ba Gl569Bb Total mass

(Myr) (M) (M) (M)
200 0.055 0.048% 0.103
250 0.061 0.0532 0.114
300P 0.069 0.059 0.128P
400 0.072 0.065 0.137
500 0.078 0.070 0.148
700P 0.082¢ 0.074¢ 0.156¢

Table 6.5: Likely ages and individual masses of G1569Ba and G1569Bb. Based on the
Lyon models (Chabrier et al. 2000; Baraffe et al. 1998). The uncertainty of individual mass
models is £0.002 M.

(120-500 Myr) for the system, and thus also small masses for each of the components. To
this point, theory and some observations seem to be consistent. However, the Arizona
evolutionary models predict hotter temperatures (by about 100 K) around the substellar
mass limit at a given age than do the Lyon models, and hence according to these models
both GI569Ba and Gl1569Bb should have preserved a considerable amount of lithium in
their atmospheres. Only by assuming the highest temperatures allowed by the error bars
can the Arizona models account for the observed lithium depletion in G1569Bab. This
would move the pair to a location between 300 Myr and 500 Myr in Fig. 6.8. In order
to be consistent with the additional restriction of the astrometric total mass, ages in the
interval 300-500 Myr are required; the resulting masses are 0.055-0.075 M, for G1569Ba
and of 0.048-0.068 M, for G1569Bb.

Collecting evidence from the orbital solution, photometry, spectroscopy, and the com-
parison with evolutionary models, the most likely scenario of the binary G1569Bab is: two
very late M-type BDs with masses of 0.055-0.078 M, and 0.048-0.070 M, in a close orbit,
in turn orbiting an early M-type 0.5 M, star, the whole system with an age in the range
250-500 Myr. Such young ages found in nearby objects are not surprising since it now seems
that the Sun is located close to a region that was the site of substantial amounts of recent
stellar formation (Zuckerman & Webb 2000).

Figure 6.9 portrays the mass-luminosity relationship for different ages as given by the
evolutionary models. The two members of the pair are plotted with error bars indicating
the uncertainty in luminosity and the likely mass range of each component. Masses that

have depleted lithium by a factor 2 are also incorporated into the figure. According to the



124

Arizona models, G1569Bb may have preserved lithium in its atmosphere, whereas this is
quite unlikely based on the Lyon models. Therefore, lithium observations of this BD are
needed in order to discriminate which model reproduces neatly the properties of the pair. In
addition, precise radial velocity measurements of each component will lead to an accurate
determination of the individual masses, and thus will also constitute a better constraint on
the models. Nevertheless, models do not appear to be far from reproducing the observational
properties of G1569Bab. Delfosse et al. (2000) show that the mass-luminosity relationship
given by the Lyon models reasonably describes the low-mass stellar regime in the field.
The pair G1569Bab has lower masses that belong to the substellar regime. Brown dwarfs
around stars have been reported in the recent years (see Table 5 in Reid et al. 2001a for a
compilation of the complete list), but to our knowledge none of them has been proved to
be a binary itself. GI1569Bab turns out to be the first confirmed resolved binary BD as a
companion to a star.

The distance to G1569 implies a physical separation of 49 AU between the M2.5-type
star and the substellar pair. This large separation and the high mass ratio (¢ ~0.135 and
0.120) between the star and each of the BDs favors the fragmentation of a self-gravitational
collapsing molecular cloud as the most plausible explanation for the formation of the system
(Boss 2000; Bodenheimer 1998). Whether each component of the pair G1569Bab originated
from a second fragmentation and collapse process of a small cloud core is not clear (the
physical separation is 0.92 AU, and the mass ratio of the pair is ¢~ 0.89). The activity of
the nascent low-mass star when it was gaining mass and becoming more luminous may have
caused the disruption of the less massive collapsing core into two close substellar objects
before the hydrostatic core could build up enough mass to eventually start hydrogen burning.
Energetic outflows and jets up to thousands of AU in length have been detected in low-mass
stars of very young star forming regions (e.g., Reipurth et al. 2000; Fridlund & Liseau 1998).
We cannot discard the possibility, however, that the protoplanetary disk around the star
might have also played an important role in the origin of the companions. Disks extending
up to several hundred AU are known to exist around stars (Bruhweiler et al. 1997). Clearly,
finding other similar systems will, in addition to providing additional dynamical masses, also

contribute to our knowledge of the genesis of such interesting multiple low-mass binaries.
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6.6 Conclusions

We have obtained new observations of the G1569Bab pair (low-mass binary companion at
a wide separation from the M2.5-type star G1569A), which have allowed us to derive the
spectral types of each component and the orbital parameters of the system. We find that
the total mass of the low-mass binary is 0.1251’8:833M@ (3-0) with two detected compo-
nents of M8.5 and M9 spectral types (half a subclass uncertainty) completing one eccentric
(e=0.32+0.01) orbit every 876 £9 days. We have also acquired new J and K near-IR pho-
tometry in order to locate G1569Ba and G1569Bb in the HR diagram and compare them
with the most recent evolutionary models by the Lyon group (Chabrier et al. 2000) and the
Arizona group (Burrows et al. 1997). The pair is likely formed by two solar metallicity young
brown dwarfs with masses in the interval 0.055-0.078 M, (G1569Ba) and 0.048-0.070 M,
(G1569Bb) at the young ages of 250-500 Myr. Our adaptive optics images taken with the
Keck II telescope exclude the presence of any other resolved companion with K magnitudes
brighter than 16.5 (3 o) at separations of 0.25 arcseconds up to 2 arcseconds from G1569Bab.
This detection limit corresponds to masses around 0.015-0.02 M, for the possible age range
of the system. Further radial velocity and astrometric measurements will be very valuable

to detect giant planets, as well as to provide individual masses for each of the members of

the pair.
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Figure 6.9: Mass-luminosity relationship for different ages (120, 300, 400 and 500 Myr,
and 1 Gyr) according to the Lyon models (Chabrier et al. 2000 — full lines) and to the
Arizona models (Burrows et al. 1997 — dashed lines). The stellar-substellar transition
mass range at 0.072-0.080 My is indicated by the vertical dotted lines. The dot-dot-dot-
dashed line (Lyon) and the dot-dashed line (Arizona) mark when 50% of the lithium has
burned. Lithium preservation occurs to the right of these lines. The error bars assigned to
G1569Ba and G1569Bb (filled circles) correspond to the uncertainty in luminosity, and to
the likely mass range (3-0) derived for each object.
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Chapter 7

Summary and Future Outlook

7.1 Low-Mass Stars

I have used three experiments to obtain direct measurements of of masses and radii of
several low-mass stars. First, I have used PTI to measure the apparent angular diameters
of stars in the 0.15-0.8 Mg mass range, with a precision of 2-10%. Second, I have used
adaptive optics and interferometric observations to resolve two low-mass binary systems,
and hence derive dynamical mass estimates. One of the systems, GJ 569B, is the lowest
mass system with a dynamical mass determination: with a combined mass of 0.125% 05>
solar masses, the system contains at least one, and likely two objects with masses below the
substellar limit.

These measurements can be compared to a range of published models, e.g. Baraffe et
al. (1998), in a variety of ways such as mass vs. color, or radius vs color. In general, the
Baraffe models compare well with the observations, with only small deviations.

The prospect for future observations is bright, as a number of more capable interferom-
eters are in the commissioning stages. Recently, 4 diameter measurements were obtained
with the VLTI (Ségransan et al. 2003), and more are promised. In general, increasing the
available sample of diameter measurements will require longer baseline systems (~ 200m);
as current systems are limited to observing star with diameters larger than ~ 1 mas, which
severely limits the number of available targets. Fortunately, both the VLTI and CHARA?
arrays will have baselines in excess of 200 meters, and are expected to have improved limit-
ing magnitudes compared to PTI. Thus I expect that in the next few years the number of

high precision diameter estimates (i.e.,with precisions ~ 5% or better) should reach a few

#Center for High Angular Resolution Astronomy, located on Mt. Wilson, CA.
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tens.

Once the sample size has reached a dozen or so, it becomes desirable to directly observe
the effects of limb darkening, as such corrections can amount to a few percent and hence limb
darkening will likely become the dominant source of systematic uncertainty. However, at
can be seen in Fig. 7?7, disentangling the effects of limb darkening from that of a size change
requires observations past the first null of the visibility curve — a challenging prospect.
However, as such measurements will be crucial for models of both Cepheids and low mass
stars, they should be undertaken. I will further discuss this in Sec. 7.3

In addition to the diameter measurements, I have obtained a small number of dynamical
mass estimated for low-mass objects. As such they represent a second area where the models
can be tested, and again, it is the models of Baraffe et al. that provide the best comparison.
However, in the case of the GJ 569B system, there is some controversy surrounding the
models. In particular, in Chapter 6 we found that the system is best fit by a model age of
300 Myr and total mass of 0.128 solar masses. As one might expect for substellar objects
(which lack substantial internal energy sources and hence cool off over a few Gyr), increasing
the age of the system while keeping the total luminosity fixed at the observed value results
in an increased total system mass, something that is inconsistent with the dynamical mass
measurement. However, Reid et al. (2002) have argued that the system cannot be as young
as 300 Myr, based primarily on an observed X-ray luminosity of GJ 569A that lies between
that of Pleiades and Hyades members of the same spectral type. If there is indeed an age
discrepancy, the models may have to be revised. Clearly, high precision mass and luminosity
measurements of these objects represents a good test of models, and in particular the details

of how the luminosity changes with age.

7.2 Cepheids

I have used high precision angular diameter measurements done at PTI to resolve the pul-
sations of two Galactic Cepheids. Applying a Baade-Wesselink analysis I derive distance
estimates accurate to ~ 10%, currently the best available direct distance estimates for indi-
vidual Cepheids. Although a sample of two is too small to draw any definitive conclusions,
the measured Cepheid distances are consistent with previous distances to ~ 1o, lending a

measure of confidence to the indirect results.
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The value of direct Cepheid distances is that they are useful for calibrating the Cepheid
period-luminosity relationships that underpin the ladder of techniques used in determining
cosmological distance scales; currently there is a ~ 0.1 magnitude systematic uncertainty in
such scales. Given that the Baade-Wesselink technique is purely geometrical, it avoids many
systematic uncertainties associated with the photometry. Conversely, the measured Cepheid
diameters can be used to find surface brightness vs. color relations that can subsequently
be used in indirect distance determinations (the Barnes-Evans method, 1976). In fact such
surface brightness relations, albeit ones based on non-pulsating stars, have been used for
many years as the principal indirect means of determining Cepheid distances. Here too, the
agreement between our observations and previous work is good.

The next step in studying Cepheids with interferometry should be, as with the case
of low-mass stars, to expand the sample size. Here the next generation of longer-baseline
systems will be useful, although unlike the case with low-mass stars, there are a number of
(comparatively) large but faint Cepheids — the faintness being due to interstellar extinction.
Hence it may be the case that improved limiting magnitudes would be more profitable than
longer baselines; in such a case the KI and VLTI interferometers should prove particularly
useful.

However, regardless of how small the statistical uncertainties can be made there remains
a substantial level of systematic uncertainty (~ 5 — 10%). This uncertainty is due to our
limited understanding of Cepheid atmospheres, in particular the details of limb darkening
and its close relative, the radial velocity projection factor. However, a small number of
observations of Cepheid limb darkening would serve to constrain existing atmospheric mod-
els and drastically reduce this systematic error. This is where interferometry can provide

uniquely valuable information.

7.3 Limb-Darkening Observations

Observing limb-darkening with an interferometer is difficult for two reasons. First, as stated
earlier the degeneracy between size and limb darkening is only broken for 7B#/\ >~ 3.8,
thus long baselines are required; although not inherently particularly difficult, such long

baselines have until now not been available. More of a concern is the fact that observations
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Figure 7.1: A example of self-phase referencing. Using the primary fringe tracker to stabilize
the OPD, we scan through the zero relative delay position and measure the intensity as a
function of delay. In the case of a close (0.1 arcsecond) binary star the result is a double
fringe pattern; this can be used to obtain very high precision relative astrometry between
the componenents.

near or past the first visibility null have of necessity a low SNR P as SNR is proportional to
fringe amplitude; recall Fig. 1.8. However, given the ability to combine three interferometric
baselines at a time one can choose two of the baselines to be relatively short and hence have
a high SNR. The third baseline can be up to twice as long as the others, providing twice the
resolution. Although the SNR on the long baseline is lower, the fact that the baselines form
a closed loop implies that by tracking the fringe location on the two high-SNR baselines
one automatically knows the location of the fringes on the low-SNR baseline, and can thus
integrate coherently for long periods of time. This technique is perfect for measuring stellar

limb darkening; however, it requires a suitable interferometer such as CHARA or NPOI.
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7.4 Phase Referencing

I have demonstrated phase referencing with a fringe-tracking interferometer, which allows
one to use an isoplanatic reference star to sense and correct atmospherically induced OPD
fluctuations in real time. Such corrections allows the use of longer exposure times; poten-
tially up to several seconds, as compared to 10-20 ms without phase referencing. I have
modeled the phase referencing servo system in order to predict the amount of residual OPD
variation and the resulting fringe smearing. I find that for a system like PTI, with a suitable
choice of servo parameters, the loss in fringe visibility can be limited to ~ 30%, while a
higher bandwidth system results in correspondingly improved performance.

Phase referencing is of critical importance to the planned Keck Outrigger astrometry
program, where current designs call for the use of astrometric references as faint as 5
magnitudes fainter than the primary star. As a result of the successful demonstration of
both phase referencing and narrow angle astrometry at PTI, the Keck Interferometer has
been built and should begin an astrometry program in the near future.

In addition to its use in astrometry, phase referencing can be used to phase® an inter-
ferometric array so that the stabilized beams can be fed to other instruments; because the
beams are stabilized, these other instruments are not limited to the short exposure times
required for fringe tracking. This allows a great deal of flexibility in the instrument design,
e.g., the use of high-resolution spectrographs, or multi-way beam combination. One exam-
ple where this might be desirable is the case of an imaging interferometer: as stated before,
a good image quality requires extensive coverage of the uv plane, and hence many apertures
and baselines. However, in a direct-detection interferometer combining many apertures re-
quires either splitting the light from each aperture many ways, or all-in-one combination
with separate phase modulation applied to each beam. In the first case, the presence of
read noise in the detector sets a limit to the number of splits before the SNR drops below 1,
while in the second case photon noise from larger apertures can overwhelm the signal from
smaller apertures (or longer baselines). The result is that many-way beam combination is
inherently inefficient, and if such a beam combiner was limited to short exposure times the
limiting magnitude of the array would be pathetic. Therefore it is desirable to split the two

functions into separate systems using phase referencing.

In the immortal words of D. Mozurkewich: “Your fringes can be good, or they can be interesting.”
‘i.e., control the OPD fluctuations.
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Another use of phase referencing is illustrated in Fig.7.1. Here, phase referencing is
used to stabilize the beam, while a second delay line+beam combiner scans through the
relative path delay. The resulting fringe pattern can be measured in order to obtain very
high precision relative astrometry of the components; or, in the case of single stars, can
be Fourier-transformed and hence provide a measure of fringe visibility as a function of
wavelength. This latter mode is referred to as double-Fourier interferometry, and represents
an interesting new way of simultaneously obtaining high spatial and spectral resolution

information.
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Appendix A

Fringe Tracking and Servos

A.1 Control Theory Review

For a complete introduction or review of control theory, the reader is referred to e.g.
Franklin, Powell & Emami-Naeini (1994); here we briefly review the details relevant to
a fringe tracking servo system. Consider a simple servo system, counsisting of an actuator
and a sensor, that operates on a single output parameter, and is affected by some external
disturbance. How does one control the actuator such that the result is as close as possible
to the desired input? The obvious answer is to arrange the sensor such that it measures
the output of the actuator, compares that output with the desired input, and adjusts the
command sent to the actuator accordingly. Such a system is a “feedback” system, and is

illustrated in Fig. A.1.

Sensor

Y

Plant

Y

' Controller

Feedback

Figure A.1: A simple control loop.
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How does the error, F, i.e. the difference between the command input, I, and the system
response, F', behave? Let the total system response to an error signal E be given by some
gain function, G (this includes the effect of the controller, plant and sensor combined, for

simplicity). Hence

F=GFE (A.1)
The error function itself is simply
E=I1-F (A.2)
giving
- K 1
E = 7= TG (A.3)

Generally the system response function is calulated as a function of frequency, using

one-sided Laplace transforms, i.e.

F(s) = /0 Y Ft)e st (A.4)

where s is a complex variable. In calculating the frequency response of a servo system, I
take
s=j2nf (A.5)

Below I derive the frequency response for a few common servo system components.

A.1.0.1 Time Delay

If a component of the servo system introduces a time delay of 7" we have
wout(t) = Tin (t - T) (AG)
which gives

Xou(s) = /0 " it = T)e Tt (A7)
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If we define the gain function as G(s) = Xout(s)/Xin(s) we find

Gdelay(fu T) = €—j27rfT (Ag)

A.1.0.2 Integrator

A common form of servo controller uses an integrator, thus

t
Tout(t) = 2 f. / in(t)dt! (A.10)
0

where f. corresponds to the closed-loop bandwidth of the servo for the case where the plant
gain is near unity. Assuming x;,(t < 0) = 0 and lim;_,,, e~ % fot Zin (t')dt' = 0 integration

by parts yields

Xopu(s) = /Ooxout(t)e_Stdt (A.11)
0
00 t
_ . 1 _—st ju/
= 27rfc/0 /Oxm(t)e dt'dt (A.12)
o . 1 oox. le—st’ I
_ 9 fcs/o (e dt (A.13)
1) (A.14)
or
G (f)=—jé (A.15)
J f

A.1.0.3 Sampling

A digital control system uses discrete sampling, while in this treatment I am approximating

the system response as continuous. The effect of discrete sampling can be approximated as

4Ty /2 o
Tout(t) = /th ) amli (A.16)

where T is the sampling time. The same approach as in Sec. A.1.0.2 yields

1
Xout(s) = - Xin(s) [¢T/7 —e*T/2 (A.17)



136

and hence ‘

G Sampling(f) = % (A.18)
A.1.1 On Servo Stability
From Eqn. A.3 it is clear that one must avoid any situation where G(j27f) = —1, else the

servo will be unstable; in practice this limits the servo gain.

A.2 Integrating Servo

Sampling Delays Integrating Servo
+ ] _ n
¢ | sinc(m fT) > =27 [Tup > 5k

Feedback to Primary

Figure A.2: The PTI primary fringe tracker operates a simple feedback loop based on an
integrating servo.

The error rejection of the feedback loop for this sampled-data system can be approximated

as

~ 1

E(f) = (e (A.19)
1
= , A.20
1- jf%sinc(was)e_ﬂ”dep ( )
The PSD filter function H,(f) follows from
Hpy(f) = Eu(f)E;(f) (A.21)

1 1
= . . A.22
(1 —jf—fsinc(ﬁfTs)eﬂ”dep> (1 —l—jf—fsinc(?rfTs)eﬂ?”dep) (4.22)
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Proportional Servo

Sampling Delay

Y

Y

+
¢ ‘ Sinc(ﬂ'fTs) 6727rjdep ¢ —]% -

Integrating Servo

Feedback to Primary

Figure A.3: The PTI primary fringe tracker updated to include a proportional gain term
for improved performance.

- ! (A.23)

o few . L2 o 2
1 — 25 sine(m fT;) sin(2m fTygp) + (F ) sine”(wfTy)

A.3 Integral-Proportional Servo

Although the simple integrating servo works quite well, it is desirable to further improve
the error rejection for improved phase referencing performance. Adding a proportional gain

to the control loop (Fig.A.3) accomplishes this by reducing the peaking near f,.

~ 1

Ei(f) = 17a (A.24)
1

= _ A.25
1+ (K, - j%)sinc(was)e*ﬂ“deP ( )

hence the transfer function is
Hyi(f) = Eu(£)Ey(f) (A.26)
= ! , L —{A2T)

L+ (K, — g )sinc(n fT,)e 27 | \ 1+ (K, + jLe)sine(r fT,)et92m /1)

= 1 A 9Q
2 1ITX a0

( A
\ ]
1+ 2sinc(m fTy) (K cos(2m f Tap) + L& sin(2r f 1)) + (K2 + (fT) )sine? (7 f T )
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Figure A.4: This is what Hy, and Hy; look like, when multipled by an atmospheric power
law ¢ oc f2-°®. Model parameters were f. = 10 Hz, T, = 11 ms, T = 6.75 ms, K, = 0.5.

The resulting fringe tracker error PSD, for both integral and proportional-integral con-

trol, is shown in Fig.A 4.

A.4 Integrating Servo with Feedforward

As discussed in Chapter 5, in the case of phase referencing the usual gain limitation required
for servo stability does not apply, as the secondary delay line is not part of the feedback

loop (see Fig.A.5). Hence one can apply the full measured error to the secondary side. By

inspection

0O, = I-E (A.29)
0O, = 01—I—Elsinc(was)e_ﬂ”fT‘flS (A.30)

= I — E) + Eysinc(n fT,)e 2™/ Tas (A.31)
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to Secondary
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Sampling
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I sinc (7 fTs) 4 =273/ Tap > —jJ;TC += >
F Integrating Servo Command

Feedback to Primary

Figure A.5: The PTI control loop used in phase referencing. F; is the primary side servo
error, O is the primary side servo output (i.e. the motion of the primary delay line). Oy is
the secondary side output.

define the secondary error function as

Ey = I—0s (A.32)
= E)(1 —sinc(n fTy)e 927/ Tas) (A.33)

or
Ex(f) = EL(f) (1 — sine(r fTs)e’j%deS) (A.34)

Thus Es(f) is the product of the feedback servo rejection function and a simple time-
delay limited rejection function. When the feedback servo gain goes to 0 (f, — 0), E1(f) —

1 and the response is just the time-delay limited response. The PSD filter function is

Hpp(f) = Eao(f)E5(f) (A.35)
= E(f)EF(S) (1 — sinc(was)e_j%des) (1 — sinc(WfTs)e+j27rdes) (A.36)
= Hp(f) (1 — 2sinc(m fTs) cos(2m fTys) + sincZ(WfTs)) (A.37)

The resulting servo error PSD is shown in Fig.A.6. The steep decline in servo error at low

frequencies allows long integration times while maintaining a high fringe visibility.

02

to Secondary



140

100 ; : .
I Atmosphere 1
Feedback Response -------

ed-Forward Response(fc=10 Hz) -------- ]

10

01}

Power Spectral Density

0.001

0.0001 |

1e-05 T ' ' i
0.01 0.1 1 10 100
Frequency (Hz)

Figure A.6: The effect of feedforward. Plotted is Hy, and H;y multipled by an atmospheric
power law ¢ o< f~2%. Model parameters were f. = 10 Hz, Typ = Tys = 11 ms, Ts = 6.75
ms.
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